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Preface

The General Theory of Relativity (General Relativity, for short) was formulated by Albert
Einstein more than a hundred years ago. At the time of writing (2020), all experiments and
astrophysical observations have firmly confirmed the validity of its foundations. Einstein’s
seminal idea, based on the Equivalence Principle, that the gravitational interaction can
be interpreted in terms of spacetime curvature has dramatically changed our view of the
Universe.

This book originates from a series of lectures held at the University of Chicago in 1993-
1994 and in 1997-1998, and from the classes taught by one of the authors (Valeria Ferrari)
over the past twenty years at Sapienza University of Rome. During these years, few scientific
disciplines have experienced a revolution as dramatic and far-reaching as the one that
gravitational physics is still undergoing. The very concept of a black hole – which is now
mainstream within both the scientific community and the society – was not so popular
and well-accepted just a few years ago. The quest for gravitational waves, more than half
a century long, culminated on September 14th, 2015 by the historical LIGO detection,
marking the dawn of gravitational wave astronomy. This new discipline is only five years
old, but is steadily growing in diverse directions that were unforeseeable just a decade ago.
The original lecture notes have been re-elaborated and largely expanded by the authors,
including new chapters and new sections on recent discoveries: the detection of gravitational
waves from binary black holes and neutron stars, and the first observation of the shadow of
a supermassive black hole.

In parallel to the prominent role acquired within the scientific community in the last few
years, gravitational physics has also attracted an ever-growing attention from students at
all levels. While historically limited to a niche audience, nowadays the teaching of General
Relativity and of its phenomenological applications is (with full rights) an essential part of
any course in Physics or Astronomy.

In this context, this book is addressed to third-year undergraduate and especially to
graduate students in Physics or Astrophysics, who want to learn the basics of General Rel-
ativity and its diverse phenomenological consequences. There exist excellent textbooks on
the foundations of General Relativity and on its mathematical aspects, as well as outstand-
ing monographs on advanced topics such as black-hole perturbation theory, post-Newtonian
theory, gravitational wave modelling, etc. Our main goal was to write a self-contained book
that – starting from the basic pillars of the theory – would present in details its applica-
tions and, at the same time, could serve as a bridge towards more advanced topics. While
we always opted for mathematical rigor, we tried to limit the most technical parts related
to differential geometry (which might conceal the physical consequences of the theory) to
a few introductory chapters. We adopted the view that General Relativity is the physical
theory of gravity, and a great deal of attention was spent on its phenomenology and on its
observational (both classical and modern) tests.

As a prerequisite, we have assumed that the reader is familiar with the theory of Special
Relativity, and with classical Newtonian physics. We also decided to focus on the astrophys-
ical consequences of General Relativity, and we do not treat cosmological applications. We

xiii



xiv � Preface

believe that cosmology has equally developed into a broad independent field, which deserves
a dedicated course and textbooks.

In each chapter we have included several boxes; their purpose is manifold: to solve
exercises, to provide examples, to expand on some calculations, to stress some issue of
particular relevance, to summarize the main results of a section or of a chapter, or to
shortly introduce advanced topics which go beyond the scope of the book.

We start with an introductory chapter, where we discuss why the Newtonian theory
of gravity, which had successfully survived for three centuries after its formulation, was
challenged in the middle of the 19th century by some unexplained astrophysical observation
(Mercury’s precession) and, on a theoretical side, by its lack of invariance under Lorentz’s
transformations. Furthermore, we explain why the Principle of Equivalence between inertial
and gravitational mass is central to the theory of General Relativity.

The basics of differential geometry, needed to formulate Einstein’s equations, are intro-
duced in a rigorous way in Chapter 2 to Chapter 4. All statements are demonstrated and
supported with examples, unless trivial.

After introducing the stress-energy tensor and discussing its properties in Chapter 5,
Einstein’s equations are derived using a heuristic approach in Chapter 6 and, in a more
formal way, using a variational approach in Chapter 7. The role of symmetries and the
conservation laws associated to them are discussed in Chapter 8, which concludes the first
part of the book on the theory of General Relativity.

The next twelve chapters are devoted to the study of the physical consequences of the
theory. We derive the Schwarzschild solution and describe the structure of the black hole
horizon and of the singularities, also discussing their role in General Relativity. We study the
equations of motion of test particles in the Schwarzschild geometry, and present the most
important kinematical tests of General Relativity, which include the “classical tests” (the
gravitational redshift of spectral lines, the deflection of light, the periastron precession, the
Shapiro time delay) and the most recent one, namely the “image” of a black hole through
its shadow.

Four chapters are devoted to gravitational waves. In addition to the standard material
common to most textbooks (e.g., the derivation of the wave equation from Einstein’s equa-
tions linearized about Minkowski’s metric and the quadrupole approximation), we describe
the basic principles of functioning of a laser interferometric detector of gravitational waves,
and derive the formula which allows to evaluate the luminosity of a gravitational wave
source by introducing the stress-energy pseudo-tensor of the gravitational field. Particular
effort is devoted to derive and explain the features of the signals emitted by coalescing
binary systems composed of black holes or neutron stars, with an overview on the signals
detected by the LIGO and Virgo experiments since 2015 and including the first two obser-
vational runs. Our goal in this part of the book was to give the reader all the tools needed
to understand these milestones in a self-contained way. We conclude the part of the book on
gravitational waves with a chapter on black-hole perturbation theory, in which we show how
to derive the Regge-Wheeler and the Zerilli equations governing the non-radial oscillations
of a Schwarzschild black hole, and introduce the notion of quasi-normal modes.

Chapter 16 is devoted to the study of white dwarfs and neutron stars. The structure of
white dwarfs is discussed in the framework of Newtonian gravity; we show how the notion
of critical mass (the Chandrasekhar limit) emerges when the matter in the interior of these
stars is modeled as a fully degenerate gas of fermions. We then discuss the structure of
neutron stars, generalizing the laws of thermodynamics and deriving the equations of stellar
structure in General Relativity. We discuss how these equations can be solved numerically
in the general case, and solve them analytically in the simple case of a star with uniform
density. Finally, we discuss some general properties of compact stars: the theoretical bounds
on their compactness, their equilibrium, and stability.
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The next three chapters are devoted to the study of rotating bodies in General Relativity.
We start by deriving the metric of an isolated, stationary object in the far-field limit;
using the stress-energy pseudo-tensor, we define the mass and the angular momentum of a
rotating object, we derive the Lense-Thirring and the geodesic precession of gyroscopes, and
we briefly discuss the results of experiments which have measured these effects. We then
introduce the Kerr solution and discuss in detail the structure of the horizons, the peculiar
properties of the ergoregion, and the structure of the singularity. The geodesic equations
are derived in the general case introducing the Carter constant, and are studied in detail
on the equatorial plane. Penrose’s process and superradiant scattering are also discussed.

The last chapter is a brief overview on black-hole thermodynamics. We show that it is
possible to associate an entropy to a black hole, and discuss that, when quantum mechanics
is taken into account, black holes are not totally black, but rather emit radiation with a
black-body spectrum. We discuss the black hole area theorem and introduce the laws of
black hole thermodynamics. Chapter 20 ends with a qualitative description of Hawking’s
radiation and black hole evaporation.

We believe that this book presents some novelties with respect to standard textbooks on
General Relativity: it provides – in a self-contained way – the tools to understand the most
important discoveries of recent years, in particular the detection of gravitational waves; it
extends the standard perturbative approach of Minkowski’s spacetime to the perturbations
of a non-flat solution of Einstein’s equations, and applies the theory to the Schwarzschild
solution; finally, it provides a detailed description of rotating black holes and of some of the
most interesting phenomena which occur in their neighbourhood.

Thus, from its very premise, the book can be approached at different levels, and different
paths can be followed across the chapters, depending on the focus and the level of the course.
Traditionally, the material presented in this book is taught at Sapienza University of Rome,
in two master’s classes and an advanced PhD course. Most of the material contained in
Chapters 1 to 12 is presented in an introductory course (60 hours, 6 credits) on General
Relativity. A second, advanced course on “Gravitational waves, Black holes and Compact
Stars” (60 hours, 6 credits) includes Chapters 13, 14, and 16-19, together with some topics
from the first twelve chapters not included in the introductory course. Finally, Chapters 15
and 20 and the most advanced topics of Chapter 18 (e.g., Sec. 18.8) are covered in a PhD
course (30 hours, 3 credits). Different paths are possible; for instance the introductory
chapters can be taught in an undergraduate course, leaving the more advanced chapters to
master’s or PhD courses. Furthermore, since the three main advanced topics – gravitational
waves, compact stars, and rotating black holes – are treated independently, it is possible to
skip any of them without affecting the presentation of the others.

General Relativity is often considered the most beautiful of the fundamental theories of
nature, but it is actually much more than that: it is the key to explore new territories of
knowledge. In this book we tried to convey our enthusiasm and to provide a useful tool to
teach and learn this fascinating subject.

Rome, May 2020 Valeria Ferrari, Leonardo Gualtieri, Paolo Pani
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Notation and conventions

Up to Chapter 9, we always use physical units – adopting either the cgs or the International
System of Units (SI). In particular, we denote Newton’s constant by G and the speed of
light by c. From Chapter 9, we shall also adopt geometrized units in which G = c = 1 (see
Box 9-B), although we will occasionally restore physical units when needed.

All vectors (both four-vectors and n-dimensional vectors defined in generic spaces, as

those introduced in Chapter 2) will be indicated by an arrow, as in ~V , except Euclidean
vectors which will be denoted by boldface characters, as in V.

Unless otherwise specified, we shall use Greek indices for the components of four-vectors,
V µ with µ = 0, . . . , 3. Latin indices will be used for the components of Euclidean three-
vectors, V i with i = 1, . . . , 3, and for the components of vectors in generic n-dimensional
spaces, V i with i = 1, . . . n, as those introduced in Chapter 2.

As customary we shall adopt Einstein’s convention for the sum, i.e., the product of two
quantities having the same index, appearing once in the lower and once in the upper case
(“dummy index”), implies summation over the repeated index. For example,

vαV
α ≡

3∑
α=0

vαV
α = v0V

0 + v1V
1 + v2V

2 + v3V
3 ,

viV
i ≡

3∑
i=1

viV
i = v1V

1 + v2V
2 + v3V

3 .

Manifolds, spaces, and points on manifolds will be denoted by the standard boldface symbol
(e.g., M, T, p ∈M), whereas tensors will be denoted by math-boldface symbols.

The components of the partial derivative of (say) a scalar quantity f will be denoted by
∂f
∂xµ ≡ ∂µf ≡ f,µ. The components of the covariant derivative will be denoted as ∇µf ≡ f;µ.
Sometimes, for brevity, we shall indicate a function of the coordinates f(x0, . . . , x3) as f(x).

We use a mostly positive metric signature, so that Minkowski’s metric in 3+1 dimensions
reads ηµν = diag(−1, 1, 1, 1).

Our conventions for the Christoffel symbols and for the components of the Riemann
tensor are

Γσλµ =
1

2
gνσ

(
∂gµν
∂xλ

+
∂gλν
∂xµ

− ∂gλµ
∂xν

)
,

Rαβµν = Γαβν,µ − Γαβµ,ν − ΓακνΓκβµ + ΓακµΓκβν .
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Table A: Fundamental constants and other useful quantities used in this book, in cgs units.

cm3

Newton’s constant G 6.674× 10−8
g s2

cmspeed of light c 2.998× 1010
s

2Planck’s constant h 6.626× 10−27 cm g s = erg s

2reduced Planck’s constant ~ 1.055× 10−27 cm g s = erg s

Planck’s length l 1.616× 10−33 cm
P

2cm g erg
Boltzmann’s constant k 1.381× 10−16 =B s2 K K

electric charge of the electron e 1.602× 10−19 C

electron mass me 9.109× 10−28 g

proton mass mp 1.673× 10−24 g

neutron mass mn 1.675× 10−24 g

mass of the Sun M� 1.989× 1033 g

radius of the Sun R� 6.960× 1010 cm

mass of the Earth M⊕ 5.972× 1027 g

equatorial radius of the Earth R⊕ 6.378× 108 cm

light year ly 9.461× 1017 cm

parsec pc 3.086× 1018 cm



C H A P T E R 1

Introduction

The General Theory of Relativity (or “General Relativity” for short) is the theory of grav-
ity formulated by Albert Einstein in 1915. It is based on two fundamental principles: the
Equivalence Principle of gravitation and inertia, which establishes a relation, central to the
theory, between the gravitational field and the geometry of the spacetime, and the Principle
of General Covariance, according to which the laws of physics have the same form in any
reference frame. General Relativity has changed dramatically our understanding of space,
time, and gravity. In this book we shall investigate its fascinating and far-reaching predic-
tions, such as the existence of black holes, and the emission of gravitational waves in the
most violent and energetic phenomena occurring in our universe, as the collision of black
holes and of neutron stars.

The language of General Relativity is that of differential geometry. There is no way to
understand Einstein’s theory of gravity without mastering the concept of manifold, or of
tensor field. Therefore, we shall dedicate a few chapters to the mathematical tools that are
essential to describe the theory and its physical consequences. This first chapter, however,
will be a pedagogical introduction aimed at answering the following questions:

1. Why did Newtonian theory become inappropriate to describe the gravitational field?

2. Why do we need to introduce geometrical objects, like the metric tensor or the
Christoffel symbols, to describe the gravitational field; and what is the role of the
Equivalence Principle in this new geometrical framework?

In the next chapters we shall rigorously define manifolds, vectors, tensors, and then,
after introducing the principle of general covariance, we will formulate Einstein’s equations.
But first of all, since as anticipated there exists a relation between the gravitational field
and the spacetime geometry, let us introduce non-Euclidean geometries, which are in some
sense the precursors of General Relativity.

1.1 NON-EUCLIDEAN GEOMETRIES
In the pre-relativistic years, the arena of all physical theories was the flat space of Euclidean
geometry, which is based on the five Euclid’s postulates. Among them, the fifth postulate
had been the object of a millenary dispute: for over two thousand years mathematicians
tried to show, without succeeding, that the fifth postulate is a consequence of the other four.
The fifth postulate states the following: Consider two straight lines and a third straight line
crossing the two. If the sum of the two internal angles (see Fig. 1.1) is smaller than 180°,
the two lines will meet at some point on the side of the internal angles.

The problem was solved independently by three eminent scientists, Gauss (1824, Ger-
many), Bolyai (1832, Hungary), and Lobachevski (1826, Russia), who discovered a geometry

1
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α

β

α+β < 180 ο

Figure 1.1: Geometrical illustration of Euclid’s fifth postulate.

that satisfies all Euclid’s postulates except the fifth (for a more detailed historic account,
see Weinberg’s book [117]). The analytic representation of this geometry was discovered by
Felix Klein in 1870. He found that a point in this geometry can be represented by a pair of
real numbers, x = (x1, x2), with

x · x ≡ (x1)2 + (x2)2 < 1 , (1.1)

and the distance d(x,y) between two points x and y is defined as

1
d(x,y) = L cosh−1

[
− x · y√ √

]
, (1.2)

1− x · x 1− y · y

where L has the dimensions of a length. This space is infinite, because d(x,y) → ∞ as
|x| → 1 or |y| → 1. The logical independence of Euclid’s fifth postulate was thus established.
As we shall see shortly, this geometry describes a two-dimensional space of constant negative
curvature.

In 1827 Gauss, in his Disquisitiones generales circa superficies curvas, distinguished for
the first time the inner, or intrinsic, properties of a surface from the outer, or extrinsic,
properties: the former can be measured by an observer belonging to the surface; the latter
arise from embedding the surface in a higher-dimensional space. Gauss realized that the
fundamental inner property is the distance between two points, defined as the length of the
shortest path between them on the surface.

For example, a cylinder has the same inner properties as a plane. The reason is that
it can be obtained by a flat piece of paper suitably rolled, without distorting its metric
relations, i.e., without stretching or tearing. This means that the distance between any two
points on the surface is the same as it was in the original piece of paper, and parallel lines
remain parallel. Thus the intrinsic geometry of a cylinder is flat. This is not true in the case
of a sphere, since a sphere cannot be mapped onto a plane without distortions: the inner
properties of a sphere are different from those of a plane. It is noteworthy that the intrinsic
geometry of a surface only involves relations between points on the surface itself.

On the other hand, since a cylinder is “round” in one direction, we think of it as a
curved surface. This is due to the fact that we consider the cylinder as a two-dimensional
surface in a three-dimensional space, and we intuitively compare lines on the surface with
straight lines in the flat three-dimensional space. Thus, the extrinsic curvature relies on the
notion of a higher-dimensional space. In the following, we shall mostly be concerned with
the intrinsic properties of curved spaces. Indeed, we shall see that the spacetime of General
Relativity has the intrinsic geometry of a curved space, but without an extrinsic geometry,
because there is no higher-dimensional space in which it is embedded.
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The distance between two points can be defined in a variety of ways, and consequently we
can construct different metric spaces (as we shall discuss in the next chapter, a metric space
is a space endowed with a notion of length). Following Gauss’ original idea, we shall select
those metric spaces for which, given any sufficiently small region of space, it is possible to
choose – in the case of a two-dimensional space – a system of coordinates (ξ1, ξ2) such that
the distance 1 between two neighbouring points, p= (ξ1, ξ2) and p′ = (ξ1 + dξ1, ξ2 + dξ2),
satisfies Pythagoras’ law

ds2 = (dξ1)2 + (dξ2)2 . (1.3)

If the space has n dimensions, the coordinates are (ξ1, . . . , ξn), and the distance between p
and p′ is ds2 = (dξ1)2 + · · ·+ (dξn)2. These spaces are called locally Euclidean spaces and
the coordinates {ξi}i=1,n are called locally Euclidean coordinates.

The possibility of setting up a locally Euclidean coordinate system is a local property,
which deals only with the inner metric relations for infinitesimal neighbourhoods. Thus,
unless the space is globally Euclidean, the coordinates (ξ1, ξ2) have only a local meaning.
Let us now consider some other coordinate system (x1, x2); how do we express the distance
between two neighbouring points in this new system? If we explicitly evaluate dξ1 and dξ2

in terms of the new coordinates, we obtain

1 1

ξ1 = ξ1 x 1 ∂
( 1, x2) → dξ1 ∂ξ ξ

= dx + dx2 , (1.4)
∂x1 ∂x2

ξ2 ∂ξ2 ∂ξ2

= ξ2(x1, x2) → dξ2 = dx1 + dx2 ,
∂x1 ∂x2

and therefore [( 2 2 2 2
∂ξ1 ξ

ds

)
2

2 ∂
= +

(
2
) ]

1

(dx1)2 ∂
+

∂x

[(
ξ ∂ξ

+ (dx2)2 (1.5)
1 ∂x1 ∂x2

) (
∂x2

) ]

+ 2

[(
∂ξ1 ∂ξ1 ∂ξ2 ∂ξ2

+ dx1dx2

∂x1

)(
∂x2

) (
∂x1

)(
∂x2

)]
2 2

= g (dx1)2 + g (dx2)2 + 2g dx1dx2 =
∑∑

g dxi j
ij dxj i

11 22 12

i=1 j=1

≡ gijdx dx .

In the last term of the above equation, we have adopted Einstein’s convention for the
sum (i.e., a sum over repeated indices is left implicit), and we have defined the following
quantities:

∂ξ1 ∂ξ1 ∂ξ2 ∂ξ2

gij ≡
(

1 .
i

)(
+ i, j = , 2 (1.6)

∂x ∂xj

) (
∂xi

)(
∂xj

)
In other words, we have introduced a metric tensor 2 gij , which is an object that allows us
to compute the distance in any coordinate system. Thus, the notion of metric associated to
a space emerges in a natural way from the change of the coordinate system. From Eq. 1.6
it follows that gij is a symmetric tensor, i.e., gij = gji. The discussion above can be easily
generalized to a space of arbitrary dimensions.

1Throughout this book, with “distance between two points” we will always refer to points that are
infinitely close, unless otherwise specified.

2We shall define tensors in a rigorous way in Chapter 2.
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Box 1A

How to compute gij: an example

Given a two-dimensional, locally Euclidean coordinate system (ξ1, ξ2), let us introduce
polar coordinates (x1 = r, x2 = θ) such that ξ1 = r cos θ and ξ2 = r sin θ. Then

dξ1 = cos θdr − r sin θdθ ,

dξ2 = sin θdr + r cos θdθ , (1.7)

and
ds2 = (dξ1)2 + (dξ2)2 = dr2 + r2dθ2 . (1.8)

In this case, the components of metric tensor read

g11 = 1, g22 = r2, g12 = g21 = 0 . (1.9)

1.1.1 The metric tensor in different coordinate frames
We shall now see how the metric tensor transforms under an arbitrary coordinate transfor-
mation. Let us assume that gij is given in terms of the coordinates (x1, x2). In the previous
section we have shown that, for example, the component g11 is defined as (see Eq. 1.6)

g11 =

( 2
∂ξ1

)2 2

+

(
∂ξ

)
, (1.10)

∂x1 ∂x1

where (ξ1, ξ2) are the coordinates of the locally Euclidean reference frame. If we now
′

change from (x1, x2 ′ ′ ′
) to a new reference frame (x1 , x2 ), where x1 = x1(x1 , x2 ) and

x2 = x2(x1′ , x2′), the metric tensor becomes( 2
ξ1
) ( 2

∂ ∂ξ2

g1′1′ = +
∂x1′ ∂x1′

)
( 2 2
∂ξ1 ∂x1 ∂ξ1 ∂x2 ∂ξ2 x2

= + +
1 1 2 1

)
+

(
∂ξ2 ∂x1 ∂

1 1 2 1

)
=

[ ∂x ∂x ′ ∂x ∂x ′ ∂x ∂x ′ ∂x ∂x ′( )2 ( )2
]( )2

∂
[

2 2 2
ξ1 ∂ξ2 ∂x1

(
∂ξ1

+ +
∂x1 ∂x1 ∂x ∂x2

)
+

(
∂ξ2

′ ∂x2

) ](
∂x2

1 ∂x1′

)
2

2

(
∂ξ1 ∂ξ1 ∂ξ2 ∂ξ2 ∂x1 ∂x

+ +
∂x1 ∂x2( ∂ 1) ∂x1 (x2 ′

21

)
1′

∂x ∂x2

( )
= g11 + g

∂x1′ 22
∂x1′

)∂x ∂x
2

∂
+ 2g12

(
x1 ∂x2

.
∂x1′ ∂x1′

)
In general, using a compact notation we can write

∂xk ∂xl
gi′j′ = gkl . (1.11)

∂xi′ ∂xj′

As discussed more rigorously in the next chapter, this is how a tensor transforms under
an arbitrary coordinate transformation. Eq. 1.11 can be generalized to a space of arbitrary
dimensions.

In conclusion, given a locally Euclidean space and an arbitrary reference frame, the
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knowledge of gij allows us to compute the distance between any two points, i.e., the funda-
mental intrinsic property of the space.

1.1.2 The Gaussian curvature
In the case of two-dimensional spaces, Gauss showed that it is possible to define a scalar
function which depends on the inner properties of the space. This function is called, after
him, the Gaussian curvature

1 ∂2g12 ∂2g11 ∂2g22
k(x1, x2) = 2

2g

[
∂x1∂x2

− 2 − 2[ ∂x2 ∂x1

]
g− 22

4g2

( 2
∂g11 ∂g12 ∂g22 ∂g11

2
∂x1

)(
∂x2

−
∂x1

)
−
(
∂x2

) ]
g12

[(
∂g11

)(
∂g22

)
g11 ∂g−

(
∂ 22 ∂g12 ∂g11 ∂g12 ∂g22

+ 2 + 2 2
4g2 ∂x1 ∂x2[ ∂x2

)(
∂x1

) (
∂x1

−
∂x2

)(
∂x2

−
∂x1

)]
g− 11 g

g2

( 2
∂g22 ∂g12 ∂ 11 ∂g22

2 , (1.12)
4 ∂x2

)(
∂x1

−
∂x2

)
−
(
∂x1

) ]

where g is the determinant of the two-dimensional metric gij

g = g11g22 − g2
12 . (1.13)

The Gaussian curvature is an invariant, i.e., its value at a given point is independent of the
particular choice of the coordinate system: if we choose a different coordinate system, the
components of the metric tensor gij and the functional dependence on the coordinates of k
will change, but the value of k at that point will remain the same.

For example, given a spherical surface of radius L, in polar coordinates (θ, ϕ) the distance
between two close points is ds2 = L2dθ2 + L2 sin2 θdϕ2, and the components of the metric
tensor are g11 = L2, g22 = L2 sin2 θ, g12 = 0. Its Gaussian curvature is

1
k = , (1.14)

L2

i.e., a spherical surface has a constant, positive curvature.
For the Gauss-Bolyai-Lobachewski geometry introduced above, whose metric tensor com-

ponents are

L2
[
1− (x2)2

]
L2 1 (x1)2 L2x1 2

g11 = , g22 = ,
[1− 2

− x
, g12 =2 2

(x1)2 − (x2)2] [1− (x

[
1)2 − (x2

]
)2] [1− (x1)2 − (x2)2]

(1.15)
the Gaussian curvature is

1
k = − , (1.16)

L2

i.e., this geometry has a constant, negative curvature. It is also important to stress that
k = 0 if and only if the space is flat.

1.1.3 Pseudo-Euclidean geometries and spacetime
In the previous sections, following Gauss we have selected a class of two-dimensional spaces
where, in the neighbourhood of any point, it is possible to set up a coordinate system (ξ1, ξ2)
such that the distance between two close points is given by Pythagoras’ law. Then, we have
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defined the metric tensor gij , which allows us to compute the distance between points in an
arbitrary coordinate system, and we have derived the law according to which gij transforms
when changing coordinates. Finally, we have seen that there exists a scalar quantity, the
Gaussian curvature, which describes the inner properties of the space: it is a function of gij
and of its first and second derivatives, and is invariant under coordinate transformations.

These results can be extended to an arbitrary D-dimensional space. In particular the
space of General Relativity is a four-dimensional space, called the spacetime, such that in
the neighbourhoods of any point it is possible to set up a coordinate system {ξµ} 3

µ=0,...,3

such that the distance between two close points is locally prescribed by Special Relativity
(see the detailed discussion in Sec. 1.3)

ds2 = −(dξ0)2 + (dξ1)2 + (dξ2)2 + (dξ3)2 . (1.17)

The coordinates {ξµ} are called locally Minkowskian coordinates. Such a spacetime is called
locally pseudo-Euclidean, since the only (albeit crucial) difference from a D = 4 Euclidean
space is the sign of the first term in the above equation. As known from Special Relativity,
this accounts for giving a causal structure to the spacetime. While the metric tensor of a
four-dimensional Euclidean space in locally Euclidean coordinates is simply gµν ≡ δµν =
diag(1, 1, 1, 1), where δµν is Kronecker’s delta, from Eq. 1.17 we see that Minkowski’s metric
tensor in the locally Minkowskian coordinates {ξµ} reads

gµν ≡ ηµν = diag(−1, 1, 1, 1) . (1.18)

Henceforth, ηµν will denote the metric tensor of the flat, Minkowski spacetime in the
Minkowskian coordinates {ξµ}.

To describe the inner properties of a four-dimensional space we need more than one scalar
function. Indeed, since gµν is symmetric, it has 10 independent components. In addition,
we can make a coordinate transformation, and impose 4 functional relations among them.
Therefore, the number of independent functions that describe the inner properties of the
spacetime is N = 6. If D = 2, as we have seen, N = 1 and the Gaussian curvature 1.12 is
sufficient to describe the geometry.

1.2 NEWTONIAN THEORY AND ITS SHORTCOMINGS
In this section we shall discuss why the Newtonian theory of gravity became inappropri-
ate to correctly describe the gravitational field. Newton’s theory was published in 1685 in
the Philosophiae Naturalis Principia Mathematica, which contains an incredible variety of
fundamental results and, among them, the cornerstones of classical physics:

• Newton’s law
F = mIa , (1.19)

which gives the acceleration a of a point particle with inertial mass mI, given a force
F acting on it;

• Newton’s law of gravitation
FG = mGg , (1.20)

describing the gravitational force acting on a point particle with gravitational mass
mG; the gravitational acceleration,

G
∑
iMGi(r − r′

g = − i) , (1.21)
|r − ri|3

3Recall that Greek indices run from 0 to 3.
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depends on the position of the particle with respect to the other masses, MGi, that
generate the field. The gravitational acceleration (and hence the force) decreases as
the inverse square of the distance, g ∼ 1/r2.

The two laws combined together clearly show that a body falls in a gravitational field with
acceleration given by

m
a =

(
G

mI

)
g . (1.22)

If mG/mI is a constant independent of the body, then the acceleration is the same for every
infalling body, and independent of their mass. Galileo had already experimentally discovered
this law, and Newton himself tested the Equivalence Principle between the gravitational and
the inertial mass, by studying the motion of several pendulums of different composition and
equal length, finding no difference in their oscillation periods. The validity of the Equivalence
Principle was the core of Newton’s arguments for the universality of his law of gravitation;
indeed, after describing his experiments with different pendulums in the Principia he writes:

But, without all doubt, the nature of gravity towards the planets is the same as towards
the Earth.

Since then, several experiments confirmed this crucial result. Among them, in 1889
Eötvös’ experiment established the equality of gravitational and inertial mass with the
accuracy of 1 part in 109; subsequently Dicke’s experiment (1964, 1 part in 1011), Braginsky’s
(1972, 1 part in 1012), and more recently the Lunar-Laser Ranging experiment (1 part in
1013) have confirmed the Equivalence Principle with increasing accuracy (for a detailed
account, see Clifford Will’s review [119]). As of 2020, the most stringent constraint comes
from the MICROSCOPE satellite mission, which reached the outstanding accuracy of 1
part in 1015 [20]. Thus, all experiments up to date confirm the Principle of Equivalence of
gravitational and inertial mass.

Before describing why at a certain point the Newtonian theory fails to be a satisfactory
description of gravity, let us briefly recall the reasons of its great success, that remained
untouched for more than 200 years. In the Principia, Newton formulated the universal
law of gravitation, developed the theory of lunar motion and tides and that of planetary
motion around the Sun which, at those times, were the most elegant descriptions of these
phenomena.

After Newton’s outstanding accomplishment, the law of gravitation was used to inves-
tigate in more detail the solar system; its application to the study of the perturbations
of Uranus’ orbit around the Sun led, in 1846, J.C. Adams (England) and U. Le Verrier
(France) to predict the existence of a new planet which was named Neptune. A few years
later, the discovery of Neptune was a triumph of Newton’s theory of gravitation.

However, already in 1845 Le Verrier had observed anomalies in the motion of Mercury.
He found that the perihelion precession of 35 arcsec per century exceeded the value due to
the perturbation introduced by the other planets as predicted by Newton’s theory. In 1882,
Newcomb confirmed this discrepancy, updating Mercury’s perihelion precession to its actual
value, roughly 43 arcsec per century larger than the Newtonian value. In order to explain
this effect, scientists developed models that predicted the existence of some interplanetary
matter, and in 1896 Seelinger showed that an ellipsoidal distribution of matter surrounding
the Sun could explain the observed precession. In 1859, Le Verrier attempted to use the same
logic as for the prediction of Neptune and postulated the existence of a new hypothetical
planet, dubbed Vulcan, in an orbit between Mercury and the Sun. We know today that these
models were wrong, and that the reason for the exceedingly high precession of Mercury’s
perihelion has a relativistic origin 4. In any event, we can say that the Newtonian theory of

4It is amusing to note that Vulcan is one of the first examples of dark matter, namely some hypothetical
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gravity worked remarkably well to explain planetary motion, but already in 1845 the fact
that something did not work perfectly had some experimental evidence.

Let us turn now to a more philosophical problem of the theory. The equations of New-
tonian mechanics are invariant under Galileo’s transformations:

x′ = Mx + vt+ x0 , (1.23)

t′ = t+ T , (1.24)

where v is the relative velocity of the two frames, x0 is the initial distance between the
two origins, T is a constant, and M is the orthogonal, constant matrix expressing how the
second frame is rotated with respect to the first. For a generic rotation around the x, y,
and z axes (in this order),

−
M


cos θ sin θ 0 cosϕ 0 sinϕ 1 0 0

=  sin θ cos θ 0
0 0 1

  

where (ζ, ϕ, θ) are the three Euler

 0 1 0 0 cos ζ − sin ζ , (1.25)
− sinϕ 0 cosϕ

angles.


0 sin ζ cos ζ

The ten parameters (3 Euler angles,


plus 3 com-

ponents of v and of x0, plus the time shift T ) identify the ten-dimensional Galileo group.
The invariance of Newton’s equations of motion with respect to Galileo’s transformations

implies the existence of inertial frames, where the laws of Mechanics hold in their standard
form (i.e., Eqs. 1.19, 1.20). What then determines which frames are inertial? According to
Newton there exists an absolute space, as the result of the famous experiment of the rotating
vessel would show 5: inertial frames are those in uniform relative motion with respect to the
absolute space. However, this idea was rejected by Leibniz who claimed that there is no
philosophical need for such a notion, and the debate on this issue continued during the next
centuries. One of the major opponents to the concept of absolute space was Mach, who
argued that if the masses in the entire universe rigidly rotate with respect to the vessel, the
water surface will bend in exactly the same way as when the vessel rotates with respect to
them. This is because the inertia is a measure of the gravitational interaction between a
body and the matter content of the rest of the Universe.

The problems just described (the discrepancy in the advance of Mercury’s perihelion
and the postulated absolute space) were however only small clouds: the Newtonian theory
remained the theory of gravity until the end of the 19th century. The big storm approached
when Maxwell developed the theory of electrodynamics in 1864. Maxwell’s equations es-
tablish that the velocity of light is a universal constant. It was soon understood that these
equations are not invariant under Galileo’s transformations; indeed, according to Eqs 1.23
and 1.24, if the velocity of light is c in a given coordinate frame, it would have a different
value in another frame moving with respect to the first with assigned velocity v. To justify
this discrepancy, Maxwell formulated the hypothesis that light does not really propagate

matter distribution that is postulated in order to reconcile observations with the known laws of gravity.
While this approach had worked for Neptune, the existence of Vulcan turned out to be wrong. In modern
terms, we might say that Mercury’s anomalous precession was a hint of new physics. An analogous debate
still exists nowadays in cosmology. In the standard paradigm, in order to reconcile cosmological observations
at various scales with Einstein’s theory, one has to invoke the existence of a dominant component of dark
matter and dark energy in the universe, but there exist also attempts to explain cosmological observations
in terms of corrections to General Relativity.

5In this experiment, a vessel is filled with water and rotates with a given angular velocity about the
symmetry axis. After some time the surface of the water assumes the typical shape of a paraboloid, being in
equilibrium under the action of the gravity force, the centrifugal force, and the fluid forces. At the beginning,
when the vessel moves with respect to the water, the surface of the water is still flat; it is only when the
water moves together with the vessel that it assumes the paraboloid shape. This shows that the surface of
the water is not affected by its relative motion with respect to the vessel: the shape changes only when the
water moves with respect to the absolute space.
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in vacuum: electromagnetic waves are carried by a medium, the luminiferous ether, and
the equations are invariant only with respect to a set of Galilean inertial frames that are
at rest with respect to the ether. However in 1887 Michelson and Morley showed that the
velocity of light is the same, within 5 km/s (today the accuracy is of about 10−12 km/s [61]),
along the direction of the Earth orbital motion, and transverse to it. How can this result
be justified? One possibility was that the Earth is at rest with respect to the ether; but
this hypothesis was totally unsatisfactory, since it would have been a coming back to an
antropocentric picture of the world (moreover, it would contradict the observations of the
aberration of light from stars). Another possibility was that the ether simply does not exist,
and one has to accept the fact that the speed of light is the same in all directions, and
whatever the velocity of the source is. If this was the case, one had to find the coordinate
transformation with respect to which Maxwell’s equations are invariant. The problem was
solved by Einstein in 1905 with the formulation of the Special Theory of Relativity. He
showed that Galileo’s transformations have to be replaced by the Lorentz transformations

xα′ = Lαγx
γ , (1.26)

where

0 0 j γ j i i γ 1
L 0 = γ, L j = L 0 = v , L j = δ j +

−
vivj , i, j = 1, . . . , 3 , (1.27)

c v2

γ = 1/
√

1− v2
2 , and vi are the components of the relative velocity of the two frames (boost).c

A precise definition of covariant (lower) and contravariant (upper) indices will be provided
in the next chapter.

As it was immediately realized, however, while Maxwell’s equations are invariant with
respect to Lorentz’s transformations, Newton’s equations are not. Consequently, one had to
face a new problem: how to modify the equations of mechanics and gravity in such a way
that they become invariant with respect to Lorentz’s transformations? It is at this point
that Einstein made his fundamental observation.

1.3 THE ROLE OF THE EQUIVALENCE PRINCIPLE
Let us consider a non-relativistic particle moving in a constant and uniform gravitational
field g. Note that constant means that g does not change with time, and uniform means
that it is the same at each space point. Let F be the vector sum of other forces acting on
the particle. According to Newtonian mechanics, the equation of motion reads

d2x
mI = mGg + F . (1.28)

dt2

Let us now jump on an elevator which is freely falling in the same gravitational field, i.e.,
let us make the following coordinate transformation,

1
x′ = x− gt2, t′ = t. (1.29)

2

In this new frame Eq. 1.28 becomes

x
I

[
d2 ′

m + g

]
= mGg + F . (1.30)

dt2

Since by the Equivalence Principle mI = mG, and since this is true for any particle, this
equation reduces to

d2x′
mI = F . (1.31)

dt2
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Let us compare Eq. 1.28 and Eq. 1.31. It is clear that an observer O′ who is in the elevator,
i.e., in free fall in the gravitational field, sees the same laws of physics as the initial observer
O, but (s)he does not feel the gravitational field. This follows from the (experimentally
tested) equivalence between inertial and gravitational mass. It is important to note that
since the ratio between mG and mI is the same for all bodies, the coordinate transformation
1.29, which allows to eliminate the effects of gravity in the freely falling frame, is valid for
all bodies independently of their mass and composition. Consider now a particle at rest
in this frame and no force F acting on it. Under this assumption, Eq. 1.31 shows that
the particle remains at rest forever. Therefore the frame which is in free fall in a constant
and uniform gravitational field is an inertial frame. This would not be true if g were not
constant, since additional terms depending on the derivatives of g would appear in Eq. 1.30.
In addition, would g not be uniform, the coordinate transformation 1.29 would be different
in different space points. However, we can always take an interval of time so short, and a
region of space so small, that g can be considered constant and uniform; in this case the
freely falling reference frame defined by the coordinate transformation 1.29 will be called
locally inertial frame (henceforth LIF), where “locally” means that, although it can be
set up at any given spacetime point, it holds only in a small neighbourhood of that point.
As we shall later discuss, locally inertial frames play an important role in the development
of the theory of gravity.

Gravity is distinguished from all other forces because in a gravitational field, all bodies,
given the same initial velocity, follow the same trajectory, regardless of their internal com-
position. This is not the case, for example, for electromagnetic forces which act on charged
particles but not on neutral bodies; moreover, the trajectories of charged particles depend
on their charge-to-mass ratio, which is not the same for all of them. Similarly, other forces,
like the strong and weak interactions, affect different particles in a different way. It is this
distinctive feature that makes it possible to describe the effects of gravity in terms of curved
geometry, as we shall see in the next chapters.

We are now in a position to state the Principle of Equivalence, of which there are (at
least) two formulations:

• The strong Principle of Equivalence: In an arbitrary gravitational field, at any
given spacetime point, it is possible to choose a locally inertial reference frame such
that, in a sufficiently small region surrounding that point, all laws of physics take the
same form as they would take in absence of gravity, namely the form prescribed by
Special Relativity.

• The weak Principle of Equivalence: A weaker version of the principle states the
same as above, but it refers only to the laws of motion of freely falling bodies, rather
than to all laws of physics.

Thus, the strong (weak) version of the Equivalence Principle states that in a locally inertial
frame all laws of physics (the laws of motion) must coincide, locally, with those of Special
Relativity. In particular, Special Relativity is constructed axiomatically upon the experi-
mentally verified assumption that the speed of light is the same in every reference frame.
This assumption has remarkable consequences, such as the relativity of simultaneity and
the emergence of spacetime as a single entity. An event in spacetime is identified by the
coordinates {ξµ} = (ct, x, y, z), where c is the speed of light, and in going from one inertial
frame to another these coordinates change according to the Lorentz transformations. As a
consequence the following quantity, known as Minkowski’s line element,

ds2 = −c2dt2 + dx2 + dy2 + dz2 = −(dξ0)2 + (dξ1)2 + (dξ2)2 + (dξ3)2 ≡ ηµνdξµdξν , (1.32)

is invariant under Lorentz’s transformations and, as such, is interpreted as the distance
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between two (infinitely) close events. Thus, according to the Equivalence Principle, this
must be true also in a LIF and, in this frame, the distance between two close points (events)
must coincide with the Minkowski expression above.

This statement, which - we stress it again - follows from the Equivalence Principle,
resembles very much the axiom that Gauss chose as a basis for non-Euclidean geometries,
namely that at any given point in space, there exists a locally Euclidean reference frame
such that, in a sufficiently small region surrounding that point, the distance between two
points is given by Pythagoras’ law. In our case this can be reformulated as follows: at any
given spacetime point, there exists a locally Minkowskian reference frame such that, in a
sufficiently small spacetime region surrounding that point, the distance between two points
is given by the Minkowski line element 1.32.

1.4 GEODESIC EQUATIONS AS A CONSEQUENCE OF THE EQUIVALENCE
PRINCIPLE

Let us start exploring what are the consequences of the Equivalence Principle. We wish to
find the equations of motion of a particle moving under the sole action of a gravitational
field, when this motion is observed in an arbitrary reference frame.

We start by analysing the motion in a LIF, the one in free fall with the particle, and let
{ξµ}, µ = 0, . . . , 3 be the coordinates of the LIF. According to the Equivalence Principle,
in this frame the distance between two neighbouring points is

ds2 = −(dξ0)2 + (dξ1)2 + (dξ2)2 + (dξ3)2 = ηµνdξ
µdξν , (1.33)

and the equations of motion are those prescribed by Special Relativity, i.e.,

d2ξα
= 0 , (1.34)

dτ2

where τ/c is the particle proper time. We remark that, as discussed in Sec. 1.3, a LIF is
defined in a sufficiently small region around a given spacetime point p. This means that
Eq. 1.34 holds exactly only in p, whereas in a point p′=p it holds with corrections of the
order of the distance between p′ and p.

We now change to a frame where the coordinates are labeled xα = xα(ξγ), i.e., we assign
a transformation law which allows to express the new coordinates as functions of the old
ones 6. In the new frame the distance between two neighbouring points is

ds2 ∂ξα ∂ξβ
= η dxµ dxν = g dxµdxναβ µν , (1.35)

∂xµ ∂xν

where we have defined the metric tensor gµν as

∂ξα ∂ξβ
gµν = ηαβ . (1.36)

∂xµ ∂xν

This formula is the four-dimensional generalization of Eq. 1.6, derived in Sec. 1.1 for two-
dimensional spaces. In the new frame the particle equation of motion 1.34 becomes (see the
detailed calculations in Box 1-B)

d2xα
+

dτ2

(
∂xα ∂2ξλ dxµ dxν

= 0 . (1.37)
∂ξλ ∂xµ∂xν

)(
dτ dτ

)
6In the following chapter we shall clarify and introduce rigorously all concepts that we are now using,

such us metric tensor, coordinate transformations, etc.

6
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If we now define the following quantities

Γα
∂xα ∂2ξλ

µν = , (1.38)
∂ξλ ∂xµ∂xν

Eq. 1.37 can be written as
d2xα dxν

+ Γα
dxµ

µν = 0 . (1.39)
dτ2 dτ dτ

The Γαµν defined in Eq. 1.38 are called Christoffel’s symbols, the properties of which will be
discussed in Chapter 3. Eq. 1.39 is the geodesic equation, i.e., the equation of motion of
a freely falling particle when observed in an arbitrary coordinate frame.

Let us analyse this equation in more detail. We have seen that according to the Equiva-
lence Principle if we choose a locally inertial frame the particle equation of motion reduces
to that of a free particle, Eq. 1.34. If we change the frame the particle will feel the gravita-
tional field, as well as all apparent forces, like centrifugal, Coriolis’, and dragging forces. In
the new frame the geodesic equation becomes Eq. 1.39 and therefore the term

Γα
dxµ dxν

µν (1.40)
dτ dτ

includes the gravitational force per unit mass acting on the particle, plus the additional
apparent accelerations. Thus, in Newtonian mechanics the term 1.40 is g, which is the gra-
dient of the gravitational potential, plus the apparent accelerations. Note that the Christoffel
symbols Γα α

µν defined in Eq. 1.38 are constructed from the second derivatives of ξ with re-
spect to the new coordinates xµ. This suggests that, since the metric tensor 1.36 contains
the first derivatives of ξα, Γαµν should involve first derivatives of gµν . In Chapter 3 we
will show explicitly that this is the case, and we will derive the important relation between
Christoffel’s symbols and the metric tensor, which we here anticipate

σ 1 ∂
Γλµ = gνσ

2

(
gµν ∂gλν ∂gλµ

+ . (1.41)
∂xλ ∂xµ

−
∂xν

)
Thus, in analogy with Newtonian theory, we might consider Christoffel’s symbols as the
generalization of the Newtonian gravitational field, and the metric tensor as the generaliza-
tion of the Newtonian gravitational potential. Their role emerges in a natural way from the
Equivalence Principle.

This interpretation is based on a physical analogy, namely on the comparison of Eq. 1.39,
which describes the motion of freely falling bodies in an arbitrary frame, with the Newtonian
equation of motion.

In addition, the metric tensor gµν is also a geometrical entity since, through the notion
of distance, it characterizes the spacetime geometry. This double role, physical and geomet-
rical, of the metric tensor is a direct consequence of the Principle of Equivalence, a point
that one could hardly overstress.
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Box 1-B

Given the equation of motion of a free particle in a LIF with coordinates {ξµ}, µ =
0, . . . , 3

d2ξα
= 0 ,

dτ2

let us make a coordinate transformation to an arbitrary frame {xα}, α = 0, . . . , 3

α α dξαγ ∂ξα dxγ
ξ = ξ (x ), → = .

dτ ∂xγ dτ

Thus, d2ξα/dτ2 = 0 can be written as

d
(
∂ξα dxγ

)
d2xγ ∂ξα ∂2ξα dxβ dxγ

= + = 0 .
dτ ∂xγ dτ dτ2 ∂xγ ∂xβ∂xγ dτ dτ

σ

Multiplying the above equation by ∂x
∂ξα and reminding that

∂ξα ∂xσ ∂xσ
= = δσ ,

∂xγ ∂ξα ∂xγ γ

where δσγ = diag(1, 1, 1, 1) is the Kronecker symbol (δσγ = 1 if σ = γ and δσγ = 0
otherwise), we find

d2xγ ∂
δσ

xσ ∂2ξα dxβ dxγ
+ = 0 .

dτ2 γ ∂ξα ∂xβ∂xγ dτ dτ

Finally, the above equation can be written as

d2xσ
[
∂xσ ∂2ξα dxβ dxγ

+ = 0 ,
dτ2 ∂ξα ∂xβ∂xγ

]
dτ dτ

which is Eq. 1.37.

1.5 LOCALLY INERTIAL FRAMES
Let us consider a reference frame with coordinates {xµ} (µ = 0, . . . , 3); we shall now show
that if we know the metric tensor g α

µν and the Christoffel symbols Γµν (i.e., gµν and its
first derivatives) at a point p with coordinates xµ = Xµ, we can always determine the
coordinates of a locally inertial frame {ξα(xµ)} in the neighbourhood of p in the following
way.

β

Multiply Γβµν given in Eq. 1.38 by ∂ξ
∂xλ

∂ξβ ∂ξβ ∂xλ ∂2ξα ∂2ξα ∂2ξβ
Γλ =

xλ µν = δβ = , (1.42)
∂ ∂xλ ∂ξα ∂xµ∂xν α ∂xµ∂xν ∂xµ∂xν

i.e.,
∂2ξβ ∂ξβ

= Γλ
∂xµ∂xν ∂xλ µν . (1.43)

This is a differential equation for ξβ , and we shall solve it by a series expansion about p;
for brevity, we shall indicate any function of the coordinates f(x0, . . . , x3) as f(x), and, in
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p, any f(X0, . . . , X3) as f(X):

∂ξβ(x)
ξβ(x) = ξβ(X) +

[ ]
(xλ X

∂xλ x=X
− λ)

1
+

[∂ξβ(x)
Γλ

]
(xµ Xµ)(xν Xν)

2 ∂xλ µν + ... , (1.44)
x=X

− −

i.e.,

β β β λ − λ 1 βξ (x) = a + bλ(x X ) + bλ
[
Γλµν

]
(xµ −Xµ)(xν −Xν) + ... , (1.45)

2 x=X

where, to simplify the notation, we have introduced

aβ ≡ ξβ(X) and bβ β
ν ≡ ∂ξ (x)/∂xν .

x=X

In addition, by Eq. 1.36 we know that g = ∂ξα ∂ξ

[
β

µν µ ν ηαβ , which,

]
evaluated in X, gives∂x ∂x

∂ξα(x) ∂ξβ(x)
gµν(X) = ηαβ

xµ
|x=X

∂ ∂xν
|x=X = ηαβb

α
µb
β
ν . (1.46)

This equation allows us to compute the coefficients bβµ.
Thus, given gµν and Γαµν at a given point X, we can determine the coordinates of the

locally inertial frame in the neighbourhood of X, to order
α

|x−X|2 by using Eq. 1.45. This
equation defines the {ξ }, but its solution is not unique. Indeed, Eq. 1.46 has ten indepen-
dent components (those of the symmetric 4×4 matrix gµν) and sixteen unknowns bβµ, which
are then determined modulo six free independent parameters. With the four constants aµ,
the general solution for the coordinates of the locally inertial frame depends on ten free
parameters. This ambiguity corresponds to the freedom to make an inhomogeneous Lorentz
transformation, under which the new frame is still locally inertial: a four-dimensional trans-
lation (four degrees of freedom) and a Lorentz transformation (six degrees of freedom, see
Box 1-C).
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Box 1-C

The degrees of freedom of Lorentz’s transformations

Given a locally inertial frame {ξα}, where

ds2 = η µ ν
µνdξ dξ , (1.47)

let us consider the Lorentz transformation

ξα = Lαµ ξ
µ′ , (1.48)′

where (assuming as usual that Greek indices run from 0 to 3 and Latin indices run
from 1 to 3)

2

Li i 1

= i γ
j j + v v

− 1 γvj v
δ j , L0 , L0 = γ, γ = (1 .

v2 j = )− 2 (1.49)
c 0 −

c2

The distance can now be written as

∂ξα ∂ξβ
ds2 = η dξαdξβαβ = ηαβ dξµ′dξν′ . (1.50)

∂ξµ′ ∂ξν′

Since
∂ξα

= Lα′ ν′δ
ν′ α
µ = L µ , (1.51)

∂ξµ
′ ′

it follows that
ds2 = ηαβL

α Lβ′ ν dξ
µ′dξνµ

′ . (1.52)′

Since Lαµ is a Lorentz transformation,′

ηαβL
α
µ L

β
′ ν = η′ µ′ν , (1.53)′

consequently the new frame is still a locally inertial frame, and

ds2 = ηµ ν dξ
µ′dξν′ . (1.54)′ ′

We note that Eq. 1.53 has ten independent components (those of a symmetric 4 × 4
matrix), therefore it determines the sixteen unknown Lαµ modulo six free independent′
parameters: these are the six degrees of freedom of Lorentz’s transformations, corre-
sponding to the three components of the velocity of the boost and to the three angles
of an arbitrary rotation.
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C H A P T E R 2

Elements of differential
geometry

In Chapter 1 we have shown that the Principle of Equivalence allows us to establish a
relation between the metric tensor and the gravitational field. We have used the notions of
vectors and tensors, but we did not rigorously define these geometrical objects, nor did we
discuss whether we are entitled to use these notions. In this chapter we shall now define
the basic elements of differential geometry (vector, one-form, and tensor fields, coordinate
transformations, metric spaces, etc.) in a more rigorous way.

2.1 TOPOLOGICAL SPACES, MAPPING, MANIFOLDS
2.1.1 Topological spaces
In General Relativity we deal with topological spaces. The word topology has two distinct
meanings: local (in which we are mainly interested), and global, which involves the study
of the large-scale features of a space.

Before introducing the general definition of topological space, let us recall some prop-
erties of Rn, which is a particular case of topological space; this will help us in the under-
standing of the general notion.

Given a point y = (y1, y2, . . . , yn) ∈ Rn, a neighbourhood of y is the collection of points
x such that

n

|x− y| ≡
√√√√∑(xi − yi)2 < r , (2.1)

i=1

where r is a real number.
A set of points S ⊂ Rn is open if every point x ∈ S has a neighbourhood entirely

contained in S. This implies that an open set does not include the points on its boundary.
For instance, an open ball is an open set; a closed ball, defined by |x − y| ≤ r, is not an
open set, because the points of the boundary, i.e. |x−y| = r, do not admit a neighbourhood
contained in the set.

Intuitively, this is a continuum space, i.e. there are points of Rn arbitrarily close to
any given point, and the line joining two points can be subdivided into arbitrarily many
pieces which also join points of Rn. A non-continuous space is, for example, a lattice. A
formal characterization of a continuum space is the Hausdorff criterion: for any two points
of a continuum space which do not coincide, there exist two neighbourhoods which do not
intersect (see Fig. 2.1).

17
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( ) ( )
1 2

a b

Figure 2.1: Representation of Hausdorff’s criterion.

The open sets of Rn satisfy the following properties:

(1) if O1 and O2 are open sets, their intersection is also an open set;

(2) the union of any collection (possibly infinite in number) of open sets is open.

We have introduced these concepts (open sets, neighbourhood, continuum space, etc.) in
the space Rn, but, as we are going to show, they can be extended to a general set, without
the need of using the properties of Rn.

Let us consider a general set T, and a collection of subsets of T, say O={Oi}, and call
them open sets, such that T itself and the empty set ∅ belong to the collection. We say that
the pair (T,O), consisting of the set and the collection of subsets, is a topological space,
if it satisfies the properties (1) and (2) above. We remark that the set T can be any kind of
set; the only specification we give is the collection of subsets O, which are by definition the
open sets, and that satisfy the properties (1), (2). In particular, in a topological space the
notion of distance is a structure which has not been introduced: all definitions only require
the notion of open sets.

In a topological space T, a neighbourhood B(x) of a point x ∈ T is an open set which
contains the point x, i.e. x ∈ B(x) and B(x) ∈O. With these definitions, the Hausdorff
criterion (and thus the notion of continuum space) can be applied to a topological space:
the criterion is satisfied if ∀ x,y ∈T such that x = y, there exist two neighbourhoods B(x),
B(y) which do not intersect.

2.1.2 Mapping
A map f from a space M to a space N is a rule which associates an element x of M to a
unique element y = f(x) of N (see Fig. 2.2). The spaces M and N need not to be different.
For example, the simplest maps are ordinary real-valued functions on R, such as:

y = x3, x ∈ R, y ∈ R . (2.2)

In this case M and N coincide. It is also said that f maps a points x ∈ M into a point
f(x) ∈ N.

Surjective, injective, and bijective mappings

A map gives a unique f(x) for every x, but not necessarily a unique x for every f(x) (see,
e.g., Fig. 2.3). If f maps M into N, then for any set S in M we have an image in N, i.e. the
set T= f(S) of all points mapped by f from S into N. Conversely the set S is the inverse
image of T (Fig. 2.4)

S = f−1(T) .

The statement “f maps M into N” is indicated as

f : M→ N .

6
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x f(x)
M N

f

Figure 2.2: Mapping from M to N.

 f(x)                    f(x)

x0 x1 x

Figure 2.3: A given value of f(x) may correspond either to different values (left panel) or to a
single value (right panel) of x.

In addition, f maps a particular element x ∈M into y ∈ N; the mapping is indicated as

f : x 7→ y . (2.3)

The image of a point x is f(x). We can introduce the following definitions:

• If every point of N has an inverse image (but not necessarily a unique one), it is a
map from M onto N, and it is called a surjective map.

• If, for any point of N which has an inverse image in M, the inverse image is unique,
the map is said to be injective.

• A map of M into N, which is both surjective and injective, is called bijective, or a
one-to-one map.

• If the map is one-to-one, every point of M corresponds to one and only one point of
N, and vice versa; therefore, bijective maps are invertible.

• Inverse mapping is possible only in the case of one-to-one mapping. The inverse map
to f is indicated as f−1.
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M                                        N

f

S T

T = f (S)

f
-1

Figure 2.4: Image and inverse image of a mapping.

N

M
x1

x2

M

N

f(q) f(p)

pq

Figure 2.5: The sphere and its mapping to a disc.
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Box 2-A

Example of a one-to-one mapping

Let N be the unit open disc in R2, i.e. the set of all points in R2 such that the distance
from the center is less than unity, d(0, x) < 1. Let M be the surface of a hemisphere
θ < π belonging to the unit sphere. There exists a one-to-one mapping f from M to2
N (see Fig. 2.5).

Composition of maps

Given two maps f : M→ N and g : N→ P, there exists a map g ◦ f that maps M to P

g ◦ f : M→ P . (2.4)

This means the following: take a point x ∈M and find the image f(x) ∈ N, then use g to
map this point to a point g (f(x)) ∈ P (Fig. 2.6).

M N                                    P
g[f(x)]

gf

g∘f

Figure 2.6: Composition of maps.

Box 2-B

Example: composition of maps

f : x 7→ y y = x3

g : y 7→ z z = y2

g ◦ f : x 7→ z z = x6

Continuous mapping

Given two topological spaces M and N, a map f : M → N is continuous at x ∈M if any
open set of N containing f(x) contains the image of an open set of M.
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ε

f(x)

δ

x
0

x

Figure 2.7: Continuous function.

This definition is related to the familiar notion of continuous functions. Suppose that f
is a real-valued function of one real variable, i.e. f is a map of R to R

f : R→ R . (2.5)

In the elementary calculus f is said to be continuous at a point x0 if, for every ε > 0, there
exists a δ > 0 for which

∀x such that |x− x0| < δ, |f(x)− f(x0)| < ε (2.6)

(see Fig. 2.7). This definition can be translated in terms of open sets. We see from Fig. 2.7
that any open set containing f(x0), i.e. |f(x) − f(x0)| < ε (for any ε), contains an image
of an open set of M. This is true at least in the domain of definition of f . This definition is
more general than that of continuous functions, because it is based on the notion of open
sets, and not on the notion of distance.

2.1.3 Manifolds and differentiable manifolds
A manifold M is a topological space, which satisfies the Hausdorff criterion, and such that
each point of M has an open neighbourhood which has a continuous one-to-one map to an
open set of Rn, where n is the dimension of the manifold.

In this definition we have used the concepts previously defined: the space must be topo-
logical, continuous, and we want to associate an n-tuple of real numbers, i.e. a set of coor-
dinates, to each point. For example, when we consider the diagram in Fig. 2.8, we are just
using the notion of manifold: we take a point p, and map it to the point (x1, y1) ∈ R2, and
this operation can be done for any open neighbourhood of p. It should be stressed that the
definition of manifold involves open sets and not the whole M and Rn, because we do not
want to restrict the global topology of M. Moreover, at this stage we only require the map
to be one-to-one. We have not yet introduced any geometrical notion such as length, angles,
etc.
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y

xx1

y1
M

pp

x1

y1y1y

U

Figure 2.8: A coordinate frame in R2.

Coordinate systems and coordinate transformations

A coordinate system, or coordinate frame or chart, is a pair consisting of an open set of
M and its map to an open set of Rn. The open set does not necessarily include all M; thus
there will be other open sets with the associated maps, and each point of M must lie in at
least one of such open sets.

Let U and V be two overlapping open sets of M with two distinct maps into Rn. The
overlap U∪V is open (since it is the intersection of two open sets), and is given two different
coordinate systems by the two maps. Thus, there must exist some relation between these
maps, which we want to find.

As shown in the lower panel of Fig. 2.9, pick a point (x1, . . . , xn) in the image of the
overlapping region belonging to f(U). The map f has an inverse f−1 which brings to the
point p of U∪V. Then, use the map g to go from p to its image belonging to g(V), i.e. to
the point (y1, . . . , yn) in Rn,

g ◦ f−1 : Rn → Rn. (2.7)

The result of this operation is a functional relation between the two sets of coordinates,
called coordinate transformation between the two charts: y1 = y1(x1 n , . . . , x ) . . (2.8)

.
yn = yn(x1, . . . , xn) .

If the partial derivatives of order


≤ k of all the functions yi with respect to all xi

exist and are continuous, then the charts (U, f) and (V, g) are said to be Ck-related. If it
is possible to construct a system of charts such that each p

{
oin

}
t of M belongs at least

{
to

}
one of the open sets, and every chart is Ck related to every other one it overlaps with, then
the manifold is said to be a Ck manifold. If k ≥ 1, the manifold is called differentiable.

The notion of differentiable manifold is crucial, because it allows to add “structure” to
the manifold, i.e. to define vectors, tensors, differential forms, Lie derivatives, etc. In order
to complete the definition of coordinate transformation we still need to clarify the following.
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M

g(V)g

U

V

f(U)

ℝn
f

1 x xn( , . . , )

y1 y n, . . , ) ( 

f(U)

P

g(V)

  M

g

U

V

−1f

ℝn

Figure 2.9: Two overlapping open sets of a manifold, with different maps f, g into Rn(upper panel).
Transformation between two coordinate systems (lower panel).
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Let us write Eqs. 2.8 in the form

yi = f i(x1, . . . , xn), i = 1, . . . , n, (2.9)

where f i are Ck-differentiable. Let J be the Jacobian of the transformation
∂f1 ∂f1 1

∂x1 . . . ∂f ∂x2 ∂xn
∂f

1 n  2 2 ∂f2

1 2 . . . ∂f
∂(f , . . . , f )  ∂x ∂x ∂xn

J = = det


∂(x1 . . . . . . . (2.10)

, . . . , xn)
. . . . . .

∂fn ∂fn fn


∂

∂x1 .∂x2 . . ∂xn


If J is non-zero at some point p, then the inverse function theorem ensures


that the map f

is one-to-one in some neighbourhood of p. If J is zero in p the transformation is singular.
Since a coordinate transformation must be one-to-one in its domain, J must not vanish

in this domain.

x1

x2

π
2

π2

N

Q

π

Figure 2.10: Two-sphere as a manifold.
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Box 2-C

Example: the two-sphere as a manifold

Consider the two-sphere S2. It is defined as the set of all points in R3 such that
x2 + y2 + z2 = const (see Fig. 2.10). Suppose that we want to map the whole sphere to
R2 by using a single chart, for example using spherical coordinates θ ≡ x1, and ϕ ≡ x2.
The sphere will be mapped onto the rectangle 0 ≤ x1 ≤ π, 0 ≤ x2 ≤ 2π.
However, this is not a one-to-one mapping, and, strictly speaking, it is not even a
mapping! Indeed, every point of the sphere should correspond to one and only one
point of Rn, while the north pole θ = 0 is mapped to the entire line

x1 = 0, 0 ≤ x2 ≤ 2π . (2.11)

In addition all points of the semicircle ϕ = 0 are mapped in two places

x2 = 0, and x2 = 2π . (2.12)

The only way to avoid these problems and have a well-defined (and one-to-one) mapping
is to restrict the map to open regions (indeed, the definition of a manifold requires the
maps to be defined between open sets):

0 < x1 < π, 0 < x2 < 2π . (2.13)

The two poles and the semicircle ϕ = 0 are left out. We may consider a second map,
again in spherical coordinates but “rotated” in such a way that the line ϕ = 0 coincides
with the equator of the old system. Then, every point of the sphere would be covered
by one of the two charts, and the coordinate transformation for the overlapping region
(which is simply a rotation) can be found. It is interesting to note that these mappings
do not preserve angles and lengths. The two-sphere is an example of manifold that
cannot be covered by a single chart, i.e. by a single coordinate frame, which is the
reason why a globe cannot be mapped entirely into a two-dimensional map.

2.1.4 Diffeomorphisms
Given a differentiable manifold M, let us consider an invertible (one-to-one) mapping of M,
or more generally of an open set U ⊂M, into itself:

Ψ : U→ U

p 7→ p′ = Ψ(p) . (2.14)

In a coordinate frame U→ Rn, it defines n real functions of (an open set of) Rn:

xi 7→ x′
i

= ψi(xj) ∈ Rn . (2.15)

If these are differentiable functions, the mapping Ψ is called a diffeomorphism.
Note that Eq. 2.15 is formally similar to a coordinate transformation, xi 7→ xi′, but its

meaning is very different: in a coordinate transformation the chart changes, but the point
p on the manifold remains the same, while in a diffeomorphism the chart is the same, but
the point p on the manifold is mapped to a different point p′ (see Fig. 2.11). As we shall
discuss in Chapter 8, diffeomorphisms are very important in General Relativity, since they
are associated to spacetime symmetries.
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p
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x'

M ℝn

ℝn

 M
p

p'

x'

x ℝn

Figure 2.11: In the top panel we show a coordinate transformation: x and x′ describe the same
point p of the manifold in two different charts. In the bottom panel we show a diffeomorphism: x
and x′ describe different points p, p′ of the manifold, in the same chart.

2.2 VECTORS
2.2.1 The traditional definition of a vector
Let us consider an n-dimensional manifold, and a generic coordinate transformation

i′ i′x = x (xj), i′, j = 1, . . . , n . (2.16)

A contravariant vector
~V → i

O {V }i=1,...n , (2.17)

where the symbol → ~
O indicates that V has components {V i} with respect to a given

frame O, can be defined as a collection of n numbers which transform under the coordinate
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transformation (2.16) as follows:

V i
′

=
∑ ∂xi

′
∂xi

′

V j ≡ V j . (2.18)
∂xj ∂xj

j=1,...,n

′
Notice that, in writing the last term, we have used Einstein’s convention. V i are the com-
ponents of the vector in the new frame. If we now define the n× n matrix

∂x1′ ∂x1′

∂x2 . . .∂x1

. . . . .
′

(Λi j) =

  . . . . .

 , (2.19) . . . . .
∂xn

′
∂xn

′

...∂x1 ∂x2

the transformation law can be written in the general form



V i
′ ′

= Λi jV
j . (2.20)

In addition, covariant vectors are defined as objects that transform according to the follow-
ing rule

∂xj
Ai′ = Aj = Λj ,

xi′
i′Aj (2.21)

∂

where Λj
′

i′ is the inverse matrix of Λi j (see Box 2-D).
This definition of a vector relies on the choice of a coordinate system. However, we know

that in Rn a vector can be defined as an oriented segment joining two points, without in-
troducing a coordinate frame. We shall now show that in a general manifold it is possible
to define a vector as a geometrical object, i.e. one which exists regardless of the coordi-
nate system. Of course, once a coordinate system is given we can associate to a vector its
components with respect to that system and, if the frame changes, the vector components
transform as in Eq. 2.18. However, the vector itself – as a geometrical object – does not
change.

Box 2-D

′
The matrices Λij′ and Λi j

Given a coordinate transformation xi′ = xi
′ ′
(xj), or the inverse xj = xj(xi ), i′, j =

1, . . . , n, the matrices

Λi
′ ∂xi

′

j = (2.22)
∂xj

and
i

Λi
∂x

j′ = , (2.23)
∂xj′

are the inverse of each other. Indeed

i′

Λi
′ k ∂x ∂xk i′∂x ′

kΛ j′ = = = δi . (2.24)
xk ∂xj ∂xj′ j′∂ ′

′
Note that, when we write Λi or Λij j′ , the first index (i.e. the one on the left) always
refers to the row of the matrix, the second to the column.

Box 2-D
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Box 2-E

A comment on notation

Here and in the following, we shall use indices with and without primes to refer to
different coordinate frames. Strictly speaking, Eq. 2.16 should be written as

i′ i′
x′ = x′ (xj), i′, j = 1, . . . , n , (2.25)

because the coordinate with (say) i′ = 1 belongs to the new frame, and is then different
from the coordinate with j = 1, belonging to the old frame. However, for brevity of
notation, we will omit the primes in the coordinates, keeping only the primes in the
indices, as in Eq. 2.16.

2.2.2 A geometrical definition
In order to define vectors as geometrical objects, we need to go by steps: firstly we shall
introduce the notions of paths and curves to define the tangent vector to a curve at a given
point p. Then we shall introduce the directional derivative along a curve in p, which will
be shown to be in a one-to-one correspondence with the vector tangent to the same curve
at the same point. This will allow us to give a definition of vectors that is independent of
the coordinate system.

Paths and curves

A path C is a connected sequence of points in a manifold. An example of a path is shown
in Fig. 2.12.

C

Figure 2.12: Path on a manifold.

A curve is a mapping from an interval I = [a, b] ⊂ R to a path in a manifold,

γ : s ∈ [a, b] 7→ γ(s) ∈ C ⊂ M . (2.26)

Thus, a curve γ associates a real number to each point of the path. We say that the curve
is a parametrization of the path C, and the variable s ∈ [a, b] is called parameter of the
curve. The path is then the image of the real interval I in the manifold.
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s

s'

ℝ

ℝ

Figure 2.13: Different parametrizations of the same path.

Given a coordinate system (x1, . . . , xn) defined in the open set of the manifold containing
the path, we can express the curve γ as a set of n real functions (x1(s), . . . , xn(s))

γ : s ∈ [a, b] 7→ (x1(s), x2(s), . . . , xn(s)) . (2.27)

We say that the curve is Ck if the n functions are Ck.
If we do a reparametrization s′ = s′(s), the number associated to a given point of the

path changes, i.e. the curve changes (see Fig. 2.13); therefore we get

γ′ : s′ ∈ [a′, b′] 7→ (x1(s(s′)), x2(s(s′)), . . . , xn(s(s′))) = (x′1(s′), x′2(s′), . . . , x′n(s′)) ,
(2.28)

where x′1, x′2 are new functions of s′. This is a new curve, although the path is the same.

Box 2-F

Example: paths and curves

The trajectory of a bullet shot by a gun in the three-dimensional space is a path; when
we associate the parameter t (time) at each point of the trajectory, we define a curve;
if we change the parameter, for instance we choose the curvilinear abscissa, we define
a new curve.

Tangent vector to a curve

Let us consider a regular (i.e., C1) curve γ on a differentiable manifold M, with parameter
λ, and a point p belonging to the curve. Given a coordinate system (x1, . . . , xn), as shown
in Eq. 2.27 we can express the curve as a set of n real, C1 functions (x1(λ), . . . , xn(λ)) (see
Fig. 2.14).

The set of numbers
{
dx1

, . . . , dx
n
}

are the components of the tangent vector to γ indλ dλ
p:

~V →O

{
dxi

dλ

}
. (2.29)

i=1,...,n

One must be careful not to confuse the curve with the path. In fact a path has, at any
given point, an infinite number of tangent vectors, all parallel, but with different lengths,
corresponding to the different possible parametrizations of the path. A curve, instead, has
a unique tangent vector in any given point. Note that there are paths that are tangent to

Box 2-F
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 (x(l),...,x(l))1 n

C

Figure 2.14: Curve on a manifold expressed as n real functions.

x(s)

Figure 2.15: Different curves having the same tangent vector.
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one another in p (see Fig. 2.15); we can choose suitable parametrizations of the paths such
that the resulting curves have the same tangent vector in p.

′ ′
Let us now consider a different coordinate system (x1 , . . . , xn ). Since M is a differen-

′
tiable manifold, the functions ( 1′x (x1, . . . , xn), . . . , xn (x1, . . . , xn)) are regular and invert-
ible in their domain. The components of the tangent vector in the new coordinate frame
become

i′

i′ dx ∂xi
′
dxj

V = = = Λi
′ dxj
j , (2.30)

dλ ∂xj dλ dλ

where Λi
′
j are the components of the matrix associated to the coordinate transformation

defined in Eq. 2.19. As expected, Eq. 2.30 is the same transformation given in Eq. 2.20,
which was used to define contravariant vectors in Sec. 2.2.1:

V i
′

= Λi
′

jV
j . (2.31)

The definition 2.29 of vector tangent to a curve in a given point still depends on the choice
of the coordinate system. In order to show that vectors are geometrical objects, i.e. objects
that do not depend on the coordinate frame, we need to define the directional derivatives
along a curve.

Directional derivatives along a curve

Let us consider a regular curve γ on a differentiable manifold M, with parameter λ, and a
point p belonging to the curve. Let U be a neighbourhood of p. Let us also consider a real,
differentiable function Φ defined in U

Φ : U→ R . (2.32)

Given a coordinate system (x1, . . . , xn), we can express Φ as a function on Rn, Φ =
Φ(x1, . . . , xn), and the curve γ as a set of n real, C1 functions (x1(λ), . . . , xn(λ)).

We define the directional derivative of Φ in p along the curve γ as the real number

dΦ ∂Φ dxi
= . (2.33)

dλ ∂xi dλ

Since the function Φ is totally arbitrary, we can rewrite this expression as

d dxi ∂
= , (2.34)

dλ dλ ∂xi

where d is the directional derivative operator in p, acting on the space of the C1 functionsdλ
in U:

d
: C1(U)→ R . (2.35)

dλ

We have just found an important result: Eq. 2.34 establishes a one-to-one relation between
the directional derivative d along a curve in p, and the components of the tangent vectordλ

i

to the same curve in p, dx .dλ

Let us consider a different coordinate frame defined in U, (x1′ ′
, . . . , xn ). As discussed in

′
the previous section, the functions x1′( (x1, . . . , xn), . . . , xn (x1, . . . , xn)) are regular and
invertible in their domain. Then we can write

′
∂Φ dxi

(
∂Φ ∂xj

)(
∂xi

′
dxk ∂Φ dxk dΦ

= = = . (2.36)
∂xi′ dλ ∂xj ∂xi′ ∂xk dλ

)
∂xk dλ dλ
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Therefore the directional derivative of a function does not depend on the choice of the
coordinate system, i.e. the directional derivative operator is a geometrical object.

We shall now show that the space of directional derivatives along a curve on a differen-
tiable manifold satisfies the axiomatic definition of vector spaces, which is the following 1.

A vector space is a set V on which two operations are defined:

1. Vector sum
(~v, w~)→ ~v + w~ (2.37)

2. Multiplication by a real number:
(a,~v)→ a~v (2.38)

where ~v, w~ ∈ V , a ∈ R, which satisfy the following properties:

• Associativity and commutativity of vector sum

~v + (w~ + ~u) = (~v + w~) + ~u (2.39)

~v + w~ = w~ + ~v , ∀~v, w~, ~u ∈ V . (2.40)

• Existence of a zero vector, i.e. of an element ~0 ∈ V such that

~v +~0 = ~v ∀~v ∈ V . (2.41)

• Existence of the opposite element: for any w~ ∈ V there exists an element ~v ∈ V such
that

~v + w~ = ~0 . (2.42)

• Associativity and distributivity of multiplication by real numbers:

a(b~v) = (ab)~v

a(~v + w~) = a~v + aw~ (2.43)

(a+ b)~v = a~v + b~v ∀~v ∈ V ,∀ a, b ∈ R.

• Finally, the real number 1 must act as an identity on vectors:

1~v = ~v ∀~v . (2.44)

Let us now go back to directional derivatives, and consider two curves on a differentiable
manifold M passing through the same point p, with parameters λ and µ, respectively. Given
the coordinate system (x1, . . . , xn), the curves are described by the functions xi = xi(λ)
and xi = xi(µ). The directional derivatives in p along these curves are

d dxi ∂ d dxi ∂
= , = . (2.45)

dλ dλ ∂xi dµ dµ ∂xi

Let a be a real number. We define the following two operations on the space of directional
derivatives along the curves passing through p.

1To be precise, what we are defining here is a real vector space, but we will omit this specification,
because in this book we will only deal with real vector spaces.
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• Sum of two directional derivatives

d d
(
dxi dxi

+
dµ
≡ +

dλ dλ dµ

)
∂
. (2.46)

∂xi

i i

The numbers
(
dx + dx

)
are the components of a new vector, which is tangent todλ dµ

some curve through p. Therefore, there must exist a curve with a parameter, say, s,
such that in p

dxi
(
dxi dxi

)
d dxi ∂ d d

= + , and = = + . (2.47)
ds dλ dµ ds ds ∂xi dλ dµ

• Multiplication of the directional derivative d by a real number adλ

d i

dλ
≡
(

dx
a a

dλ

)
∂

. (2.48)
∂xi

The
(

i

numbers adx
)

are the components of a new vector, which is tangent to somedλ

curve in p. Therefore, there must exist a curve with parameter, say, s′, such that in p

dxi dx
=

(
dxi i

a

)
d ∂ d

, and = = a . (2.49)
ds′ dλ ds′ ds′ ∂xi dλ

It is easy to verify that the operations of sum and multiplication by a real number defined
in Eqs. 2.46 and 2.48, respectively, satisfy the properties required for a vector space. For
instance:

• Commutativity of the sum:

d d
+ =

dλ dµ

(
dxi dxi

+
dλ dµ

)
∂

=
∂xi

(
dxi dxi

+
dµ dλ

)
∂ d d

= + . (2.50)
∂xi dµ dλ

• Associativity of multiplication by real numbers:

a

(
d

b
dλ

)
= a

((
dxi ∂
b
dλ

)
∂xi

)
( (

dxi
))

∂
(

dxi
= a b = ab (2.51)

dλ ∂ i dλ

)
∂ d

= (ab) .
x ∂xi dλ

• Distributivity of multiplication by real numbers:(
d d

) (
dxi ∂ dxi ∂

) (
dxi dxi

)
∂

a + = a + a = a + a
dλ dµ dλ ∂xi( ) (dµ ∂xi dλ dµ ∂xi

dxi ∂ dxi ∂ d d
= a + a =

dλ ∂x dµ

)
a + a . (2.52)

i ∂xi dλ dµ

• The zero element is the vector tangent to the curve xµ ≡ const, i.e. the point p.

• The opposite of the vector ~v tangent to a given curve is obtained by changing sign to
the parameter

λ→ −λ . (2.53)

The proof of the remaining properties is analogous. Therefore, the directional derivatives
along all the curves through a point p of a manifold form a vector space. We call this
space the tangent space in p to the manifold M, and we shall denote it by Tp . The

directional derivative operator d ∈ Tp is then a vector.dλ
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A basis for the space of directional derivatives

In any coordinate system (x1, . . . , xn) there are special curves, the coordinate lines. Along
these lines one of the coordinates is taken as parameter, while the others are constant (think
for example to the grid of Cartesian coordinates). The directional derivatives along these
lines are

d ∂xk ∂
= = δk

∂ ∂
i = . (2.54)

dxi ∂xi ∂xk ∂xk ∂xi

Thus, the operator of directional derivative along the coordinate lines coincides with the
operator of partial derivative. Since, as shown in Eq. 2.34,

d dxi ∂
= , (2.55)

dλ dλ ∂xi

the generic directional derivative d is a linear combination of the directional derivativesdλ

along the coordinate lines, ∂
i ; therefore, these form a basis of the tangent space T∂x p, which

is the coordinate basis associated with the coordinate system (x1, . . . , xn). The quantities

{dx
i

dλ } are the components of the vector d in this basis.dλ

Vectors as geometrical objects

As previously remarked, Eq. 2.34 establishes a one-to-one correspondence between the di-
rectional derivatives along the curves through p and the tangent vectors to the same curves
in p. Therefore, the tangent space Tp is also the space of the tangent vectors to the curves
in p. Since the directional derivative is independent of the choice of the coordinate system,
this correspondence shows that vectors are geometrical objects, i.e.

d~V = . (2.56)
dλ

In a coordinate system (x1, . . . , xn) we can express this vector in the corresponding coordi-
nate basis using Eq. 2.55:

dxi ∂~V = = V i
∂

(2.57)
dλ ∂xi ∂xi

where V i = dxi ~are the components of V in the coordinate basisdλ { ∂
∂xi }.

If we now apply d ~, i.e. V , to a generic function Φ we finddλ

dΦ ∂Φ~= V (Φ) = V i , (2.58)
dλ ∂xi

~and this is the directional derivative of Φ along V .
Thus, vectors map real, C1 functions to real numbers.
Note that this mapping is linear; indeed, given a function Φ = aΦ1 + bΦ2, with Φ1,Φ2

functions on an open set U of the manifold M, and a, b real numbers, from the linearity of
the partial differentiation operator and from Eq. 2.58 it follows

∂Φ ∂Φ1 ∂Φ2 ~ ~V i = aV i + bV i = aV (Φ1) + bV (Φ2) , (2.59)
∂xi ∂xi ∂xi

i.e.

~ ~ ~V (aΦ1 + bΦ2) = aV (Φ1) + bV (Φ2) ∀Φ1 ,Φ2 functions on U , ∀ a, b ∈ R . (2.60)

In conclusion, we have shown that a vector is a linear map which associates to any function
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p
M

Tp

Figure 2.16: Tangent space Tp to a manifold M.

Φ the real number V i ∂Φ
i . In the rest of the book, we shall consider this as the definition of∂x

a vector on a differentiable manifold.
It should be stressed that vectors do not belong to the manifold M: they belong to

the tangent space to M in p, namely Tp. If the manifold is Rn this distinction may be
overlooked, because the tangent space (at any point) coincides with Rn, but for a general
manifold M the two spaces are different. Indeed, a generic manifold is not a vector space.
For example, if the manifold is a sphere, we can not define the vectors as “arrows” on the
sphere: they lie in the tangent space, which is the plane tangent to the sphere at a given
point. For more general manifolds it is not easy to visualize Tp . In any case Tp has the
same dimensions as the manifold M.

 x2

1 = const

= const

e(1)
 x2

 x1

e(1)
e(2)

= const x1

x2= const
e(2)

x

Figure 2.17: Coordinate basis of the tangent space.

We shall denote the vectors of the coordinate basis, associated with the coordinate
system

{
xi
}

, as
∂

~e(i) ≡ , (2.61)
∂xi

see, e.g., Fig 2.17. Hereafter, we shall enclose within ( ) the index that indicates the vector
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of a given basis, not to be confused with the index that indicates the components of the
vector. The only exception is the operator of partial derivative, ∂

i , for which we shall omit∂x
the ( ) around the index and the superscripted arrow, to follow the standard notation of
textbooks. For instance e1

(2) indicates the component 1 of the basis vector ~e(2).

~Any vector A at a point p can be expressed as a linear combination of the basis vectors

~A = Ai ~~e i
(i) , i.e. A→O {A } i = 1, . . . , n (2.62)

where the numbers Ai ~are the components of A with respect to the chosen basis O. If we
′ ′ ′

make a coordinate transformation, the new set of coordinates (x1 , x2 , . . . , xn ) defines a
~new coordinate basis O′, {~e(i′)} ≡ { ∂

i }. The vector A in the new basis is
∂x ′

~A = Aj
′ ~ ′
~e(j′) , i.e. A→O′ {Aj } (2.63)

where Aj
′ ~are the components of A with respect to the new basis vectors ~e(j′). Since the

~vector A is a geometrical object, i.e. it is independent on the coordinate frame, the following
equality must hold

Ai~e i′

(i) = A ~e(i′). (2.64)

′ ~From Eq. 2.31 we know how to express Ai as functions of the components of A in the old
basis, i.e. Ai

′
= Λi

′
jA

j , and replacing these expressions into Eq. 2.64 we find

Ai
′

~e( = i
i) Λ jA

j~e(i′) (2.65)

∂xi
′

Λi
′

where j = j . By relabeling the dummy indices this equation can be written as∂x [
~e(j) − Λi

′

j~e(i′)

]
Aj = 0 . (2.66)

~Since Eq. 2.66 must be satisfied for any non-vanishing vector A, the term in square brakets
must vanish, i.e.

~e(j) = Λi
′

j~e(i′) . (2.67)

′
Multiplying both members by Λj j i′ i

k′ and remembering that Λ k′Λ j = δk (see Eq. 2.24), we′

find
Λj j i′ i′

k′~e(j) = Λ k′Λ j~e(i′) = δk ~e′ (i′) , (2.68)

i.e.
~e(k′) = Λjk′~e(j). (2.69)

It should be noted that we do not need to choose necessarily a coordinate basis. We may
choose a set of independent basis vectors that are not tangent to the coordinate lines. In
this case the matrix which transforms one basis to another has to be assigned, since it can
not be written in terms of partial derivatives of a coordinate transformation. This will be
further discussed in Sec. 3.10.
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Box 2-G

Exercise

Let us consider the two-dimensional Euclidean space, where we choose a Cartesian coordinate
~frame (x1, x2), and let V be a vector at a point (1, 1), whose components in this frame are

V i = (1, 2), i = 1, 2. Given the coordinate transformation (x1, x2)→ (r, θ){
x1 = r cos θ

(2.70)
x2 = r sin θ ,

with x1′ ′
= r, x2 = θ, compute

• the new coordinate basis for vectors;

• ~the components of V in the same point, in the new frame.

The coordinate basis for vectors, {~e ∂
(i)} = { i }, and the components of a vector, transform

∂x

according to Eq. 2.69 and Eq. 2.31, respectively, i.e.

′ ′
~e(k′) = Λi ~e i) , and V k( = Λk iV

i
k′ . (2.71)

Thus, we need to compute the matrices

′
i ∂xi

= k′ ∂xk
Λ k′ , and Λ

∂xk′
i = ,

∂xi

associated to the coordinate transformation 2.70. The matrix Λik′ can easily be computed

i

(
cos θ −r sin θ

Λ k =
sin θ r cos θ

)
. (2.72)′

Remember that the first index (i in this case) indicates the row of the matrix, and the second
(k′) indicates the column. Thus, using Eqs. 2.71 and 2.72 the new basis vectors are{

~e(1′) ≡ ~e(r) = Λi1′ ~e(i) = cos θ ~e(1) + sin θ ~e(2)
(2.73)

~e(2′) ≡ ~e i
(θ) = Λ 2′ ~e(i) = −r sin θ ~e(1) + r cos θ ~e(2) .

′ ~To compute Λk i, needed to compute the components of V in the new frame, we can either
invert the coordinate transformation, i.e.{

1′x r = (x1)2 + (x2)2

(2.74)
2′
≡

x ≡ θ =

√
arctan (x2/x1) ,

k
es ∂x

′
and compute the derivativ i or, we can directly compute the matrix inverse to 2.72. The

∂x

result is

Λk
′
i =

(
cos θ sin θ
− sin θ/r cos θ/r

)
. (2.75)

~Thus, the components of V in the new frame are{
V 1′ ≡ V r = Λ1′ j = Λ1′ V 1 + Λ1′

1 2V
2

jV = cos θ + 2 sin θ
(2.76)′ ′ ′ ′

V 2 ≡ V θ = Λ2 j 2 1 2 2 1
jV = Λ 1V + Λ 2V = (

r
− sin θ + 2 cos θ) .

The point (1, 1) in the new coordinates is (
√

2, π/4); therefore in that point

V i
′

= (V r, θ) =

(
3

V
√ 1

2,
2 2

)
.
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2.3 ONE-FORMS
2.3.1 One-forms as geometrical objects
A one-form is a linear, real-valued function of vectors:

q̃ : Tp → R
~V 7→ ~q̃(V ) . (2.77)

~This means that the one-form q̃ at the point p associates to any vector V at p a real number,
~which we call q̃(V ).

Hereafter a tilde on the top shall indicate one-forms (or 1-forms), whereas an arrow
indicates vectors. Since one-forms are linear functions, then

~ ~ ~ ~q̃(aV + bW ) = aq̃(V ) + bq̃(W ) , (2.78)

~ ~for any pair of vectors V ,W , any pair of real numbers a, b, and any one-form q̃. We define
two operations on the space of one-forms:

• Sum: given two one-forms q̃, σ̃, we define the new one-form q̃ + σ̃ such that, for any
~vector V ,

~ ~ ~(q̃ + σ̃)(V ) = q̃(V ) + σ̃(V ) . (2.79)

• Multiplication by real numbers: given a one-form q̃ and a real number a, we define the
~new one-form aq̃ such that, for any vector V ,

~ ~(aq̃)(V ) = aq̃(V ) . (2.80)

These operations satisfy the properties 2.40-2.44, which define a vector space. For example:

• Commutativity of the sum. Given two one-forms q̃, σ̃, Eq. 2.79 shows that

~ ~ ~ ~ ~ ~(q̃ + σ̃)(V ) = q̃(V ) + σ̃(V ) = σ̃(V ) + q̃(V ) = (σ̃ + q̃)(V ) ; (2.81)

~since this is true for any V , it follows that σ̃ + q̃ = q̃ + σ̃.

• Distributivity of the multiplication with real numbers. Given two one-forms q̃, σ̃ and
a real number a, Eq. 2.80 gives

~ ~ ~ ~[a (q̃ + σ̃)] (V ) = a
[
(q̃ + σ̃) (V )

]
= a[q̃(V ) + σ̃(V )]

~ ~ ~ ~= a[q̃(V )] + a[σ̃(V )] = (aq̃)(V ) + (aσ̃)(V )

~= [(aq̃) + (aσ̃)](V ) ; (2.82)

~since this is true for any V , it follows that a(q̃ + σ̃) = (aq̃) + (aσ̃).

• Existence of the zero element. We define the one-form ˜ ~0 such that, for any V ,

˜ ~0(V ) = 0 . (2.83)

The other properties can be proved in a similar way. Therefore, one-forms form a vector
space, T∗p, which is called the dual vector space to Tp, or the cotangent space in p.

T∗p is the space of the maps (the one-forms) that associate to any given vector a number,
i.e. that map Tp on R.

http:2.40-2.44
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Basis one-forms

We define a basis for the one-forms, {ω̃(i)}i=1,...,n, as follows: the basis one-form ω̃(i) applied
~to V gives as a result the i-th component of the vector, V i

ω̃(i) ~(V ) = V i . (2.84)

As for vector bases, the index (i) in parenthesis selects the i-th one-form of the basis. In
particular, if ω̃(i) is applied to the basis vector ~e(j), whose only non-vanishing component

jis e = 1, from Eq. 2.84 we find(j)

ω̃(i)(~e(j)) = δij . (2.85)

In order to show that {ω̃(i)}i=1,...,n is a basis of the space of one-forms, let us consider
~ ~an arbitrary one-form q̃ acting on an arbitrary vector V . By expressing V as a linear

combination of the basis vectors ~e(j), and using the linearity of one-forms, we find

~q̃(V ) = q̃(V j~e(j)) = V j q̃(~e(j)) = (2.86)

~= ω̃(j)(V )q̃(~e(j)) ,

~where the last equality follows from Eq. 2.84. This equation holds for any vector V ; therefore
we can write

q̃ = q̃(~e(j))ω̃
(j) . (2.87)

Since q̃(~e(j)) are real numbers, this equation shows that any one-form q̃ can be written

as a linear combination of the {ω̃(j)}, i.e. {ω̃(j)}j=1,...,n is a basis for the one-forms. The
quantities

qj ≡ q̃(~e(j)) (2.88)

are the components of q̃ in the basis {ω̃(i)}i=1,...,n

q̃ = qj ω̃
(j) , i.e. q̃ →O {qj} . (2.89)

We are now in a position to make clear which is the number resulting from the application
~ ~of the one-form q̃ to a vector V . Since V = V i~e(i), using Eqs. 2.89 and 2.85 and the linearity

of one-forms, we find

~ jq̃(V ) = q ω̃(j)(V i~e ) = q V i ω̃(j) i
j (i) j (~e(i)) = qjV δi = qjV

j . (2.90)

~Due to the symmetry of the expression q̃(V ) = qjV
j in the components of the one-form and

~of the vector, it is also possible, given a vector V , to define a map which associates to any
~one-form q̃ a real number, which we call V (q̃), as follows

~ ~V (q̃) = q̃(V ) = qjV
j , (2.91)

an equation which will be very useful in the next chapters. This is the reason why we call the
space T∗p the dual vector space to Tp. Similarly, the basis for the one-forms {ω̃(i)}i=1,...,n

is called dual basis.

Transformation rules of one-forms

Let us consider an open set U of the manifold M, and choose a coordinate system {xi}.
We have seen that this defines a coordinate basis for vectors, {~e(i)} ≡ ∂

∂xi and the

dual coordinate basis for one-forms {ω̃(i)}i=1,...,n. If we make a coordinate

{
transformation

}
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′
xk = xk

′
(xi), the new coordinate basis vectors ~e(j′) are related to the old ones by (see

Eq. 2.69)
~e(i′) = Λki′~e(k), (2.92)

where Λki = ∂xk
′

∂xi
. Consequently′

qj′ = q̃(~e(j′)) = q̃(Λkj′~e(k)) = Λkj′ q̃(~e(k)) (2.93)

and, using Eq. 2.88, the components of q̃ with respect to the new coordinate basis are

qj′ = Λkj′qk . (2.94)

By comparing this result with Eq. 2.21, we immediately recognize that this is the way
covariant vectors transform; thus covariant vectors are one-forms.

Let us now derive how the basis one-forms transform. Since a one-form is a geometric
object, it is independent of the coordinate system. Consequently

′
q̃ = q )

j ω̃
(j) = qk′ ω̃

(k (2.95)

and, using Eq. 2.94, we find

(j) i (k′) →
[

i (k′q ω̃ = Λ q ω̃ , Λ ω̃ ) (
j k′ i k′ − ω̃ i)

]
qi = 0 . (2.96)

Since this equation must be satisfied for any non-vanishing one-form q̃, the term in square
brackets must vanish, i.e.

ω̃(i) ′
= Λik′ ω̃

(k ) . (2.97)

i k′ k′ ′
The matrix Λ k′ is the inverse of Λ i, thus Λ jΛ

j ′
i′ = δki , and Λk′ jΛ

i
k′ = δij . Multiplying

′
both sides of Eq. 2.97 by Λj i we find

Λj
′
ω̃(i) = Λj

′
Λi ω̃(k′) j′ ′

= δ ω̃(k )
i i k′ k , (2.98)′

hence
ω̃(j′) = Λj

′

i ω̃
(i) . (2.99)

Note that the transformation matrix is the inverse of that used to transform the basis
vectors in Eq. 2.69.

Differentials as one-forms

The differential dΦ of a real function Φ is the variation of the function in an unspecified
direction, at first order in the displacement. If we specify the direction as given by an

~arbitrary vector V , we can explicitly compute the specific variation of the function, which
is a real number, i.e. 2

~dΦ(V ) = V j
∂Φ

. (2.100)
∂xj

~This expression is linear in V ; thus, according to the definition 2.77, the differential of a
function Φ is a one-form. The components of dΦ are

j ∂Φ j ∂Φ ∂Φ
dΦi = dΦ(~e(i)) = e = δ =(i) ∂xj i . (2.101)

∂xj ∂xi

2Note that the right-hand side of Eq. 2.100 coincides with that of Eq. 2.58, i.e. with the directional
~derivative of the function Φ along V . However, while the directional derivative d/dλ maps C1 functions to

R, the differential of a function dΦ maps vectors to R.
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Thus, the components of the one-form dΦ are the components of the gradient of the function.
Hereafter, we shall omit the superscripted tilde over the differential dΦ to follow the standard
notation of textbooks.

According to the definition, the differential of any coordinate xi is the one-form dxi such
that

dxi
∂xi~(V ) = V j = V jδi = V i , (2.102)
∂xj j

i.e. the one-form dxi ~associates to any vector V the component V i. This is precisely the
~definition of the one-forms of the coordinate basis given in Eq. 2.84, i.e. ω̃(i)(V ) = V i;

therefore, the differentials dxi are the coordinate basis one-forms:

ω̃(i) = dxi , (2.103)

whose components are
(i)

ω = dxi i
j (~e(j)) = δj . (2.104)

First-order displacement along a curve

Let us consider a manifold M with a coordinate system (x1, . . . , xn) and a path joining
two nearby points p and p′. Let λ be a parameter chosen on the path and {xi(λ)} and
{xi(λ+ ∆λ)} the coordinates of the two points. The coordinate separation between p and
p′ can be expanded in ∆λ as follows

xi
dxi

(λ+ ∆λ)− xi(λ) = ∆λ+O(∆λ2) = δxi +O(∆λ2) (i = 1, . . . , n) , (2.105)
dλ

where

δxi
dxi

= ∆λ (2.106)
dλ

~are the components of a vector δx, which is the first-order displacement between p and p′.
~Note that the vector δx does not depend on the parametrization of the path joining the two

points. If the terms O(∆λ2 ~) can be neglected, δx is the infinitesimal displacement from p

to p′. If we apply the basis one-forms dxi ~to δx, we get

dxi ~(δx) = δxi ; (2.107)

thus, the basis one-forms dxi can be considered as the components of the infinitesimal dis-
placement along a generic direction.
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Box 2-H

Exercise: Lorentz’s transformations and one-forms

Let us consider the four-dimensional flat spacetime of Special Relativity, restricted to
the (x − y) plane, where we choose the coordinates (ct, x, y) ≡ (x0, x1, x2). Let us
consider a Lorentz boost in the x direction

 ′
x0 = γ

(
x0 − vx1

 x1′ = γ
( c

x1 − vx0
(2.108) c

)
′

x2 = x2

)

where γ = 1/
√

1− v2/c2 is the Lorentz factor and v the velocity of the boost. Compute
the coordinate basis for one-forms and the components of a generic one-form q̃ in the
new frame.
The coordinate basis for one-forms, {ω̃(α)} ≡ {dxα}, transforms according to Eq. 2.99

ω̃(α′) Λα
′

= µω̃
(µ) , (2.109)

whereas the components of q̃ transform according to Eq. 2.94

q ′ = Λαµ µ′qα . (2.110)

′
The matrices Λα Λαµ and µ′ associated to the coordinate transformation 2.108 are

α′ ∂xα
′


γ −γ v/c 0

Λ µ = =
∂xµ



and

 −γ v/c γ 0 , (2.111)
0 0 1



Λα
∂xα

γ γv/c 0

µ′ = = (2.112)

Th

 γ
∂x


v/c γ 0
0 0 1

 .
µ′

us, the new basis one-forms are ′ ′
ω̃(0 ) = Λ0 ω̃(µ) = γω̃(0) − γv ˜(1)

µ ωc

ω̃(1′) = Λ1′ µ ω̃
(µ) = γv ω̃(0) + γω̃(1) (2.113)

c

ω̃(2′) = 2′Λ ω̃(µ)

−
µ = ω̃(2)

and the new components of q̃ are q = Λα q = γq + γv
0′ 0′ α 0 q1c

α γv q1′ = Λ 1′qα = q0 + γq1 (2.114)
c

q2 = Λα′ 2′qα = q2 .

2.3.2 Vector fields and one-form fields
Vectors and one-forms are defined at a point p of the manifold, and belong to the vector
spaces Tp and T∗p, respectively, which also are defined in p; to make this explicit, we could
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~denote a vector in p as Vp, a one-form in p as q̃p, but we shall often leave the point implicit
in order to simplify the notation. We shall now define vector fields and one-form fields.

Given an open set S of a differentiable manifold M, we define the vector spaces

TS ≡
p

⋃
Tp

∈S

T∗S ≡
p

⋃
T∗p ,

∈S

i.e., the union of the tangent spaces in the points p ∈S, and the union of the cotangent
~spaces in the points p ∈S. A vector field V is a mapping

~V : S → TS

p 7→ ~Vp

~which associates to every point p ∈S, a vector Vp defined on the tangent space in p, Tp.
A one-form field q̃ is a mapping

q̃ : S → T∗S
p 7→ q̃p

which associates to every point p ∈S, a one-form q̃p defined on the cotangent space in p,
T∗p. If a coordinate system (a chart) {xi} is defined on S, we can indicate the vector field

~and the one-form field as V (x), q̃(x), respectively.
In the following, we will mainly consider vector fields and one-form fields; however, for

brevity of notation, we will usually refer to them as vectors and one-forms.
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Box 2-I

Summary on vectors and one-forms

• ~Vectors are linear, real-valued functions of one-forms: a vector V maps a generic
~one-form q̃ to the real number V (q̃)

~V : T∗p → R (2.115)

q̃ 7→ ~V (q̃) .

• One-forms are linear, real valued functions of vectors: a one-form q̃ maps a generic
~ ~ ~vector V to the real number q̃(V ) = V (q̃)

q̃ : Tp → R (2.116)

~V 7→ ~q̃(V ) .

• ~ ~The number q̃(V ) = V (q̃) is given by

~ ~q̃(V ) = V (q̃) = V iqi , (2.117)

where V i ~and qi are the components of V and q̃ with respect to a chosen basis.

Vectors and one-forms are “attached” to the point p, since they belong to the tangent
space Tp and to the cotangent space T∗p to the manifold M in p.

Coordinate basis for vectors and one-forms

Given a coordinate system (x1, . . . , xn) the coordinate basis for vectors is the set of n
vectors tangent to the coordinate lines

j
∂{ j ∂ j~e(i)} ≡

{
∂ i

}
, where e =(i)

(
∂xi

)
= δi . (2.118)

x

The dual coordinate basis for the one-forms is the set of n one-forms

{ω̃(i)} = {dxi} (i)
, where ωj = (dxi)j = δij . (2.119)

The two coordinate bases are related by the following equation

ω̃(i)(~e )) = ~e(j)(ω̃
(i)) = δi(j j . (2.120)

Components of vectors and one-forms

Given the coordinate bases {~e } and {ω̃(i)
(i) } for vectors and one-forms, respectively,

~any vector V and any one-form q̃ can be written as

~V = V i~e(i) and q̃ = qi ω̃
(i) , i = 1, . . . , n , (2.121)

where

i ω̃(i) ~(V ) ≡ ~V = V (ω̃(i))

qi = q̃(~e(i)) ≡ ~e(i)(q̃) . (2.122)
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Box 2-J

Transformation rules for vectors and one-forms

Given the coordinate transformation i xi(xj
′ ′ ′

x = ), or its inverse xj = xj (xi), i, j′ =
1, . . . , n, the components of vectors and one-forms transform as follows{

V i = Λij′ V
j′ qi = Λj

′
i qj′

and (2.123)
j′ ′

V = Λj i V
i ,

{
q ′ = Λij j′ qi ,

i

where Λi = ∂x j′

, and Λj
′ x i

j′ j i = ∂
i is the inverse matrix of Λ j′ . The basis vectors and

∂x ′ ∂x
the basis one-forms transform as{

′ ′
~e(i) = Λj ˜(

i ~e(j′) ω i) = Λi ω̃(j )
j′

and (2.124)
i (j′ ′

~e(j′) = Λ ~e ) j (i)
j′ (i) ,

{
ω̃ = Λ i ω̃ .

2.4 TENSORS
2.4.1 Geometrical definition of a tensor
The following definition of a tensor is a generalization of the definition of vectors and one-
forms. Let us consider

A tensor of type
(a point p of an n-dimensional manifold M.
N
)

in p is a linear, real valued function, which associates to N
N ′

one-forms and N ′ vectors a real number. The sum of N and N ′ is called rank of the tensor.
For example if F is a ( 2

2 ) tensor this means that

~ ~F (q̃, g̃, V ,W ) (2.125)

is a real number, which we will specify in the following, and the linearity implies that
∀ a, b ∈ R,

~ ~ ~ ~ ~ ~F (aq̃ + bg̃, σ̃, V ,W ) = aF (q̃, σ̃, V ,W ) + bF (g̃, σ̃, V ,W ) (2.126)

and
~ ~ ~ ~ ~ ~ ~F (q̃, g̃, aV1 + bV2,W ) = aF (q̃, g̃, V1,W ) + bF (q̃, g̃, V2,W ) (2.127)

and similarly for the other arguments. This definition of tensors is rather abstract, but we
shall see how to make it concrete with specific examples. We remark that the order in which
the arguments appear is important; actually, this is true for any function of real variables:
for example, if f(x, y) = 4x3 + 5y, then f(1, 5) = f(5, 1). In the same way

~ ~ ~ ~F (q̃, g̃, V ,W ) = F (g̃, q̃, V ,W ).

Given a coordinate system (x1, . . . , xn), we can define the components of a N -tensor,
N ′

generalizing the definitions of components of vectors and one-forms given in Eqs. 2.122:
they are the real numbers obtained by applying the tensor to the one-forms

(
and

)
to the

vectors of the coordinate basis:

T i1···iN = T (ω̃(i1) N
j , . . . , ω̃(i ), ~e , . . . , ~e ) . (2.128)
1···j (j′ 1) (jN′ )N

6

6
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Box 2-K

Examples of tensors

• A ( 0
1 ) tensor is a function that takes a vector as argument, and returns a number.

This is precisely what one-forms do: a ( 0
1 ) tensor is a one-form,

~q̃(V ) = qiV
i . (2.129)

• A ( 1
0 ) tensor is a function that takes a one-form as argument, and returns a

number. This is what vectors do: a ( 1
0 ) tensor is a vector,

~V (q̃) = qiV
i . (2.130)

• A ( 0
2 ) tensor is a function that takes 2 vectors as arguments and returns a number,

~ ~ ~ ~V , W → F (V ,W ) ∈ R . (2.131)

As shown by Eq. 2.128, the components of the tensor F are

Fij = F (~e(i), ~e(j)) . (2.132)

Since there are n basis vectors, the quantities Fij are the components of an n×n
real matrix. Using the linearity properties of tensors, we find that given two

~ ~arbitrary vectors A and B,

~ ~F (A,B) = F (Ai~e(i), B
j~e Ai( ) = AiBjF (~e(i), ~e(j)) = Fij Bjj) . (2.133)

Thus, F i j 0
ijA B is the real number which results from the application of the ( 2 )

~ ~tensor F to any pair of vectors A and B.

Basis of the tensor space

The coordinate basis {ω(i)(j)} for ( 0
2 ) tensors can be constructed as follows. We want to

write the tensor as a linear combination of the basis elements, i.e.

F = F (i)(j)
ijω , (2.134)

where Fij are the components of the tensor defined in Eq. 2.132. If we apply F to any two
~ ~vectors A and B, Eq. 2.134 gives

~ ~ ~ ~F (A,B) = F ω(i)(j)
ij (A,B). (2.135)

~ ~ ~On the other hand, from Eq. 2.133 we know that F (A,B) = FijA
iBj , and sinceAi = ω̃(i)(A)

~and Bi = ω̃(i)(B) (see Eq. 2.122), we get

~ ~F (A,B) = Fijω̃
(i) ~ ~(A)ω̃(j)(B) . (2.136)

By equating Eq. 2.135 and Eq. 2.136 we find

ω(i)(j) ~ ~(A,B) = ω̃(i) ~(A)ω̃(j) ~(B) , (2.137)
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and this equation holds for any pair of vectors. We now define ω(i)(j) as the “outer product”,
indicated with the symbol ⊗, of the two basis one-forms, i.e.

ω(i)(j) = ω̃(i) ⊗ ω̃(j) . (2.138)

~ ~This equation means that when we apply ω(i)(j) to the vectors A and B, we get as a result
a number which is the product of two numbers: the first is given by the first one-form, ω̃(i),

~applied to the first vector, A; the second is given by the second one-form ω̃(j), applied to the
~ ~ ~second vector, B, as in Eq. 2.137. It should be stressed that the order of A and B cannot

be changed, i.e.
(i)(j) ~ ~ (i) ~ ~ω (A,B) = ω̃ (B)ω̃(j)(A) . (2.139)

Thus, the basis for ( 0
2 ) tensors is given by the outer product of the basis one-forms, and

any ( 0
2 ) tensor F can be expanded as

F = Fijω̃
(i) ⊗ ω̃(j) . (2.140)

Following the same procedure we can construct the basis for any type of tensor. For example,
it is easy to show that the basis for a ( 2

0 ) tensor is

e(i)(j) = ~e(i) ⊗ ~e(j) . (2.141)

Indeed, given a ( 2
0 ) tensor

T = T ije(i)(j) , (2.142)

whose components are (see Eq. 2.128)

T ij = T (ω̃(i), ω̃(j)) ; (2.143)

when applied to any pair of one-forms α̃ and σ̃, it gives

T (α̃, σ̃) = T ije(i)(j)(α̃, σ̃) ; (2.144)

on the other hand, we know that

T (α̃, σ̃) = T (αiω̃
(i), σjω̃

(j)) = αiσjT (ω̃(i), ω̃(j)) = αiσjT
ij , (2.145)

where we have used the linearity of tensors with respect to their arguments. According to
Eq. 2.122, αi = ~e(i)(α̃) and σj = ~e(j)(σ̃), and Eq. 2.145 becomes

T (α̃, σ̃) = T ij~e(i)(α̃)~e(j)(σ̃) , (2.146)

which, compared to Eq. 2.144, shows that

e(i)(j)(α̃, σ̃) = ~e(i)(α̃)~e(j)(σ̃) ; (2.147)

this equation holds for any pair of one-forms. This allows us to write the basis for ( 0
2 )

tensors as the outer product of the basis vectors as in Eq. 2.141, and consequently

T = T ij~e(i) ⊗ ~e(j) . (2.148)

Box 2-L

Exercise

Prove that the ( 1 ~
1 ) tensor V ⊗σ̃ has components V iσj and find the basis for ( 1

1 ) tensors.

6

Box 2-L
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Transformation rules for tensors

We shall now find the transformation rules for tensor components and tensor bases, under
′

a coordinate transformation xi = xi(xj ). Let us start with a ( 0
2 ) tensor

F = F ω̃(i) ⊗ ω̃(j)
ij . (2.149)

′
If we change coordinates, we shall have a new set of coordinate basis one-forms {ω̃(i )} which
are related to the old ones by the equations

ω̃(i) = Λi
′

ω̃(j ) ( ′ ′

j′ ; ω̃ j ) = Λj ω̃(i)
i . (2.150)

In the new basis the tensor is
′

F = F ω(i′)
i′j′ ˜ ⊗ ω̃(j ) . (2.151)

By equating Eqs. 2.149 and 2.151 we find

F ω̃(i′) ⊗
′

ω̃(j ) = F ω̃(i) j
′j′ ij ⊗ ω̃( )
i . (2.152)

By replacing ω̃(i) and ω̃(j) using the first of Eqs. 2.150

F ( ′ω̃ i ) ⊗ ω̃(j′) ′
= F Λi ω̃(i ) ⊗ Λj (j′) i j (i′) (j′)

i′j′ ij i′ j′ ω̃ = FijΛ i′Λ j′ ω̃ ⊗ ω̃ , (2.153)

from which it follows 3

i j ∂xi ∂xj
Fi′j′ = FijΛ i′Λ j′ = Fij . (2.154)

∂xi′ ∂xj′

In a similar way, by using the transformation rules for vector bases

′
~e j

(i) = Λ i ~e
i

(j′) ; ~e(j′) = Λ j′ ~e(i) (2.155)

it is easy to show that
T i
′j′ = T ijΛi

′

iΛ
j′
j , (2.156)

and
′

T i j′ = T ijΛ
i′
iΛ
j( ) j′ . (2.157)

In general, for N tensors
N ′

i′1···iN
′ ′

T = Λi1 1 . .Λ
i′N

i . iNΛj1 j′ . . .Λ
jN′ i1 iN

j′ ···j′ j′ T
···

1 ′ 1 NN
′ j . (2.158)

1···jN′

The following point should be stressed: the notion of tensor that we have introduced is
independent( of
ber that a N

N ′

particular basis
and 2.151. Therefore,

)which coordinates, i.e. of which coordinate basis, we use. Indeed, the num-
tensor associates to N one-forms and N ′ vectors does not depend on the

we choose. This is the reason why, for example, we can equate Eqs. 2.149
like vectors and one-forms, also tensors are geometrical objects.

3Note that this is the same transformation law for
(

0
2

)
tensors given in Eq. 1.11.
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Box 2-M

Definition of tensors from their transformation properties

Given a set of quantities T i1···iNj j (with all indexes running from 1 to n), if for a
1··· N′

′
general coordinate transformation xk → xi (xk) they transform as

i′
T 1···iN

′
i1
′

= Λ i′N
i1 . . .Λ iNΛj1 . . .ΛjN′ T i1j′ j

N
′ j′′ 1 j

N
′

···iN
′ j (2.159)··· 11

···jN′

(see Eq. 2.158), they are the components of a N tensor
N ′

T = T i1···iN ~ (j
j1···j e 1) (jN′ )

(i )

(
1
⊗ · · · ⊗ ~e(iN )

)
⊗ ω̃

N′
⊗ · · · ⊗ ω̃ . (2.160)

Indeed, replacing the transformation rules of basis vectors and one-forms (Eqs. 2.69,
2.99) and Eq. 2.159 in Eq. 2.160, the latter becomes

i′ i′ ′ ′
T = T 1··· N ~e )′

′ ···j′ (i′1) ⊗ · · · ⊗ ~e (j ) (j
j (i′N

ω N) ⊗ ˜ 1 ⊗ · · · ⊗ ω̃ (2.161)
1 N′

where we have used the inverse matrix relation, Eq. 2.24. Therefore T in different
coordinate frames has the same form (Eqs. 2.160 and 2.161), and the applications from
N one-forms and N ′ vectors to R are the same.
In some textbooks, tensors are defined from the transformation property of their com-
ponents, Eq. 2.159. In the case of vectors (i.e. ( 1

0 ) tensors) this is the “traditional
definition” we discussed in Sec. 2.2.1.

Operations with tensors

The following operations with tensors are defined.

• Multiplication by a real number

Given a tensor T of type
(
N er
N

)
and a real numb a, the quantity′

W = aT (2.162)

is a tensor of the same type, with components

W i... i...
j... = aT j... . (2.163)

• Sum of tensors

Given two tensors T ,G of the same type
(
N
)

the quantity
N ′

W = T + G (2.164)

is a tensor of the same type, with components

W i...
j... = T i...j... +Gi...j... . (2.165)

• Outer product

N N
Given two tensors T ,G of types

(
1

N1
′

)
and

(
2

N ′

)
, respectively, the quantity

2

W = T ⊗G (2.166)
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N
is a tensor of type

(
1+N2

N1
′+N2

′

)
, with components

W i...k... i... k...
j...l... = T j...G l... . (2.167)

For instance, if both T ,G are of type ( 0
2 ),

Wijkl = TijGkl . (2.168)

• Contraction

Given a tensor T of type N , with components {T i1i2...iNj j ...j } in a given frame,
N ′ 1 2 N′

we define a new tensor W

(
of typ

)
e N−1 , the components of which are obtained by

N ′−1

summing over one contravariant (i.e.

(
upper)

)
and one covariant (i.e. lower) index of T ,

i.e.

...im 1 im+1...
∑

...im 1 k i ...i k i ...
W − − m+1... m−1 m+1

...jn 1 j
T

n ... = ...j T
− +1 n 1 k βn+1...

≡ ...jn 1 k βn+1...
. (2.169)

− −
k

This operation is called contraction.

For instance, if T is of type ( 2
3 ) and we choose to contract the first contravariant

index with the second covariant index

jW = T ij = T 1j + T 2j
kl kil k1l k2l + T 3j

k3l + . . . (2.170)

and W is a ( 1
2 ) tensor.

The operations we have defined are called tensor operations, and equations involving
tensor operations are tensor equations.

Since a tensor W has been defined as an application from vectors and one-forms to R, it
is defined on the product of a certain number of copies of the tangent and of the cotangent
spaces in a point p, Tp, T∗p, called tensor space

N

TNN ′

p =
︷ ︸︸ N ′

Tp ⊗ · · · ⊗Tp
︷
⊗
︷
T∗p ⊗ ·

︸︸
· · ⊗Tp

∗

It

︷
. (2.171)

is possible to show that the operations of sum and multiplication by a real number
defined above satisfy the properties 2.40 - 2.44; therefore the tensor space is also a vector
space. Finally, we can define tensor fields as follows. Given an open set S⊂M, a tensor field
is a mapping

W : S → TNN ′

S
p 7→ W p ,

′ ′
where TNN ≡

⋃
TNN

p , which associates to every point p aS p S ∈S, tensor W∈ p defined on

the tensor space in p, TNN ′

p .

2.4.2 Symmetries of a tensor
A ( 0

2 ) tensor F is symmetric if

~ ~ ~ ~F (A,B) = F (B,A) ∀ ~ ~A,B . (2.172)
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As a consequence of Eq. 2.133 we see that if the tensor is symmetric

FijA
iBj = FijB

iAj , (2.173)

and, by relabeling the indices on the right-hand side

FijA
iBj = F j i

jiB A , (2.174)

i.e.
Fij = Fji . (2.175)

Thus, if a ( 0
2 ) tensor is symmetric the matrix representing its components is symmetric.

Given any ( 0
2 ) tensor F we can always construct from it a symmetric tensor F (s)

(s) 1~ ~ ~ ~ ~ ~F (A,B) = [F (A,B) + F (B,A)] . (2.176)
2

In fact ∀ ~ ~A,B
1 1~ ~ ~ ~ ~ ~ ~ ~[F (A,B) + F (B,A)] = [F (B,A) + F (A,B)] . (2.177)
2 2

Moreover

F (s) ~ ~ (s) 1 1
(A,B) = F AiBj = [F AiBj + F BiAj ] = [F Ai j

ij ij ij ij B + FjiB
jAi]

2 2
1

= [Fij + Fji]A
iBj ,

2

and consequently the components of the symmetric tensor are

(s) 1
Fij = [Fij + Fji] . (2.178)

2

These can be indicated as
1

F(ij) = [Fij + Fji] . (2.179)
2

A ( 0
2 ) tensor F is antisymmetric if

~ ~F (A,B) = − ~ ~F (B,A) ∀ ~ ~A,B , i.e. Fij = −Fji . (2.180)

Again from any ( 0
2 ) tensor we can construct an antisymmetric tensor F (a) defined as

F (a) 1~ ~ ~ ~ ~ ~(A,B) = [F (A,B) B
2

− F ( , A)] . (2.181)

Proceeding as before, we find that their components are

(a) 1
Fij = [Fij

2
− Fji] , (2.182)

also indicated as
1

F[ij] = [Fij
2

− Fji] . (2.183)

Any tensor ( 0
2 ) can be written as the sum of its symmetric and antisymmetric parts

1 1~ ~ ~ ~ ~ ~ ~ ~ ~ ~h[A,B] = [h(A,B) + h(B,A)] + [h(A,B)
2 2

− h(B,A)] . (2.184)
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These definitions can be extended to tensors of any rank: an N tensor is symmet-
N ′

ric/antisymmetric in its k-th and l-th contravariant indices if

( )
T i1···ik 1mik+1...il 1 n il+1···i i m− − N i

j1···
1 ik l+1 iN

j
−1 n ik+1...il−1

N
=′ ±T ··· ···

j1···jN ; (2.185)′

the same definition applies for the covariant indices.

Box 2-N

Summary on tensors

Tensors are linear, real-valued functions of vectors and one-forms: a N tensor T
N ′

~maps N one-forms q̃(1) ~, . . . , q̃(N) and N ′ vectors V(1), . . . , V(N ′) to the

(
real

)
number

~T (q̃(1), . . . , q̃(N) ~, V(1), . . . , V(N ′)), given by

(1) (N) ~ ~ i1···iN (1) (N) j j
T (q̃ , . . . , q̃ , V(1), . . . , V(N ′)) = T j j qi . . . q V 1

1 N′ i . . . V N′ . (2.186)··· 1 N (1) (N ′)

(
V i

l) ~and q are the components of the vector V and of the one-form q̃(l)
(k) i (k) in a chosen

basis, respectively. The tensor components T i1···iNj applying···j are obtained by the
1 N′

tensor T to the one-forms and vectors of the chosen basis:

T i1···iN (1) (N)
j1···j = T (ω̃ , . . . , ω̃ , ~e(1), . . . , ~e(N ′)) . (2.187)

N′

Note that tensors are “attached” to the point p, since they belong to the tensor space

TNN ′

p , which is the outer product of N copies of the cotangent space T∗p and N ′ copies
of the tangent space Tp to the manifold M in p.

Coordinate basis for tensors

Given a coordinate system (x1, . . . , xn), the coordinate basis for tensors is the outer
product of N coordinate basis one-forms ω̃(i) = dxi, and of N ′ coordinate basis vectors
~e(j) = ∂

∂xj : ︷ N N ′

ω̃(1) ⊗ · · · ⊗ ω̃(N) ⊗ ~e(1) ⊗ · · · ⊗ ~e(N ′) . (2.188)

In this basis, any tensor T can

︸︸
be written

︷
as

︷ ︸︸ ︷

T = T i1···iNj j ω̃(1) ω̃(N) ~e
1··· (1)

N′
⊗ · · · ⊗ ⊗ ⊗ · · · ⊗ ~e(N ′) . (2.189)

Transformation rules for tensors

Given the coordinate transformation xi i ′
= x (xj ), i, j′ = 1, . . . , n, the components of

tensors transform as follows

i′
T 1···i

′
N = Λi

′
. . .Λi

′
Λj1 . . .ΛjN′ T i1j

···iN1 N
i1 iN j′ ′ j j , (2.190)j1

′ ···j
N
′
′ 1 N′ 1··· N′

∂xi
′′

where Λi = j , and Λj i = ∂xj
j′ i is the inverse matrix of Λi′ j . Vicex

′ versa, if some
∂x ∂

quantities T i1···iNj j transform as( in)Eq. 2.190 for a general coordinate transforma-
1··· N′

tion, they are the components of a N tensor (see Box 2-M).
N ′

Box 2-N
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2.5 THE METRIC TENSOR AND ITS PROPERTIES
In Chapter 1 we have seen that the metric tensor has a central role in the relativistic theory
of gravity. In this section we shall discuss its geometrical meaning.

Given a vector space Tp, a scalar product is a mapping

Tp ×Tp → R (2.191)

~ ~(U, V ) 7→ ~U · ~V

which satisfies the following properties: ∀ ~ ~ ~U, V ,W ∈ Tp, ∀ a ∈ R,

~ ~ ~ ~U · V = V · U (2.192)

~(aU) · ~ ~V = a(U · ~V ) (2.193)

~ ~(U + V ) · ~ ~W = U · ~ ~W + V · ~W . (2.194)

~ ~The scalar product allows to define the measure of a vector V , i.e. the norm ‖V ‖, given by

‖~V ‖2 ≡ ~V · ~V . (2.195)

~ ~ ~ ~ ~The scalar product 2.191 is positive definite if V V 0 V , and V V = 0 if and only
~ ~ ~

· ≥ ∀ ·
if V = 0. It is non-degenerate if V · ~ ~ ~W = 0 ∀W implies V = ~0. A positive definite scalar
product is always non-degenerate, but the converse is not necessarily true.

A differentiable manifold endowed with a positive-definite scalar product is called Rie-
mannian. If the scalar product is non-degenerate and not positive definite, the manifold is
called pseudo-Riemannian.

The metric tensor g is a symmetric ( 0
2 ) tensor which defines the scalar product between

vectors on a manifold
~ ~ ~ ~ ~ ~g(A,B) ≡ A ·B , ∀A,B . (2.196)

A differentiable manifold on which a metric tensor is defined is called metric space.
The components of the metric tensor are (see Eq. 2.132)

gij = g(~e(i), ~e(j)) = ~e(i) · ~e(j) . (2.197)

~ ~Thus, the scalar product of two vectors A = Ai~e(i), B = Bi~e(i) is

~ ~g(A,B) = g(Ai~e(i), B
j~e i j i j

(j)) = A B g(~e(i), ~e(j)) = A B gij , (2.198)

where we have used the linearity of tensors.
It is easy to show that in a Riemannian manifold the n eigenvalues of the (symmetric)

matrix gij are all positive, while in a pseudo-Riemannian manifold some of them are positive,
some others are negative. However, since the scalar product is non-degenerate in both
cases, all eigenvalues are non-vanishing. For example, the Euclidean space is a Riemannian
manifold with metric components δij .

A particular case of pseudo-Riemannian space is the Lorentzian space, in which n − 1
eigenvalues of the matrix gαβ are positive, and the remaining one is negative (or vice versa:
n−1 are negative, one is positive). For instance, Minkowski’s spacetime is Lorentzian, with
metric ηαβ = diag(−1, 1, 1, 1). The four-dimensional spacetime of General Relativity is a
Lorentzian space. It should be noted that in some textbooks the metric tensor is defined
with the opposite signature, i.e. ηαβ = diag(1,−1,−1,−1). This choice is just a matter
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of convention, and does not affect any observable quantity. In this book we shall use the
signature (−1, 1, 1, 1) 4.

We remark that the metric tensor allows to compute the scalar product in a general
differentiable manifold and that, since it is a geometrical object, the scalar product of two
vectors does not depend on the choice of the coordinate system.

The ( 0
2 ) tensor g can be expanded as

g = g (
ijω̃

i) ⊗ ω̃(j) . (2.199)

In a coordinate basis, ω̃(i) = dxi, thus

g = gijdx
i ⊗ dxj . (2.200)

Hereafter, in order to follow the standard notation of textbooks, we shall call g ≡ ds2, we
shall omit the symbol “⊗”, referring to the metric tensor as

ds2 ≡ g = gijdx
idxj . (2.201)

We remind that the one-forms {dxi} can be seen as the coordinate changes for a dis-
placement in an unspecified direction (at first order in the displacement); once we specify

~the direction assigning a vector V
dxi ~(V ) = V i (2.202)

(see Eq. 2.102). In the same way, the metric tensor can be seen as the square of the norm
– i.e., the length squared – of a displacement in an unspecified direction, at first order in

~the displacement; once we specify a vector V ,

~ ~ ~ ~ ~g(V , V ) = V · V = ‖V ‖2 . (2.203)

The metric tensor allows to compute the distance between two points and the angle among
vectors

Let us consider a four-dimensional spacetime described by the coordinates (x0, x1, x2, x3),
and two infinitely close points p(x0, x1, x2, x3) and p′(x0 +δx0, x1 +δx1, x2 +δx2, x3 +δx3),
where

δxα = dxα ~(δx) .

Hereafter we shall write the components of the infinitesimal displacement as dxα, leaving
~implicit the dependence on δx. The displacement vector between p and p′ is

~δx = dx0~e + dx1~e + dx2~e + dx3 α
(0) (1) (2) ~e(3) = dx ~e(α) . (2.204)

~The norm of δx measures the square of the spacetime distance between p and p′

ds2 = g(dxα~e α
( , β
α) dx ~e(β)) = dx dxβg(~e α β

(α), ~e(β)) = gαβdx dx (2.205)

with α, β = 0, . . . , 3. For example, if the space is Minkowski’s spacetime gαβ = ηαβ =
diag(−1, 1, 1, 1), Eq. 2.205 gives

ds2 = −(dx0)2 + (dx1)2 + (dx2)2 + (dx3)3 . (2.206)

4Note that for coordinates and components in Lorentzian spaces we use Greek indices (see Notation for
details).
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′ ′
we change coordinates to (x0 , x1′If , x2 ′

, x3 ), the distance between p and p′ does not
change, since ds2 is a scalar quantity. Its expression in terms of the components of the
metric tensor in the new frame, gα′β′ , is

′ ′ ′ ′
ds2 = g(dxα ~e(α′), dx

β ~e α β
(β′)) = gα′β′dx dx . (2.207)

Thus if we know the components of the metric tensor in any reference frame, we can compute
the distance between two points infinitey close

ds =
√
|ds2| =

√
|gµνdxµdxν | . (2.208)

Note that we consider the absolute value of ds2 because, when the manifold is not Rieman-
nian (as in the case of spacetime), the metric tensor is not positive-definite.

In order to compute finite distances, we need to proceed as follows. Let us consider a
curve

[a, b] ⊂ R → C (2.209)

λ 7→ p(λ)

which, in a given coordinate system {xµ}, corresponds to the real functions

λ 7→ {xµ(λ)} . (2.210)

We define the proper length of the path C as (see Eq. 2.208)∫ b ∫ b
√∣∣∣ dxµ dxν

∆s = ds = dλ gµν
a a dλ dλ

∣∣
. (2.211)

In other words, given the curve

∣ ∣
{xµ(λ)}, and the tangent vector

∣

tµ
dxµ

= , (2.212)
dλ

the measure element on the curve ds/dλ (which, integrated in dλ, gives the proper length
of the path) is

ds
=
√∣∣ ν

g(~t,~t)
∣∣ =

√
dxµ dx|g tµ ν

µν t | =

√∣
gµν

dλ dλ dλ

∣
. (2.213)

Note that if we change coordinate system,

∣
{xµ} → {

∣
xα′}, the quan

∣∣
tity 2.213 does not

change. Furthermore, if we change the parameter to the

∣
curve,

∣

λ→ λ′ = λ′(λ) , (2.214)

the new measure element is

ds dxµ dxν dxµ dλ dxν dλ ds dλ
=

√ √∣∣
gµν

∣∣
=

∣∣
gµν

∣∣
=

dλ′ dλ′ dλ′ dλ dλ′ dλ dλ′ dλ
∣∣∣
dλ′
∣∣

and

∣∣ ∣∣ ∣∣ ∣ ∣ (2.215)

∫ b ds
∫ b( ∣∣∣ ′

dλ ds b

∣
ds

∣ ∣
∆s = dλ = dλ′ ∣ = dλ′ . (2.216)

a dλ a dλ′

∣) ∫
We remark that ∆s depends neither on the coordinate

∣∣
tion:

∣ dλ a′ dλ′

system, nor on the curve parametriza-
it is characteristic of the path, not of the curve.
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Finally, the metric tensor also allows to compute the angle between two vectors. The
~ ~scalar product between two vectors V1 and V2 is, by definition,

~ ~ ~g(V1, V2) = ‖V1‖‖~V2‖ cos θ , (2.217)

where θ is the angle between them. Therefore,

~ ~g(V1, V2)
cos θ = . (2.218)

‖~V1‖‖~V2‖

To summarize, the metric tensor allows to compute the length of vectors (i.e., their
norm), the length of a curve, and the angle between vectors. These properties justify why
it is called metric tensor: it allows to perform metric operations on a manifold, which are
the building blocks of the measurement process in any physical system.

Box 2-O

Example: Minkowski coordinates and coordinate basis vectors

The metric of the four-dimensional Minkowski spacetime, in Minkowskian coordinates
{ξα} = (ct, x, y, z), is 

−1 0 0 0 0 +1 0 0
gαβ =  0 0 +1 0


αβ

0 0

 ≡ η , (2.219)

0 +1

i.e.
ds2 = gαβdξ

αdξβ = −c2dt2 + dx2 + dy2 + dz2 . (2.220)

This implies that the coordinate basis vectors

~e(0) = ~e(t) →O (1, 0, 0, 0)

~e(1) = ~e(x) →O (0, 1, 0, 0)

~e(2) = ~e(y) →O (0, 0, 1, 0)

~e(3) = ~e(z) →O (0, 0, 0, 1)

are mutually orthogonal, i.e.

~e(α) · ~e(β) = gαβ = 0 if α = β . (2.221)

In addition, since

g11 = g22 = g33 = 1, and g00 = −1 , (2.222)

the basis vectors are unit vectors. Since

~e(0) · ~e(0) = −1 , ~e(k) · ~e(k) = 1 (k = 1, . . . , 3) , (2.223)

~e(0) is a timelike vector and ~e(i) (i = 1, 2, 3) are spacelike vectors.
Hereafter, ηαβ will indicate the components of the metric tensor of Minkowski’s space-
time when expressed in Minkowskian coordinates.

6

Box 2-O
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6

Box 2-P

Example: metric tensor and coordinate transformations. I

Let us consider the metric of the three-dimensional Minkowski spacetime, in
Minkowskian coordinates ξα = (ct, x, y) ≡ (x0, x1, x2)

ds2 = gαβdx
αdxβ , α, β = 0, . . . , 2 and gαβ ≡ ηαβ = diag(−1, 1, 1) . (2.224)

The vectors of the coordinate basis have components ~e(0) →O (1, 0, 0), ~e(1) O (0, 1, 0),

→ 0′ ′ ′
→
′

~e(2) O (0, 0, 1). We now change to polar coordinates (x , x1 , x2 ) = (x0 , r, θ), as in
Box 2-G, and the new coordinate basis vectors are (see Eq. 2.73)x0 = x0′

 ~e(0′) = ~e(0)

x1 = r cos θ , ~e(1′) = ~e(r) = cos θ~e(1) + sin θ~e(2) . (2.225)

x2 = r sin θ ~e(2′) = ~e(θ) = −r sin θ~e(1) + r cos θ~e(2)

The components of the metric tensor in the new frame can be computed as the scalar
product of the basis vectors of this frame:

g0′0′ = ~e(0′) · ~e(0′) = ~e(0) · ~e(0) = −1 , g0′i′ = 0 i′ = 1, 2

g1′1′ = ~e(1′) · ~e(1′) = 1 , g2′2′ = ~e 2
(2′ · ~e 2 2 2 2

) (2′) = r sin θ + r cos θ = r ,

g1′2′ = −r cos θ sin θ + r cos θ sin θ = 0 ,

1
ds2 ′ ′

− 0 0
= gα′β′dx

α dxβ = −c2dt2+dr2+r2dθ2 , gα′β′ =

 0 +1 0

 . (2.226)
0 0 r2

We note that the basis vectors are not necessarily unit vectors, even when the basis is
a coordinate basis.
Indeed, in the present example ~e(2′) · ~e = r2

(2′) = 1. An alternative way to determine
the components of the metric tensor is to use the transformation law

g α α ∂xαβ
µ′ν′ = Λ µ′Λ ν′ηαβ , where Λ µ′ = . (2.227)

∂xµ′

20

g α β ∂x
0′0′ = Λ 0′Λ 0′ηαβ =

(
η00 = 1 ( 1) = 1

∂x0′
· − −

x 1 1 2 ∂ξ2

g α β ∂x0 ∂

)
0 ∂x ∂x ∂x

0′i′ = Λ 0′Λ i′ηαβ = η00 + η11 + η22 = 0 (i′ = 1, 2)
∂x0′ ∂xi′ ∂x0′ ∂xi′ ∂x0′ ∂xi′

2 2 2
∂ ∂

g β x0

1′ Λα
∂x1 x2

1′ = 1′Λ 1′ηαβ = − η00 + η
∂ ′ ∂x1′ 11 + η
x1 ∂x1′ 22

= cos2 θ + sin2 θ = 1

( ) ( ) ( )
( )2 2 2

′Λβ
∂

g2′2′ = Λα
x0 ∂x1 ∂x2

2 2′ηαβ = − η00 + η11 + η22
∂x2′ ∂x2′ ∂x2′

= (−r sin θ)2 + (r cos θ)2 = r2 ,

( ) ( )

i.e. the metric given in Eq. 2.226.
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Box 2-Q

Example: metric tensor and coordinate transformations. II

The simplest way to transform the metric tensor under a coordinate transformation
consists in deriving the transformation of the basis one-forms by differentiating the
coordinate transformation, and then replacing them in the metric. Let us consider,
for example, the three-dimensional Euclidean space in Cartesian coordinates

1
{xi} =

(x , x2, x3); the spacetime metric is

ds2 = (dx1)2 + (dx2)2 + (dx3)2 = gijdx
idxj (2.228)

′
where gij = δij . The spherical coordinates {xi

i i k′
} = (r, θ, ϕ) are defined by the coordinate

transformation x = x (x ):

x1 = r sin θ cosϕ (2.229)

x2 = r sin θ sinϕ

x3 = r cos θ .

Differentiating Eq. 2.229 we find

dx1 = sin θ cosϕdr + r cos θ cosϕdθ − r sin θ sinϕdϕ (2.230)

dx2 = sin θ sinϕdr + r cos θ sinϕdθ + r sin θ cosϕdϕ

dx3 = cos θdr − r sin θdθ .

By replacing these expressions in Eq. 2.228, after some lengthy but trivial computation
we find

ds2 = dr2 + r2dθ2 + r2 sin2 θdϕ2 = gijdx
idxj (2.231)

where 
1 0 0

g 0 r2
ij = 0

0 0 r2 sin θ


(2.232)

2

and the inverse metric is (see Eq. 2.238)

 

1
ij =


0 0

g  0 1
r2 0

0 0 1


r2 sin2 θ

 . (2.233)

The metric tensor maps vectors into one-forms

The metric tensor is a real, linear function of two vectors, i.e. it takes two vectors and
associates a real number to them, which is their scalar product

~ ~ ~ ~g(W,V ) = W · V . (2.234)

~Now suppose that we leave the first argument empty, g( , V ). What is this object? We
~ ~know that if we fill the empty slot with a generic vector A we get a number; thus g( , V )

~must be a one-form. In addition, it is a particular one-form, because it depends on V : if we
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~change V , the one-form will be different. Let us indicate this one-form as

˜ ~V = g( , V ) . (2.235)

˜By definition, the components of V are

˜ ~Vi = V (~e(i)) = g(~e(i), V ) = g(~e j j
(i), V ~e(j)) = V g(~e(i), ~e(j)) = V jgij , (2.236)

hence
Vi = gijV

j . (2.237)

~ ˜ ~Thus the tensor g associates to any vector V a one-form V , which we call dual of V , with
components given by Eq. 2.237. In addition, if we multiply Eq. 2.237 by gki, where gki is
the matrix inverse to gki, i.e.

gkigij = δkj , (2.238)

we find
gkiV = gkig V j = δk V j = V ki ij j , (2.239)

i.e.
V k = gkiVi . (2.240)

Consequently the metric tensor also maps one-forms into vectors. In a similar way the metric
tensor maps a ( 2

0 ) in a ( 1
1 ) tensor

Aij = gjkA
ik , (2.241)

or in a ( 0
2 ) tensor

Aij = gikg
k

jmA
m , (2.242)

or vice versa
Aij = gikgjmAkm . (2.243)

Note that, since gij = gikgjmgkm, gij are the components of the metric tensor in the
contravariant form.

These maps are called index raising and lowering and will be widely used in the rest
of the book.

The properties of the metric tensor are summarized in Box 2-R.
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Box 2-R

Summary on the metric tensor

The metric tensor

• allows to compute the inner product of two vectors

~ ~ ~g(A,B) = A · ~B = AiBjgij , (2.244)

~ ~ ~ ~and consequently the norm of a vector g(A,A) = A ·A = ‖A‖2. The components
of the metric tensor are

gij = g(~e(i), ~e(j)) = ~e(i) · ~e(j) ; (2.245)

• allows to compute the distance between two infinitely close points

ds2 = g(dxi~e j i j
(i), dx ~e(j)) = gijdx dx ; (2.246)

• allows to compute the angle between two vectors

~ ~g(V1, V2)
cos θ = ; (2.247)

‖~V1‖‖~V2‖

• maps vectors into one-forms and vice versa

V = g V ji ij , (2.248)

V k = gkiVi , (2.249)

and, in general, tensors of one type into tensors of a different type, i.e. the metric
tensor allows to lower contravariant or raise covariant indices; for example

Ai = ik
j gjkA ,

Aij = gikgjmA
km , (2.250)

Aij = gikgjmAkm.
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C H A P T E R 3

Affine connection and
parallel transport

In Chapter 1 we showed that, as a consequence of the Equivalence Principle, there are two
quantities which describe the effects of a gravitational field on moving bodies: the metric
tensor and Christoffel’s symbols. In Sec. 2.4 we discussed the geometrical properties of the
metric tensor. In this chapter we shall show that Christoffel’s symbols allow to compute the
derivative of vectors, one-forms, and tensors of any rank, and that they coincide with the
quantities introduced in Chapter 1 (see Eq. 1.38).

In this book we will mainly deal with the spacetime manifold. Thus, even though most
of the equations we will derive hold in general manifolds, hereafter tensor components and
coordinates will be indicated with Greek indices, unless otherwise specified.

3.1 THE COVARIANT DERIVATIVE OF VECTORS
~Let us consider a vector (field) V = V α~e(α) on a manifold M, which we assume to be the

spacetime, and let {xα} be a chosen coordinate system. We want to compute the derivative
~of V with respect to the coordinates. By applying Leibniz’s rule we get

~∂V ∂V α ∂~e(α)
= ~e(α) + V α . (3.1)

∂xβ ∂xβ ∂xβ

The first term on the right-hand side is a linear combination of the basis vectors. The
second term involves the derivative of the basis vectors, for which we need to compute the
quantities ~e(α)(p

′) − ~e(α)(p), i.e. to subtract vectors which are applied at different points
of the manifold. Note that the vectors ~e(α)(p) and ~e(α)(p

′) belong, respectively, to Tp and
to Tp′ , and that Tp = Tp′ , since p and p′ are distinct. Thus, to define the derivative
of a vector field on a manifold, we need to specify a rule to compare vectors belonging to
different tangent spaces; this rule is called connection.

Let us start by considering Minkowski’s spacetime, where it is possible to define a global
Minkowskian coordinate system {ξµ} = (ct, x, y, z) which covers the entire spacetime; at
any given point p of the manifold there exists the coordinate basis ~eM(α)(p) which belongs
to the tangent space Tp, which is the same for any p. In this case a simple rule to compare
vectors at different points is to impose that each basis vector at a point p is equal to the
corresponding basis vector at any other point p′, i.e.

~eM(α)(p) = ~eM(α)(p
′) . (3.2)

6

63
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This rule is called the affine connection of Minkowski’s spacetime. Note that with this choice
the basis vectors of the Minkowskian frame are, by definition, constant

∂~eM(α)
= ~0 . (3.3)

∂ξβ

Let us now consider a general spacetime, on which we choose a coordinate system {xα}
and the associated coordinate basis ~e(α). According to the Equivalence Principle, at any

point p we can set up a LIF {ξµ′}, and the associated coordinate basis vectors ~eM(µ′).
As explained in Box 3-A, the spacetime metric is flat up to terms of order ξ2, i.e. gµν =
ηµν +O(ξ2), which implies that gµν,α = O(ξ). Therefore, in the point p the metric coincides
with Minkowski’s metric, and its first derivatives vanish; however, the second derivatives of
the metric, evaluated in p, do not vanish, unless the spacetime is flat. Similarly, the first
derivatives of the basis vectors ~eM(µ′) evaluated in p vanish

∂~eM(µ′)
= ~0 , (3.4)

∂ξβ′

and they vanish also in the entire LIF, to first order in the displacement from p.
We know that the basis vectors ~e(α) of the generic frame {xα}, and the basis vectors

~eM(µ′) of the LIF {ξµ′}, are related by the transformation

~e(α) = Λµ
′

α~eM(µ′) ←→ ~eM(µ′) = Λγµ′~e(γ) , (3.5)

′ ∂ξµ
′

where Λµ α = α . By differentiating Eq. 3.5, using Eqs. 3.4 and 3.5, we find that∂x

∂~e(α)
=

(
∂

Λµ
′ ∂
α ~eM(µβ

′) = Λµ
′

α Λγµ′ ~e(γ) . (3.6)
∂x ∂xβ

) (
∂xβ

)
Defining

γΓαβ =

(
∂

Λµ
′

α
∂xβ

)
Λγµ′ , (3.7)

we finally find, to first order in the displacement from p,

∂~e(α) γ= Γαβ ~e(γ) ; (3.8)
∂xβ

γthe coefficients Γαβ have three indices: α indicates which basis vector ~e(α) we are differen-
tiating, β indicates the coordinate with respect to which the differentiation is performed,
and γ is the dummy index of summation.

Equation 3.8 is the rule we were looking for, i.e. the affine connection: it allows us to
compute the derivatives of the basis vectors, i.e. to subtract vectors belonging to different

tangent spaces. Replacing Λµ
′
α = ∂ξµ

′

and Λαµ = ∂xα in Eq. 3.7 we find∂xα
′

∂ξµ′

γΓαβ =

(
∂ γ ∂xγ

Λµ
′ ∂2ξµ

′

α Λ
∂xβ

)
µ′ = , (3.9)

∂ξµ′ ∂xβ∂xα

which coincides with the definition of the Christoffel symbols in Eq. 1.38 of Chapter 1.
γTherefore, the quantities Γαβ introduced in Eq. 3.7 are the Christoffel symbols.

Note that

• In Minkowski’s spacetime and in Minkowskian coordinates, since the coordinate basis
µvectors ~eM(α) are constant, the Christoffel symbols Γβα vanish.
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• In a LIF at p, the vectors of the coordinate basis are constant (up to first order in
µthe displacement from p) and Γβα vanish.

• Christoffel’s symbols are not the components of a tensor: since they all vanish in a
locally inertial frame, if they were they should all vanish in any other frame, which is
not the case.

~Having defined the connection, we can now compute the derivative of the vector V with
respect to the coordinates xβ ; substituting Eq. 3.8 in Eq. 3.1, we find

~∂V ∂V α µ= ~e(α) + V αΓ ~e(µ) , (3.10)
∂xβ ∂xβ βα

and relabeling the dummy indices

~∂V ∂V α
=

[
+ V σΓα ~e(α) . (3.11)

∂xβ ∂xβ βσ

]
If we introduce the following notation

∂V α
V α,β ≡ , and V α;β

∂xβ
≡ V α,β + V µΓαβµ , (3.12)

Eq. 3.11 finally becomes
~∂V

= V α;β ~e(α) . (3.13)
∂xβ
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Box 3-A

The spacetime metric in a LIF

Let us consider a LIF {ξµ} around a point p of the spacetime. For simplicity, we choose
the origin of the coordinate frame in p, i.e. ξµ(p) = (0, 0, 0, 0).
The Taylor expansion of the metric around the origin is

∂gµν 1 ∂2gµν
g ) α
µν(ξ = gµν(p) + |p ξ + |p ξαξβ +O(ξ3) . (3.14)

∂ξα 2 ∂ξα∂ξβ

By construction, gµν coincides with Minkowski’s metric in the point p, i.e. gαβ(p) =
ηµν . Moreover, at the point p the geodesic equations 1.39

d2xα dxµ dxν
+ Γα

(
dτ dτ

)
= 0 (3.15)

dτ2 µν

reduce to Eq. 1.34
d2ξα

= 0 . (3.16)
dτ2

Therefore Γαµν(p) = 0. Since Christoffel’s symbols can be expressed as a linear combi-
nation of the derivatives of the metric tensor as shown in Eq. 1.41 (see also Sec. 3.6),
it follows that

∂gµν
∂ξα
|p = 0 . (3.17)

Therefore, Eq. 3.14 reduces to

1 ∂2gµν
gµν(ξ) = ηµν + | (ξ3

pξ
αξβ +O ) = ηµν +O(ξ2) . (3.18)

2 ∂ξα∂ξβ

We conclude that, at each point of a LIF, the metric tensor differs from Minkowski’s
metric by terms quadratic in the distance of the point from the origin, i.e. by terms of
order O(ξ2).
This also implies that in a LIF the proper distance between two events 1, 2 coincides
with the spacetime coordinate separation among them, modulo O(ξ2) corrections:

∆s =

∫ event 2√
|(η 2 µ ν

µν +O(ξ ))dξ dξ
ent 1

| (3.19)

=

∫ev
event 2√

| − d(ξ0)2 + d(ξ1)2 + d(ξ2)2 + d(ξ3)2 +O(ξ2) .
event 1

|

V α;β are the components of a tensor field
Let us define the following quantity:

∇~V ≡ V α;β ~e(α) ⊗ ω̃(β) . (3.20)

W ∇~e shall now show that V is a ( 1
1 ) tensor with components V α;β . A ( 1

1 ) tensor, say
~F = Fα (

β ~e(α) ⊗ ω̃ β), maps vectors to vectors. Indeed, if we apply F to a generic vector V ,
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~remembering that ω̃(β)(V ) = V β , we get

~ ~F ( , V ) = Fαβ~e(α) ω̃
(β)(V ) = Fα β

βV ~e(α) . (3.21)

Thus, the result of this operation is a vector with components Fα = FαβV
β .

Let us now consider a curve on the manifold xµ(λ), passing through the point p, with

tangent vector tµ = dxµ ~, and let us applydλ ∇V to ~t

∇~V (~t) = V α (β) ~ α β
;β ~e(α) ω̃ (t) = V ;β t ~e(α) . (3.22)

The quantities V α ~
; t

β
β are the components of the directional derivative of the vector V along

the curve; indeed, using Eq. 3.13 we find

~ ~dV ∂V dxβ
= = V α;βt

β ~e(α) . (3.23)
dλ ∂xβ dλ

The directional derivative of a vector field along a curve

~ ~ ~dV V (λ+ ∆λ) V
= lim

− (λ)
(3.24)

dλ ∆λ→0 ∆λ

is a vector, because it is the difference of two vectors (which we can compute after having
defined a connection) divided by the real number ∆λ. Therefore

~V∇~V (~t) = α d
V ;βt

β ~e(α) = . (3.25)
dλ

~ ~ ~We also denote the covariant derivative of V along ~t as ∇~tV ≡ ∇V (~t) and, when ~t is a basis

vector, ∇ ~
µV ≡ ∇ ~

~e(µ)V .

~ ~
Thus,∇V maps the vector ~t to the vector dV , i.e. it is a ( 1 vdλ 1 ) tensor field, called co ariant

~derivative of the vector V . Its components are

(∇~V )αβ ≡ ∇ V α ≡ V α α
β β = V α µ

; ,β + V Γβµ . (3.26)

Since in a LIF Christoffel’s symbols vanish, it follows that

~
V α α ∂V α

;β = V ,β −→ = V ,β ~e(α) . (3.27)
∂xβ

Thus, in a locally inertial frame covariant and ordinary derivatives coincide.
~Note that we denote the components of the covariant derivative of a vector V either as

∇αV µ or as V µ;α. These two notations are equivalent in every respect, and will be extended
in the next sections to one-forms and tensors.

3.2 THE COVARIANT DERIVATIVE OF SCALARS AND ONE-FORMS
Let us consider a scalar field Φ. At any given point p of the manifold, Φ(p) is a real number,
the value of which does not depend on the choice of the coordinate system. However, Φ(p)
has a specific dependence on the chosen coordinates. Therefore Φ(p) = Φ(xµ) is a real
function of the coordinates.

Since a scalar function does not depend on the basis vectors, the covariant derivative of
a scalar field on a manifold coincides with the ordinary derivative:

∂Φ∇µΦ ≡ . (3.28)
∂xµ
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We remind that, as shown at the end of Sec. 2.3, the differential of a function Φ is a one-form
whose components are

∂Φ
dΦµ = , (3.29)

∂xµ

and that we have adopted the convention to omit the tilde over the differential dΦ. Thus, the
covariant derivative of a scalar function, whose components are ∇µΦ ≡ dΦµ, is a ( 0

1 ) tensor.

In order to define the covariant derivative of a one-form field q̃ = q ω̃(α)
α , we may proceed

as in Sec. 3.1 assuming that, due to the Equivalence Principle, the first derivatives of the
basis one-forms in a LIF vanish,

(µ′)
∂ω̃M = 0̃ . (3.30)
∂ξβ′

However, we shall follow a simpler derivation, based on Eq. 3.28 and on the fact that
derivative operators have to satisfy Leibniz’s rule.

The one-form field q̃ is, by definition, a linear, real valued function of vectors such that

~q̃(V ) = q α
αV . (3.31)

~The value of qαV
α depends only on the point where q̃ and V are applied; therefore, once

the coordinate system is fixed, q α
αV is a real function of the coordinates, i.e. a scalar field.

By replacing Φ = qαV
α in Eq. 3.28 we find

∂Φ ∂q∇µΦ ≡ α
= V α

∂V α
+ qα . (3.32)

∂xµ ∂xµ ∂xµ

Substituting ∂V α

∂xµ from Eq. 3.12, we get

∂q∇ α
µΦ = V α + q α β α

α[V ;µ
∂x

− V Γ
µ µβ ] , (3.33)

and relabeling the indices

∂q∇ α
µΦ = [

∂xµ
− qσΓσ α σ

µα]V + qσV ;µ . (3.34)

Since ∇µΦ are the components of a ( 0
1 ) tensor, the right-hand side of this expression must

be a tensor of the same rank. The second term is the result of the contraction of a ( 0
1 )

and a ( 1 ) tensor; therefore it is a ( 0 ) tensor. The first term is a ( 0
1 1 1 ) tensor only if the

terms in square brackets are the components of a ( 0
2 ) tensor, ∇q̃, which we call covariant

derivative of the one-form q̃. The components of ∇q̃ are

(∇q̃)αµ ≡ ∇µqα ≡ qα;µ = qα,µ − qσΓσµα . (3.35)

Note that, with this definition, Eq. 3.34 can be written as

∇µΦ = ∇µ(qαV
α) = qα;µV

α + qαV
α

;µ , (3.36)

i.e., the covariant derivative satisfies the standard Leibniz rule.

3.3 SYMMETRIES OF CHRISTOFFEL’S SYMBOLS
Consider an arbitrary scalar field Φ. In Sec. 3.2 we have shown that its covariant derivative
is a one-form with components

∇αΦ = Φ,α .
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The second covariant derivative ∇∇Φ is a ( 0
2 ) tensor, the components of which can be

computed using Eq. 3.35

∇β∇αΦ ≡ µΦ,β;α = Φ,β,α − Φ,µΓβα . (3.37)

µIn a LIF, since Γβα = 0, covariant and ordinary derivative coincide, and Eq. 3.37 becomes

∇α∇βΦ = Φ,β;α = Φ,β,α , (3.38)

and since ordinary partial derivatives commute, i.e. Φ,β,α = Φ,α,β , it follows that in a LIF

∇α∇βΦ = ∇β∇αΦ . (3.39)

This equation shows that the tensor ∇∇Φ is symmetric, and since symmetry is a tensorial
property, it must hold in any frame; therefore from Eqs. 3.39 and 3.37 we find

µΦ,β,α − Φ,µΓβα = Φ,α,β − µΦ,µΓαβ (3.40)

in any coordinate system. It follows that for any Φ

µ µΦ,µΓβα = Φ,µΓαβ , (3.41)

and consequently
µ µΓβα = Γαβ , (3.42)

i.e. Christoffel’s symbols are symmetric in the lower indices.

3.4 TRANSFORMATION RULES FOR CHRISTOFFEL’S SYMBOLS
According to Eq. 1.38 (or to Eq. 3.9), Christoffel’s symbols are

ρ ∂xρ ∂2ξµ
Γτσ = .

∂ξµ ∂xτ∂xσ

′
Let us consider a general coordinate transformation xµ = xµ(xα ). In the new frame
Christoffel’s symbols are

λ′ ∂xλ
′

∂2ξα
Γµ ν = = (3.43)′ ′

∂ξα ∂xµ′∂xν′

∂xλ
′
∂xρ ∂ ∂ξα ∂xσ

= =
∂xρ ∂ξα ∂xµ′ ∂xσ ∂xν′

′
∂xλ ∂xρ

(
[

2

)
∂ ξα ∂xτ ∂xσ ∂ξα ∂2xσ

= + =
∂xρ ∂ξα ∂xτ∂xσ ∂xµ′ ∂xν′ ∂xσ ∂xµ′∂xν′

]
∂xλ

′
∂xτ

′
∂xσ ∂xλ

= Γρ
∂2xρ

+ .
∂xρ ∂xµ′ ∂xν′ τσ ∂xρ ∂xµ′∂xν′

It should be noted that if Christoffel’s symbols were the components of a tensor, only the
first term in the last row of Eq. 3.43 would be present (see Eq. 2.158). Therefore, as pointed
out in Sec. 3.1, Christoffel’s symbols are not the components of a tensor.

γHowever, the Γαβ ’s transform as tensors for linear transformations, i.e. for coordinate

transformations of the form x′µ
′

= Λµ αx
α where Λµ

′
α are constants. Indeed in this case

∂2xρ

∂xµ′∂xν
= 0.′

http:�,�=�,�(3.41
http:�,�(3.40
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Box 3-B

Exercise
µCompute Christoffel’s symbols Γαβ using the affine connection

∂~e(α) µ= Γ ~
β αβe(µ) . (3.44)

∂x

Let us consider for example a two-dimensional flat space in polar coordinates, i.e.
(x1′ , x2′) ≡ (r, θ); the basis vectors are related to the coordinate basis associated to
Cartesian coordinates by Eqs. 2.73

~e(1′) = ~e(r) = cos θ~e(1) + sin θ~e(2) , (3.45)

~e(2′) = ~e(θ) = −r sin θ~e(1) + r cos θ~e(2) .

We shall indicate (~e(1), ~e(2)) with (~e(x), ~e(y)), and (~e(1′), ~e(2′)) with (~e(r), ~e(θ)). From
Eqs. 3.45 we find

∂~e(r) ∂
= (cos θ~e(x) + sin θ~e(y)) = 0 , (3.46)

∂r ∂r

and consequently, from Eq. 3.44

Γµrr~e(µ) = Γrrr~e(r) + Γθrr~e
r

) = 0 −→ Γrr = Γθ(θ rr = 0 . (3.47)

Moreover

∂~e(r) ∂
= (cos θ~e(x) + sin θ~e(y)) =

∂θ ∂θ
1

= − sin θ~e(x) + cos θ~e(y) = ~e(θ) ;
r

therefore

1 µ 1
~e(θ) = Γrθ~e

r
) = Γrθ~e(r) + Γθ(µ rθ~e ) −→ r

(θ Γrθ = 0 , Γθ = . (3.48)
r rθ r

Proceeding along these lines it is easy to show that

Γr = 0 , Γθ
1

= , Γr θ
θr θr r θθ = −r , Γθθ = 0 . (3.49)

3.5 THE COVARIANT DERIVATIVE OF TENSORS
Following the approach adopted in Sec. 3.2 we shall now define the covariant derivative of
tensors of any rank. Let us consider, as an example, the covariant derivative of a ( 0

2 ) tensor.

Given the tensor T = T ω̃(α)
αβ ⊗ ω̃(β) ~and a vector V , let q̃ be the one-form obtained by

~contracting T with V , i.e., in components

qα = TαβV
β . (3.50)

According to Eq. 3.35 the covariant derivative of q̃ is a ( 0
2 ) tensor with components

∇µqα = qα,µ − Γσµαqσ , (3.51)
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which, substituting Eq. 3.50, yields

∇µ(TαβV
β) = (TαβV

β) β
,µ − TσβV Γσµα . (3.52)

βBy expanding this equation and replacing V β,µ = V β ;µ − ΓδµV
δ (see Eq. 3.26) we find

∇µ(TαβV
β) = Tαβ,µV

β + TαβV
β
,µ − ΓσµαT

β
σβV

= Tαβ,µV
β + TαβV

β
;µ − βΓδµV

δT σ
αβ − ΓµαTσβV

β ,

which, relabeling the indices, becomes

∇µ(TαβV
β) = Tαβ,µ − ΓσβµTασ − ΓσµαT

β
σβ V + TαβV

β
;µ . (3.53)

Since ∇ V βµ(Tαβ ) are the comp

[
onents of a ( 0

2 ) tensor (the

]
covariant derivative of a one-

form), the right-hand side of this expression must be a tensor of the same rank. The second
term is indeed a ( 0

2 ) tensor, since it is the contraction of a ( 0
2 ) (Tαβ) and a ( 1

1 ) tensor (V β ;µ).
The first term is a ( 0

2 ) tensor only if the terms in square brackets are the components of a ( 0
3 )

tensor, ∇T, which we call covariant derivative of the ( 0
2 ) tensor T. The components

of ∇T are
(∇T σ σ

αβ)µ ≡ ∇µTαβ ≡ Tαβ;µ = Tαβ,µ − ΓβµTασ − ΓµαTσβ . (3.54)

Box 3-C

Exercise

Given a ( 2
0 ) tensor A, show that the covariant derivative ∇A is the ( 2

1 ) tensor with
components

(∇Aµν) ≡ ∇ Aµν ≡ Aµν = Aµν +Aαν µ
β β Γαβ +AµαΓν;β ,β αβ . (3.55)

Given a ( 1
1 ) tensor B, show that the covariant derivative ∇B is the ( 1

2 ) tensor with
components

(∇ µ µB )β ≡ ∇βB
µ
ν ≡ Bµ µ α µ α

ν ν;β = B ν,β +B νΓβα −B αΓβν . (3.56)

The same procedure can be used to define the covariant derivative of N tensors:
N ′

∇ Tα1α2···αN = Tα1α2···αN
µ β1β2···βN′ β1β2···βN′ ,µ

( )

+ Γα1
µνT

να2···αN α2 α1ν αN
β1β

+
2···β ΓµνT

···
N′ β1β2···β +

N′
· · ·+ ΓαNµν T

α1α2···ν
β1β2···βN′

− Γν Tα1α2···αN − Γν 1

β Tα α2
µβ1 νβ2··· µβN′ 2

···αN
β1ν···βN′

− · · · − Γνµβ Tα1α2···αN
N′ β1β2···ν .

(3.57)

Box 3-C
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Box 3-D

The covariant derivative of the metric tensor

We shall now show that the covariant derivative of the metric tensor vanishes in any
coordinate frame. According to Eq. 3.54

gαβ;µ = gαβ,µ − Γναµgνβ − Γνβµgαν . (3.58)

At any spacetime point p we can set up a LIF such that, in that point, gαβ = ηαβ ,
gαβ,µ = 0, and Christoffel’s symbols vanish (see Sec. 3.1); consequently

gαβ;µ = ηαβ;µ = 0 . (3.59)

Note that g 0
αβ;µ are the components of a ( 3 ) tensor. If all components of a tensor are

zero in a given coordinate frame, they are zero in any frame. Therefore

gαβ;µ = 0 (3.60)

in all frames.

3.6 CHRISTOFFEL’S SYMBOLS IN TERMS OF THE METRIC TENSOR
As shown in Box 3-D, in any coordinate frame

gαβ;µ = gαβ,µ − Γναµgνβ − Γνβµgαν = 0 , (3.61)

therefore
gαβ,µ = Γναµgνβ + Γνβµgαν . (3.62)

Relabeling the indices, we can write

g = Γν ν
αµ,β αβgνµ + Γµβgαν , (3.63)

−g ν ν
βµ,α = −Γβαgνµ − Γµαgβν . (3.64)

The sum of the three equations above yields

g ν ν
αβ,µ + gαµ,β − gβµ,α = (Γαµ − Γµα)gνβ + (Γνβµ + Γνµβ)gαν + (Γναβ − Γνβα)gνµ , (3.65)

where we have used the symmetry of the metric tensor. Since Γαβγ are symmetric in β and
γ, it follows that

gαβ,µ + gαµ,β − g ν
βµ,α = 2Γβµgαν . (3.66)

If we multiply by gαγ and remember that (see Eq. 2.238)

gαγgαν = δγν , (3.67)

we finally find
γ 1

Γβµ = gγα(gαβ,µ + gαµ,β
2

− gβµ,α) . (3.68)

Thus, as anticipated in Chapter 1, it is possible to express Christoffel’s symbols as a linear
combination of the first derivatives of the metric tensor.

The connection given in Eq. 3.68 is called the Levi-Civita connection. In the following
we shall compute Christoffel’s symbols using Eq. 3.68, for some simple metric spaces.
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Christoffel’s symbols on the two-sphere in polar coordinates

Let us consider the two-dimensional manifold S2, i.e. the two-sphere which we have intro-
duced in Box 2-C. The metric tensor on S2 can be found by noting that the two-sphere
has been defined as a sub-manifold of the three-dimensional Euclidean space, correspond-
ing (in terms of the polar coordinate r, see Box 2-Q) to r = a, where the constant a is
the radius of the sphere. The line element of the two-sphere can be obtained by replacing
r = a in the line element of the three-dimensional Eucliedan space in polar coordinates,
ds2 = dr2 + r2(dθ2 + sin2 θdϕ2) (Eq. 2.231) 1. Thus,

0
ds2 = a2

(
2 a2

dθ + sin2 θdϕ2
)

= gµνdx
µdxν , gµν =

(
0 a2 sin2 .

θ

)
(3.69)

In the following we shall consider a sphere of unit radius, i.e. a = 1. The inverse metric gµν

is

gµν =

(
1 0

1

)
. (3.70)

0
sin2 θ

Note that the only non-vanishing derivative of gµν is

gϕϕ,θ = 2 sin θ cos θ . (3.71)

Using Eq. 3.68 we find

Γθ
1 1

βµ = gθα(gαβ,µ + gαµ,β − gβµ,α) = gθθ(gθβ,µ + gθµ,β )
2

− gβµ,θ , (3.72)
2

ϕ 1 1
Γβµ = gϕα(gαβ,µ + gαµ,β − gβµ,α) = gϕϕ(gϕβ,µ + gϕµ,β) ,

2 2

where we have used the fact that the metric is diagonal and that its ϕ-derivatives vanish.
Thus, using Eq. 3.71 we find

Γθ
1

= gθθ
1

θθ gθθ,θ = 0 , Γθθϕ = Γθϕθ = gθθ(gθθ,ϕ + gθϕ,θ
2 2

− gθϕ,θ) = 0 , (3.73)

1 1
Γθ = gθθ(2g − g ) = − gθθϕϕ θϕ,ϕ ϕϕ,θ gϕϕ,θ =

2 2
− sin θ cos θ ,

and

ϕ 1 1
Γθθ = gϕϕ(2gϕθ,θ) = 0 , Γϕϕϕ = gϕϕ(2gϕϕ,ϕ) = 0 , (3.74)

2 2
ϕ ϕ 1

Γ = Γ = gϕϕ
1

(g + g ) = gϕϕθϕ ϕθ ϕθ,ϕ ϕϕ,θ gϕϕ,θ = cot θ .
2 2

Therefore, the only non-vanishing Christoffel symbols on the two-sphere are

Γθ ϕ
ϕϕ = − ϕsin θ cos θ , Γθϕ = Γϕθ = cot θ . (3.75)

Christoffel’s symbols on the three-dimensional Euclidean space in spherical coordinates

Let us consider the three-dimensional Euclidean space in spherical coordinates {xµ} =
(r, θ, ϕ). The spacetime metric is (see Box 2-Q)

ds2 = dr2 + r2dθ2 + r2 sin2 θdϕ2 = g dxµdxν , g = diag(1, r2, r2 2
µν µν sin θ) . (3.76)

1With this procedure, a manifold M with a metric g induces a metric on a submanifold N ⊂ M. A
more rigorous definition of this procedure is given in Box 7-A.
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The inverse metric is gµν = diag(1, r−2, r−2 sin−2 θ). The non-vanishing derivatives of the
metric tensor are

gθθ,r = 2r , g 2
ϕϕ,r = 2r sin2 θ cos θ , gϕϕ,θ = 2r2 sin θ cos θ . (3.77)

Using Eq. 3.68 we find

Γr
1 1

βµ = grα(gαβ,µ + gαµ,β − gβµ,α) = grr(grβ,µ + grµ,β − gβµ,r) , (3.78)
2 2

Γθ
1 1

= gθα(g + g − g ) = gθθβµ αβ,µ αµ,β βµ,α (gθβ,µ + gθµ,β − gβµ,θ) , (3.79)
2 2

ϕ 1 1
Γβµ = gϕα(gαβ,µ + g ϕϕ

αµ,β − gβµ,α) = g (gϕβ,µ + gϕµ,β − gµβ,ϕ) , (3.80)
2 2

and thus the only non-vanishing Christoffel symbols are those with the indexes (θ, θ, r),
(ϕ,ϕ, r), and (ϕ,ϕ, θ):

Γr
1 1 1

θθ = − grrgθθ,r = −r , Γθrθ = Γθθr = gθθgθθ,r = , (3.81)
2 2 r

Γr
1

= − grr
1

g ϕϕ
ϕϕ ϕϕ,r = −r sin2 θ , Γϕrϕ = Γϕ

1
ϕr = g gϕϕ,r = ,

2 2 r

Γθ
1

ϕϕ = − ϕgθθgϕϕ,θ = − ϕ 1
sin θ cos θ , Γ

2 θϕ = Γϕθ = gϕϕgϕϕ,θ = cot θ .
2
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Box 3-E

Laplacian operator in spherical coordinates

Let us consider the three-dimensional Euclidean space. The Laplacian operator ∇2 ≡ ∇ ∇ii ,
which maps functions to functions, is easily defined in the Cartesian coordinate frame {xi} =
(x1, x2, x3) where the spacetime metric is ds2 = (dx1)2 + (dx2)2 + (dx3)2 = g dxidxjij , with
gij = δij :

∇2f ≡ gij ∂f ∂f ∂f
f,ij = + + (3.82)

∂(x1)2 ∂(x2)2 ∂(x3)2

where f is any regular function on the manifold.
We want to write the Laplacian operator in a different coordinate frame: the spherical coor-
dinates {xi′} = (r, θ, ϕ), defined in Box 2-Q:

x1 = r sin θ cosϕ , x2 = r sin θ sinϕ , x3 = r cos θ . (3.83)

In the new frame the spacetime metric is ds2 = dr2 +r2dθ2 +r2 sin2 θdϕ2 = g j
i′j dx

i
′

′dx ′ where
′ ′

gi′j′ = diag(1, r2, r2 sin2 θ), gi j = diag(1, r−2, r−2 sin−2 θ), and the non-vanishing Christoffel
symbols are given in Eq. 3.81. First of all we write the Laplacian operator, defined in Eq. 3.82,
in tensorial form. Since in the Cartesian frame of Euclidean space ordinary and covariant
derivative coincide, in that frame

∇2f ≡ gijf;ij . (3.84)

Being Eq. 3.84 a tensor equation it holds, with the same form, in any reference frame; in
spherical coordinates

∇2f = gi
′j′ ′

i′ ′ = gi
′j′ ′ ′

f; j (f j′ = g k
,i ) i j
′ ;

[
f,i′j′ − Γi′j f′ ,k′ (3.85)

Replacing the explicit expressions in Eq. 3.81, w find

]
.

e

2 1 1∇ f = f,rr + f,θθ + f,ϕϕ −
[
Γ r ϕϕ
θθg

θθ + Γ r
ϕϕg

ϕϕ
]
f,r − Γ θ

ϕϕg f,θ
r2 r2 2 θ
2 1 1

= f,rr + f,r +

(sin

f,θθ + cot θf,θ +
r2 sin2 f,ϕϕ

r θ

)
[

1 ∂
(

2 ∂
)

1 ∂
(

∂ 2

=

)
1 ∂

r + sin θ +
r2 ∂r ∂r r2 sin θ ∂θ ∂θ r2 sin2 θ ∂ϕ2

]
f . (3.86)

This is the well-known form of the Laplacian operator in spherical coordinates. It can also be
written as

2 1 ∂ 2 ∂ IL∇ = r + (3.87)
r2 ∂r ∂r r2

where IL is an operator acting on the angular variables defined as

1 ∂ ∂ 1 ∂2

IL = sin θ + . (3.88)
r sin θ ∂θ

(
∂θ

)
sin2 θ ∂ϕ2

The eigenfunctions of the IL operator are the spherical harmonics Y lm(θ, ϕ) (l = 0, 1, . . . ,
m = −l, . . . , l), a set of complex functions (see Box 15-A and [67]) defined by

ILY lm = −l(l + 1)Y lm . (3.89)
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3.7 PARALLEL TRANSPORT

A B A B

Figure 3.1: Parallel segments on a sphere do not remain parallel when prolonged.

In Chapter 1 we discussed and compared the intrinsic geometry of cylinders and spheres,
and we noticed that while it is flat for cylinders, it is curved for spheres. This means, for
example, that two lines which start parallel do not remain parallel when prolonged. Consider
the two small segments in A and B of Fig. 3.1: they are perpendicular to the equator, i.e.
parallel, but if prolonged they do not remain parallel.

It is also interesting to see what happens when we “parallely transport” a vector along
a path. Parallel transport means that for each infinitesimal displacement along the path,
the displaced vector must be parallel to the original one, and must have the same length.
If the path belongs to a flat space (Fig. 3.2, left panel), when the vector returns to A it
coincides with the original vector in A. If, instead, the path belongs to a sphere (Fig. 3.2,
right panel), when the vector goes back to A it is rotated by 90◦ (remember that the vector
is always tangent to the sphere, because it belongs to the tangent space). This result, which
will be derived more rigorously in Sec. 3.7.1, is a consequence of the curvature of the sphere:
on a curved manifold it is impossible to define a globally parallel vector field. The parallel
transport of a vector depends on the path along which it is transported.

A

B

C
A

B

C

Figure 3.2: Parallel transport of a vector along a closed path, in flat space (left panel) and on a
sphere (right panel).

Let us now compute how a vector changes when it is parallely transported along a path
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x(𝜆)
µ

Figure 3.3: Parallel transport along a path.

~in a general space. Consider a curve xµ(λ) defined on the path, and a vector field V defined
α

at every point of the curve. Let tα = dx be the vector tangent to the curve. At each pointdλ

of the curve we can set up a LIF {ξα} ~. In this frame, if we move V along the curve, parallel
to itself and keeping its length unchanged, the vector components do not change

dV α
= 0 . (3.90)

dλ

Therefore,
dV α ∂V α dξβ

= = V α β
,βt = 0 . (3.91)

dλ ∂ξβ dλ

Since we are in a LIF, ordinary and covariant derivatives coincide, and Eq. 3.91 can be
written as

V α;βt
β = 0 . (3.92)

This is a tensor equation; consequently, if it is true in a LIF, it is true in any other frame.
~Equation 3.92 is the definition of the parallel transport of a vector V along a curve

identified by its tangent vector ~t. In a frame-independent form, Eq. 3.92 reads

∇ ~
~t V = 0 , (3.93)

~i.e., the covariant derivative of the vector V along the direction of the vector ~t is zero. In a
generic reference frame with coordinates {xα},(

∇ ~
~t V
)α
≡ V α ∂V α dxβ dV α

;βt
β =

[
+ Γα V ν

]
= + Γα V νtβ

∂xβ βν dλ dλ βν = 0 . (3.94)

Summarizing, while in flat space the components of a vector parallely transported along
a curve are constant, in curved space they change by an amount which can be found by
solving the following equation

dV α
=

dλ
−ΓαβνV

νtβ . (3.95)



78 � General Relativity and its Applications

𝜀 𝜀

A D

CB

N

Figure 3.4: A closed path on a two-sphere, avoiding the North pole where the polar map is not
defined.

3.7.1 Parallel transport of a vector along a closed path on a two-sphere
Let us consider the closed path on a two-sphere indicated in Fig. 3.4. In polar coordinates
{xµ} = (θ, ϕ), the points indicated in the figure have coordinates

A =
(π π

, 0
) π π
, B = (ε, 0) , C = ε, , D = , , (3.96)

2 2 2 2

where ε is a small parameter. Note that we exclude

(
the

)
North pole

(
N , since

)
in that point

the polar map is not defined (see Box 2-C). Thus, since in these coordinates we cannot
choose the path ANDA (which is equivalent to that considered in Fig. 3.2), we choose the
path ABCDA, which (for ε � 1) almost touches the North pole and, in the ε → 0 limit,
reduces to ANDA.

~Let us consider a vector V initially in A, where it has components

V µ(A) = (1, 0) . (3.97)

~We shall now show that if we parallely transport V along this path, when it returns to A
it will be rotated by 90◦ (in the ε→ 0 limit), as in Fig. 3.2. The path is composed of four
branches of coordinate lines:

• AB and CD, with tangent vector ~e with components eα(θ) (θ) = (1, 0), and on which
ϕ = const.

• BC and DA, with tangent vector ~e(ϕ) with components eα(ϕ) = (0, 1), and on which
θ = const.

The equations of parallel transport are (see Eq. 3.95)

dV α
=

dλ
−ΓαβνV

νtβ (3.98)

where ~t is the tangent vector to the curves composing the path which, in our case, are
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the coordinate lines with the tangent vectors indicated above; thus, on AB and CD the
parameter of the curves can be chosen to be λ = θ, whereas λ = ϕ on BC and DA. Recalling
that the non-vanishing Christoffel symbols on the two-sphere are (see Sec. 3.6)

Γθϕϕ = − ϕ ϕsin θ cos θ , Γθϕ = Γϕθ = cot θ , (3.99)

Eq. 3.98 gives

• on AB and CD, parametrized with θ

dV θ
= 0

dV µ dθ
= − µΓ V ν (3.100)

dθ θν →

 dV ϕ
= − cot θ V ϕ ;

dθ

• on BC and DA, parametrized with ϕ

dV µ
=

dϕ
−Γµϕν V

ν

 dV θ
= sin θ cos θ V ϕ

dϕ
→

 (3.101)
dV ϕ

=
dϕ

− cot θ V θ .

These equations have to be solved with the appropriate


boundary conditions as follows.

1. From A = (π/2, 0) to B = (ε, 0), with V µ(A) = (1, 0).
From the first of Eqs. 3.100 it follows that along AB V θ is constant, therefore in B
V θ(B) = 1. The equation for V ϕ is dV ϕ =

dθ
− cot θV ϕ

(3.102)

V ϕ θ = π = 0 .2

This is a Cauchy problem, whic


h admits

(
a unique

)
solution, and precisely V ϕ(θ) ≡ 0 2.

Thus, V µ(B) = (1, 0).

2. From B = (ε, 0) to C = (ε, π/2), with V µ(B) = (1, 0).
On this path θ = ε, and assuming that ε� 1, Eqs. 3.101 become dV θ = sin ε cos εV ϕ = εV ϕ

ϕ

( +
dϕ

O ε3
)

 (3.103)
dV

= ε) .
dϕ

− cot εV θ
1

= − V θ +
ε

O (

By differentiating the


first equation with respect to ϕ and using the second equation,

we get
d2V θ

=
dϕ2

−V θ +O ε2 , (3.104)

2Note that this is a general result: if the derivative of a function

(
is

)
proportional to the function itself (in

this case V ϕ), and if it vanishes at the initial point (in our case θ = π/2), the function remains constant in
all points of the integration domain, and equal to the initial value.
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whereas from the first equation, we directly find

V ϕ
1 dV θ

= + (
ε dϕ

O ε) . (3.105)

The general solution of Eq. 3.104 is V θ = C1 cosϕ + C2 sinϕ +
θ

O
C2 constants; the boundary condition V (ϕ = 0) = 1 implies that C
Therefore, using Eq. 3.105, along BC the solution is

(
ε2
)
, with C1 and

1 = 1 and C2 = 0.

{
V θ = cosϕ+

(3.106)
ϕ

O
(
ε2

V = − 1 sinϕ+ε O

)
(ε) ,

and in C = (ε, π/2)

V µ(C) =

(
O ε2 1

,− + (3.107)
ε
O (ε)

)
.

3. From C = (ε, π/2) to D = (π/2, π/2), with

( )
V µ(C) given by 3.107.

Again we have to use Eqs. 3.100; therefore along this path V θ is constant, i.e. V θ(θ) =
O
(
ε2
)
, whereas V ϕ satisfies the equations dV ϕ

=
dθ

− cot θV ϕ

 (3.108)
V ϕ(θ = ε) = − 1 +ε O (ε) .

The solution of this system is

V ϕ
1

= − +
sin θ

O (ε) ; (3.109)

therefore in D, where θ = π/2,

V µ(D) = O ε2 ,−1 +O (ε) . (3.110)

4. From D = (π/2, π/2) to A = (π/2, 0),

(
with

( )
V µ(D) given

)
by 3.110.

From Eqs. 3.101, given θ = π/2, we get dV θ = 0
dϕ (3.111)
dV ϕ

= 0 .
dϕ

~Consequently, along DA the components of V remain constant, and in A

V µ(A) = O ε2 ,−1 +O (ε) . (3.112)

In the limit ε→ 0, the path reduces to AN

(
D

(
A and

) )

V µ(A) = (0,−1) . (3.113)

Since at the beginning of the journey the vector in A was V µ = (1, 0), it follows that the
transported vector has been rotated by 90◦ clockwise.
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3.8 GEODESIC EQUATION
In Chapter 1 we introduced timelike geodesics as the curves which describe the motion of
massive, free particles, i.e. those which move under the exclusive action of the gravitational
field. We showed that they are the solution of the geodesic equation

d2xα
+ Γα

dxµ dxβ

dτ2 µβ = 0 , (3.114)
dτ dτ

where τ is the particle proper time (see Box 3-F). We shall now derive this equation, ex-
tending it to null geodesics, using the parallel transport introduced in the previous section.

Box 3-F

The proper time

In Special Relativity, the worldlines of massive particles are curves in the four-
dimensional flat spacetime,

τ 7→ (x0(τ), x1(τ), x2(τ), x3(τ)) (3.115)

where x0 = ct, and t is the coordinate time; τ/c is the proper time of the particle, i.e.
the time measured by an observer comoving with the particle. Thus, in the comoving
frame x0 = τ , the space coordinates xi are constant and the squared distance beween
two infinitely close events on the worldline is

ds2 = η dxµdxν = −(dx0)2 = −dτ2
µν ; (3.116)

thus in this frame
dτ = −ds2 . (3.117)

Note that the proper time is a scalar quan

√
tity and Eq. 3.117 is a tensor equation; as

such, it holds in any other frame.
Let us now suppose that the particle moves in a curved spacetime. According to the
Equivalence Principle, in a LIF the laws of Special Relativity apply; therefore Eq. 3.117
holds in the LIF comoving with the particle and, being a tensor equation, in any other
frame. Thus, in a general frame,

dτ =

In

√
−gµνdxµdxν . (3.118)

particular, in a LIF locally comoving with the particle the time coordinate coincides
with the particle proper time, as in flat spacetime.
Note that τ has the dimensions of a length and the four-velocity uµ = dxµ/dτ is
dimensionless. If one uses units in which c = 1, τ coincides with the proper time.

Let us consider a free particle which moves along the worldline xµ(λ) with four-velocity
~u, which is the tangent vector to the worldline, i.e. uµ = dxµ/dλ. By the Equivalence

′
Principle, at any point of the worldline we can define a LIF, {ξα }, where the particle
four-acceleration is zero, i.e.

duµ
′ ′ ′

∂uµ dξα
= = uα

′ µ′u
dλ ∂ξα′ dλ ,α = 0 . (3.119)′

In a locally inertial frame ordinary and covariant derivative coincide, thus

uα
′ µ′u ;α = 0 . (3.120)′

Box 3-F
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This is a tensor equation, and must hold in any coordinate frame; therefore, in a generic
frame the equation of motion of the free particle is

uαuµ ;α = 0 . (3.121)

If we expand the covariant derivative

uαuµ ;α = uαuµ ,α + uα µΓ β
αβu , (3.122)

and replace uµ = dxµ/dλ, Eq. 3.121 becomes

d2xµ µ dxα dxβ
+ Γ

dλ2 αβ = 0 , (3.123)
dλ dλ

which is the geodesic equation, Eq. 3.114. Thus, the geodesic equation can also be written
in the form 3.121, which describes the parallel transport of the tangent vector ~u along the
geodesic. This means that if we parallely transport the tangent vector from a point p to a
point p′ along the geodesic line, the transported vector in p′ will be tangent to the curve.
Consequently, a curve C with tangent vector ~u is a geodesic if

∇~u ~u = 0 . (3.124)

Therefore, geodesics are those curves which parallel-transport their own tangent vectors.
The parameter along the geodesic is not unique. Let s be a new parameter; since d =dλ

d ds , Eq. 3.123 becomesds dλ

d2xα
[
dxµ dxν

2
d

+ Γα
ds2 µν ds ds

]
= −

[
2s

dλ2

/( ds dxα
. (3.125)

dλ

) ]
ds

This equation reduces to Eq. 3.123 only if s is related to λ by a linear transformation

s = aλ+ b, a, b = const , (3.126)

in which case the right-hand side of Eq. 3.125 vanishes. The parameters for which the
geodesic equation takes the form 3.123 are called affine parameters and are all related by
a linear transformation.

Eq. 3.121 describes timelike, spacelike, and null geodesics. If the geodesic is timelike, i.e.
~u · ~u < 0, it represents the wordline of a massive particle; in this case, by performing the
linear transformation in Eq. 3.126 it is possible to change the affine parameter in such a
way that the new parameter is the particle proper time (see Box 2-F) multiplied by c, i.e.
the parameter τ appearing in Eq. 3.114. With this choice, ~u · ~u = −1. If the geodesic is a
null curve, i.e. ~u · ~u = 0, it represents the wordline of a massless particle; in this case it is
not possible to choose the proper time as affine parameter, because it cannot be defined;
the geodesic can be parametrized with a different affine parameter, for instance with the
arc length. If the geodesic is spacelike, i.e. ~u · ~u > 0, it does not represent the worldline of
a physical particle.

3.9 FERMI COORDINATES
In this section we shall show how to construct a coordinate frame adapted to an observer.
This frame is especially useful to describe physical experiments.

An observer in General Relativity is characterized by a timelike curve, τ 7→ γ(τ), where
τ is the proper time (times c). The tangent vector to the curve is the four-velocity of the
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Figure 3.5: Fermi coordinates adapted to an observer. For simplicity, we do not show one of the
three space dimensions.

observer ~u, and ~u · ~u = 1. The observer can either be freely-falling (i.e. with vanishing
acceleration aµ = uν µ

−
u ;ν = 0) or accelerated (aµ = 0).

It is possible to define, in a region close to the curve (a “worldtube” surrounding γ),
coordinates {x∗µ} adapted to the observer, called the Fermi coordinates, as follows (see
Fig. 3.5):

• At any point of the curve p0(τ) ∈ γ, we can define a basis {~e(
∗
µ)} of the vector space

Tp such that ~e
0 (0)

∗ ≡ ~u, and ~e(
∗
i) (i = 1, . . . , 3) are orthogonal to ~e(0)

∗ and to each

other. In addition, we impose that ~e(
∗
i) have norm one. Thus, the basis is orthonormal

(~e(
∗
µ) ·~e(

∗
ν) = ηµν), and the timelike basis vector coincides with the four-velocity of the

observer.

• At each value of τ , the three spacelike vectors ~e(
∗
i) locally define a three-dimensional

spacelike surface Σ, to which they are tangent in p0(τ).

• Given a point p in the worldtube, such that p∈ Σ(τ), let us consider a spacelike
geodesic from p0(τ) to p on the surface Σ(τ). Let ~v be the tangent vector in p0(τ)
to this geodesic with unit length. Since the geodesic belongs to Σ(τ), ~v is a linear
combination of the three spacelike vectors ~e(

∗
i) (i = 1, . . . , 3), i.e.

~v = vi~e(
∗
i) . (3.127)

• Let s be the affine parameter of the geodesic from p0(τ) to p. We define the Fermi
coordinates of the point p as follows:

x∗0 = τ , x∗i = svi . (3.128)

It can be shown that s is also the proper length of the path (as defined in Eq. 2.211)
of this spacelike geodesic between p0 and p.

6
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• Repeating the same procedure for all points of the observer worldline, we can define,
in the entire worldtube, the Fermi coordinate system {x∗µ} adapted to the observer
worldline.

It can be shown that (with an appropriate choice of the three-dimensional basis {~e(
∗
i)} for

each surface Σ(τ)) the spacetime metric in Fermi coordinates is

ds2 = −(1 + 2aµx
∗µ)(dx∗0)2 + δijdx

∗idx∗j +O(x∗2) , (3.129)

where aν are the components of the observer’s four-acceleration. If the observer is freely-
falling (~a = 0), ds2 = ηµν + O(x∗2), and this coordinate system coincides with the LIF
centered in p0. Indeed, in a LIF the metric coincides with Minkowski’s metric modulo
quadratic terms in the coordinates. If, instead, the observer is accelerated, the deviation
of the metric 3.129 from Minkowski’s metric is linear in the coordinates x∗µ: g00 − η00 =
−2aµx

∗µ. The linear term is precisely due to the acceleration of the observer.
Remarkably, the metric 3.129 does not depend on the spacetime curvature (up to

O(x∗2)). Indeed, introducing the Fermi coordinates for an accelerated observer in Special
Relativity, i.e. ξα → x∗µ(ξα), leads to the metric ds2 = −(1+2a x∗µ)(dx∗0)2 +δ dx∗i j

µ ij dx∗ ,
which differs from Eq. 3.129 by the O(x∗2) terms only. We conclude that due to the Equiv-
alence Principle, according to which the laws of physics in a LIF take, locally, the form
prescribed by Special Relativity for inertial frames, the laws of physics in a Fermi frame
take, locally, the form prescribed by Special Relativity for accelerated frames.

3.10 NON-COORDINATE BASES
In Boxes 2-G and 2-P we showed that changing from Minkowskian coordinates

α
{ξα′} ≡

(ct, x, y) to polar coordinates {x } ≡ (ct, r, θ), the coordinate basis for vectors 3

~e(0′) → (1, 0, 0)

{~e(α′)} =


~e(1′) → (0, 1, 0) (3.130)

~e(2′) → (0, 0, 1)

transforms to {~e(α)}, where (see Eq. 2.73)~e(0) = ~e(0′)

~e(1) = ~e(r) = cos θ~e(1′) + sin θ~e(2′) (3.131)

~e(2) = ~e(θ) = −r sin θ~e(1′) + r cos θ~e(2′) .

These expressions follow from the transformation laws

~e µ′

(α) = Λ α ~e(µ′) , (3.132)

where Λµ
′
α = ∂xµ

′
∂xα

α and Λαµ′ =∂x ∂xµ
. We now want to choose a different basis for vectors.′

For example, while the vectors {~e(α)} are not normalized because

−1 0 0
~e(α) · ~e(β) = gαβ =

 0 1 0
0 0 r2

 = ηαβ , (3.133)

3Note that, at variance with Boxes 2-G and 2-P, we indicate with a prime the Minkowskian coordinates.

6
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we may choose a basis of normalized vectors given by~e(0̂) = ~e(0)

~e(r̂) = ~e(r) (3.134)

~e ˆ = 1~e(θ) (θ) ,r

such that
~e(α̂) · ~e ˆ = η ˆ . (3.135)(β) α̂β

In this basis the transformation 3.131 becomes

~e(r̂) = cos θ~e(1′) + sin θ~e(2′) (3.136)

~e ˆ = − sin θ~e(θ) (1′) + cos θ~e(2′) .

In the previous sections we have always introduced the basis vectors as the coordinate basis
associated to a coordinate frame, but they can also be defined independently of the choice
of the coordinate frame, as in Eq. 3.134. In this case, it is natural to ask whether there
exists a set of coordinates {xα̂} such that

e(α̂) = Λβ
∂xβ

α̂ ~e(β) = ~e(β) , (3.137)
∂xα̂

so that the basis {~e(α̂)} is a coordinate basis. The same question can be formulated for the

basis one-forms, i.e. whether there exist coordinates {xα̂} such that

ω̃(α̂) ∂xα̂
= Λα̂ ω(β)

β ˜ = ω̃(β) (3.138)
∂xβ

and

Λα̂
∂xα̂

β = . (3.139)
∂xβ

For instance, in the considered example
1 0 0

 
1 0 0

Λβα = 0 1 0 and Λα̂ˆ β = 0 1 0
0 0 1 0 0 r


. (3.140)

r

If Eq. 3.139 is true, the follo


wing condition


must be satisfied

 

∂ ∂2xα̂ ∂2 ˆ

Λα̂
xα ∂

β = = = Λα̂γ . (3.141)
∂xγ ∂xγ∂xβ ∂xβ∂xγ ∂xβ

This is an “integrability condition” that all the components of Λα̂γ must satisfy in order
for the coordinates {xα̂} to exist. In the considered example Eq. 3.141 gives

∂ ˆ ∂ ˆ
Λ2

1 = Λ2
2 =

θ ∂r
→ 0 1 (3.142)

∂

which is certainly not true. We conclude that the normalized vector basis in Eq. 3.134 and
the dual basis for one forms {ω̃(α̂)} are not coordinate bases, since we cannot associate a
coordinate transformation to them.
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C H A P T E R 4

The curvature tensor

In this chapter we shall introduce the curvature tensor, showing that it describes the cur-
vature of the spacetime. This derivation is based on the parallel transport of a vector along
a closed loop. We shall discuss the main properties of the curvature tensor and show how
the latter is related to the equation of geodesic deviation.

4.1 PARALLEL TRANSPORT ALONG A LOOP
Let us consider an infinitesimal closed loop, having as sides the coordinate lines x1 = a,
x1 = a+ δa, x2 = b, x2 = b+ δb (see Fig. 4.1).

e(1)

e(2)

A

B

C

D

x  = b2

x  = b+δb2

x  = a+δa1

x  = a1

V

Figure 4.1: A generic vector ~V is parallely transported along an infinitesimal, closed loop whose
boundaries are portions of coordinate lines.

~We wish to compute how the components of a generic vector V change when the vector
is parallely transported along the loop. The loop can be divided into four parts, so that the
total variation of the vector components is

δV α = δV αAB + δV αBC + δV αCD + δV αDA . (4.1)

The vector tangent to the curves AB and CD and that tangent to the curves BC and DA

87
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are, respectively, the basis vectors ~e(1) and ~e(2); since their only non-vanishing components
are e1

(1) = 1 and e2
(2) = 1, the equation of parallel transport, Eq. 3.92, gives

on AB and CD : ∇ ~ µ ∂
~e(1)V = e V α

V α
;µ = 0 +(1) → Γα

∂x1 β1V
β = 0 , (4.2)

α

∇ ~ µ α ∂V
on BC and DA : α β

~e(2)V = e V ;µ = 0 → + Γβ2V = 0 . (4.3)(2) ∂x2

Eq. 4.2 has to be integrated along the line x2 = b from A to B, and x2 = b+ δb from C to
D; Eq. 4.3 has to be integrated along x1 = a + δa from B to C, and on x1 = a from D to
A. The integrals to evaluate thus are

∫ C

− B
δV αAB = V β2 Γα dx1

β1 , δV α
A(x =b BC =

)
−
∫

Γαβ2V
βdx2 , (4.4)

B(x1=a+δa)

A
D

δV α α β 1 α α β 2
CD = −

∫
Γ

x2 V dx , δV = Γ V dx . (4.5)
C( =b+δb) β1 DA −

∫
β2

D(x1=a)

The integral in δV αBC is a function of x1 = a + δa, with δa � a; therefore it can be
Taylor-expanded as 

C

δV α = −
∫ C

Γα V β 2 ∂
BC β2 dx + Γα V βdx2 δa . (4.6)

∂x1
x a

(
β2

B( 1= )

∫
B

)∣∣∣∣
(x1=a)



The integral in δV α


CD can be expanded in a similar way

∣

δV αCD = −

∫ D

Γαβ1V
βdx1 ∂

+
2

C(x2=b) ∂x

(∫ D

Γαβ1V
βdx1

C

)∣∣∣∣∣ δb . (4.7)

(x2=b)



Thus, finally



δV α ' −
∫ B A

Γα V β 1
1 Γα β
β dx −

∫
V dx2

β2 (4.8)

−

 A(x2=b) D(x1=a)∫ C

Γα β 2 ∂ C
α β 2

β2V dx + Γ
1 β2V dx δa

B(x1=a) ∂x

(∫
B

)∣∣
D

∣∣
(x1=a)



∂ D


−

∫
1 +

(∫ Γα V βdx Γα V βdx1

∣
β1 2

C(x2=b) ∂x β1
C

)∣∣∣
δb .

(x2=b)



If we now replace the coordinates of the points A,B,C,D in the previous

∣∣
equation,


i.e.

A = (a, b), C = (a+ δa, b+ δb), B = (a+ δa, b), and D = (a, b+ δb) , (4.9)

only two terms survive in Eq. 4.8, and since the operators of integration and differentiation
commute, the final expression of δV α can be written as∫ b+δb a

δV α
∂ +δ

' −δa
( a

Γα V β
)
dx2 + δb

∫
∂ (

Γα β

∂ β2 V
b x1

a ∂x2 β1 dx1

∂ ∂' δaδb

)
[
− Γα V β + Γα V β . (4.10)
∂x1

(
β2

)
∂x2

(
β1

)]
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By expanding the derivatives and making use of Eqs. 4.2 and 4.3, Eq. 4.10 can be further
simplified to give

∂Γα ∂
α

[ α
β1 Γ

β α ∂V σ σ
β2 ∂

δ = δaδb V + Γ V β Γα
V

V (4.11)
∂x2 σ1 2

−
1

− σ2 1

]
= δaδb

[ ∂x ∂x ∂x

∂Γαβ1 ∂Γα
− β2 − Γα σ

σ1Γβ2 + Γα
∂x2 ∂x1 σ2Γσβ1

]
V β .

~Note that δa and δb are the non-vanishing components of the displacement vectors δx(1)

~and δx(2) along the direction of the basis vectors ~e(1) and ~e(2), i.e.

µ µδx = (0, δa, 0, 0) = δa δ(1) 1 , (4.12)
µ µδx = (0, 0, δb, 0) = δb δ(2) 2 ; (4.13)

therefore Eq. 4.11 can be written as follows

α

δV α = δxν µ β
δx

[
∂Γαβν ∂Γ

− µ − Γα σ
(1) (2) ∂xµ ∂xν σνΓβµ + ΓασµΓσβν

]
V β . (4.14)

If the loop is defined through different coordinate lines, the same proof leads to the same
final expression, Eq. 4.14. A similar, but more involved, calculation shows that Eq. 4.14

~ ~also holds when the sides of the loop are not coordinate lines, i.e. when δx(1) and δx(2) are
general vectors.

We shall now show that the terms in square brackets in Eq. 4.14 are the components of a
tensor. According to the definition given in Chapter 2, a ( 1

3 ) tensor T is a linear function of
one one-form and three vectors which, when applied to these arguments, produces a scalar,
i.e.

~ ~ ~T (q̃, A,B,C) = Tαβρδ q AβBρCδα , (4.15)

where Tα are the components of T. To begin with, we note that V α α µ
βρδ , δV , δx , and(1)

µδx are the components of generic vectors. Let us consider a generic one-form field with(2)

components qα. The quantity δV αqα is a scalar, because it is the contraction of a vector
and a one-form, and [

∂Γα ∂ α

V α
βν Γ

δ qα = − βµ − νΓσ µΓασ βµ + Γα Γσ qαV
βδxν δx . (4.16)

∂xµ ∂xν σµ βν

]
(1) (2)

µTherefore, the contraction of the components of the vectors δxν(1), δx , and V β , and of the(2)

~one-form qα with the quantity in brackets is a scalar. In addition, Eq. 4.16 is linear in V ,
~ ~ ~ ~q̃, δx(1), and δx(2). Indeed, if we consider for example a displacement δx(1a) + δx(1b) along

~e(1), it is immediate to check that

δV αq = δxν µ µ
α (1a)δx [...] qαV

β + δxν(1b)δx [...] qαV
β , (4.17)(2) (2)

and similarly for the other quantities. Thus, we can conclude that the terms in square
brackets in Eq. 4.16 are the components of a ( 1

3 ) tensor, the Riemann tensor

Rα ≡ Γα α
βµν βν,µ − Γβµ,ν − ΓασνΓσβµ + ΓασµΓσβν . (4.18)

~Note that the Riemann tensor is antisymmetric in ν and µ; indeed, if we interchange δx(1)

~and δx(2) in Eq. 4.14, δV α changes sign, because the loop goes in the opposite direction.
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This shows that the sign of Eq. 4.18 can be chosen arbitrarily, and for this reason the
definitions of the Riemann tensor given in textbooks may differ for an overall sign.

The Riemann tensor depends on the affine connection and on its first derivatives, i.e. on
the first and second derivatives of the metric tensor. If we choose a LIF the Γαβµ’s vanish,
but their derivatives do not; the Riemann tensor is generically nonzero in a LIF.

We shall call a spacetime flat if the parallel transport of any vector field around any loop
vanishes, otherwise we shall call it curved. Therefore, in a flat spacetime the Riemann tensor
vanishes everywhere and (since it is a tensor) in any frame; in a curved spacetime, instead,
the Riemann tensor is non-zero at some point of the manifold, and this is also true in any
frame. It can be shown (but the rigorous derivation goes beyond the scope of this book)
that a global, Minkowskian coordinate system can be defined if and only if the Riemann
tensor vanishes on the entire spacetime 1.

In conclusion, if the spacetime is flat the Riemann tensor is zero, if it is curved the
Riemann tensor is non-zero, and this is true in any coordinate frame. This justifies why the
Riemann tensor is also called the curvature tensor.

Furthermore, Eq. 4.14 shows that if Rα ~
βγδ = 0, i.e. the spacetime is flat, a vector V

parallely transported along any closed loop does not change, i.e. δV α = 0. Conversely, if
the Riemann tensor does not vanish, i.e. the spacetime is curved, there will exist at least
one loop such that δV α = 0.

It should be stressed that

• The Riemann tensor is linear in the second derivatives of gµν , and non-linear in the first
derivatives. Note that it has the same differential structure of the Gaussian curvature
introduced in Chapter 1, Eq. 1.12.

• In a LIF Γανσ = 0, therefore the non-linear part of the Riemann tensor vanishes as
well.

By contracting the Riemann tensor with the metric we can construct a ( 0
2 ) tensor, called

the Ricci tensor
Rµν = gαβRαµβν = Rαµαν . (4.19)

By further contracting the Ricci tensor with the metric, we can also define the scalar (or
Ricci) curvature

R = gαβRαβ = Rαα . (4.20)

As the Riemann tensor, both the Ricci tensor and the Ricci scalar are linear in the second
derivatives of gµν , and non-linear in the first derivatives.

In a LIF, the components of the Riemann tensor have a very simple form since the
non-linear part of the tensor vanishes, i.e.

Rµ µ µ
ναβ = Γνβ,α − Γνα,β , (4.21)

and by replacing the expression of the Christoffel symbols given in Eq. 3.68, we find

Rα
1

βµν = gασ [gσν,βµ − gσµ,βν + gβµ,σν
2

− gβν,σµ] , (4.22)

or, lowering the index α,

Rαβµν = gαλR
λ 1
βµν = [gαν,βµ − gαµ,βν + gβµ,αν − gβν,αµ] . (4.23)

2

1This can be understood by noting that in a LIF gµν = ηµν + O(x2), and the O(x2) terms depend on
the second derivatives of the metric; it can be shown that the O(x2) terms can be expressed in terms of
the Riemann tensor components. If these terms vanish everywhere, the LIF can be extended to the entire
spacetime.

6
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Consequently, in a LIF the components of the Ricci tensor are

R α 1 ασ
βν = R βαν = g [gσν,βα − gσα,βν + gβα,σν

2
− gβν,σα] . (4.24)

4.2 SYMMETRIES OF THE RIEMANN TENSOR
Using Eq. 4.23 it is easy to show that the curvature tensor is antisymmetric in the first and
in the second pair of indices, i.e.

Rαβµν = −Rβαµν , and Rαβµν = −Rαβνµ , (4.25)

whereas it is symmetric under exchange of the two pairs of indices

Rαβµν = Rµναβ . (4.26)

In addition it satisfies the Ricci identities

Rαβµν +Rανβµ +Rαµνβ = 0 . (4.27)

Since Rαβµν is a tensor, these symmetry properties, which can easily be derived in a LIF
using Eq. 4.23, hold in any reference frame. The symmetries of the Riemann tensor reduce
the number of its independent components from 44 = 256 to only 20.

As a consequence of Eq. 4.26, the Ricci tensor Rµν = gαβRµανβ is symmetric under
exchange of its indices:

Rµν = Rνµ , (4.28)

and therefore it has only 10 independent components.

4.3 THE RIEMANN TENSOR GIVES THE COMMUTATOR OF COVARIANT
DERIVATIVES

~Let us consider the second covariant derivatives of a vector field V

∇ ∇ V µ = ∇ (V µ ) = (V µ ) + Γµ σ
α β α ;β ;β ,α σαV ;β − ΓσβαV

µ
;σ . (4.29)

In a LIF Γµσα = 0, and Eq. 4.29 becomes

∇ ∇ V µ µ
α = µ µ

β (V ;β),α = V ,β,α + Γνβ,αV
ν . (4.30)

By interchanging α and β

∇β∇ µ µ µ µ ν
αV = (V ;α),β = V ,α,β + Γνα,βV . (4.31)

The commutator of the covariant derivatives is then

µ[∇α,∇β ]V µ ≡ ∇α∇βV µ −∇ µ µ
β∇αV =

(
Γνβ,α − Γνα,β

)
V ν . (4.32)

The term in round brackets in this equation coincides with the expression of the Riemann
tensor in the LIF (see Eq. 4.21), therefore

[∇α,∇β ]V µ = RµναβV
ν . (4.33)

This is a tensor equation and since it is valid in a given reference frame, it will be valid in any
frame. Eq. 4.33 shows that in curved spacetime the covariant derivatives do not commute
and therefore the order in which they appear is important.
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4.4 THE BIANCHI IDENTITIES
We shall now derive the Bianchi identities, a set of differential equations satisfied by the
Riemann tensor. Since in a LIF the expression of the tensor is much simpler, we shall use
Eq. 4.23 to prove the identities in this frame, and then generalize them to any frame.

Let us differentiate Eq. 4.23 with respect to xλ

1
Rαβµν,λ = [gαν,βµλ − gαµ,βνλ + gβµ,ανλ − gβν,αµλ] . (4.34)

2

Using Eq. 4.34 and the symmetry of gαβ , it is easy to show that

Rαβµν,λ +Rαβλµ,ν +Rαβνλ,µ = 0 . (4.35)

In a LIF ordinary and covariant derivatives coincide, therefore Eq. 4.35 can also be written
as

Rαβµν;λ +Rαβλµ;ν +Rαβνλ;µ = 0 . (4.36)

These equations have been derived in a LIF, and since they are tensor equations, they will
be valid in any frame.

Eqs. 4.36 are the Bianchi identities which, as we shall later see, play an important role
in the derivation of Einstein’s equations.

4.5 THE EQUATION OF GEODESIC DEVIATION
If the spacetime is curved, the Equivalence Principle establishes that we can always choose
a LIF where the affine connection vanishes. In this frame a free particle (i.e. one subjected
to no other force than gravity) follows the geodesic equation with zero acceleration.

Conversely, if the spacetime is flat we can always choose a coordinate frame in which the
affine connection does not vanish as, for instance, in Minkowski’s spacetime when spherical
coordinates are chosen. In this case a free particle would follow a geodesic with non-zero
acceleration, and we would not be able to establish whether this acceleration is due to a
true gravitational field or to the fact that the reference frame is not inertial. In other words,
the local curvature of spacetime cannot be measured by observing the motion of a single
particle.

We shall now show that the local curvature of spacetime can be measured by comparing
the motion of two close particles, i.e. by comparing the behaviour of close geodesics.

Let us consider a two-parameter family of geodesics xµ(τ, p), where τ is the affine pa-
rameter and p labels different curves of the family. Along each geodesic p = const. We also
consider the family of non-geodesic curves which join points of the family xµ(τ, p) having
the same τ ; these curves are parametrized by p and are indicated with τ = const in Fig. 4.2.

Two particles move along two infinitely close geodesics xµ(τ, p) and xµ(τ, p) + δxµ =

xµ ~(τ, p + δp). Here δx is the infinitesimal displacement vector between points having the

same τ on the two geodesics. Let ~ ~t be the tangent vector to the geodesics, and b the tangent
vector to the p = const curves, as indicated in Fig. 4.2, i.e.

tα
∂xα

= and bα
∂xα

= . (4.37)
∂τ ∂p

The displacement vector is δxα = bαδp. For simplicity, we choose the parameter p such
that the tangent vector bα and the displacement vector δxα coincide. With this definition,

∂xαδxα = , and∂p

∂tα ∂δxα
= . (4.38)

∂p ∂τ
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b

t p=const

p=const

𝜏=const

𝜏=const

x (𝜏,p)µ

x + δx   µ µ

Figure 4.2: Worldlines of two infinitely close particles and their tangent vectors.

We now compute the covariant derivative of the vector ~t along the curve τ = const with
~tangent vector δx, i.e. ∇ ~~ t. The components of this vector areδx(
∇

) µ α α
~ α

[
∂

t µ
~ = δx tα

∂x ∂t t
;µ = + Γα tν = + Γα tνδxµ . (4.39)δx ∂p ∂xµ µν

]
∂p µν

~Similarly, the covariant derivative of the vector δx along the curve p = const, i.e. along the
geodesic, has components( α ∂δxα∇ ~

~t δx = tµδxα;µ = + Γα
∂τ µνδx

νtµ . (4.40)

From Eq. 4.38 and from the symm

)
etry of Γαµν in its lower indices it follows that

∇ ~
~t δx = ∇ ~~ t . (4.41)δx

The quantities
(
∇ ~
~t δx

)α
and

do not give significant informati
We shall now compute the second

(
∇ ~~ t theyδx

)α
involve only the affine connection, therefore

on on the gravitational field.( ~covariant derivative of the vector δx along the curve
~p = const, i.e ∇~t ∇~t δx
)

. This quantity is the relative acceleration of the two nearby

particles as they move along the geodesics. By defining the operator

D α
~δxα ≡

(
∇~

dτ t δx
)

, (4.42)

the quantity we need to compute is

D2δxα α

=
dτ2

∇~t ∇ ~
~t δx . (4.43)

This is the geodesic deviation. In order

(
to

(
compute

))
this quantity, let us expand the

following commutator [
∇~t,∇ ~~

]
t = ~~δx ∇t

(
∇ ~ tδx

)
−∇ ~δx

(
∇ ~~t t

)
, (4.44)
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whose components are([
∇~t,∇ ~~

]
t
)α

= tµ (δxν tα;ν) − δxµ (tν tα;ν)δx ;µ ;µ

= tµ δxν tα + tµ δxν tα µ ν α µ ν α
;µ ;ν ;ν;µ − δx t ;µ t ;ν − δx t t ;ν;µ

= (tµ δxν ;µ − δxµ tν ;µ) tα α α
;ν + (t ;ν;µ − t ;µ;ν) tµ δxν . (4.45)

Since from Eq. 4.41
tµ δxν ;µ = δxµ tν ;µ , (4.46)

Eq. 4.45 gives ([
∇~t,∇

α µ
~

]
~t
)α

= (tα ν
;ν;µ νx − t ;µ; ) t δx . (4.47)δ

We now remind that, according to Eq. 4.33, the commutator of covariant derivatives is

(tα − tα ) = Rα tβ;ν;µ ;µ;ν βµν , (4.48)

therefore Eq. 4.45 becomes ([
∇~t,∇ ~

]
~
)α
t = Rα β

βµνt t
µδxν . (4.49)δx

Moreover, since tµ is the geodesic tangent vector, when it is parallely transported along the
geodesic it satisfies the equation (see Sec. 3.8)

∇ ~~t t = 0 ; (4.50)

as a consequence ∇ ~δx ∇ ~~t t = 0 and the commutator in Eq. 4.44 can be rewritten as([
∇ ,∇

] α
~ α
t

( )
)

=
(
∇
(
∇ ~

(
∇ ~t

))α
=
(
∇ δx

))
= Rα tβ µ

β xν~t ~ ~δx t ~ ~ ~ µν t δ , (4.51)δx t t

where we have used Eq. 4.41. By direct substitution of this expression in Eq. 4.43 we finally
find

D2δxα
= Rα β µ ν

βµν t t δx . (4.52)
dτ2

This is the equation of geodesic deviation, which shows that the relative acceleration
of nearby particles moving along geodesics depends on the spacetime curvature. Since the
Riemann tensor is zero if and only if the gravitational field is either zero or constant and
uniform, the equation of geodesic deviation really contains the information on the gravita-
tional field in a given spacetime.
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Box 4-A

Summary on the curvature tensor

• The Riemann tensor, or curvature tensor, is a ( 1
3 ) tensor describing the intrinsic

curvature of the spacetime; it vanishes in a flat spacetime, while it is non-vanishing
in a curved spacetime.

• Its components are

Rα α
βµν = Γβν,µ − Γαβµ,ν − ΓασνΓσβµ + Γα σ

σµΓβν . (4.53)

• It is antisymmetric in the first and in the second pair of indices; it is symmetric
under exchange of the first and second pairs of indices.

• A contraction of the first and third index of the Riemann tensor yields the Ricci
tensor, which is a symmetric ( 0

2 ) tensor whose components are

Rµν = Rα Γαµν,α − Γαµα,ν − ΓασνΓσµα + Γασ Γσµαν = α µν . (4.54)

• A contraction of the Ricci tensor yields the Ricci curvature, or scalar curvature,
R = gµνRµν .

• ~A vector V parallely transported along an infinitesimal closed loop with sides
~ ~ ~δx(1), δx(2), undergoes a shift δV with components

δV α = ±Rαβ V β µ
µν δx δxν(1) (4.55)(2)

where the sign depends on the direction of the motion on the loop.

• ~The commutator of the covariant derivatives of a vector V is

[∇µ,∇ν ] V α = RαβµνV
β . (4.56)

• The Riemann tensor satisfies the Bianchi identities

Rαβµν;λ +Rαβλµ;ν +Rαβνλ;µ = 0 . (4.57)

• ~The separation δx between two infinitely close geodesics with tangent vector ~t
satisfies the equation of geodesic deviation

D2δxα
= Rαβ tβ tµ δxνµν . (4.58)

dτ2
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C H A P T E R 5

The stress-energy tensor

In the previous chapter we showed that there exists a tensor which allows to understand
whether the spacetime is curved or flat, i.e. if we are in the presence of a non-constant or
non-uniform gravitational field. In order to describe the dynamics of the gravitational field,
we also need to understand how to include the contribution of matter and fields, which are
the sources of such field. In this chapter we shall show that the distribution of matter and
energy can be described – both in Special Relativity and in General Relativity – in terms
of a rank-two tensor field, the stress-energy tensor, which will be indicated as Tµν . The
relevance of this tensor for the theory of gravity will be clear in the next chapter, where we
shall show that it is the source of the dynamical equations of the gravitational field.

We shall firstly introduce Tµν in flat spacetime, using as an example the simplest physical
system, a gas of non-interacting particles. Generalizing the concept of energy-momentum
four-vector of a particle in Special Relativity, we shall show that the quantity we construct
is a tensor, and that it satisfies a divergence-free equation which, in flat spacetime, leads
to energy and momentum conservation laws; the meaning of the components of this tensor
will be illustrated and discussed. In order to generalize these results to curved spacetimes,
we shall state a fundamental principle of General Relativity, the Principle of General Co-
variance. In this way we show that the tensorial properties that Tµν satisfies in Special
Relativity, i.e. the symmetries and the divergence-free equation, hold in any frame.

Although derived for a simple physical system, the gas of non-interacting particles,
these properties hold for any system which can be described by a stress-energy tensor as,
for instance, a fluid.

The discussion on the stress-energy tensor will be further expanded in the following
chapters: in Chapter 7 we shall provide a more formal derivation of this tensor for a generic
physical system described by a Lagrangian; in Chapter 8 we shall show that conservation
laws can be associated to Tµν when the spacetime admits some symmetry; finally, the stress-
energy tensor of a fluid will be derived in Chapter 16, where we will show how the laws of
thermodynamics have to be modified in General Relativity.

5.1 THE STRESS-ENERGY TENSOR IN FLAT SPACETIME
In Special Relativity, the motion of a particle of mass m and three-velocity v with compo-

nents vi = dξi , i = 1, . . . , 3 is described by the energy-momentum four-vectordt

pα = mcuα, α = 0, . . . , 3, (5.1)

dξαwhere uα = are the components of the particle four-velocity ~u, and τ (which has thedτ
dimensions of a length, see Box 3-F) is related to the particle proper time τ/c. With this
notation and with our adopted convention for the metric signature, the square of the norm

97
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of the four-velocity is u uα = −1. Also remember that {ξαα } are Minkowskian coordinates.
By defining ξ0 = ct and

dξ0

γ = , (5.2)
dτ

we obtain

u0 = γ

ui
dξi dξi dt

= = = vi
γ

dτ ( dt dτ c
2

α β 2 v2
) 1/

v2 −

ηαβu u = −γ 1− = −1 =

(
1

c2
→ γ −

c2

)
. (5.3)

Thus, the energy-momentum vector can be written as

pµ = mγ(c,v) . (5.4)

The time component of this four-vector is proportional to the particle energy

p0 E
= , where E = mc2γ , (5.5)

c

whereas the space components are the components of the three-dimensional relativistic
momentum p = mγv.

When dealing with a continuous or discrete distribution of matter and energy, there are
other quantities which we would like to define and measure, such as the mass and the energy
which are contained into a certain volume, or the energy and momentum that flow across
the surfaces enclosing this volume. All this information is contained in the stress-energy
tensor which we are going to define.

Let us consider, as an example, the simple case of a system composed by a collection
of non-interacting particles, each of which follows the worldline {ξαn (t)}, and let p~n be the
energy-momentum vector of the n-th particle. We define the energy density of the system
as

T 00 ≡
∑

cp0
n(t)δ3(ξξξ

n

− ξξξn(t)) =
∑

Enδ
3(ξξξ

n

− ξξξn(t)) , (5.6)

where the function

δ3(ξξξ − ξξξn(t)) = δ(ξ1 − ξ1
n(t))δ(ξ2 − ξ2

n(t))δ(ξ3 − ξ3
n(t)) (5.7)

is the three-dimensional Dirac δ-function, whose main properties are summarized in Box 5-
A. Note that, since δ3(ξξξ − ξξξ 00

n(t)) has the dimensions of an inverse cubic length, T has
the dimensions of an energy divided by a volume, i.e. an energy density. In analogy with
Eq. 5.6, we introduce the density of momentum 1T 0i, where T 0i is defined asc

T 0i ≡
∑

cpin(t)δ3(ξξξ − ξξξn(t)) , i = 1, 2, 3 (5.8)
n

and the momentum current as

ki
∑

k dξin(t)
T ≡ pn(t) δ3(ξξξ − ξξξn(t)), i, k = 1, 2, 3 . (5.9)

dt
n

The definitions 5.6, 5.8 and 5.9 can be unified into a single formula

Tαβ =
∑

pα
dξβn(t)

n δ3(ξξξ
dt

n

− ξξξn(t)), α, β = 0, . . . , 3 . (5.10)
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Furthermore, since

pα
En dξ

α

n = n (t)
, (5.11)

c2 dt

Eq. 5.10 can also be written as

Tαβ = c2
∑ pαnp

β
n δ3(ξξξ − ξξξn(t)) , (5.12)

Enn

which clearly shows that Tαβ is symmetric in its two indices,

Tαβ = T βα. (5.13)

Finally, an alternative way of writing Eq. 5.10 is

Tαβ = mc2
∑∫

uα ~uβ 4
n nδ (ξ − ~ξn(τn))dτn , (5.14)

n

where
4 ~ ~δ (ξ − ξ ) = δ(ξ0 − ξ0)δ(ξ1 − ξ1)δ(ξ2 2

n n n − ξn)δ(ξ3 − ξ3
n) . (5.15)

Indeed, using the properties of the δ-function (see Box 5-A) it is easy to see that

Tαβ ~= 2
∑∫

~mc uα uβn δ
4

n (ξ ξ
n

− n(τn)) dτn

= c
∑∫ [

pα
dξβn dτ

n − n
δ3(ξξξ ξξξn(τn))

n

]
δ(ξ0 − ξ0

n(τn)) dξ0

dτ dξ0 n

= c
∑
n

[ n n

pα
dξβn

n δ3(ξξξ ξξξn(τn))
dξ0
n

−
]
ξ0n(τn)=ξ0

= c
∑

pα
dξβn δ3(ξξξ − ξξξ (ξ0)) =

∑
pα

dξβn δ3( 0
n n n ξξξ − ξξξn(ξ )) , (5.16)
dξ0 dt

n n

which coincides with Eq. 5.12.
In the next sections, we shall show that:

• Tαβ are the components of a tensor;

• this tensor satisfies a divergence-free equation;

• this equation can be generalized to the case of curved spacetimes, i.e. in the presence
of a gravitational field.
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Box 5-A

Properties of the δ-function

In one dimension, the Dirac δ-function is defined by the property that, for any
smooth function f(x), ∫

dx f(x)δ(x− x0) = f(x0) , (5.17)

if x0 is part of the integration domain, otherwise the above integral vanishes.
Similarly, for the three-dimensional δ-function δ3(ξξξ − ξξξn) given in Eq. 5.7, the
following property holds ∫

d3ξ f(ξξξ)δ3(ξξξ − ξξξn) = f(ξξξn) . (5.18)

According to these definitions, the one-dimensional δ-function has the dimensions
3

of the inverse of a length and δ3(ξξξ − ξξξn) has dimensions (length)
−

.
More generally, in D dimensions ~x = (x1, . . . , xD)∫

dDx f(~x)δD(~x− ~xn) = f(~xn) , (5.19)

where δD(~x− ~xn) = δ(x1 − x1
n(t))δ(x2 − x2

n(t)) · · · δ(xD − xDn (t)).
It is easy to prove the following useful properties of the δ-function

δ(x) = δ(−x) , δ(const x) = 1 δ(x) ,|const|

δ[g(x)] =
∑

1
j j δ(x− xj) , xδ(x) = 0 , (5.20)|g′(x )|∫

dxf(x)δ′(x− x0) = −f ′(x0) ,

where the prime indicates differentiation with respect to the argument of the func-
tion.

5.2 IS Tαβ A TENSOR?
Let us consider the stress-energy tensor given in Eq. 5.14 and a generic coordinate transfor-

′
mation ξα = ξα(xα ). The four-momentum and the four-velocity transform as pα = Λαγ pγ′′

and uα = Λα γ
γ u ′

α

, where Λαγ = ∂ξ
γ . Since, as discussed in Box 5-B, under the transfor-′ ′ ∂x ′

mation ξα = ξα(xα
′
) the δ4 ~(ξ − ~ξn) transforms as

4
4 δ (~x′ − ~x′n)~ ~δ (ξ − ξn) = √ , (5.21)

−g′

Eq. 5.14 gives ∑∫
δ4

αβ 2 α β µ′ ν′ (~x′ − ~x′n)
T = mc Λ µ Λ′ ν u′ n un

n

√ dτ
−g′ n. (5.22)
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This shows that the quantity

Tαβ = mc2
∑∫

δ4

uαnu
β (~x
n

− ~x√ n)
dτn , (5.23)

g
n

−

transforms as a tensor under a generic coordinate transformation, i.e.

Tαβ
′ ′

= Λα β
µ Λ′ ν Tµ ν , (5.24)′

and therefore Tαβ given in Eq. 5.23 is a tensor (see Box 2-M). In flat spacetime in
Minkowskian coordinates and in a LIF,

√
−g = 1 and we recover the definition 5.14.

Therefore, we define the tensor Tαβ given in Eq. 5.23 as the stress-energy tensor
of a cloud of non-interacting particles. This definition is valid both in flat and in curved
spacetime.

In general, different kinds of matter and/or fields may be present: fluids, electromagnetic
fields, etc. In all cases it is possible to define a rank-two tensor, the stress-energy tensor,
whose components have the same meaning as those discussed in Box 5-C for a cloud of
non-interacting particles. In Chapter 7, we shall show that the stress-energy tensor can be
derived by writing the action of the considered field, and by varying this action with respect
to gµν . For example, the stress energy tensor of a scalar field Ψ reads

1
Tµν = ∂ σ

µΨ∂νΨ− gµν∂σΨ∂ Ψ
2

− gµνV (Ψ) , (5.25)

2 2

where V (Ψ) is the scalar self-potential, which reduces to V (Ψ) = m c
2 Ψ2 for a free scalar2~

field with mass m.
Likewise, the electromagnetic stress-energy tensor in SI units reads

1
Tµν = −

(
Fσ(µFν)ρg

σρ 1− gµνF F σρσρ
µ0 4

)
, (5.26)

where Fµν = ∇µAν −∇νAµ is the electromagnetic tensor, Aµ is the four-potential, and µ0

is the vacuum permeability (the overall coefficient depends on the system of units chosen
for the electromagnetic quantities). As an exercise, the reader can easily show that it is
superfluous to use covariant derivatives in the definition of Fµν , since ∇µAν − ∇νAµ =
∂µAν − ∂νAµ.

Finally, for a perfect fluid,

Tµν = (ε+ p)uµuν + pgµν , (5.27)

where ε and p are the energy density and the pressure of the fluid measured in a LIF co-
moving with the fluid, and uµ is the (dimensionless) four-velocity of a fluid element. This
case will be discussed in detail in Chapter 16.
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Box 5-B

~Transformation rules for δ4 ~(ξ − ξn(τn))

In a four-dimensional spacetime the volume element which is invariant under a
generic coordinate transformation xα = xα(xα′) is

√
−g d4x, i.e.

√
−g d4x =

√
−g′ d4x′ . (5.28)

Indeed,
d4x = |J | d4x′ , (5.29)

where J = det
(
∂xα the coordinate
∂xβ′

since

)
is the Jacobian associated to transformation.

Furthermore,
∂xµ ∂xν

gα′β′ = g , (5.30)
∂xα′ ∂xβ′

µν

the determinant of both members gives

2

√
−g′

g′ = J g and therefore |J | = √ , (5.31)
−g

which, replaced in Eq. 5.29, gives Eq. 5.28. Thus, if {ξα} is a Minkowskian frame,
and {xα′} is a generic frame, Eq. 5.29 gives

d4ξ = . (5.32)

Let δ-function in

√
−g′ d4x′

us now consider the Minkowski’s spacetime; by definition (see
~Eq. 5.19), for every function f(ξ), we have∫

4 ~ ~ ~ ~d ξ f(ξ)δ4(ξ − ξn) = f(ξn) , (5.33)

and, in a generic frame {xα′} ,∫
d4x′ f(~x′)δ4(~x′ − ~xn′ ) = f(~x′n) . (5.34)

Let us now perform a coordinate transformation ξα → xα′, with xα′ = xα′(ξµ),
˜ ~and define f ξ) = f(~x′ ~( (ξ)); multiplying and dividing Eq. 5.34 by

√
−g′, we find∫ √ ) 4(~− ′ 4 δ4(~x′ ~x′ δ x′ ~x′ )′ ˜ ~ ˜ ~g d x f(~x′)

−√ n =

∫
f(ξ)

−√ n d4ξ = f(ξn) , (5.35)
−g′ −g′

which is valid for every function f . Comparing Eqs. 5.33 and 5.35 we finally find

δ4
4 (~x′ ~x′ )~δ ξ − ~( ξn) =

−√ n . (5.36)
−g′

Note that the Dirac δ-function does not transform as a scalar.
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Box 5-C

Physical meaning of the stress-energy tensor components

In order to understand the physical meaning of the components of the stress-energy ten-
sor, we shall consider again, as an example, the case of a gas of non-interacting particles.
However, the results hold for any physical system. In flat space (and in Minkowskian
coordinates) the components of the stress-energy tensor can be interpreted as follows.

• T 00 = energy density.
Indeed (see Eq. 5.6)

T 00 =
∑

Enδ
3(ξξξ − ξξξn(t)) . (5.37)

n

In the non-relativistic limit v � c, E ' m c2n n , and the energy density becomes
T 00 = ρc2, where ρ is the matter density :

ρ =
∑

mnδ
3(ξξξ − ξξξn(t)) . (5.38)

n

• 1T 0i = density of momentum; cT 0i = energy current.
c

Indeed (see Eq. 5.8)
1
T 0i =

∑
pinδ

3(ξξξ
c

− ξξξn(t)) , (5.39)
n

and since pi = mγvi = Evi/c2, we can also write

cT 0i =
∑

Env
iδ3(ξξξ

n

− ξξξn(t)) , (5.40)

which is the energy flowing per unit time across the unit surface orthogonal to the
axis ξi.

• T ij = momentum current.
Indeed (see Eq. 5.9)

T ij ≡ pi vj 3
n nδ (ξξξ − ξξξn(t)) (5.41)

n

is the (i-th component of the) momen

∑
tum flowing per unit time across the unit

surface orthogonal to the axis xj .

In curved spacetime, we can always define a LIF, where – due to the Equivalence Princi-
ple – the components of the stress-energy tensor have the same interpretation as in flat
space. In this frame, then, T 00 is the energy density, 1T 01 is the momentum density, cT 0i

c

is the energy current, and T ij is the momentum current.
In a general coordinate frame, the energy density as measured by an observer with four-
velocity ~u, ε(u~), is

ε(u~) = T uµuνµν . (5.42)

Indeed, ε(u~) is a scalar quantity (the contraction of a ( 0
2 ) tensor with two vectors) and

has the same form in any coordinate frame. In a LIF where the observer is at rest, its
four-velocity has components uµ = (1, 0, 0, 0), and Eq. 5.42 gives ε(u~) = T00, which is the
energy density in this frame.
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5.3 DOES Tαβ SATISFY A CONSERVATION LAW?
Let us consider, as an example, the expression of the stress-energy tensor for a system of
non-interacting particles (Eq. 5.10) in flat spacetime, and take the space-divergence 1 of the
(αi)-components, i.e.

∂Tαi ∑ i
α dξn(t) ∂

= pn(t) δ3(ξξξ − ξξξn(t)) , (5.43)
∂ξi dt ∂ξi

n

where α = 0, . . . , 3 and i = 1, . . . , 3. Since

∂
δ3 ∂

(ξξξ ξξξn(t)) = δ3(ξξξ ξξξn(t)) , (5.44)
∂ξi

− −
∂ξin

−

Eq. 5.43 becomes

∂Tαi dξi (t) ∂
=

∂ξi
−
∑

pα( ) n
n t δ3(ξξξ

dt ∂ξinn

− ξξξn(t)) (5.45)

∂
= −

∑
pαn(t) δ3(ξξξ − ξξξn(t)) .

∂t
n

Let us now differentiate the component Tα0 with respect to ξ0 = ct:

∂Tα0

=
∑ dpαn(t) ∂

δ3(ξξξ − ξξξn(t)) + pα(t) δ3(ξξξ ξξξn(t)) . (5.46)
∂ξ0 dt

n

∑
n ∂t

n

−

Since
dpαn(t) dpα τ

= n( ) dτ dτ
= fαn , (5.47)

dt dτ dt dt

where fαn is the four-force, the first term in Eq. 5.46 is a density of force.
If the system of particles is isolated, the total four-force is zero and the first term in

Eq. 5.46 vanishes. Therefore, adding Eq. 5.45 and Eq. 5.46 we find

∂Tαβ
= 0 , α, β = 0, . . . , 3 . (5.48)

∂ξβ

This equation states that the ordinary four-divergence of the stress-energy tensor of an
isolated system vanishes in flat spacetime. Although this result has been derived for a gas
of non-interacting particles, it can be shown that it holds for any distribution of matter and
fields.

We shall now show that this equation leads to the conservation of the energy and mo-
mentum of the considered system.

Let us consider the α = 0 components of Eq. 5.48, and move the terms with space
derivatives to the right-hand side,

∂T 00 ∂T 0k

=
ξ0

− , k = 1, . . . , 3 . (5.49)
∂ ∂ξk

We can integrate this equation over a volume V which extends over all space; the integration
is performed at a fixed time, i.e. on a hypersurface ξ0 = const

∂
∫ ∫

∂T 0k

T 00d3ξ =
ξ0

− d3ξ . (5.50)
∂ ∂ξkV V

αi α1 α2 α31We remind that ∂T
∂ξi

= ∂T + ∂T + ∂T .
∂ξ1 ∂ξ2 ∂ξ3
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Box 5-D

Gauss’ theorem

Given a three-vector A, the integral over a volume V of the three-divergence of A
is equal to the flux of A across the boundary of V , ∂V , i.e.∫

V

∇ ·A d3ξ =

∫
A

V

· n dS , (5.51)
∂

where n is the unit vector orthogonal to the surface element dS.

Since ∇ ·A = ∂Ai

∂ξi , i = 1, . . . , 3 and

A · n dS = δ ni k
ik A dS = AknkdS , (5.52)

by putting dSk = nkdS, Eq. 5.51 becomes∫
∂Ai

d3ξ =

∫
AkdSk . (5.53)

V ∂ξi ∂V

Using Gauss’ theorem (see Box 5-D), we can write Eq. 5.50 as

∂
∫

T 00d3ξ =
∂ξ0

V

−
∫

T 0kdSk . (5.54)
∂V

Note that cT 0k is the energy which flows across the unit surface orthogonal to ξk (see Box 5-
C); if we assume that the system is isolated (i.e. no energy and momentum flows across the
surface ∂V which encloses the whole space) then cT 0k vanishes on ∂V , and Eq. 5.54 gives

∂
∫

T 00d3ξ = 0 →
∫

T 00d3ξ = const , (5.55)
∂ξ0

V V

which, since T 00 is the energy density of the system, expresses the energy conservation law
of an isolated system.

A similar procedure can be used to find the conservation law of the total momentum;
by putting α = i = 1, . . . , 3 in Eq. 5.48 we find

∂
∫

T ik
T i0d3ξ = −

∫
∂

d3ξ = T
∂ξ0

V V ∂ξk
−
∫

ikdSk , (5.56)
∂V

and, assuming that the momentum currents T ik vanish at infinity,

∂
∫

T i0d3ξ = 0 →
∫

T i0d3ξ = const . (5.57)
∂ξ0

V V

Since 1T i0 is the density of momentum (see Box 5-C), Eq. 5.57 shows that the total momen-c
tum of an isolated system is conserved. In conclusion, in Special Relativity we can define
the four-vector

Pα =

∫
Tα0dV, α = 0, . . . , 3 , (5.58)

V

which, as a consequence of the divergence-free equation Eq. 5.48 satisfied by the stress-
energy tensor, is conserved for isolated systems. The components P 0 and P i are, respectively,
the energy and the total momentum of the system.
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The above derivation has been carried out in the framework of Special Relativity. We
now need to show how this can be generalized to curved spacetimes. To this purpose, in Box
5-E we introduce the Principle of General Covariance which, together with the Equivalence
Principle, lays at the foundations of the theory of General Relativity.

Box 5-E

Principle of General Covariance

When a physical law is preserved in form under an arbitrary coordinate transfor-
mation, we say that it is generally covariant.
The principle of General Covariance states that a physical law is true if:

1. it is true in the absence of gravity, i.e. if it reduces to the laws of Special
Relativity when gµν → ηµν and Γαµν vanish;

2. it is generally covariant. This implies that all equations must be expressed in
a tensorial form. Indeed, let us consider a law of physics written in a tensorial
form, e.g.

Aµνρ = Bµνρ . (5.59)

Upon a coordinate transformation, the above equation becomes

µ′ ν′ ρ′ µ′ ν′ ′
Aµ′ν′ρ′Λµ Λν Λρ = Bµ′ν′ρ′Λµ Λν Λρρ , (5.60)

which can be rearranged as

(Aµ′ν′ρ′ − µ′ ν′B ρ′
µ′ν′ρ′)Λµ Λν Λρ → Aµ′ν′ρ′ = Bµ′ν′ρ′ . (5.61)

Therefore, the law 5.59 has the same form in any coordinate frame. This
proof can be repeated for tensorial equations of any rank.

Thus, according to the Principle of General Covariance, if a tensor equation is true
in the absence of gravity, then it is true in the presence of an arbitrary gravitational
field.

Since the divergence-free equation 5.48, Tαβ,β = 0, is valid in Special Relativity, i.e. in
the absence of gravity, according to the Equivalence Principle it holds in a LIF in curved
spacetime. In this frame, the covariant and ordinary derivatives coincide, therefore Eq. 5.48
can be written in the alternative form

Tαβ ;β = 0. (5.62)

Since Eq. 5.62 is a tensor equation, according to the Principle of General Covariance it
holds not only in the LIF, but also in any other frame. Thus, the generalization of Eq. 5.48
in curved spacetime is Eq. 5.62, which establishes that the covariant divergence of the
stress-energy tensor vanishes.

Box 5-E
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5.4 IS Tαβ ;β = 0 A CONSERVATION LAW?
To answer this question we need to compute the covariant divergence of Tαβ . From the
expression of the affine connection in terms of the metric we find

µ 1 ∂gρλ ∂gρµ ∂g
Γλµ = gµρ

(
+

2 ∂xµ ∂xλ
− λµ

∂xρ

)
. (5.63)

The first and the third terms cancel each other out due to the symmetry of gαβ ; therefore

µ 1 ∂gρµ
Γλµ = gµρ . (5.64)

2 ∂xλ

Given an arbitrary square matrix M , the following equality holds

∂
T

[
M−1 ∂

r (x) M(x) =
∂ λ

]
ln

x ∂xλ

Using this equation, the right-hand side of Eq. 5.64 can

(∣∣detM(x)
∣∣) . (5.65)

be written as

µ 1 ∂ 1 ∂
Γλµ = ln(

√
−g) = √ −g , (5.66)

2 ∂xλ −g ∂xλ

where we have defined g as the determinant of the matrix with components gµν , and taken
~into account the fact that g < 0. Thus for example, given a vector V

1 ∂
V λ = V λ + Γλ V α = √

(√
−gV λ;λ ,λ αλ −g ∂xλ

)
. (5.67)

Likewise, for a tensor F

Fµν
1 ∂ µν ν µλ

;µ = (
√

√ gF ) + Γ F . (5.68)
−g ∂xµ

− λµ

In particular, if Fµν is antisymmetric, the last term in Eq. 5.68 vanishes due to the symmetry
of Γνλµ in the lower indices, and

µν 1 ∂
F = √ (

√
−gFµν;µ ). (5.69)

−g ∂xµ

Using Eq. 5.68, Eq. 5.62 gives

∂
(
√

T
∂

−g µν) =
√

xµ
− −gΓνλµT

µλ , (5.70)

which shows that Eq. 5.62 cannot be reduced to the vanishing of an ordinary four-divergence.
Consequently, when integrated over the whole spacetime, as we did in Sec. 5.3, this equation
does not lead to conserved quantities.

In analogy with what one does in Special Relativity, we may still define a four-vector

Pα =

∫ √
−gTα0dV, α = 0, . . . , 3 , (5.71)

V

but this is not a conserved quantity. The physical reason for this failure is that in General
Relativity, the conservation of energy and momentum must also include the contribution
of the energy and momentum carried by the gravitational field itself. How to include these
contributions will be explained in Chapter 13.
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The Einstein equations

We now have all the tools needed to derive the equations governing the dynamics of the
gravitational field. We expect such equations to be more complicated than the linear equa-
tions of the electromagnetic field. For example, electromagnetic waves are produced as a
consequence of the motion of charged particles, but the energy and the momentum they
carry are not a source of the electromagnetic field itself, and their contribution does not
appear on the right-hand side of Maxwell’s equations. For the gravitational interaction the
situation is different. The famous equation

E = mc2 (6.1)

establishes that mass and energy can transform one into another: they are different man-
ifestations of the same physical quantity. It follows that if the mass is a source of the
gravitational field, so must be the energy, and consequently both mass and energy should
contribute to the right-hand side of the field equations. This implies that the equations we
are looking for have to be non-linear. For instance, a system of arbitrarily moving masses
radiates gravitational waves which carry energy, which, in turn, is source of the gravitational
field 1. In addition, the Principle of General Covariance (see Box 5-E) states that the laws
of physics must be generally covariant, i.e. their form must be invariant under a general
coordinate transformation; this implies that the equations governing the gravitational field
must be tensor equations.

As discussed in Chapter 5, the stress-energy tensor describes the matter and energy
distribution, and since the latter are the source of the gravitational field we expect the
stress-energy tensor to appear on the right-hand side of the tensor equations we are looking
for.

Finally, since Newtonian gravity works remarkably well for non-relativistic systems, or
in general when the gravitational field is weak, in formulating the new theory we shall
require that in the weak-field limit the new equations reduce to Poisson’s equation for the
Newtonian potential Φ, namely

∇2Φ = 4πGρ , (6.2)

where ρ is the matter density, and ∇2 is Laplace’s operator in flat space which, in Cartesian
coordinates, is (see Box 3-E)

∇2 ∂2 ∂2 ∂2

= + + . (6.3)
∂x2 ∂y2 ∂z2

Following these prescriptions, we shall start by showing how the new equations of gravity
look like in the weak-field, stationary limit.

1John Archibal Wheeler had aptly put this property as “Spacetime tells matter how to move, matter
tells spacetime how to curve.”
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6.1 GEODESIC EQUATIONS IN THE WEAK-FIELD, STATIONARY LIMIT
Consider a non-relativistic particle moving in a weak and stationary gravitational field. Let
τ/c be the proper time of the particle. Since v � c, it follows that

dxi dxi dt dx0

� c → � c = ; (6.4)
dt dτ dτ dτ

consequently, in this limit the geodesic equations become

d2xµ µ
µ dxα dxβ

2
d2x µ dt

+ Γαβ = 0 → + Γ =
2 dτ dτ dτ2 00

(
c

dτ dτ

)
0 . (6.5)

From the expressions of the affine connection in terms of gµν given in Eq. 3.68, we easily
find

µ 1
Γ00 = gµσ (2g0σ,0 − g00,σ) . (6.6)

2
In addition, since the field is stationary g0σ,0 = 0, and the above expression simplifies to

µ 1 ∂g00
Γ00 = − gµσ . (6.7)

2 ∂xσ

Since we have assumed that the gravitational field is weak, we can choose a coordinate
system such that

gµν = ηµν + hµν , |hµν | � 1 , (6.8)

where hµν is a small perturbation of the flat metric. In other words, we are assuming that
the field is so weak that the metric is nearly flat. Any quantity depending on the metric
can be expanded in powers of hµν ; in such expansion, we shall denote the n-th order in hµν
as O(hn). In the following we shall retain only first-order terms in hµν , i.e. we shall neglect
terms of order O(h2). On this assumption the inverse metric is

gµν = ηµν − hµν +O(h2) . (6.9)

Indeed, with this definition,

gµνgνα = (ηµν − hµν)(ηνα + hνα) = δµ 2
α +O(h ) . (6.10)

Consequently, we shall raise and lower indices of quantities of order O(h) with the flat
metric ηµν . Indeed

hλν = gλρhρν = (ηµν − hµν)h λρ 2
ρν = η hρν +O(h ) . (6.11)

Thus, neglecting O(h2) terms, Eq. 6.7 gives

µ 1 µσ ∂hΓ00 = − 00
η , (6.12)

2 ∂xσ

and the geodesic equations become

d2 2
xµ 1

= ηµα
∂h00

(
dt
c

)
, (6.13)

dτ2 2 ∂xα dτ

or, splitting the time- and the space-components,

d2 2
ct 1 ∂h dt

=
dτ2

− 00
c

2 ∂ct

(
dτ

)
(6.14)

d2x 1
=

dτ2 2
∇∇∇h00

(
dt
c
dτ

)2

, (6.15)
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where

∇∇∇ ≡
(
∂ ∂ ∂
, ,

∂x ∂y ∂z

)
(6.16)

is the gradient operator in Cartesian coordinates. Since we have assumed that the field is
stationary (∂h00 = 0), the right-hand side of Eq. 6.14 vanishes and c dt/dτ = const. If we∂t

rescale the time coordinate in such a way that c dt = 1, Eq. 6.15 becomesdτ

d2x 1
= ∇∇∇h00 . (6.17)

dτ2 2

Remeber that the corresponding Newtonian equation is

d2x
= Φ , (6.18)

dt2
−∇∇∇

where Φ is the gravitational potential, solution of the Poisson equation 6.2. By comparing
Eqs. 6.17 and 6.18, and since τ = ct, we find that the requirement that the geodesic equations
reduce to the Newtonian equations yields:

Φ Φ
h00 = −2 + const , and g00 =

c2
−(1 + 2 ) . (6.19)

c2

Thus, Eq. 6.19 establishes a relation between the 00-component of the metric tensor and
the Newtonian potential.

This remarkable property gives us a hint on the form that the full field equations should
have. Indeed, by applying the Laplace operator to the expression of g00 given in Eq. 6.19
and using the Poisson equation 6.2, we find

∇2 2 8π
g00 = − ∇2 G

Φ = ρ
c2

− . (6.20)
c2

Moreover, since we are considering non-relativistic particles, the matter distribution is de-
scribed by the 00-component of the stress-energy tensor, i.e. T 00 = T00 ∼ ρc2 (see Box 5-C);
consequently Eq. 6.20 becomes

∇2 8πG
g00 = − T00 . (6.21)

c4

As discussed in the previous section, the Principle of General Covariance imposes that the
equations of the gravitational field must be written in a tensorial form. Thus, Eq. 6.21 has to
be the weak-field, stationary limit of the 00-component of a tensor equation. This suggests
that we should construct a rank-two tensor Gµν starting from gµν and its derivatives, such
that the field equations are

8πG
Gµν = Tµν , (6.22)

c4

and that, in the weak-field limit and for a stationary field, the 00-component of these
equations reduces to Eq. 6.21 which implies that, in this limit and neglecting O(h2) terms,

G00 = −∇2g00 . (6.23)

Equation 6.22 has to apply to the general case of a gravitational field generated by an
arbitrary distribution of energy and matter. Furthermore, since it is a tensor equation, it
holds in any reference frame.
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6.2 EINSTEIN’S FIELD EQUATIONS
We shall here construct the rank-two tensor Gµν appearing in Eq. 6.22. To this aim we
shall discuss and implement some reasonable properties of this tensor; we will also make
use of the weak-field, stationary limit given in Eq. 6.23. This heuristic derivation follows
the original derivation by Einstein in 1918 [44]. Einstein’s equations were also obtained,
independently, by Hilbert (see footnote 3) using the variational approach which will be
discussed in Chapter 7.

Let us first discuss the differential structure of Gµν in terms of derivatives of gµν . Since
in the weak-field, stationary limit G00 → −∇2g00, we expect Gµν to depend at most on the
second derivatives of gµν . A further motivation to exclude a dependence on higher-order
derivatives comes from the theory of partial differential equations, which shows that field
equations of third or higher order generally lead to instabilities (indeed, all known theories
of fundamental interactions are described by field equations of order no higher than two).
This point will be further discussed in Box 7-D.

The tensor Gµν is the geometric object which describes the gravitational field, therefore
it should depend only on the metric tensor and its derivatives. Moreover, it is reasonable to
assume that it does not contain any other dimensionful quantity. Since gµν is dimensionless
and Gµν has the dimensions of the inverse of a squared length (see Eq. 6.23), Gµν has to be
linear in the second derivatives of the metric, and quadratic in the first derivatives. Indeed,
suppose that Gµν contains terms of the following schematic type

∂gµν ∂gαβ ∂gγδ ∂2gµν ∂gµν ∂gαβ ∂gµν
, , , , gµν . (6.24)

∂xρ ∂xσ ∂xτ ∂x2
σ ∂xρ ∂xσ ∂xρ

In order to be dimensionally homogeneous, each term should be multiplied by a constant
having the dimensions of a suitable power of a length, e.g.

∂gµν ∂gαβ ∂gγδ ∂2gµν ∂gµν ∂gαβ ∂gµν 1 1
l , , , , gµν ; (6.25)

∂x ∂x 2 2
ρ σ ∂xτ ∂xσ ∂xρ ∂xσ ∂xρ l l

since we require that Gµν does not depend on any dimensionful constant, only terms like
∂2gµν ∂g

and µν ∂gαβ
∂x2 are allowed.
σ ∂xρ ∂xσ

Let us summarize the assumptions that we need to make on Gµν on the basis of Eqs. 6.22
and 6.23, and of the discussion above:

1. Gµν must be a tensor and, as Tµν , must be symmetric; moreover, in the weak-field,
stationary limit it must reduce to Eq. 6.23, i.e.

G00 ∼ −∇2g00 . (6.26)

2. It must be linear in the second derivatives of gµν , it can contain terms quadratic in
the first derivatives, and no linear terms in gµν should be included.

3. Since Tµν satisfies the divergenceless equation Tµν ;µ = 0, Gµν must satisfy the same
equation

Gµν ;ν = 0 . (6.27)

As discussed below, there exists a theorem, due to Lovelock, which guarantees that, under
the above assumptions, Gµν is in fact unique.

In Chapter 4 we introduced the Riemann tensor and we showed that it carries the
information on the curvature of the spacetime. It has the differential structure which we
require for the tensor Gµν , i.e. it is linear in the second derivatives of gµν , is quadratic in
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the first derivatives, and contains no linear terms in gµν . Therefore, the Riemann tensor is a
good starting candidate for the left-hand side of the gravitational field equations. However,
it is a tensor of rank four, whereas the stress-energy tensor is of rank two.

As discussed in Chapter 4, by contracting the Riemann tensor with the metric we can
construct the Ricci tensor (Eq. 4.19)

R αβ α
µν = g Rαµβν = R µαν , (6.28)

which is a symmetric tensor, and the scalar curvature (Eq. 4.20)

R = gαβRαβ = Rαα . (6.29)

It can be shown, by using the symmetries of the Riemann tensor, that Rµν and R are the
only second-rank tensors and scalars that can be constructed by contraction of Rαµβν with
the metric tensor. Moreover, both Rµν and R have the same differential structure of Rαµβν .
This suggests to write Gµν as a linear combination of Rµν and R

Gµν = ARµν +BgµνR , (6.30)

where A and B are constants to be determined. The tensor Gµν is symmetric, as required by
the condition 1 in the above list, and has the differential structure imposed by condition 2.
Furthermore, condition 3 requires that

Gµν ;ν = A

(
Rµν

B
+ gµνR

)
= 0 . (6.31)

A ;ν

In order to find whether Eq. 6.31 can be satisfied, we shall use the Bianchi identities (see
Sec. 4.4)

Rλµνβ;η +Rλµην;β +Rλµβη;ν = 0 . (6.32)

By contracting these equations with gλν , and recalling that the covariant derivative of the
metric tensor vanishes, we find

gλν (Rλµνβ;η +Rλµην;β +R λν λν
λµβη;ν) = g (Rλµνβ;η −Rλµνη;β) + g Rλµβη;ν

= Rµβ;η −R λν
µη;β + g Rλµβη;ν = 0 . (6.33)

Contracting once more,

gµβ (R −R ) + gλνgµβR β ν
µβ;η µη;β λµβη;ν = R;η −R η;β −R η;ν = 0 . (6.34)

Contracting with gηα, the last expression can be rewritten in the following form

Rβα
1

;β − gηαR;η = 0 ,
2

which, relabeling the indices, becomes(
Rαβ

1− gαβR
2

)
= 0 . (6.35)

;β

Therefore, the Bianchi identities imply that, if

B 1
=

A
− , (6.36)

2

the equation
Gµν ;ν = 0 (6.37)
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is identically satisfied. Thus,

Gµν = A

(
1

Rµν − gµνR .
2

)
(6.38)

We remark that Eq. 6.37 is an identity: any gµν has to satisfy this equation, even if it does
not satisfy Einstein’s equations (in the language of particle physics, it can be said that
Eq. 6.37 is satisfied “off shell”).

We still have to find A. To this aim we will use the condition 1 of the above list, which
imposes that in the limit of weak, stationary field

G00 = A

(
1

R00 − g 2
00R

2

)
∼ −∇ g00 . (6.39)

Since the field is weak, as in Sec. 6.1 we shall assume that gµν = ηµν + hµν , with |hµν | � 1
and that gµν = ηµν − hµν +O(h2). Under these conditions, the Christoffel symbols become

Γαµν = ηασ (hσµ,ν + h 2
σν,µ − hµν,σ) +O(h ) . (6.40)

The expression of the Ricci tensor is (Eq. 4.54)

R = Rα = Γα − Γα − Γα Γσ σ
σ + α

µν µαν µν,α µα,ν ν µα ΓσαΓµν , (6.41)

and from Eq. 6.40 it follows that the terms which contain products of Γ’s in Eq. 6.41 are
of order O(h2), and can be neglected. Thus, in the weak field limit only the terms linear in
the second derivatives of the metric tensor survive, and the Ricci tensor can be written as

1
R = ηαρµν (hµα,ρν + hρν,µα − hµν,ρα − hρα,µν) +O(h2) . (6.42)

2

The 00 component of Rµν therefore is

1
R = ηαρ00 (2h 2

0α,0ρ − h00,ρα − hρα,00) +O(h ) . (6.43)
2

To hereafter we shall omit the term O(h2) for simplicity. If the field is stationary, the time
derivatives of the metric tensor vanish, and Eq. 6.43 becomes

1
R00 = − ηij

1
h00,ij = − ∇2g00 i, j = 1, 2, 3 . (6.44)

2 2

In order to compute G00 we still need to compute R. In the weak-field limit 2

|Tij | � |T00| . (6.47)

We shall now compute the trace of Tµν , which is found by contracting the stress-energy
tensor with the metric tensor, i.e.

T = gµνT µν ij
µν ' η Tµν = −T00 + δ Tij ' −T00 . (6.48)

2Consider for example the system on non-interacting, massive particles discussed in Chapter 5. Let ρ be
the mass density,

ρ =
∑

mnδ
3(r rn) , (6.45)

n

−

where rn indicates the position of the n-th particle; in the weak-field limit the stress-energy tensor given in
Eq. 5.10 can be written as

dxµ dxν
Tµν = ρc2 . (6.46)

dτ dτ
i

Since dx �
0dx with i = 1, 2, 3 (see Eq. 6.4), the dominant term in Tµν is T 00.

dτ dτ
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In this equation we have assumed that the stress-energy tensor, which is the source of the
gravitational field, is of order h, consistently with the weak-field assumption. This will be
discussed in more detail in Chapter 12. By taking the trace of the equation Gµν = 8πG

c4 Tµν ,
we get

gµνA

(
1 8 G

Rµν − gµνR

)
πG 8π

= T → −AR = T . (6.49)
2 c4 c4

In Eq. 6.49 we have used the property

gµνgµν = 4 , (6.50)

which can easily be proved in a LIF, where gµν = ηµν . Since gµνgµν is a scalar quantity its
value is the same in any frame. Alternatively, Eq. 6.50 can be proved by taking the trace
of Eq. 2.238, gµνg µ

να = δ α.
Using Eq. 6.48, Eq. 6.49 yields

8πG−AR = − T00 , (6.51)
c4

and since the right-hand side of this equation is −G00 we find

−AR = −A
(

1
R00 − η00R

2

)
→ R = 2R00 . (6.52)

Using this relation and Eq. 6.44 we can finally compute G00

1
G00 = A

(
R00 − η 2

00R

)
= 2AR00 → G00 = −A

2
∇ g00 . (6.53)

Comparing this equation with Eq. 6.26, we find that the relativistic field equations reduce,
in the weak-field, stationary limit, to the Newtonian equations if

A = 1 . (6.54)

Thus, in conclusion, Einstein’s equations are 3

8πG
Gµν = Tµν , (6.55)

c4

where
1

Gµν = Rµν − gµνR (6.56)
2

is called the Einstein tensor.
Einstein’s equations can also be written in an alternative form. By taking the trace of

Eq. 6.55
8πG

R = − T , (6.57)
c4

and replacing this expression in the Einstein tensor, Eq. 6.55 becomes

8πG 1
Rµν =

(
Tµν g

c4
− µνT

2

)
. (6.58)

3Although we call these equations the Einstein equations, they were derived independently by Hilbert
in the same year using a variational approach (see Chapter 7). However, Einstein showed the implications
of these equations for the theory of the solar system, and in particular he showed that the precession of the
perihelion of Mercury has a relativistic origin (see Chapter 11). This led to the acceptance of the theory,
and since then the equations have been called the Einstein equations.
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In vacuum Tµν = 0, and Eqs. 6.55 and 6.58 provide two equivalent forms of the Einstein
equations

Gµν = 0 , Rµν = 0 . (6.59)

These equations are equivalent because in vacuum R = 0 (see Eq. 6.57), and the Einstein
and the Ricci tensors coincide. Therefore, in vacuum the Ricci scalar, the Ricci tensor, and
the Einstein tensor all vanish, but the Riemann tensor does not, unless the gravitational
field vanishes or is constant and uniform.

The above heuristic derivation of Einstein’s equations might seem “ad hoc” and one
might wonder whether there are other geometrical quantities that can be used in place of
the Einstein tensor on the left-hand side of Eq. 6.55. A remarkable theorem, due to Lovelock
(1972), proves that the above expression of the Einstein tensor is unique. Lovelock’s theorem
can be stated as follows

In four spacetime dimensions the only divergence-free, symmetric, rank-2 tensor
constructed solely from the metric gµν and its derivatives up to second differential
order, and preserving coordinate invariance, is the Einstein tensor plus a term
proportional to gµν .

In other words, Lovelock’s theorem shows that General Relativity emerges as the unique
theory of gravity under the above assumptions 4.

Box 6-A

The cosmological constant

As proved by Lovelock’s theorem, one may add to the Einstein tensor given in Eq. 6.56
a term proportional to gµν , such that Einstein’s equations would become

1 8πG
Rµν − gµνR+ Λgµν = Tµν , (6.60)

2 c4

where Λ is a constant. With this term Gµν violates the condition 2 in the list of
constraints that the Einstein tensor must satisfy; in addition Eq. 6.60 does not reduce
to Newton’s equations in the weak-field, stationary limit, as required by Eq. 6.26, unless
Λ is extremely small. Such term is related to the cosmological constant, introduced
by Einstein himself, and plays a crucial role in cosmology. In 1998 two independent
experiments, using the observations of distant supernovae, discovered that the Universe
is expanding at an increasing rate. This result (that was awarded the Nobel Prize in
Physics in 2011) can be explained by a positive cosmological constant. The current
measured value is Λ ≈ 1.11× 10−56 cm−2. The value of the cosmological constant is so
small that it plays a role only on cosmological scales, whereas it can be safely neglected
at astrophysical scales and in the study of compact objects. We shall therefore neglect
such a term in the rest of the book. For an introduction on the cosmological implications
of Einstein’s equations, we refer to other monographs, e.g. [29].

4Although beyond the scope of this book, we would like to mention that Lovelock’s theorem also provides
a basis for possible modifications and extensions of general relativity, which can be defined by relaxing some
of the assumptions of the theorem (for an overview, see [21]).

Box 6-A
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6.3 GAUGE INVARIANCE OF EINSTEIN’S EQUATIONS
Since the tensor Gµν is symmetric, it has ten independent components. Therefore, Einstein’s
equations provide ten partial differential equations for the ten independent components of
gµν . However, these equations are not independent; indeed, as shown in the previous section,
the Bianchi identities imply that Gµν ;ν = 0, providing four additional conditions that the
Einstein tensor must satisfy. Thus, the number of independent equations reduces to six.
At first, this might seem a problem, since we now have six independent equations and ten
unknown functions. However, it turns out that four of the components of the metric tensor
are not physical, due to the invariance of the theory under coordinate transformations. In
order to show this crucial point, let gµν be a solution of Einstein’s equations. If we make
a generic coordinate transformation, xµ′ = xµ′(xα), the “transformed” tensor gµν

′ = gµ′ν′
must still be a solution, as established by the Principle of General Covariance. This also
means that gµν and gµν

′ represent the same physical solution (i.e., the same geometry)
seen in different reference frames. The coordinate transformation involves four arbitrary
functions xµ′(xα); therefore the four non-physical degrees of freedom arise from the freedom
of choosing the coordinate system, and disappear when we fix it. For example, we may choose
a frame where four out of the ten components of gµν are identically zero; or, we may choose
a frame in which four relations among the ten components are assigned, making only six of
them really independent. In other words, Einstein’s equations do not determine the solution
gµν in a unique way, but only up to an arbitrary coordinate transformation.

A similar situation arises in the case of Maxwell’s equations which, in terms of the vector
potential Aµ, are

∂2Aβ 4π
�FAα − =

∂xα∂xβ
− Jα , (6.61)
c

where
∂2

� = − +∇2 αβ ∂ ∂
F = η (6.62)

c2∂t2 ∂xα ∂xβ

is the d’Alembertian operator in flat spacetime. These are four equations for the four com-
ponents of Aµ. However, these equations are not independent, because the conservation
law

Jµ,µ = 0 (6.63)

implies the constraint
∂
(

∂2Aβ
(6.64)

µ
�FA

µ − ηµα
x ∂xα∂xβ

)
= 0 .

∂

This equation, which is an identity valid “off-shell”, plays the same role as the Bianchi
identities in our context. Since the number of independent Maxwell equations is three,
the vector potential Aα cannot be determined uniquely. This implies the existence of a
non-physical degree of freedom, which corresponds to the gauge invariance of Maxwell’s
equations. Indeed, if Aα is a solution then, for an arbitrary scalar function Φ,

∂Φ
Aα
′ = Aα + , (6.65)

∂xα

is also a solution. This can be directly checked upon substitution in Maxwell’s equations,

∂ ∂2A′β ∂2 ∂Φ 4π
�FAα

′ − �FΦ− + ηβδ =
∂xα ∂xα∂xβ ∂xα∂xβ ∂xδ

− Jα , (6.66)
c

and since the second and the last term on the left-hand side cancel, we obtain

∂2A′β 4π
�FA

′
α − = (6.67)

∂x ∂xβ
− Jα .α c
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Since Φ is arbitrary, we can choose it to simplify the final form of the equations. For example
by imposing the so-called Lorenz gauge:

∂
A′β = 0 . (6.68)

∂xβ

With this gauge choice, Eq. 6.67 becomes

4π
�FA

′
α = − Jα . (6.69)

c

To summarize, in the electromagnetic case the extra degree of freedom of Aµ is due to the
fact that the vector potential is defined up to an arbitrary scalar function Φ. In our case the
four extra degrees of freedom of the metric tensor are due to the fact that gµν is defined up
to a coordinate transformation that involves four scalar functions. This gauge freedom is
particularly useful when one is looking for solutions of Einstein’s equations, or in the study
of gravitational waves, as we shall discuss in Chapter 12.

6.4 THE HARMONIC GAUGE
As discussed above for Maxwell’s equations, the gauge invariance of Einstein’s equations
can be used to simplify them. A notable gauge choice is defined by the condition

Γλ ≡ gµνΓλµν = 0 . (6.70)

This is called harmonic gauge. As we shall see in Chapter 12, this gauge is of particular
interest in the study of gravitational waves, because it simplifies the equations which govern
their propagation in a way similar to that of Maxwell’s equations in the Lorenz gauge. We
shall now show that it is always possible to choose this gauge. Given a generic coordinate
transformation, the affine connection Γαβγ transforms as (see Eq. 3.43)

∂xλ′
Γλ

∂xτ ∂xσ ∂xλ′ ∂2xσ

µ
′
′ν = Γρ + . (6.71)′ ∂xρ ∂xµ′ ∂xν′ τσ ∂xσ ∂xµ′∂xν′

When contracted with gµ′ν′, this equation gives

λ ∂xλ′ ρ µ ν ∂x
λ′ ∂2xσ

Γ ′ = Γ + g ′ ′ . (6.72)
∂xρ ∂xσ ∂xµ′∂xν′

The last term can be written in the following form

µ xλν ∂
′ ∂

(
∂xσ

) (
x ∂ σ

ν

[
∂ ∂ λ′ x

)
∂ σ ∂2

µ x xλ′
g ′ ′ = g ′ ′

∂xσ ∂xµ′ ∂xν′ ∂xµ′ ∂xσ ∂xν′
−
∂xν′ ∂xµ′∂xσ

∂ ∂xσ ∂xρ ∂2xλ

]
′

= gµ′ν′
[

δλ′
∂xµ′ ν′ − , (6.73)

∂xν′ ∂xµ′ ∂xρ∂xσ

]
from which we find

Γλ
∂xλ′ ′

′ = Γρ
∂2xλ

∂xρ
− gρσ . (6.74)

∂xρ∂xσ

If Γρ is non-zero, we can always find a frame where Γλ′ = 0 and reduce to the harmonic
gauge, because Eq. 6.74 (with Γλ′ = 0) can be seen as a system of partial differential

′
equations for the functions xµ (xα) 5.

5The existence and unicity of the solutions of this system can be proved, but this is beyond the scope of
this book.
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The condition Γρ = 0 can be rewritten in a more elegant form if we use the expression
of the affine connection in terms of the metric tensor,

Γρ
1 µν

= gµνgρβ
[
∂gβµ ∂gβν ∂g

+ −
]
. (6.75)

2 ∂xν ∂xµ ∂xβ

Since

gρβ
∂gβµ ∂gρβ

= gβµ , (6.76)
∂xν

−
∂xν

and
1
gµν

∂gµν 1 ∂
=

√
g , (6.77)

2 ∂xβ
√
−g ∂xβ

−

it follows that

Γρ
1 ∂gρβ ∂gρβ gρβ ∂

= gµν gβµ gβν
√

g . (6.78)
2

[
−

(
∂xν

)
−

(
∂xµ

)]
− √
−g ∂xβ

−

The term in brackets is symmetric in µ and ν, therefore

Γρ
1 ∂

= −
[

gρβ gρβ ∂
2gµνgβµ

2 ∂xν

]
− √
−g ∂xβ

√
−g (6.79)

and, since gµνg = δνβµ β , we get

Γρ
∂gρβ gρβ ∂

=
√ 1 ∂− g =

√
ggρβ , (6.80)

∂xβ
− √ −√
−g ∂xβ

−
−g ∂xβ

(
−

from which we find that

)

∂
Γρ = 0 →

∂xβ
(√
−ggρβ

The reason why this gauge is called “harmonic” is the follo

)
= 0 . (6.81)

wing. A function Φ is harmonic
if

�Φ = 0, (6.82)

where � is the d’Alembertian operator in curved spacetime defined as

�Φ = gρβ∇ρ∇βΦ , (6.83)

and we remind that ∇ρ is the covariant derivative. Note that

ρβ∇ ∇ ρβ

(
∂Φ;β

g ρ βΦ = g
∂xρ

− ΓαβρΦ;α

∂2Φ ∂Φ ∂2Φ ∂

)
=

gρβ
(

Γ
ρ∂xβ

− α
ρ = gρβ

∂ β Γα
Φ
. (6.84)

x ∂xα

)
∂xρ∂xβ

−
∂xα

Therefore, in the harmonic gauge (Γρ = 0) Eq. 6.82 reduces to

�Φ = gρβ
∂2Φ

= 0 . (6.85)
∂xβ∂xρ
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C H A P T E R 7

Einstein’s equations and
variational principles

In this chapter we shall show that Einstein’s equations can be derived from a variational
principle, i.e. by defining an action for the gravitational field and by requiring this action to
be stationary. We shall firstly recall how the variational approach can be applied in Special
Relativity to derive Euler-Lagrange’s equations for a given field. Using this approach, we
shall then derive Einstein’s equations in vacuum, and generalize the entire procedure to
generic fields in the presence of gravity.

7.1 EULER-LAGRANGE’S EQUATIONS IN SPECIAL RELATIVITY
Let us consider a tensor field Φ(x) in Special Relativity, where x denotes the spacetime
point of coordinates {xµ}. The action for this field is a functional of Φ(x) and of its first
derivative, written as an integral of a Lagrangian density over a four-dimensional volume

S =

∫
d4x L (Φ, ∂µΦ) . (7.1)

Henceforth, we simplify the notation by defining ∂µ ≡ ∂
∂xµ .

Let us consider a generic variation of the tensor field, δΦ, which we assume to vanish
on the boundary of the integration volume or asymptotically, if the volume is infinite. The
variation of the action, at first order in δΦ, is

δS =

∫
∂ ∂

d4x

(
L
δΦ +

L
δ∂µΦ

∂Φ ∂ (∂µΦ)

∂

)
=

∫
d4x

(
L ∂
δΦ +

L
∂µ(δΦ)

∂Φ ∂ (∂µΦ)

)
, (7.2)

where in the last step we have used the fact that the operations of variation and differenti-
ation commute. Note that in this notation a sum over the indices of the tensor components
(in any given frame) is assumed; for instance, if Φ is a ( 0

2 ) tensor with components – in a
given frame – Φµν , then

∂L ∂
δΦ

L
∂Φ

≡ δΦµν . (7.3)
∂Φµν

The last term of Eq. 7.2 can be integrated by parts

d4 ∂
x

L
) = d4 ∂ ∂

∂µ(δΦ x ∂ Φ d4
µ

L
δ x ∂µ

L
δΦ . (7.4)

∂ (∂µΦ) ∂ (∂µΦ)
−

∂ (∂µΦ)

∫ ∫ [ ] ∫ [ ]
121
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By Gauss’ theorem, the volume integral of the four-divergence of ∂ δΦ is equal to∂(∂µ
L
Φ)

the integral of this quantity over the boundary of the volume 1. Since δΦ vanishes on the
boundary, the first integral on the right-hand side of Eq. 7.4 vanishes and Eq. 7.2 becomes

δS =

∫
d4x

(
∂L ∂L
Φ
− ∂µ δΦ . (7.5)

∂ ∂ (∂µΦ)

)
The equations of motion for the field Φ are then found by imposing the stationarity of δS

δS = 0, ∀ δΦ vanishing on the boundary . (7.6)

Since the integral 7.5 has to vanish for any δΦ(x) vanishing on the boundary, it follows that

∂L ∂L
∂Φ
− ∂µ = 0 , (7.7)

∂ (∂µΦ)

which are the Euler-Lagrange equations for the field Φ in flat spacetime.
If the Lagrangian density depends on a collection of N tensor fields {ΦA}A=1,...,N , a

straightforward generalization of the above derivation yields the Euler-Lagrange equations
for the tensor fields

∂L ∂
∂µ

L
= 0 A = 1, . . . , N . (7.8)

∂ΦA
−

∂ (∂µΦA)

Likewise, it can be shown that Euler-Lagrange’s equations remain valid also if the La-
grangian density depends explicitly on the spacetime coordinates, i.e. if L (ΦA, ∂µΦA, x

µ).

7.2 EULER-LAGRANGE’S EQUATIONS IN CURVED SPACETIME
Having derived Euler-Lagrange’s equations in Special Relativity, we now move to curved
spacetime. In this case, in addition to the fields ΦA (A = 1, . . . , N), the dynamics of the
system also depend on the metric tensor g, which describes the gravitational field.

Due to the strong Equivalence Principle (see Sec 1.3), in a locally inertial frame the
dynamics of any field ΦA except gravity is described by the action 7.1. Therefore, according
to the Principle of General Covariance, in a general frame the action (which is a scalar
quantity) retains the same form as in the locally inertial frame, provided ηµν → gµν , partial
derivatives ∂µ are replaced by covariant derivatives ∇µ, and the integration volume element
d4x is replaced by the invariant volume element

√
−g d4x introduced in Box 5-B. We recall

that g is the determinant of the metric, and that g < 0 due to the Lorentzian signature.
With these replacements, we shall now show that the results of the previous section remain
valid.

We shall write the total action, describing both the gravitational field and a generic
collection of fields {ΦA}, as

S = SEH + Sfields . (7.9)

The first term, known as the Einstein-Hilbert action, describes the dynamics of the gravi-
tational field in vacuum and depends only on gµν and its derivatives. In the next section we
shall show that Einstein’s equations in vacuum are obtained by imposing the stationarity of
SEH with respect to variations of gµν . For the present discussion, it is sufficient to assume
that SEH does not depend on the fields {ΦA}.

We write the second term in the above equation as

Sfields =

∫
d4x
√
−gLfields (Φ1,∇µΦ1, . . . ,ΦN ,∇µΦN ,g) , (7.10)

1The proof of Gauss’ theorem in four-dimensional Minkowski’s spacetime is the same as in Euclidean
three-dimensional space (see Box 5-D).



Einstein’s equations and variational principles � 123

where now the Lagrangian density Lfields depends explicitly on g because we have replaced
ηµν by gµν and ∂µ by ∇µ.

As in Special Relativity, the equations for a given field Φ are found by varying the action
with respect to that field, and since SEH does not depend on Φ, we find

δS ≡ δSfields =

∫
d4x
√
−g

fields

(
∂Lfields ∂

δΦ +
Lfields

δ( ∂Φ ∂
∇ Φ∫ (

fields

∇ µ
µΦ)

)
= d4x

√ ∂−g L ∂
δΦ +

L
∂Φ ∂ (

∇ δΦ , (7.11)
∇ µ
µΦ)

)
where we have used the property δ∇µ = ∇µδ. Again, the last term in Eq. 7.11 can be
integrated by parts∫

d4x
√ ∂−g Lfields ∂ fields

∇ δΦ = d4x
√

g
L

∂
− ∇ δΦ

(∇ µ

∫
µ

µΦ)

[
∂ (∇µΦ)

]
−

∫
d4 ∂ fields

x
√

g ∇µ
[
L− δΦ . (7.12)

∂ (∇µΦ)

]
In order to show that the first integral on the right-hand side vanishes, we shall use Gauss’
theorem generalized to curved spacetime as discussed in Box 7-A (see Eq. 7.19):∫

d4x
√ ∂Lfields

Ω

−g ∇µ
[

δΦ
∂ (∇µΦ)

]
=

∫
∂Lfields

δΦdSµ = 0 ,
∂Ω ∂ (∇µΦ)

where in the last step we have assumed δΦ = 0 on the volume boundary ∂Ω. Thus, Eq. 7.12
reduces to ∫ √ ∂Lfields fields

= 4 ∂
d4x −g d

√
∂ (∇ µδΦ x g µ

L
δΦ ,

µΦ)
∇ −

∫
− ∇

[
∂ (∇µΦ)

]
and Eq. 7.11 can be written as

∂ ∂
δS ≡ δSfields =

∫
d4x
√

g

(
L

µ
L−

∂Φ
−∇

∂ (∇µΦ)

)
δΦ . (7.13)

Finally, by imposing

δS = 0, ∀ δΦ vanishing on the boundary , (7.14)

we find the Euler-Lagrange equations for the field Φ, generalized to curved spacetime:

∂L ∂− (7.15)
Φ

∇µ
L

= 0 .
∂ ∂ (∇µΦ)

In other words, we have proved that in curved spacetime Euler-Lagrange’s equations have
the same form as in flat spacetime (Eq. 7.7) with the replacement ∂µ → ∇µ and ηµν → gµν .
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Box 7-A

Gauss’ theorem in curved space

Given a manifold M described by coordinates {xµ}, and a metric gµν on M, let us
consider a submanifold N ⊂M described by coordinates {yi}, such that xµ = xµ(yi)
on N . We define the metric induced on N from M as

∂xµ ∂xν
γij ≡ gµν . (7.16)

∂yi ∂yj

With the above definition, Gauss’ theorem in curved space can be stated as follows a.
Let Ω be an open set of an n-dimensional manifold M, described by the coordinates
{xµ}µ=0,...,n 1, and gµν the metric on Ω (note that an open set of a manifold has−
always the same dimensionality of the manifold itself; for this reason, we call Ω an
“n-dimensional volume”). Let ∂Ω be the (n− 1)-dimensional boundary of Ω, described
by the coordinates {yj}j ,...,n 2 with normal vector nµ=0 (such that |nµnµ− | = 1 for
timelike or spacelike vectors); let γij be the metric induced on ∂Ω from gµν . Then, for
any vector field V µ defined in Ω,∫

dnx
√
−g ∇µV µ =

∫
dn−1y

√
Ω ∂Ω

−γ V µnµ . (7.17)

If we define the covariant surface element as

dSµ
√

≡ −γ nµdn−1y , (7.18)

Gauss’ theorem can also be written as∫
dnx
√

g ∇µV µ =

∫
V µdSµ . (7.19)

Ω

−
∂Ω

In particular, if one considers an infinite volume and if V µ vanishes asymptotically,
then the volume integral of ∇µV µ vanishes.

aFor the derivation of Gauss’ theorem in curved space see e.g. [114].

7.3 EINSTEIN’S EQUATIONS IN VACUUM
The action for the gravitational field was proposed by David Hilbert in 1915 [63], and is
called the Einstein-Hilbert action,

SEH c3
= d

16πG

∫
4x
√
−g R , (7.20)

where R is the Ricci scalar, R = gµνRµν . Since R is a combination of the metric tensor and
of its derivatives, the action of the gravitational field depends on gµν and on its derivatives,
up to second order.

Einstein’s equations in vacuum can be derived from the Euler-Lagrange equations arising
from the above action. However, it is simpler to proceed in a slightly different way. Varying
the action 7.20 with respect to the metric tensor yields

δSEH c3
=

16πG

∫
c

d4x δ(
√ 3

−g R) =

∫
d4x (7.21)

16πG

[
δ(
√
−g) R+

√
−g δR

]
.
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The variation δ(
√
−g) can be written as (see Box 7-B)

1
δ(
√
−g) =

√
−

2
−g gµνδgµν . (7.22)

In addition
δR = δ(gµνRµν) = δgµνRµν + gµνδRµν . (7.23)

Using these results, Eq. 7.21 becomes

δSEH c3
=

{∫ (
1

R µν
µν gµνR δg

√
g d4x + gµνδRµν

√
g d4x . (7.24)

16πG
−

2

)
−

∫
−

}
In order to evaluate the second integral in Eq. 7.24, we need to compute the variation of
the Ricci tensor. Using the definition given in Eq. 4.54 and Leibniz’s chain rule, we find

δRµν = δΓλµν,λ − δΓλµλ,ν + δΓαµνΓλαλ − δΓλανΓαµλ + ΓαµνδΓ
λ
αλ − ΓλανδΓ

α
µλ . (7.25)

To evaluate δΓλµν we define

Γµν δ ≡ Γλ
1

µν gλδ = (gµδ,ν + gνδ,µ
2

− gµν,δ) , (7.26)

and, using the fact that δgλδ = −gρλgσδδgρσ (see Eq. 7.45 in Box 7-B), we write δΓλµν as
follows

δΓλµν = δ
(
gλδΓµν δ

)
= δgλδΓµν δ + gλδδΓµν δ

= −gρλgσδδgρσΓ λρ
µν δ + g δΓµν ρ

1
= −gλρδgρσΓσµν + gλρ (δgµρ,ν + δgνρ,µ

2
− δgµν,ρ)

1
= gλρ δg σ

µρ,ν + δgνρ,µ
2

− δgµν,ρ − 2Γµνδgρσ . (7.27)

The above equation can be rearranged as

( )

δΓλ
1

µν = gλρ
[(
δgµρ,ν − Γαµνδgαρ − Γανρδgαµ

)
+
(
δgνρ,µ − Γανµδgαρ − Γαρµδgαν2

−
(
δg α
µν,ρ − Γαµρδgαν − Γνρδgαµ

)
1

= gλρ (δgµρ;ν + δgνρ;µ
2

− δgµν;ρ)

)]
. (7.28)

Since δgµν are the components of a tensor, from Eq. 7.28 it follows that δΓλµν are the
components of a tensor, despite the fact that the connection itself is not a tensor. Therefore,
the quantity

(δΓλµν) λ
;λ − (δΓµλ);ν (7.29)

is a tensor and can be evaluated with the usual rules of covariant differentiation:

(δΓλ ) − (δΓλ λ
µν ) λ

;λ µλ ;ν = δΓµν,λ − δΓµλ,ν (7.30)

+δΓαµνΓλαλ − δΓλανΓαµλ + δΓλαλΓαµν − ΓλανδΓ
α
µλ .

By comparing Eq. 7.30 and Eq. 7.25 it follows that

δR λ
µν = (δΓµν);λ − (δΓλµλ);ν . (7.31)
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This equation is known as the Palatini identity 2. Using this identity the term gµνδRµν in
Eq. 7.24 gives

gµνδRµν = gµν
[( (δΓλ ) − (δΓλ )

]
= (gµν λ

µν ;λ µλ) ; δΓµν);λ − gµνδΓλν ( µλ);ν

= gµνδΓαµν − gµαδΓλµλ . (7.33)
;α

The right-hand side of this equation is the covariant divergence of a vector field; therefore,
when it is integrated over the four-volume Ω, by Gauss’ theorem it gives (see Box 7-A)∫

gµνδR 4 µν α µα λ
µν

√
−g d x =

∫
∂Ω

(
g δΓµν − g δΓµλ

Ω

)
dSα , (7.34)

where ∂Ω is the three-dimensional boundary of Ω. Thus, finally, the variation δSEH is

δSEH c3 1
=

{∫
d4x
√
−g
[
R − g R

]
δgµν +

∫ (
gµνδΓα − gµα λ

µν µν
16πG Ω 2 µν δΓµλ

∂Ω

)
dSα

}
.

(7.35)
The second integral is a surface term, which vanishes only if the variation of the Christof-
fel symbols are zero on the boundary, i.e. if δgµν,α = 0 there. In the standard variational
approach, only the variation of the field is required to vanish on the boundary of the integra-
tion volume; therefore δgµν,α = 0 would be an extra condition to be imposed. However, it
can be shown that this can be avoided by adding to the action a suitably defined boundary
term, the variation of which cancels the surface term in Eq. 7.35 and does not contribute to
the variation of the action in the four-volume Ω (see Box 7-C). Thus, the variation of the
Einstein-Hilbert action can be written as

δSEH c3
=

16πG

∫
d4x
√ 1−g

[
Rµν − gµνR

2

]
δgµν , (7.36)

and, by imposing

δSEH = 0, ∀ δgµν vanishing on the boundary (7.37)

we finally find Einstein’s equations in vacuum

1
Rµν − gµνR = 0 , (7.38)

2

or, in terms of the Einstein tensor G = R − 1
µν µν gµνR,2

Gµν = 0 .

2We invite the reader to prove, using a similar procedure, the following, more general version of Palatini’s
identity

δRρσµν = ∇ ρ ρ
µ(δΓνσ)−∇ν(δΓµσ) . (7.32)
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Evaluation of δ(
√
−g)

The determinant g is a polynomial in gµν , i.e. g = g(gµν), therefore we can write

∂g
δg = δgµν . (7.39)

∂gµν

In particular, g is given by the following formula

g =
∑

( 1)
ν

− µ+νgµνMµν (no sum over µ) (7.40)

where µ is fixed. Mµν is the minor µ, ν, i.e. the determinant of the 3×3 matrix obtained
by excluding the µ-th row and the ν-th column from the matrix gµν . Note that since
gµν is symmetric, Mµν = MT

µν . Thus, by differentiating g with respect to gµν we find

∂g
= ( sum

∂
−1)µ+νMµν (no on µ and on ν) . (7.41)

gµν

Since the components of the inverse matrix gµν are given by

gµν
1

= Mµν(
g

−1)µ+ν (no sum on µ and on ν) , (7.42)

Eq. 7.41 can be written as
∂g

= ggµν . (7.43)
∂gµν

Thus, the variation of the determinant reads

δg = ggµνδgµν . (7.44)

Furthermore, since

δ(gµνg
µν) = 0

= δgµνg
µν + gµνδg

µν , (7.45)

Eq. 7.44 reduces to
δg = −ggµνδgµν , (7.46)

and we finally obtain
1

δ(
√
−g) =

√
− −ggµνδgµν . (7.47)

2

Box 7-B
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The boundary term of Einstein’s equations

As shown in Sec. 7.3, the variation of Einstein-Hilbert’s action is (see Eq. 7.24)

δSEH c3
=

16πG

{∫
d4x
√ 1

Ω

−g
[
R − g R

]
δgµν +

∫ (
gµν α

µν µν δΓ
2 µν

∂Ω

− gµαδΓλµλ
)
dSα

}
.

(7.48)
In deriving Einstein’s equations we have assumed that the surface term vanishes. As
anticipated in Sec. 7.3, this requires that the variation of the connection, δΓαµν , vanishes
on the boundary ∂Ω which, in turn, implies the vanishing of the variation on the first
derivatives of the metric tensor. This additional boundary condition arises because
the Ricci scalar R appearing in the Einstein-Hilbert action 7.20 contains the second
derivatives of the metric tensor, whereas in other field theories the Lagrangian density
depends only on the fields and on their first derivatives.
The additional requirement (δΓαµν = 0 on the boundary) can be avoided if the Einstein-
Hilbert action is supplemented by an extra boundary term. The choice of this term is
not unique; the standard choice is to modify the Einstein-Hilbert action as

SEH c3
= 4

16 G

∫
d x
√ c3 √

π Ω

−g R+
8πG

∫
d3y γK , (7.49)

∂Ω

where γ is the determinant of the metric γab(y) induced on the three-dimensional
manifold ∂Ω (see Box 7-A), K = γijK

ij is the trace of the extrinsic curvature Kij ≡
−n ∂xα ∂xβ µ

α;β ∂yi ∂yj , and n is the unit normal vector to the boundary hypersurface. The last

term in Eq. 7.49 is called Gibbons-Hawking-York boundary term [121, 49]. The variation
of this term cancels the surface term (i.e., the last integral) in Eq. 7.48, and thus the
variation of the action, δSEH, reduces to Eq. 7.36.
In addition, it can be proved that – as a consequence of the Principle of General
Covariance – the Gibbons-Hawking-York boundary term does not contribute to the
variation of the action in the four-volume Ω and, hence, to the field equations. For this
reason in this book we shall not include the Gibbons-Hawking-York boundary term in
the action of the gravitational field (for further details, we refer to the original paper
by Gibbons and Hawking [49]).

7.4 EINSTEIN’S EQUATIONS WITH SOURCES
The non-homogeneous form of Einstein’s equations can be derived using the variational
principle. Including the action of the source, a matter field or some other field (for instance
electromagnetic, scalar, etc) in the total action, the equations are obtained by imposing the
stationarity of the latter with respect to any variation of the metric tensor g such that

δSEH + δSfields = 0 ∀ δgµν vanishing on the boundary , (7.50)

Box 7-C
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where SEH and Sfields are given by Eqs. 7.20 and 7.10, respectively. The variation δSfields

with respect to the metric can easily be found using Eq. 7.22,

δSfields =

∫
d4x δ

[√
−gLfields (Φ1,∇µΦ1, . . . ,ΦN,∇µΦN,g)∫ √ [
∂Lfields 1

= d4x g fieldsg δgµν .

]
−

∂gµν
−

2
L µν

]
(7.51)

Therefore, if we define the stress-energy tensor as 3

∂ fields 1
Tµν

L≡ −2c

[
∂gµν

−
2
Lfieldsgµν

]
, (7.52)

the variation of the total action can be written,[ using Eq. 7.36, as

c3 8πG
δS =

∫
d4x
√ 1−g Rµν − g T µν

µνR− µν δ
16πG 2 c

]
g . (7.53)

4

By imposing the stationarity of this action for any δgµν vanishing on the boundary of the
integration volume, the full Einstein equations follow:

8πG
Gµν = Tµν . (7.54)

c4

Note that, although in Chapter 6 we derived Einstein’s equations by assuming that
∇νTµν = 0, one could also take the opposite, axiomatic approach. Namely, given the generic
definition 7.52, and assuming Einstein’s equations, one can take the covariant divergence of
both sides of Eq. 7.54: the left-hand side of the resulting equation vanishes identically due to
the Bianchi identities which, as shown in Chapter 6, imply ∇νGµν = 0. As a consequence,
the equation ∇νTµν = 0 has to be satisfied by any stress-energy tensor satisfying Eq. 7.52.
A further derivation of the equation ∇ µν

νT = 0 will be discussed in Sec. 8.5.

7.4.1 The stress-energy tensor in some relevant cases
The definition of the stress-energy tensor given in Eq. 7.52 is very important, because it
allows to compute the right-hand side of Einstein’s equations for any given field from the
corresponding Lagrangian in curved spacetime. The latter can be computed by applying
the Principle of General Covariance to the corresponding Lagrangian in flat spacetime, i.e.
we simply need to replace ∂µ → ∇µ and ηµν → gµν . Using this powerful recipe, we can now
compute the stress-energy tensor for the particular cases presented at the end of Sec. 5.2.

In Special Relativity, the Lagrangian density of a real scalar field Ψ, including self-
interactions, reads

1 1Lscalar = − ∂µΨ∂µΨ− V (Ψ) , (7.55)
2c c

where V (Ψ) is the scalar self-potential; in particular, for a free scalar field with mass m

V (Ψ) = m2c2
2 Ψ2. The Lagrangian density of a scalar field in curved spacetime coincides2~

with its flat-spacetime counterpart, since the covariant derivative of a scalar field coincides
with its partial derivative. The two terms in Eq. 7.52 yield

∂
2c
Lfields

− = ∂µΨ∂νΨ , (7.56)
∂gµν

cgµνLfields 1
= − gµν∂

ρ
ρΨ∂ Ψ

2
− gµνV (Ψ) . (7.57)

3Some textbooks define the Einstein-Hilbert action with an overall factor c4 instead of c3. With this
choice the resulting quantity has not the dimensions of the action, but there would not appear unpleasant
factors of c in the definition 7.52 of the stress-energy tensor.
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Thus, from Eq. 7.52, the stress-energy tensor of a scalar field Ψ is

1
Tµν = ∂µΨ∂νΨ− gµν∂σΨ∂σΨ

2
− gµνV (Ψ) . (7.58)

It is easy to check that ∇µTµν = 0 implies the Klein-Gordon field equation for the scalar
field

�Ψ = dV/dΨ . (7.59)

We leave as an exercise to show that the above equation can equivalently be derived using
the Euler-Lagrange equations in curved spacetime (Eq. 7.15) with Φ = Ψ and L = Lscalar

given in Eq. 7.55.
The electromagnetic field is described by Maxwell’s Lagrangian which in SI units reads

(without currents) 4

cLEM = FµνF
µν (7.60)

4µ0

where we recall that Fµν = ∇µAν − ∇νAµ is the electromagnetic tensor, Aµ is the four-
potential, and µ µ

0 is the vacuum permeability. Euler-Lagrange’s equations for A reduce to
Maxwell’s equations in vacuum, ∂ µν

µF = 0 (the reader can check that this is equivalent to
∇µFµν = 0). Furthermore, by writing

FµνF
µν = gρµgσνFµνFρσ , (7.61)

using the definition 7.52 it is straightforward to obtain the electromagnetic stress-energy
tensor

1 1
Tµν = −

(
F F ρ
σ(µ ν)ρg

σ − g σρ
µνFσρF

)
. (7.62)

µ0 4

We remark that the above expression is valid in any curved spacetime. It is easy to check
that ∇µTµν = 0 give Maxwell’s equations in vacuum.

4In cgs-Gauss units, the dimensionful factor c/µ0 disappears, and LEM = − 1 FµνFµν .
16π
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Uniqueness of the Einstein-Hilbert action

The Einstein-Hilbert action 7.20 might be derived from a more general action, as the
unique term satisfying certain conditions which we shall specify. Let us construct a
scalar quantity out of tensors that depend only on the metric. As discussed in Chapter 6,
to linear order in the curvature the only possibility is the Ricci scalar, R = Rµνg

µν . If
we include higher-order curvature terms, the action can be written as

c3
S =

∫
d4x
√
−g
(
Λ +R+ α1R

2 + α2RµνR
µν + α3K1 + α4K2 + )

πG
O(R3

16

)
,

(7.63)
where K µνρσ ρσ µναβ

1 = RµνρσR and K2 = εµν R Rρσαβ are the so-called Kretschmann
scalar and Chern-Pontryagin scalar, respectively (see Sec. 9.3). In the action 7.63 we
have included the cosmological constant (see Box 6-A), which gives a zeroth order
term in the curvature, the Einstein-Hilbert term, all possible second order terms in the
curvature, and we have omitted curvature terms of third or higher order. Thus, the
general action contains an infinite series of scalar quantities of different order in the
curvature, each multiplied by a dimensionful coupling constant αi. We remind that in
the derivation of Einstein’s equations in Sec. 6.2 we assumed that the equations do
not depend on any dimensionful quantity besides Newton’s constant; the choice of the
action 7.63 corresponds to dropping this assumption.
Clearly, there is an infinite number of scalar terms which can be constructed out of the
contractions of the Riemann tensor. However, all terms in the action 7.63 which are
of second or higher order in the curvature give rise to theories which are pathological.
This is a consequence of a theorem due to Ostrogradsky [86], stating that Lagrangian
densities that contain second- or higher-order derivatives in the field, and are non-linear
in those terms, are generically unstable. Since terms like R2, RµνR

µν , etc., all contain
second derivatives of the metric tensor non-linearly, they generically give rise to an
unstable theory. An exception is given by the Gauss-Bonnet combination,

R2 − 4RµνR
µν +RµνρσR

µνρσ , (7.64)

which, as the reader can check, does not contain non-linear terms in the second deriva-
tives of gµν , due to cancellations among the three contributions. However, it can be
shown that the Gauss-Bonnet term is a topological invariant, i.e. it can be written in
terms of a total derivative. Hence, it can be eliminated through integration by parts
and it does not contribute to the field equations (modulo boundary terms). Therefore,
Ostrogradsky’s theorem guarantees that the only viable action constructed solely from
the metric tensor is the Einstein-Hilbert one, plus at most a cosmological constant
term.

7.5 EINSTEIN’S EQUATIONS IN THE PALATINI FORMALISM
The derivation of Einstein’s vacuum equations from the Einstein-Hilbert action 7.20 im-
plicitly assumes that the Levi-Civita connection (which enters in the definition of R, see
Eq. 4.54) depends on the metric gµν through Eq. 3.68. We might wonder what would hap-

γpen if both the metric gµν and the connection Γβµ are treated as independent dynamical
variables of the action. This approach is named after the Italian mathematician Attilio

Box 7-D
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Palatini, although it seems that the “Palatini formalism” was proposed by Einstein himself
in 1925.

Let us consider the Einstein-Hilbert Lagrangian density,

LEH = gµνRµν = gµν
(
Γαµν,α − Γαµα,ν − ΓασνΓσµα + ΓασαΓσµν , (7.65)

where we used Eq. 4.54. Assuming the connection and the metric as indep

)
endent variables,

we can write
LEH γ= LEH(gµν γ,Γβµ,Γβµ,ν) . (7.66)

Note that in this form, the Lagrangian density does not depend on the derivatives of the
metric tensor. Moreover, the Ricci tensor Rµν can be written solely in terms of the con-
nection and its derivatives, without using the metric explicitly (see Eq. 4.54). The total
variation of the action contains two terms, namely

EH

δ EH δS δSEH

S = δgµν + ρ δΓρ
δgµν δΓ µν . (7.67)

µν

Since the metric and the connection are independent, δSEH = 0 implies that the two terms
should vanish separately. Using Eq. 7.22 we can easily derive the variation of the action
with respect to gµν

δSEH c3
δgµν =

∫
d4x

√
gδgµνR δ

√
ggµνµν + Rµν (7.68)

δgµν 16πG

(
− −

c3

)
=

16πG

∫
d4x
√
−g
(

1
Rµν − gµνR

2

)
δgµν = 0 ,

which gives Einstein’s equations in vacuum. Note that, as mentioned above, the Ricci tensor
depends only on Christoffel’s symbols and their derivatives; therefore the variation of Rµν
with respect to variation of the metric tensor is zero.

Using the Palatini identity 7.31, the second term in Eq. 7.67 gives

δSEH

ρ δΓρ
c3

δΓ µν = d4x
√

ggµνδRµν (7.69)
µν 16πG

∫
−

c3
=

∫
d4x
√
−ggµν

[
(δΓλ ) λ

µν ;λ )
G

− (δΓ ν
π µλ ; = 0 .

16

Integrating by parts and discarding surface terms with the usual argume

]
nt, we obtain

δSEH c3
ρ δΓρµν =

∫
d4x µν λ

δΓ 16πG
−∇λ(

√
−ggµν)δΓλµν +∇ν(

√
−gg )δΓµλ , (7.70)

µν

c3
∫

ρ= d4x

[
[
−∇ ggµνλ(

√
−ggµρ) +∇ν(

√
− )δ

]
16πG λ δΓλµρ = 0 .

Since the variation of the action must be zero for all δΓλµν vanishing at

]
the boundary, the

tensor in square brackets in the integrand of Eq. 7.70 has to vanish as well. However, since
δΓλ = δΓλµρ ρµ, only the symmetric part of the tensor in square brackets should be considered

(the antisymmetric part does not give any contribution when contracted with δΓλµρ, and thus
is not constrained by Eq. 7.70). Thus, we obtain (using the notation defined in Eq. 2.179)

∇ν(
√
−ggν(µ)δρ)λ −∇λ(

√
−ggµρ) = 0 . (7.71)
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By contracting the above equation with gλµ, we obtain ∇ν(
√
−ggνρ) = 0; thus, the first

term of the above equation vanishes and we get

∇ (
√
−ggµρλ ) = 0 . (7.72)

A solution to this equation is
∇ρgµν = 0 , (7.73)

and it can be shown that this is the only solution. Thus, in the Palatini approach the
vanishing of the covariant derivative of the metric tensor is not an identity: it is a dynamical
equation. Eq. 7.73 is equivalent, as shown in Chapter 3, to the definition 3.68 of the Levi-
Civita connection, which we repeat here for convenience,

γ 1
Γβµ = gαγ(gαβ,µ + gαµ,β − gβµ,α) . (7.74)

2

In other words, by considering the metric and the connection as independent fields in the
Einstein-Hilbert action, the field equations for the metric tensor give Einstein’s equations,
whereas the field equations for the independent connection enforce the fact that the latter
has to be the Levi-Civita connection. Therefore, in the case of Einstein’s equations without
sources, the Palatini formalism is dynamically equivalent to the metric one.

The above derivation can be extended to include sources, provided the matter La-
grangian does not depend explicitly on the connection. This assumption is satisfied for
scalar fields, Maxwell fields, and fluids, but it is violated, for instance, in the case of a
fermionic (e.g., Dirac) field. For generic sources, the Palatini formulation is not equivalent
to the metric one, and describes a gravitational theory which is different from General
Relativity.

Finally, it is worth mentioning that a more general class of gravitational theories arises
when the affine connection – in addition to be independent of the metric – is not assumed
to be symmetric, Γµρσ = Γµσρ. These are called metric-affine theories of gravity [59].6
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Symmetries

The solution of the equations describing a physical problem can be considerably simplified
if the latter has some symmetry. For instance, it is easy to find the solution of the equations
of Newtonian gravity for a spherically symmetric body, but it may be difficult to find the
analytic solution for an arbitrary mass distribution.

Generally speaking, a physical quantity is symmetric if it is invariant with respect to
some transformation. For instance, plane symmetry implies invariance with respect to trans-
lations on a plane, spherical symmetry implies invariance with respect to rotations on a
sphere, and stationarity implies invariance with respect to time translations.

In General Relativity, a symmetry indicates invariance with respect to a diffeomor-
phism (see Sec. 2.1.4), which is a regular, invertible mapping of any point p to another
point p′ of the same manifold (the spacetime). In a given coordinate frame, a diffeomorphism
is described by C1 functions

xµ 7→ x′
α

(xµ) . (8.1)

Note that Eq. 8.1 is formally similar to a coordinate transformation, but it has a different
meaning, because a coordinate transformation leaves the point of the manifold unchanged,
and associates to it different coordinates (see Sec. 2.1.4 and Fig. 2.11). For this reason for

′
coordinate transformations we use a different notation, i.e. xµ 7→ xα (xµ).

For instance, translations in space or time and rotations are diffeomorphisms. A generic
infinitesimal diffeomorphism

xµ 7→ xµ + δxµ (8.2)

can be seen as an infinitesimal translation. We stress that δxµ is not constant and depends
on the spacetime position.

A spacetime isometry is a diffeomorphism under which the metric tensor g, i.e. the
line element ds2 = gµνdx

µdxν , is invariant. In many cases, an isometry defines a submanifold
which is mapped into itself. For example, for spherically symmetric spacetimes the invariant
submanifold is the two-sphere, for stationary spacetimes it is the time axis, etc. These
definitions can be made more precise by introducing the notion of Killing vector fields.

8.1 KILLING VECTOR FIELDS
~Consider a vector field ξ(xµ ~) defined at every point of a spacetime region. The vector ξ iden-

~tifies a symmetry if an infinitesimal translation along ξ leaves the line element unchanged,
i.e.

δ(ds2) = δ(gαβdx
αdxβ) = 0 . (8.3)

This implies that

δgαβdx
αdxβ + gαβ δ(dxα)dxβ + dxαδ(dxβ) = 0. (8.4)

[ ]
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2

1x

µ µ

ξ

x

x = x (l)

p
p'2δx

δx1

Figure 8.1: Infinitesimal translation along a curve. The Killing vector ~ξ is the tangent vector to
the curve.

~ α

Let us consider a curve xα(λ) to which ξ is tangent, i.e. ξα = dx . An infinitesimal trans-dλ
~lation in the direction of ξ is an infinitesimal translation along the curve from a point p to

the point p′ whose coordinates are, respectively,

p = {xα} and p′ = {xα + δxα}. (8.5)

~For instance, in the case of the two-dimensional space in Fig. 8.1, ξ defines an infinitesimal
translation along the curve from a point p = (x1, x2) to a point p′= (x1 + δx1, x2 + δx2),
where

δx1 dx1 dx2

= δλ = ξ1δλ and δx2 = δλ = ξ2δλ . (8.6)
dλ dλ

In the general case of a four-dimensional spacetime, δxα = ξαδλ, and the coordinates of the
point p′ can be written as

x′
α

= xα + ξα δλ . (8.7)

Under the diffeomorphism p 7→ p′, the metric components change as follows

dg
gαβ(p′) ' αβ ∂gαβ dx

µ

gαβ(p) + δλ+ ... = gαβ(p) + δλ+ ... (8.8)
dλ ∂xµ dλ

= gαβ(p) + gαβ,µξ
µδλ ,

hence
δgαβ = gαβ,µξ

µδλ . (8.9)
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Moreover, since the operators δ and d commute, we find 1

δ(dxα) = d(δxα) = d(ξαδλ) = dξαδλ = ξα,µdx
µδλ . (8.10)

Thus, using Eqs. 8.9 and 8.10, Eq. 8.4 becomes

g ξµδλdxαdxβ + g
[
ξα dxµδλdxβ + ξβ γ

αβ,µ αβ ,µ ,γdx δλdxα = 0 , (8.11)

and, after relabeling the indices,

]
[
gαβ,µξ

µ + gδβξ
δ
,α + gαδξ

δ
,β

]
dxαdxβδλ = 0 . (8.12)

In conclusion, a solution of Einstein’s equations is invariant under infinitesimal translations
~along ξ, if and only if

gαβ,µξ
µ + gδβξ

δ δ
,α + gαδξ,β = 0 . (8.13)

The Killing vector fields of a given metric gαβ are the solution of Eq. 8.13. Sometimes,
for brevity, the Killing vector fields are called simply Killing vectors.

Apparently, Eq. 8.13 is not covariant since it contains partial derivatives, but below we
show that it is equivalent to the following covariant equation

ξα;β + ξβ;α = 0 , (8.14)

which is called the Killing equation, after the mathematician Wilhelm Killing who found
it. This equation implies that ξα;β is an antisymmetric tensor and can be written in a
compact form as ξ(α;β) = 0 (see Sec. 2.4.2). The Killing equation 8.14 is therefore a system

~of ten independent differential equations for the four components of ξ. As such, it might
not admit a solution; in which case the spacetime has no symmetries.

Let us now show that Eq. 8.13 is equivalent to Eq. 8.14. Since

µξα;β = (g µ µ µ δ
αµξ ) = gαµξ;β = gαµ ξ , (8.15); ,β + Γδβξβ

we obtain

( )

µξα;β + ξβ α = gαµ

(
µ µ

; ξ,β + Γ δ
δβξ + gβµ ξµ ξδ,α + Γαδ

µ µ

)
µ= gαµξ,β + gβµξ,α +

(
(

µgαµΓδβ + gβµΓ δ
αδ

)
)
ξ . (8.16)

Using Eq. 3.68, the term in parenthesis can be written as

1
[g µσ
αµg (gδσ,β + gσβ,δ − gδβ,σ) + gβµg

µσ (gασ,δ + gσδ,α
2

− gαδ,σ)]

1
=

[
δσ σ
α (gδσ,β + gσβ,δ − gδβ,σ) + δβ (gασ,δ + gσδ,α

2
− gαδ,σ)

1
= [gδα,β + gαβ,δ − gδβ,α + gαβ,δ + gβδ,α g

]
2

− αδ,β ] (8.17)

= gαβ,δ , (8.18)

and Eq. 8.16 becomes

µξ + ξ = g ξ + g ξµ δ
α;β β;α αµ ,β βµ ,α + gαβ,δξ (8.19)

which coincides with Eq. 8.13.

1Note that since λ is a parameter, the differential operator d does not act on its variation, i.e. dδλ = 0.
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( The Lie derivative

The variation of a N
)

tensor T under an infinitesimal translation (i.e., an infinitesimal
N ′

~diffeomorphism) along the direction of a vector field ξ is called its Lie derivative along
~ ~ξ. Note that ξ does not necessarily have to be a Killing vector. The components of the

~Lie derivative of a tensor T along a vector field ξ are indicated as

L~Tα1

ξ
···αN

β1···βN . (8.20)′

~For instance, if T is a ( 0
2 ) tensor, its Lie derivative along ξ can be obtained by repeating

the derivation of Sec. 8.1, and is

L δ
~Tαβ = Tαβ,µξ

µ + T δ
δβξξ ,α + Tαδξ,β . (8.21)

~The Lie derivative along a vector field ξ, L~, should not be confused with the covariantξ

~directional derivative along ξ, ∇~ discussed in Chapter 3. For instance, for a ( 0
ξ 2 ) tensor

~T, the components of the directional derivative along ξ are ξαTµν;α, which is different
from the expression in Eq. 8.21. Both of these derivatives give the modification of a
tensor field, but with different prescriptions to compare tensors in different spacetime
points. In the case of the directional derivative, the prescription is provided by the
Levi-Civita connection, and hence by the metric: we require that the scalar product
between two vectors is the same in different points (which is equivalent to requiring
gµν;α = 0). In the case of the Lie derivative, instead, the tensors are transported by a

~diffeomorphism along the vector field ξ. Note that the Lie derivative does not require
~the specification of the metric, only of the vector field ξ. A more rigorous definition

of the Lie derivative would require a discussion on the action of diffeomorphisms on
tensor fields, which is beyond the scope of this book. We refer the interested reader
to [57].
In the previous paragraphs we have shown that the Lie derivative of the metric tensor

~g along a vector field ξ is

L~ gαβ = gαβ,µξ
µ + gδβξ

δ δ
ξ ,α + gαδξ,β = ξα;β + ξβ;α , (8.22)

~and that, if ξ is a Killing vector field, the Lie derivative of the metric tensor vanishes.
Therefore, an alternative form of the Killing equation is

L~ gαβ = 0 . (8.23)ξ

Moreover, since g gβγ = δγαβ α,

L β
~ (gαβg

γ) = g β
αβL γ

~ g + gβγξ ξ L~ gαβ = 0 , (8.24)ξ

and thus
L gαβ = −ξα;β
~ξ − ξβ;α , (8.25)

~which also vanishes if ξ is a Killing vector. We leave as an exercise to prove that the
~ ~Lie derivative of a vector field V along the direction of another vector field ξ is

L ~
~V

α ~= [ξ, V ]α = ξµV α,µξ − V µξα,µ . (8.26)

Box 8-A
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8.2 KILLING VECTOR FIELDS AND THE CHOICE OF COORDINATE SYSTEMS
~Given a vector field ξ (not necessarily a Killing vector field), the family of curves such that

~at any point p the vector ξ is tangent to the curve passing in p is called congruence of
worldlines. They can be found by integrating the equations

dxµ
= ξµ(xα) . (8.27)

dλ

~If ξ is a Killing vector field, the line element (i.e. the metric tensor) is invariant under
infinitesimal translations along any curve of the congruence; therefore, it is also invariant
under a finite transformation p 7→ p′ along any of these curves. The congruence of world-
lines, then, defines a finite symmetry of the spacetime. For instance, if the spacetime is
spherically symmetric, the curves are circumferences on spherical surfaces; if the spacetime
is invariant for (space or time) translations the curves are straight lines, and so on. This
finite transformation is a diffeomorphism, because it is a sequence of infinitesimal diffeo-

~morphisms; we call it the diffeomorphism generated by the vector field ξ.
The existence of Killing vector fields remarkably simplifies the problem of choosing a

coordinate system appropriate to solve Einstein’s equations. For instance, if we are looking
~for a solution which admits a timelike Killing vector field ξ, it is convenient to choose, at

~each point of the manifold, the timelike basis vector ~e(0) aligned with ξ; with this choice,
~the time coordinate lines coincide with the worldlines to which ξ is tangent, i.e. with the

~ ~congruence of worldlines of ξ, and the components of ξ are

ξα = (ξ0, 0, 0, 0) . (8.28)

If we parametrize these curves in such a way that ξ0 is constant, ξµ,α = 0 and the second
and third terms in Eq. 8.13 identically vanish; therefore, Eq. 8.13 yields

∂gαβ
= 0 . (8.29)

∂x0

This means that if the spacetime admits a timelike Killing vector field, with an appropriate
choice of the coordinate system the metric tensor can be made independent of time. For
simplicity, it is customary to choose the parametrization of the curve such that ξ0 = 1; in
this case, the timelike Killing vector field is ξµ = (1, 0, 0, 0).

A similar procedure can be used if the metric admits a spacelike Killing vector field;
~choosing, say, the vector ~e(1) to be parallel to ξ,

ξα = (0, ξ1, 0, 0) , (8.30)

and choosing the parametrization such that ξ1 is constant, i.e. ξ1
,α = 0, Eq. 8.13 shows that

∂gαβ/∂x
1 = 0, i.e. the metric is independent of x1. By a suitable reparametrization of the

corresponding congruence of coordinate lines, one can write ξα = (0, 1, 0, 0).
If the Killing vector field is null, it is necessary to define a coordinate basis in

which at least one basis vector is null. Starting from generic coordinate basis vectors
(~e(0), ~e(1), ~e(2), ~e(3)), it is always possible to construct a set of new basis vectors

β~e(α′) = Λα ~e′ (β) , (8.31)

such that, for instance, the vector ~e(0′) is a null vector. Then, ~e(0′) can be chosen to be
~parallel to ξ at each point of the manifold, so that

ξα = (ξ0, 0, 0, 0) (8.32)
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with ξ0 constant. The metric, then, is independent of the corresponding null coordinate
x0. By a suitable reparametrization of the corresponding coordinate lines, it is possible to
choose ξµ = (1, 0, 0, 0).

As an example, in the following we shall compute the Killing vector fields of the flat
spacetime and of a spherical surface.

Killing vector fields of flat spacetime

The Killing vector fields of Minkowski’s spacetime can be obtained very easily using
Minkowskian coordinates. Since all Christoffel’s symbols vanish, the Killing equation be-
comes

ξα,β + ξβ,α = 0 . (8.33)

By combining the following equations

ξα,βγ + ξβ,αγ = 0 , ξβ,γα + ξγ,βα = 0 , ξγ,αβ + ξα,γβ = 0 , (8.34)

and by using Eq. 8.33, we find
ξα,βγ = 0 , (8.35)

whose general solution is
ξα = cα + εαγx

γ , (8.36)

where cα, εαβ are constants. By substituting this expression into Eq. 8.33 we find

γ γεαγx,β + ε γ
βγx,α = εαγδ + ε γ

β βγδα = εαβ + εβα = 0 . (8.37)

Thus, Eq. 8.36 is the solution to Eq. 8.33 if and only if

εαβ = −εβα , (8.38)

so that εαβ has six independent components. Therefore, flat spacetime admits ten linearly
independent Killing vector fields. The general Killing vector field of the form 8.36 can be

(A) { (1) (2) (10)
written as the linear combination of ten Killing vector fields ξα = ξα , ξα , . . . , ξα }
corresponding to ten independent choices of the constants cα, εαβ :

ξ(A)
α = c(A)

α + ε(A)
αγ x

γ A = 1, . . . , 10 . (8.39)
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For instance, we can choose

c(1) (1)
α = (1, 0, 0, 0) εαβ = 0

c(2) (2)
α = (0, 1, 0, 0) εαβ = 0

c(3) (3)
α = (0, 0, 1, 0) εαβ = 0

c(4) (4)
α = (0, 0, 0, 1) εαβ = 0

0 1 0 0

c(5) (5) 1 0 0 0
α = 0 εαβ =

 −
0 0 0 0


0 0 0 0

 

c(6) (6)
α = 0 εαβ =


0 0 1 0 0 0 0 0 −1 0 0 0


0 0 0 0


0 0 0 1


(7) (7) 0 0 0 0
cα = 0 εαβ =


 0 0 0 0


−1 0 0 0


0 0 0 0



c(8) (8)
α = 0 εαβ =

 0 0 1 0 0 −1 0 0



 0 0 0 0


0 0 0 0



c(9) (9) 0
α = 0 εαβ =

 0 0 1 0 0 0 0


0 −1 0 0


0 0 0 0


(10) 0 0 0 0

c(10)
α = 0 εαβ =

 (8.40)
0 0 1


.

0
0 0 −1 0



The symmetries generated by the Killing vector fields with A


= 1, . . . , 4 are spacetime

translations; those generated by the Killing vector fields with A = 5, 6, 7 are Lorentz’s boosts
and those generated by the Killing vector fields with A = 8, 9, 10 are space rotations. The
diffeomorphisms generated by these Killing vector fields form a group, called the Poincaré
group ISO(3, 1).

Killing vector fields of a spherical surface

Let us consider a sphere of unit radius. Its metric is

ds2 = dθ2 + sin2 θdϕ2 = (dx1)2 + sin2 x1(dx2)2 . (8.41)

Recalling Eq. 8.13,
gαβ,µξ

µ + gδβξ
δ
,α + gαδξ

δ
,β = 0 , (8.42)
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we get

(α, β) = (1, 1) 2gδ1ξ
δ
,1 = 0→ ξ1

,1 = 0 (8.43)

(α, β) = (1, 2) g ξδ + g ξδ 1
δ2 ,1 1δ ,2 = 0→ ξ,2 + sin2 θξ2

,1 = 0

(α, β) = (2, 2) g22,µξ
µ + 2gδ2ξ

δ
,2 = 0→ cos θξ1 + sin θξ2

,2 = 0 .

The general solution of Eqs. 8.43 is

ξ1 = c sin (ϕ+ a), ξ2 = c cos (ϕ+ a) cot θ + b , (8.44)

with a, b, c arbitrary real constants 2. Therefore a spherical surface admits three linearly in-
dependent Killing vector fields, associated to the choice of the integration constants (a, b, c).

~A set of three independent Killing vector fields for the sphere, ξ(A) (A = 1, 2, 3), is

ξ(1)α = (0, 1) (8.45)

ξ(2)α = (sinϕ, cosϕ cot θ)

ξ(3)α = (cosϕ,− sinϕ cot θ) ,

which correspond to the choices (a, b, c) = (0, 1, 0), (0, 0, 1), and π , 0, 1 , respectively.2
The diffeomorphisms generated by these Killing vector fields

(
form

)
a group called the

rotation group SO(3) 3.

8.3 KILLING VECTOR FIELDS AND CONSERVATION LAWS
Killing vector fields allow to define conserved quantities, whose existence may be concealed
by an unsuitable coordinate choice.

8.3.1 Conserved quantities in geodesic motion
Let us consider a particle moving along a geodesic of a spacetime which admits a Killing

~ α

vector field ξ. The geodesic equations written in terms of the particle four-velocity uα = dx
dλ

(where λ is an affine parameter) read

duα
+ Γα uβuν

dλ βν = 0 . (8.46)

~By contracting this equation with ξ we find

duα d(ξ uαα ) dξα
ξ + ν
α

[
Γα β ν
βνu u

]
= − uα + Γαβνu

βu ξα . (8.47)
dλ dλ dλ

Since

uβ
dξ ν
β ∂ξβ dx ∂ξβ

= uβ = uβuν , (8.48)
dλ ∂xν dλ ∂xν

Eq. 8.47 becomes
d(ξ α

αu )

dλ
− uβuν

[
∂ξβ
∂xν
− Γαβνξα

]
= 0 , (8.49)

i.e.
d(ξαu

α) − uβuνξβ;ν = 0 . (8.50)
dλ

2We leave as an exercise to prove, by direct substitution, that the vector fields 8.44 satisfy Eqs. 8.43.
3 ~ ~ ~They satisfy the commutation relations [ξ(A), ξ(B)] = εABCξ(C), where εABC is the three-dimensional

Levi-Civita symbol (see Box 8-C).
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Since ξ is antisymmetric in β and ν, while uβ ν
β;ν u is symmetric, the term uβuνξβ;ν identi-

cally vanishes, and Eq. 8.50 reduces to

d(ξαu
α)

= 0 ξ
dλ

→ αu
α = const . (8.51)

Thus, for every Killing vector field there exists an associated conserved quantity for the
geodesic motion of particles.

Equation 8.51 can be written as follows:

gαµξ
µuα = const . (8.52)

The physical interpretation of the constants of motion associated to Killing vector fields
will be discussed in Sec. 10.3.

8.3.2 Conserved quantities from the stress-energy tensor
In Chapter 7 we have shown that the stress-energy tensor satisfies the divergenceless equa-
tion

Tµν ;ν = 0 , (8.53)

and that in curved spacetime this is not a genuine conservation law. If the spacetime admits
a Killing vector field, then

(ξ µν µν µν
µT ) = ξµ;νT + ξµT ;ν = 0 . (8.54);ν

Indeed, the first term vanishes because ξ µν
µ;ν is antisymmetric in µ and ν whereas T is

symmetric, and the second term vanishes due to Eq. 8.53.
Since there is a contraction on the index µ, the quantity (ξµT

µν) is a vector, whose
four-divergence vanishes according to Eq. 8.54. As discussed in Box 8-B, the vanishing of
the covariant four-divergence of a vector leads to a conserved quantity which, in the present
case, is (see Eq. 8.60) ∫ √

x0=const

−g ξµT
µ0 dx1dx2dx3 = const . (8.55)

In classical mechanics energy is conserv

(
ed when

)
the Hamiltonian is independent of time;

thus, the conservation of energy is associated to a symmetry with respect to time transla-
tions. In Sec. 8.2 we have shown that if a spacetime admits a timelike Killing vector field,
with a suitable choice of coordinates the metric tensor can be made time independent; in
this coordinate frame, the diffeomorphism along the Killing vector field is the time trans-
lation. Thus, in this case it is natural to interpret the quantity defined in Eq. 8.55 as a
conserved energy. In a similar way, when the metric admits a spacelike Killing vector field,
the associated conserved quantities are indicated as “momentum” or “angular momentum”,
depending on the coordinate choice (see Sec. 10.3).
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Box 8-B

Divergence-free equations and conserved quantities
~Let us consider a vector A which satisfies the divergence-free equation

Aν ;ν = 0 , ν = 0, . . . , 3 , (8.56)

which, according to Eq. 5.67, can be written as

Aν
1 ∂

; √ gAνν =
√

= 0 . (8.57)
−g ∂xν

Splitting the ν = 0 component from the space

(
−

comp

)
onents, and integrating on a

three-volume V which extends over all space, Eq. 8.57 gives

∂
∫ √ ∂(

√
g Ak)−g A0d3x = −

∫
−

d3x , k = 1, . . . , 3 , (8.58)
∂x0

V V ∂xk

where the integration is performed at a fixed time, i.e. on a hypersurface x0 =
const. Since the integrand on the right-hand side of this equation is an ordinary
three-dimensional divergence, and the integration element is just d3x = dx1dx2dx3,
we can apply Gauss’ theorem as in Euclidean space (see Box 5D, Eq. 5.53), and
find ∫

∂(
√
−g Ak)

d3x =
√

g AkdSk . (8.59)
V ∂xk

∫
∂V

−

Since the volume V extends over all space, the boundary ∂V is at infinity and,
assuming that Ai vanish at infinity, the right-hand side of Eq. 8.59 is zero. Conse-
quently, the integral of

√
−gA0 over the three-volume V is a conserved quantity∫ √

−g A0d3x = const . (8.60)
V

8.4 HYPERSURFACE-ORTHOGONAL VECTOR FIELDS
~Any vector field V of class C1 identifies a congruence of worldlines, i.e. the set of curves

to which the vector is tangent at any point (see Sec. 8.2). If there exists a family of hy-
persurfaces Σ(xµ) = const such that, at each point, the worldlines of the congruence are

~perpendicular to that surface, V is said to be hypersurface-orthogonal. This is equivalent to
~require that V is, at any point p, orthogonal to all vectors ~t tangent to the hypersurface in

p
~t · ~V = 0 → tαV βgαβ = 0 . (8.61)

We shall now show that a hypersurface-orthogonal vector field is parallel to the gradient
of Σ and that, vice versa, the gradient of Σ is hypersurface-orthogonal. We recall that, as
described in Sec. 2.3, the gradient of a function Σ(xµ) is a one-form,

dΣ→O

(
∂Σ ∂Σ ∂Σ

, , ... = Σ,α . (8.62)
∂x0 ∂x1 ∂xn

)
{ }
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~ ~ ˜When we say that V is parallel to dΣ we mean that the one-form dual to V , i.e. V →
{gαβV β ≡ Vα}, satisfies the equation

Vα = fΣ,α , (8.63)

where f is a function of the coordinates {xµ}.
We shall first show that Eq. 8.63 implies Eq. 8.61. Since Σ(xµ) = const on the hypersur-

face, given any curve xα(s) lying on the hypersurface, and its tangent vector tα = dxα/ds,
the directional derivative of Σ(xµ) along the curve vanishes

dΣ ∂Σ dxα
= = Σ,αt

α = 0 . (8.64)
ds ∂xα ds

Therefore Eq. 8.63 implies that for any vector ~t which is tangent to some curve on the
surface

Vαt
α = fΣ α

,αt = 0 (8.65)

i.e. Eq. 8.61 is satisfied.
~Let us now show the inverse, i.e. that if a vector field V satisfies Eq. 8.61 at any point

p and for any ~t tangent to the surface in p, it also satisfies Eq. 8.63. The tangent space to
that surface in p is a three-dimensional space, therefore there are three independent tangent
vectors ~t(i) (i = 1, . . . , 3), and

tα(i)Vα = 0 . (8.66)

These are three independent equations for the four unknowns Vα; their solution depends
on one arbitrary constant. Since tα(i)Σ,α = 0, Vα must coincide with Σ,α modulo an overall
constant, Vα = fΣ,α. Repeating this procedure at any point p of the spacetime yields
Eq. 8.63, with Σ function of the coordinates.

8.4.1 Frobenius’ theorem
~If the vector field V is hypersurface-orthogonal, it satisfies Eq. 8.63 and therefore

Vα;β − Vβ;α = (fΣ,α);β − (fΣ,β);α

= f (Σ( ,α;β − Σ,β;α) + Σ,αf;β − Σ,βf;α =

= f Σ,α,β − Σ,β,α − µ µΓβαΣ,µ + ΓαβΣ,µ + Σ,αf,β − Σ,βf,α

f,β f
= V

)
α
f
− ,α
Vβ , (8.67)

f

i.e.
f,β f,α

Vα;β − Vβ;α = Vα
f
− Vβ . (8.68)

f

~If we now define the following quantity, which is called rotation of the vector field V

1
ωδ = εδαβµV[α;β]Vµ , (8.69)

2

where εδαβµ is the Levi-Civita tensor (see Box 8-C), from Eq. 8.68 it follows that

ωδ = 0. (8.70)

~Thus, if the vector field V is hypersurface-orthogonal, its rotation vanishes identically. Ac-
~tually, 8.70 is a necessary and sufficient condition for V to be hypersurface orthogonal; this

result is known as Frobenius’ theorem.
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Σ
1

2
Σ

V

V V V

VV e
(2)

e
(1)

Figure 8.2: Hypersurface-orthogonal vector field.

8.4.2 Hypersurface-orthogonal vector fields and the choice of coordinate systems
The existence of a hypersurface-orthogonal vector field allows us to choose a coordinate
frame such that the metric has a much simpler form. Let us consider, for the sake of
simplicity, a three-dimensional spacetime described by the coordinates (x0, x1, x2).

Let Σ(xµ ~) = const be a family of surfaces to which the vector field V is orthogonal. In
~Fig. 8.2 we show two of such surfaces. As an example, let us assume that V is timelike, but

~ ~a similar procedure can be used if V is spacelike. Since V is timelike, at each spacetime
~point p we can choose the basis vector ~e(0) parallel to V , and the remaining basis vectors

as tangent to some curves lying on the surface passing through p, so that

g00 = g(~e(0), ~e(0)) = ~e(0) · ~e(0) = 0 , (8.71)

g0i = g(~e(0), ~e(i)) = 0, i = 1, 2 . (8.72)

Thus, with this choice, the metric becomes

ds2 = g00(dx0)2 + gik(dxi)(dxk), i, k = 1, 2 . (8.73)

The generalization of this example to the four-dimensional spacetime, in which case the
surfaces Σ(xµ) = const are hypersurfaces, is straightforward.

~In general, given a timelike vector field V , we can always choose a coordinate frame such
~that ~e(0) is parallel to V , so that in this frame

V α(xµ) = (V 0(xµ), 0, 0, 0) . (8.74)

~Such a coordinate system is called comoving. If, in addition, V is hypersurface-orthogonal,

6
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choosing the spacelike basis vectors as indicated above, g0i = 0 and, as a consequence, the
~one-form associated to V also has the form

Vα(xµ) = (V0(xµ), 0, 0, 0) , (8.75)

since Vi = g µ 0 k
iµV = gi0V + gikV = 0 , i = 1 . . . 3.

Finally, let us assume that the spacetime admits a hypersurface-orthogonal timelike
~Killing vector field V . In this case, as discussed in Sec. 8.2, if we choose the parameters of

the curves such that V 0 is constant, then the metric 8.73 does not depend on time.

Box 8-C

The Levi-Civita completely antisymmetric tensor

We define the Levi-Civita symbol (also called Levi-Civita tensor density), εαβγδ (with
the indices running from 0 to 3), as an object whose components change sign under
interchange of any pair of indices, and whose non-zero components are ±1. Since it
is completely antisymmetric, all the components with two equal indices are zero, and
the only non-vanishing components are those for which all four indices are different.
Conventionally, we set

ε0123 = 1. (8.76)

Under general coordinate transformations, εαβγδ does not transform as a tensor; indeed,
under the transformation xα → xα′,

∂xα ∂xβ ∂xγ ∂xδ
J εα β γ δ = ε ,′ ′ ′ δ

∂x ′ β ∂xγ′ ∂xδ′
αβγ (8.77)′ ′ α ∂x

where the Jacobian J is defined as (see Chapter 5)

J ≡
(
∂xα

det . (8.78)
∂xα′

)
Indeed, the determinant of a square matrix M = (Mα

β) can always be written as
detM = Mα Mβ Mγ M δ

0 1 2 3εαβγδ.
We now define the Levi-Civita tensor as

εαβγδ
√

≡ −g εαβγδ . (8.79)

Since, from Eq. 5.31, for a coordinate transformation xα → xα′

√
|J | = −g′√ , (8.80)

−g

then
∂xα ∂xβ ∂xγ ∂xδ

εα′β′γ′δ = sign(J) εαβγδ . (8.81)′
∂xα′ ∂xβ′ ∂xγ′ ∂xδ′

Strictly speaking, εαβγδ transforms as a tensor under a subset of the general coor-
dinate transformations, i.e. those with sign(J) = +1. Objects with this property are
sometimes called pseudo-tensors, but we shall not follow this notation. In this book,
“pseudo-tensors” are quantities which transform as tensors under linear coordinate
transformations, see Sec. 13.6.1. Warning: do not confuse the Levi-Civita symbol, εαβγδ,
with the Levi-Civita tensor, εαβγδ. They only coincide if g = −1, as in flat space.

Box 8-C
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8.5 DIFFEOMORPHISM INVARIANCE OF GENERAL RELATIVITY
As discussed in Sec. 2.1.4 and at the beginning of this chapter, diffeomorphisms are differ-
ent from coordinate transformations: the former are maps between different points of the
manifold, while the latter associate different coordinates to the same point of the manifold,
see e.g. Fig. 2.11. However, they have the same mathematical description, as a one-to-one
set of C1 functions:

xµ 7→ x′
α

(xµ) for diffeomorphisms (8.82)

xµ 7→ xα
′
(xµ) for coordinate transformations . (8.83)

We also know that, due to the Principle of General Covariance, Einstein’s equations (both in
vacuum and with sources) are invariant in form under general coordinate transformations,
i.e. under a transformation 8.83. Consequently, since Eqs. 8.82 and 8.83 have the same form,
Einstein’s equations are invariant under diffeomorphisms.

In other words, the invariance of General Relativity under general coordinate transfor-
mations, i.e. the gauge invariance discussed in Sec 6.3, can be reformulated as the invariance
of General Relativity under diffeomorphisms. The choice of the gauge (see e.g. Sec. 6.4) can

′
be interpreted either as the choice of a coordinate transformation xα (xµ), or as the choice
of ′αa diffeomorphism x (xµ).

Let us now consider the action of the gravitational field in the presence of sources (see
Chapter 7),

S = SEH + Sfields , (8.84)

where the Einstein-Hilbert action SEH depends on the metric and its derivatives, and Sfields

depends on a set of fields, ΦA, on their covariant derivatives, and on the metric. Since
Einstein’s equations, both in vacuum and with sources, are invariant under diffeomorphisms,
then both S and SEH are diffeomorphism invariant. Thus, the action Sfields must also be
diffeomorphism invariant. For an infinitesimal diffeomorphism along the direction of a vector

~field ξ (not necessarily a Killing vector),

δSfields δSfields

= δgµν
δSfields

+ δΦA = 0 (8.85)
δgµν δΦA

where δgµν = L~ gµν and δΦA =ξ L~ΦA are the Lie derivatives (see Box 8-A) of the metricξ
and of the fields ΦA, respectively.

If we restrict the action to the fields ΦA which are solutions of their field equations,
then (see Sec. 7.2)

δSfields √ (
∂

δΦA =

∫
d4x g

Lfields ∂− µ
Lfields

ΦA ∂ΦA
−∇ δΦ

δ ∂(∇ A = 0 . (8.86)
µΦA)

)
Thus, the second term on the right-hand side of Eq. 8.85 vanishes and, as a consequence,
also the first term must be zero. Using Eqs. 7.47 and 7.52, this gives∫

4 ∂(
√
−gLfields) µν

∫
4 √ (

∂ fields

d x
∂gµν

L~ g = d xξ −g L 1

∂gµν
− gµν

2
Lfields

)
L µν
~ g (8.87)ξ

1
= −

2c

∫
d4x
√
−g TµνL~ gµνξ

1
=

√
− g
c

∫
d4x − Tµνξ

µ;ν = 0 ,

where in the last step we have used L~ gµν =ξ −ξµ;ν − ξν;µ (see Box 8-A) and the symmetry
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of the tensor Tµν , i.e. Tµν(ξµ;ν + ξν;µ) = 2T µ;ν
µνξ . By integrating by parts and applying

Gauss’ theorem, we find ∫
d4x
√
−g T ;ν

µν ξµ = 0

~for any vector field ξ vanishing at the boundary of the integration volume, and thus T ;ν
µν = 0

or, in the usual form,
Tµν ;ν = 0 . (8.88)

Thus, as a consequence of the diffeomorphism invariance of General Relativity, the diver-
genceless equation satisfied by the stress-energy tensor is valid for any metric (not neces-
sarily solution to Einstein’s equations), as long as the fields ΦA are the solutions of the
field equations. Indeed, note that this derivation does not rely on the specific form of the
Einstein-Hilbert action, but only on the diffeomorphism invariance of the latter.
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C H A P T E R

The Schwarzschild solution

9

The Schwarzschild solution was derived by Karl Schwarzschild in 1916. It describes the
gravitational field exterior to a static, spherically symmetric, non-rotating body; in addi-
tion, it describes a non-rotating black hole. Even though it was the first exact solution of
Einstein’s equations ever found, a complete understanding of the Schwarzschild spacetime
was achieved much later, in the mid-sixties of the 20th century.

It is interesting to know that Schwarzschild’s paper was communicated to the Berlin
Academy by Einstein on the 13th of January 1916, about two months after the publication
of Einstein’s seminal papers on the theory of General Relativity. In those years Schwarzschild
was very ill, since he had contracted a fatal disease in 1915, while serving the German army
at the eastern front. He died on the 11th of May 1916, and during his illness he wrote
two papers on the newborn theory of General Relativity, one describing the solution which
we are going to derive and discuss in this chapter, and the second describing the interior
solution for a static, spherically symmetric star of constant density, which we shall discuss
in Chapter 16.

9.1 STATIC AND SPHERICALLY SYMMETRIC SPACETIMES
We wish to find an exact solution of Einstein’s equations in vacuum, which is static and
spherically symmetric. This will be the relativistic generalization of the Newtonian potential

GM
Φ(r) = − , (9.1)

r

and will describe the gravitational field in the exterior of a spherically symmetric, non-
rotating body. Let us see how the symmetries of the problem can be used to simplify the
expression of the metric tensor.

a) Symmetry with respect to time transformations

When dealing with symmetries with respect to transformations of the time coordinate, it
is important to distinguish between stationary and static spacetimes.

~A spacetime is stationary if it admits a timelike Killing vector field k. As explained in
Sec. 8.2, from the Killing equation it follows that, by a suitable choice of the coordinate
system, the metric of a stationary spacetime can be made independent of time,

∂gαβ
= 0 . (9.2)

∂x0

~A spacetime is static if it admits a hypersurface-orthogonal, timelike Killing vector field k.

151
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In this case, as shown in Sec. 8.4, we can choose the vectors of the coordinate basis in such a
~way that, at each spacetime point, ~e(0) coincides with k, and the remaining basis vectors are

~tangent to the surfaces at which k is orthogonal, so that in this frame kµ = (k0(xi), 0, 0, 0)
(as usual, Greek indices run from 0 to 3, and Latin indices run from 1 to 3). Consequently,
the line element takes the simple form

ds2 = g00(xi)(dx0)2 + gkj(x
i)dxkdxj , (9.3)

where
~ ~ ~g00 = g(k, k) = k · ~k . (9.4)

Thus, if the spacetime is static the metric tensor is not only independent of time, but also
invariant under time reversal t → −t. Note that if terms like dx0dxi were present in the
line element, this would not be true.

b) Spatial symmetry

Using the assumption of spherical symmetry, it is possible to express the spatial part of the
metric in a simple form. To this aim, we “fill” the space with concentric spherical surfaces,
which we describe with spherical coordinates x2 = θ and x3 = ϕ (see Box 2-C). With this
choice, the line element of a two-sphere of radius a is (see Eq. 3.69)

ds2 = g (dx2)2 + g (dx3)2 = a2(dθ2 + sin2 2
(2) 22 33 θdϕ ) . (9.5)

The surface of this sphere is

A =

∫
√ π 2π

g dθ 2
(2) dϕ =

∫
a sin θdθ

∫
dϕ = 4πa2 , (9.6)

0 0

where g(2) = a4 sin2 θ is the determinant of the metric 9.5. The length of its maximum
circumference (we consider, without loss of generality, the circumference on the equatorial
plane, θ = π/2) is

C =

∫ 2π√ 2π

gϕϕ(θ = π/2)dϕ =
0

∫
a sin(π/2)dϕ = 2πa , (9.7)

0

and the ratio between the two is A/C = 2a. The assumption of spherical symmetry implies
that the function a does not depend on (θ, ϕ) but is an arbitrary function of the remaining
coordinates x0, x1

ds2
(2) = a2(x0, x1)(dθ2 + sin2 θdϕ2) . (9.8)

Since in addition the spacetime is static, the metric tensor does not depend on time; therefore
a = a(x1). We are now free to make a coordinate transformation and choose

r = a(x1) . (9.9)

Thus, we define the radial coordinate r as being half the ratio between the surface and
the circumference of the two-sphere, as it is in flat space. However, we anticipate that the
coordinate r is not the distance between the center of the sphere and the surface, as we
shall later show.

Let us now consider two two-spheres with radii r and r + dr, respectively, as shown in
Fig. 9.1. We choose the coordinates θ, ϕ on each sphere such that: i) the poles of the spheres
are aligned along the same axis (the axis x3 in Fig. 9.1), ii) the coordinate ϕ is measured
having the axis x1 as a reference.



The Schwarzschild solution � 153

x

x

x

2

3

1

k𝜗

φ

p'

p

r

r+dr

k

𝜁

Figure 9.1: Choice of coordinates on the two-spheres filling the space. Poles are aligned along the
axis x3, whereas ϕ is measured as a counterclockwise rotation angle with respect to the axis x1.

~With this choice, the vector ζ joining the points p and p′ which have the same values
of θ = θk and ϕ = ϕk (see Fig. 9.1), is orthogonal to both spheres. If we now extend this

~choice to all the two-spheres filling the space, ζ will be a vector field orthogonal, at each
~space point, to one of these two-spheres, i.e. ζ is a hypersurface-orthogonal vector field. We

can thus choose the three spacelike basis vectors as follows: i) ~e(r) is parallel, at each space
~point, to ζ, and ii) ~e(θ) and ~e(ϕ) are tangent to the coordinate lines ϕ = const, θ = const,

respectively, i.e. tangent to the two-spheres. With this choice, the basis vector ~e(r) will be
orthogonal to ~e(θ) and ~e(ϕ). Consequently

grθ = ~e(r) · ~e(θ) = 0, grϕ = ~e(r) · ~e(ϕ) = 0 ; (9.10)

thus, the line element of the three-space becomes

ds2 = g 2 2 2 2 2
(3) rrdr + r (dθ + sin θdϕ ), (9.11)

and that of the four-dimensional spacetime given in Eq. 9.3 reduces to

ds2 = g00(dx0)2 + grrdr
2 + r2(dθ2 + sin2 θdϕ2) . (9.12)

The metric components g00 and grr could, in principle, depend on (r, θ, ϕ). However, this
is not the case for a spherically-symmetric metric. Indeed, if we choose a new set of global
polar coordinates (θ′, ϕ′) to label the points on the concentric two-spheres which fill the
space, neither ~e(0), nor ~e(r), will be affected by this change, being orthogonal to the new
basis vectors ~e(θ′) and ~e(ϕ′) tangent to the two-spheres; therefore g00 = ~e(0) · ~e(0) and
grr = ~e(r) · ~e(r) cannot depend on the angular coordinates. Consequently

g00 = g00(r), and grr = grr(r) . (9.13)

Summarizing, the line element of a static and spherically-symmetric spacetime can always
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be written as
ds2 = g00(r)(dx0)2 + g 2 2 2 2 2

rr(r)dr + r (dθ + sin θdϕ ) . (9.14)

It is convenient to rewrite the metric in the following form

ds2 = −e2ν(r)(dx0)2 + e2λ(r)dr2 + r2(dθ2 + sin2 θdϕ2) , (9.15)

where
g00(r) = −e2ν(r) , and grr(r) = e2λ(r) . (9.16)

Let us now compute the proper distance between two points P1 = (x0, r1, θ, ϕ), and P2 =
(x0, r2, θ, ϕ) (with the same x0, θ and ϕ)

l =

∫ r2

eλdr . (9.17)
r1

As anticipated above, the proper distance between two points having the same values of the
time and of the angular coordinates (θ, ϕ) does not coincide with (r2 − r1). This is due to
the fact that, unless the spacetime is flat and eλ = 1, the presence of the gravitational field
distorts the spacetime and changes the metric relations among points with respect to those
existing in flat spacetime.

9.2 THE SCHWARZSCHILD SOLUTION
We can now write the components of the Einstein tensor Gµν = Rµν − 1gµνR in terms2
of the metric tensor 9.15. By replacing in the expression of the Ricci tensor, Eq. 4.54, the
Christoffel symbols computed in Box 9-A (we leave the explicit computation as an exercise)
we find

1
G00 = e2ν d r(1

r2 dr
− e−2λ) , (9.18)

1 2
Grr = − e2λ

[
1 e−2λ +

]
ν,r , (9.19)

r2

,r
G

(
−

r
ν

θθ = r2e−2λ

[
λ,r

ν,rr + ν2

)
,r +

r
− ν,rλ,r − , (9.20)

r

Gϕϕ = sin2 θ G

]
θθ . (9.21)

The remaining components vanish identically. Since we are looking for a vacuum solution,
the equations to solve are

Gµν = 0 . (9.22)

Equation 9.18 gives

e2λ 1
= , (9.23)

1− K
r

where K is an integration constant. Equation 9.19 then gives

1 K
ν,r = , (9.24)

2 r(r −K)

the solution of which is

1 K 2ν

(
K

ν = log (1
2

− ) + ν0, e = 1
r

→ −
r

)
e2ν0 , (9.25)
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and ν0 is an integration constant. We can rescale the time coordinate

x0 → e−ν0x0 , dx0 → e−ν0dx0 , (9.26)

in such a way that

K
g (dx0)2

00 = −e2ν(dx0)2 → −e2νe−2ν0(dx0)2 = −
(

1− (dx0)2 . (9.27)
r

)
Owing to the staticity of the spacetime, the rest of the metric is not affected by the rescal-
ing 9.26.

The final form of the solution is 1

ds2 = −
(

K dr
1−

)
2

c2dt2 + + r2

r K
1−

r

(
dθ2 + sin2 θdϕ2

)
. (9.28)

This metric is said to be asymptotically flat, since at asymptotic infinity (when r → ∞)
it reduces to Minkowski’s metric in spherical coordinates. It is easy to check that the so-
lution 9.28 satisfies also the equation Gθθ = 0 (see Eq. 9.20), which can be shown to be a
consequence of G00 = 0 and Grr = 0 (see Eqs. 9.18 and 9.19).

In order to understand what is the meaning of the integration constant K we go back
to Sec. 6.1, where we showed that in the weak-field, stationary limit, the geodesic equations
reduce to the Newtonian equations of motion provided

g00 = −
(

2Φ
1 +

)
, (9.29)

c2

where Φ is the Newtonian potential, solution of the Poisson equation 6.2. Since we are look-
ing for a solution describing the gravitational field in the exterior of a spherical distribution
of matter, we know from Newtonian gravity that Φ = −GM and hence in the weak-field,r
stationary limit

2
g00 = −

(
GM

1−
c2r

)
; (9.30)

from Eq. 9.28 we see that

g00 = −e2ν = −
(

K
1− . (9.31)

r

)
Comparing Eq. 9.30 with Eq. 9.31 we find

2GM
K = . (9.32)

c2

The static, spherically symmetric solution of Einstein’s equations is then

2

ds2 2−
(

GM
1− c2dt2

dr
= + + r2 dθ2 + sin2 θdϕ2 . (9.33)

c2r

)
2GM

1−
c2r

( )
The metric 9.33 is called the Schwarzschild solution. We shall indicate the coordinates
(t, r, θ, ϕ) as the Schwarzschild coordinates.

1If r > K, then 1− K > 0, therefore g00 < 0, g11 > 0 and the exponentials e2ν , e2λ are both positive,
r

but – as we shall discuss in Sec. 9.4 – it may occur that 1− K < 0; in this case the exponentials are negative
r

and their arguments are imaginary functions. However, the replacement g00 = −e2ν , g11 = e2λ is only used
in the course of this derivation. Hereafter, we shall write the metric components in the form 9.28 (or in
analogue forms, e.g. Eq. 9.33 below).
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The constant K is equal to the physical mass of the solution multiplied by the factor
2G
c2 and it has dimensions of a length. The quantity

2GM
RS = (9.34)

c2

is called Schwarzschild radius and plays a crucial role in the interpretation of the met-
ric 9.33, as we shall discuss in the next section.

In geometrized units G = c = 1 (see Box 9-B), the Schwarzschild solution reads

2
ds2 = −

(
m

1−
)
dt2

dr2

+ + r2 +
r 2m

1−

(
dθ2 sin2 θdϕ2

r

)
, (9.35)

where m is related to the physical mass M by

GM
m = , (9.36)

c2

and is called the geometrical mass.
Being static and spherically symmetric, the Schwarzschild metric admits four Killing

vector fields (see Sec. 8.2): one timelike vector field, associated to time translations, and the
three Killing vector fields of a spherical surface, given in Eq. 8.45:

∂~k ≡ , (9.37)
∂t

m~ (1) ∂≡ ,
∂ϕ

(2) ∂ ∂
m~ ≡ sinϕ + cosϕ cot θ ,

∂θ ∂ϕ

m~ (3) ∂ ∂≡ cosϕ − sinϕ cot θ .
∂θ ∂ϕ

~In the following we shall use the Killing vectors k and m~ ≡ m~ (1). In coordinates (t, r, θ, ϕ),
their components are

kµ = (1, 0, 0, 0) (9.38)

mµ = (0, 0, 0, 1) .
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Christoffel’s symbols of the Schwarzschild spacetime

The Christoffel symbols of the metric 9.15,

ds2 = −e2ν(r)(dx0)2 + e2λ(r)dr2 + r2(dθ2 + sin2 θdϕ2) , (9.39)

can be easily computed using Eq. 3.68,

γ 1
Γβµ = gγα(gαβ,µ + gαµ,β

2
− gβµ,α) . (9.40)

The non-vanishing ones are (we leave the explicit computation to the reader as an
exercise):

Γr = e2(ν
00

−λ)ν,r Γ0
0r = Γ0

r0 = ν,r Γrrr = λ,r

Γrθθ = −re−2λ Γθrθ = Γθθr = 1 Γϕrϕ = Γϕr ϕr = 1
r (9.41)

Γrϕϕ = −r sin2 θe−2λ Γθϕϕ = − ϕ ϕsin θ cos θ Γθϕ = Γϕθ = cot θ .

By replacing e2ν = e−2λ = 1− 2m in Eq. 9.41, we find that the non-vanishing Christoffelr
symbols of the Schwarzschild spacetime are:

Γ0
0r = Γ0 m 2m −1 r m

r0 = r2

(
1− r

)
Γ00 = r2

(
1− 2m

)
Γr = −m 1− 2m

2

−1

r rr r r

Γr = −(r − 2m) Γr = −(r − 2m) sin2 ϕ

(
θ Γ

)
θ ϕϕ θ rϕ = Γϕϕr = 1

r

Γθ = Γθ = 1 Γθ = − cos θ sin θ Γϕ = Γϕrθ θr r ϕϕ rϕ ϕr = cot θ .
(9.42)

Box 9-A
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Geometrized units

It is easy to check that RS = 2GM
c2 has the dimension of a length. Indeed the constants

G and c, whose values are (see Table A)

G = 6.674× 10−8 cm3

, c = 2.998× 1010 cm/s ,
g s2

have dimensions
(length)3 (length)

[G] = , [c] = ;
(mass) (time)2 (time)

therefore [
G

c2

]
(length) G

= , with = 7.425× 10−29cm g
(mass) c2

· −1 . (9.43)

It is often convenient to use geometrized units putting

G = c = 1 . (9.44)

In these units, masses, lengths, and time have the same dimensions. To recover a
quantity in physical units, it is necessary to multiply it by suitable powers of G and c.
For example, the quantities

GM GM
M , , , (9.45)

c2 c3

have the same expression in geometrized units, but their physical dimensions are those
of mass, length, and time, respectively. Likewise the quantity

GM
m = (9.46)

c2

has the dimension of a length, and it is usually referred to as the geometrical mass or
the gravitational radius. As an example, the mass of the Sun, M = 1.989× 1033 g,�
in geometrized units is

GM
m =

�
= (7.425× 10−29) · (1.989× 1033) cm = 1.477 km . (9.47)�

c2

Two useful conversion factors are the following:

m = 1.477 km = 4.926× 10−6 s . (9.48)�

While geometrized units G = c = 1 are convenient in General Relativity, there exist
other possible choices, such as those in which ~ = c = 1, mostly used in Quantum Field
Theory. We note that in the G = c = 1 units the mass has the dimension of a length,
and Planck’s constant has the dimension of a length squared; its value is ~ = l2

P
, where

lP = 1.616× 10−33 cm is called Planck length. In the ~ = c = 1 units, instead, the mass
has the dimension of an inverse length, while Newton’s constant has the dimension of
a length squared (with G = l2

P
). In physical units, l2

P
= ~G/c3.

Box 9-B
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9.3 SINGULARITIES OF THE SCHWARZSCHILD SOLUTION
For the sake of simplicity, to hereafter we shall use the geometrized units introduced in
Box 9-B and we will refer to the Schwarzschild solution in the form 9.35. An inspection of
the metric shows that

when r → 2m : g00 → 0 , grr →∞ , (9.49)

r → 0 : g00 →∞ , grr → 0 .

In both cases, the components of the metric tensor are singular. Similarly, the (non-
vanishing) components of the Riemann tensor (which can be computed by replacing the
Christoffel symbols of Box 9-A in Eq. 4.18),

Rt
m

rtr = −2

(
2m
)−1

1− (9.50)
r3 r

Rt
1

θtθ = Rt
m

ϕtϕ =
sin2 θ r5

Rθ
m

ϕθϕ = 2 sin2 θ
r5

Rr
1

= Rr
m

θrθ ϕrϕ =
sin2 θ

− ,
r5

are singular both in r = 0 and in r = 2m. However, the fact that the components of these
tensors diverge at some point is not indicative of a physical pathology, since the components
of a tensor depend on the coordinate system. Thus, in principle, there may exist a frame in
which one or both singularities disappear. Indeed we shall show that the two singularities
are of a very different nature.

In order to check whether a singularity is physical or due to an improper coordinate
choice, we must compute quantities that do not change under coordinate transformations,
i.e. scalar quantities. If at least one of the scalars constructed from the Riemann tensor
– the curvature invariants – diverges at some point, we can consider that point as a genuine
curvature singularity, because the spacetime curvature becomes infinite regardless of the
choice of the coordinate frame 2.

The only scalar quantity which is linear in the Riemann tensor is the Ricci curvature
R = gµνRµν (see Eq. 4.20), but for the Schwarzschild solution it does not give useful
information, since in vacuum Rµν ≡ 0, and thus R = 0. The scalars quadratic in the
Riemann tensor are (see Box 7-D):

• RµνR
µν (which also vanishes in vacuum);

• the Kretschmann scalar K1 = RµναβR
µναβ ;

• the Chern-Pontryagin scalar K2 = ε ρσ
µν RµναβRρσαβ .

Further curvature invariants can be constructed at higher polynomial orders in the Riemann
tensor, therefore the number of curvature invariants is infinite 3. For the Schwarzschild
solution the Chern-Pontryagin scalar vanishes identically, whereas the Kretschmann scalar
is

48m2

K1 = , (9.51)
r6

2Actually, the concept of spacetime singularity is subtler than it may appear from this remark. A more
rigorous characterization of singularities in General Relativity will be discussed in Sec. 9.5.1.

3However, it can be shown that all higher-order scalar polynomials in the Riemann tensor are combina-
tions of fourteen independent curvature invariants (see e.g. [117]).
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which is regular at r = 2m, and diverges at r → 0. The higher-order curvature invariants
are also regular at r = 2m and singular at r → 0. We conclude (see Sec. 9.5.2) that r = 0
is a true curvature singularity, whereas r = 2m is only a coordinate singularity, due to
an inappropriate choice of coordinates. Coordinate singularities will be discussed in more
detail in Sec. 9.5, where we shall show that the r = 2m singularity can be removed by a
suitable coordinate choice.

Although r = 2m is not a curvature singularity, this surface has some peculiar properties
which we shall discuss in the next section.

9.4 SPACELIKE, TIMELIKE, AND NULL HYPERSURFACES
In order to analyse the properties of the surface r = 2m, we shall introduce a classification
of hypersurfaces in a curved spacetime. Consider a generic hypersurface

Σ(xµ) = 0 , (9.52)

and a point p on Σ. Let ~n be the normal vector to Σ in p, dual to the gradient one-form

nα = Σ,α . (9.53)

Let xα(λ) be any curve on Σ passing through p, and ~t the tangent vector to the curve,
α

tα = dx in p. The vectors ~n and ~t are orthogonal, indeeddλ

nαt
α ∂Σ dxα dΣ

= = = 0 . (9.54)
∂xα dλ dλ

At any point of the hypersurface we can introduce a locally inertial frame, and rotate its
axes in such a way that the components of ~n are

nα = (n0, n1, 0, 0) and nαn
α = −(n0)2 + (n1)2 . (9.55)

Since ~t is orthogonal to ~n, it follows that

0 1

n tα = −n0t0 + n1t1
t n

α = 0 → = . (9.56)
t1 n0

Consequently, in this frame the tangent vector has components

tα = Λ(n1, n0, a, b) with a, b, and Λ arbitrary constants , (9.57)

and its norm is

tαt
α = Λ2[−(n1)2 + (n0)2 + (a2 + b2)] = Λ2[−nαnα + (a2 + b2)] . (9.58)

We classify Σ as spacelike, timelike, and null hypersurfaces according to the following:

1) nαn
α < 0, → nα is a timelike vector → Σ is spacelike

2) nαn
α > 0, → nα is a spacelike vector
α α

→ Σ is timelike

3) nαn = 0, → n is a null vector → Σ is null .

It should be stressed that the spacelike, timelike, or null nature of a hypersurface is a local
property.

We shall now discuss how the light cones through p are oriented with respect to Σ in
the three cases.
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Figure 9.2: The light cone through a point p of a spacelike hypersurface Σ does not intersect
the hypersurface. A massive/massless particle passing through p can cross Σ in only one direction
(along the positive direction of the x0 axis).
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n
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Figure 9.3: The light cone through a point p of a timelike hypersurface Σ intersects the hypersur-
face. A massive/massless particle passing through p can cross Σ inwards and outwards.

1. If nαn
α < 0, from Eq. 9.58 it follows that tαt

α > 0, i.e. ~t is spacelike. This is true for
all tangent vectors to the curves laying on Σ and passing through p. Consequently,
no tangent vector to Σ in p lies inside, or on the light cone through p (see Fig. 9.2).
Particles passing through p must move inside the light cone if they are massive, or on
the light cone if massless; since all particles must move in the positive time direction
to preserve causality, a spacelike hypersurface can be crossed only in one direction.

2. If nαn
α > 0 , then t α

αt can be positive, negative, or null depending on the value of
a2 + b2. Therefore tangent vectors can lie inside, outside, or on the light cone, which
cuts the surface Σ as in Fig. 9.3 . Consequently a timelike hypersurface can be crossed
inwards and outwards.

3. If n α α α
αn = 0, then tαt is positive (t is spacelike), or null if a = b = 0. In this case

there is only one tangent vector (and all its multiples) to Σ in p which lies on the light
cone, as shown in Fig. 9.4. Consequently a null hypersurface can be crossed only in
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n t=

Σ

p

Figure 9.4: The light cone through a point p of a null hypersurface Σ is tangent to the hypersurface.
A massive/massless particle passing through p can cross Σ only in one direction. Note that in this
case, since nµnµ = 0, the normal vector is also a tangent vector.

one direction. In addition, while massive particles have to cross the surface, massless
particles can either cross the null hypersurface, or move on.

For example, in Minkowski’s spacetime t = const is a spacelike hypersurface, and massive
or null particles can cross it only in one direction without violating causality; xi = const
(with i = 1, . . . , 3) is a timelike hypersurface, and massive or null particles can cross it in
either directions; xi − ct = const (with i = 1, . . . , 3) is a null surface: massive particles can
cross it only in one direction, whereas massless particles can also move on the null line along
which the light cone is tangent to the surface.

9.4.1 Constant radius hypersurfaces in Schwarzschild’s spacetime
Let us consider a generic hypersurface r = const in the Schwarzschild geometry

Σ = r − const = 0 . (9.59)

The norm of the normal vector is

nαn
α = gαβ

m
nαnβ = gαβΣ,α ,β = grr

2
Σ Σ2

,r =

(
1−

r

)
, (9.60)

therefore

r > 2m → nαn
α > 0, Σ is timelike

r = 2m → nαn
α = 0, Σ is null

r < 2m → nαn
α < 0, Σ is spacelike .

It should be stressed that, for the Schwarzschild spacetime, the property of the hypersurfaces
Σ = r − const = 0 of being timelike, spacelike, or null holds for any time and for all points
on the hypersurfaces, due to the staticity and spherical symmetry of the metric.

Consider for example the hypersurfaces Σ1 and Σ2 shown in Fig. 9.5. Any signal which
starts at some point of Σ1 can be sent either toward the singularity at r = 0 or outwards,
since Σ1 is timelike. Conversely, a signal which starts at a point of Σ2 in the interior of
r = 2m must necessarily move in one direction since Σ2 is spacelike and, as we shall later



The Schwarzschild solution � 163

horizon

singularity

Σ
1

Σ2

Figure 9.5: The timelike (Σ1) and spacelike (Σ2) hypersurfaces in Schwarzschild spacetime. The
dashed circle represents the horizon r = 2M , and the point at the center represents the curvature
singularity r = 0.

show, it is forced to go inwards, and be captured by the singularity in a finite amount of
proper time. The hypersurface r = 2m is null, and sets the transition from spacelike to
timelike hypersurfaces. From Eqs. 9.4 and 9.35 it follows

~g00 = k · ~k = −
(

2m
1−

r

)
; (9.61)

~therefore on r = 2m the timelike Killing vector k becomes null and it is spacelike for r < 2m.

Since nothing, not even light, can escape r = 2m, this hypersurface is called the event
horizon. The Schwarzschild radius 9.34 coincides with the location of the event horizon of
the Schwarzschild solution.

Thus, the Schwarzschild solution describes not only the spacetime exterior to a static,
spherical distribution of matter, but also a more mysterious object which is called black
hole. A black hole is a region of spacetime surrounded by an event horizon. It owes this
name to the fact that no signal sent by an observer inside the horizon toward the exterior
can ever cross this surface and reach an observer outside. Strictly speaking, there is no way
to directly see a black hole, since the latter appears as a “black region” in the spacetime
(hence the name).

In the next chapters, we shall see that black holes are not only curious solutions of
Einstein’s equations in vacuum, but they actually exist for real in our universe, as shown
by astrophysical and gravitational wave observations.

9.5 SINGULARITIES IN GENERAL RELATIVITY
9.5.1 Geodesic completeness
How can we define a singularity in General Relativity? This is not a trivial issue, since
singularities (either curvature or coordinate ones) do not belong to the spacetime manifold.
As discussed in Sec. 9.3, looking at the singular points of the metric components gµν can
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be misleading: changing coordinates some of them could be mapped to regular points, some
others could be mapped to infinity.

We clarify the last remark with an example. Let us consider a two-dimensional manifold
with metric

2 1
ds = dx2 + dy2 . (9.62)

(x2 + y2)2

Since the metric components are singular at (x,

(
y) = (0, 0),

)
one may think that this point

(or, more precisely, this limit) is a singularity. However, the manifold with metric 9.62 is
just the flat Euclidean space in a particular coordinate frame; indeed, changing to the frame
(x′, y′) with

x
x′ = , (9.63)

x2 + y2

y
y′ = ,

x2 + y2

the metric 9.62 becomes ds2 = (dx′)2 + (dy′)2 (we leave the proof as an exercise). In
the coordinates (x′, y′), the point (x, y) = (0, 0) is the limit (x′, y′) → (∞,∞) (the so-
called “point at infinity”). Obviously, the point at infinity does not belong to the manifold
(remember that a manifold is an open set, see Chapter 2), but this does not mean that the
Euclidean space is singular. We can conclude that, although (x, y) = (0, 0) does not belong
to the manifold, it should not be considered a singularity because it is just the point at
infinity in disguise.

This example suggests a way to characterize the singularities: they can be seen as a sort
of “hole”, or “edge” of the spacetime, which does not belong to the manifold, but which can
actually be reached by a physical object. If, instead, the spacetime is ill-defined in a certain
limit ((x, y)→ (0, 0), i.e. (x′, y′)→ (∞,∞) in the example above) which cannot be reached
by physical objects, such limit should not be considered as a singularity.

We now introduce a formal, coordinate-invariant definition of singularities based on
the following property: a spacetime is geodesically complete if every timelike and null
geodesic can be extended to arbitrarily large values of the affine parameter. If the spacetime
admits at least one incomplete (i.e., which cannot be extended) timelike or null geodesic,
the spacetime is geodesically incomplete 4. We say that the spacetime has a singularity
if it is geodesically incomplete.

Coming back to the manifold with metric 9.62, no geodesic going towards (x, y) = (0, 0)
reaches that limit for a finite value of the affine parameter. For instance, the geodesic
(x′(λ), y′(λ)) = (λ, 0) in the coordinates (x, y) has the form (x(λ), y(λ)) = (λ−1, 0), and
x→ 0 as λ→∞.

We remark that this definition applies both to curvature and coordinate singularities.
In the following we shall discuss the difference between these two classes of singularities,
and how a coordinate singularity can be removed.

9.5.2 How to remove a coordinate singularity
Some singularities can be removed with the following procedure. Let M be a spacetime
manifold with a (timelike or null) geodesic which cannot be extended beyond a finite value
of the affine parameter. Let gµν be the components of the metric tensor in a given coordi-
nate frame {xµ}, defined in a domain U ⊂ R4. We remark that, by definition, the metric

4We only consider timelike and null geodesics because unlike spacelike geodesics, which cannot be asso-
ciated to the motion of physical objects, they describe the motion of massive and massless particles, i.e. of
observers and signals.
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components gµν and the components of the inverse metric, gµν , are regular in U (the latter
requirement is equivalent to g = det(gµν) = 0 in U). To remove the singularity we follow
these steps:

• We choose a new coordinate frame {xα′}. The domain V ⊂ R4 of the new coordinates
is the image of U through the coordinate transformation; we choose the transformation
xµ → ′

xα such that the metric components gα′β′ are regular and invertible in a larger
domain in R4, V ′ ⊃ V .

• Let M′ be the manifold described by the coordinates { ′
xα } defined in the larger

domain V ′, endowed with the metric tensor gα′β′ . We have

M′ ⊃M . (9.64)

We say that the spacetime has been extended if we consider the larger manifold
5

M′
as the spacetime manifold .

The singularity corresponding to the incomplete geodesic has been removed if, in the new
spacetime, that geodesic can be extended to arbitrarily large values of the affine parameter.

As anticipated above, only some singularities can be removed with this procedure. They
are called coordinate singularities. Those which cannot be removed are true spacetime
singularities, and are called curvature singularities. As discussed in Sec. 9.3, curva-
ture invariants are regular on coordinate singularities, while they can diverge approaching
curvature singularities.

If several coordinate singularities are present the above procedure can be repeated,
further extending the spacetime manifold. Once all coordinate singularities are removed, we
have the maximal extension of the spacetime: in this case, all (timelike or null) geodesics
which cannot be extended to arbitrarily large values of the affine parameter correspond to
true curvature singularities.

In the following we shall discuss a simple example of spacetime with a coordinate singu-
larity: the Rindler spacetime, which presents interesting similarities with the Schwarzschild
geometry. Subsequently, we shall discuss how to remove the r = 2m singularity of the
Schwarzschild spacetime.

5For simplicity, we have assumed that the manifoldM is described by a single chart, mapping the entire
M to U , andM′ to V . If, instead, a system of charts is needed to describe the manifoldM (see Sec. 2.1.3),
then the manifold M′ is described by the same charts, with U replaced by V .

6
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Some remarks on coordinate singularities

A metric space M (i.e. a manifold endowed with a metric tensor, see Sec. 2.5) is
called extendible if it coincides with a subset of another metric space M′, and the
metric of M′, restricted to this subset, coincides with the metric of M. It has been
argued (see e.g. [47, 114, 56]) that the spacetime describing the Universe should be
inextendible. This assumption means that our spacetime is a maximal extension, and
all singularities are curvature singularities. Many authors assume inextendibility in
modelling the spacetime, although strictly speaking there is no actual proof of this
conjecture.
Thus, when we refer to curvature singularities as “true” spacetime singularities, and
to coordinate singularities as mere artifacts of an inadequate choice of the coordinate
frame, we are implicitly assuming that the spacetime is inextendible.

9.5.3 Extension of the Rindler spacetime
The metric of the Rindler spacetime in two spacetime dimensions is

ds2 = −x2dt2 + dx2, −∞ < t <∞, 0 < x <∞ . (9.65)

The metric 9.65 is singular at x→ 0. Indeed, the determinant g vanishes in this limit, and
gµν diverges.

Let xµ(τ) be a timelike geodesic in this spacetime, with proper time τ (we remind that
the proper time is an affine parameter for timelike geodesics, see Chapter 3) and four-
velocity uµ = dxµ . Since the metric is independent of time, it admits a timelike Killingdτ

~vector k with components, in the frame (t, x), kµ = (1, 0). According to Eq. 8.52, and

calling − ~E the constant of motion associated to the Killing vector k (see Sec. 10.3 for a
physical interpreation of this constant),

kαu
α = g α β 2 0

αβk u = −x u = const ≡ −E , (9.66)

therefore

u0 dt E
= = . (9.67)
dτ x2

Since the norm of the vector tangent to a timelike geodesic parametrized with proper time
is −1,

2 2

uµuν
dt dx

gµν = −x2

( )
+

dτ

(
dτ

)
= −1 , (9.68)

it follows that (
dx
)2

E2 dx E2

= − 1 = 1
dτ x2 dτ

±
√
x2
− , (9.69)

hence, choosing the solution moving towards the singularity (i.e., dx < 0) and settingdτ
x(τ = 0) = x0 and τ(x = 0) = τ̄ ,

0 xdx
τ̄ = τ(0)− τ(x0) = −

∫
√ = E −

√
E2 − x2

0 . (9.70)
E2 2

x0 − x

Box 9-C
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Figure 9.6: The Rindler spacetime in the coordinates (t, x). The logarithmic curves are, respec-
tively, outgoing (u = const) and ingoing (v = const) null geodesics.

Thus, a particle starting its motion at some point x0 reaches x = 0 in a finite interval τ̄
of the affine parameter: the Rindler spacetime is geodesically incomplete. However, as can
easily be checked, the curvature scalars do not diverge at x = 0, therefore this could be
a mere coordinate singularity, which might be removed with a coordinate transformation.
Unfortunately, a systematic approach to the problem of finding the coordinates which allow
to extend the spacetime does not exist. We shall describe a procedure which is based on the
behaviour of null geodesics, and which – as can be seen a posteriori – in some cases allows
to find the appropriate transformation to remove a coordinate singularity.

Let xµ(λ) be a null geodesic, with affine parameter λ and tangent vector

uµ
dxµ

= . (9.71)
dλ

Since the geodesic is null,

gµνu
µuν = −x2

( 2 2
dt dx

+ = 0 , (9.72)
dλ

) (
dλ

)
hence (

dt
)2

1
= . (9.73)

dx x2

The solution of this equation
t = ± log x+ const, (9.74)

shows that there are two families of null geodesics belonging to the + and − sign, respec-
tively. As can be seen from Fig. 9.6, the “+” sign identifies the outgoing geodesics, for
which time increases as x increases, whereas the “−” sign identifies the ingoing geodesics,
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for which time increases as x decreases. Accordingly, we can define the null outgoing and
ingoing coordinates

u = t− log x and v = t+ log x . (9.75)

They are constant along any outgoing or ingoing geodesic, respectively. Since dudv = dt2−
x−2dx2 and ev−u = x2, the metric 9.65 becomes

ds2 = −ev−ududv. (9.76)

The coordinates u and v are defined in the range (−∞,+∞), and cover the original region
x > 0, −∞ < t < +∞. Since the singular point x = 0 (with t finite) is mapped to the point
at infinity (u, v) → (+∞,−∞), the coordinate frame (u, v) does not allow to extend the
spacetime, i.e. to apply the procedure described in Sec. 9.5.2.

We shall now define a new coordinate system (U, V ), such that along any null geodesic,
one coordinate is an affine parameter and the other is constant. In this new frame it will be
possible to extend the spacetime and remove the coordinate singularity x = 0.

Let us consider an outgoing null geodesic, u = const, and the timelike Killing vector
~field k admitted by Rindler’s metric. From Eqs. 9.66 and 9.71 it follows that

kαu
α = gαβk

αuβ
x2

= −x2u0 = const ≡ −E, → dλ = dt . (9.77)
E

Since along a u = const geodesic dt = 1d(u+ v) = 1dv, we get2 2

x2 ev−u
dλ = dv = dv = Cevdv (9.78)

2E 2E

where C = e−u/(2E) is constant. In the same way, if we consider an ingoing null geodesic
v = const,

x2 ev−u
dλ = du = du = C ′e−udu (9.79)

2E 2E

with C ′ = ev/(2E) constant. If we define

U(u) = −e−u

V (v) = ev , (9.80)

from Eqs. 9.78 and 9.79 it follows that along a null outgoing geodesic dλ = CdV , and along
a null ingoing geodesic dλ = C ′dU . This means that on null outgoing geodesics

λ = CV + const , (9.81)

and on null ingoing geodesics
λ = C ′U + const . (9.82)

Eqs. 9.81, 9.82 show that V,U are linear functions of λ on null outgoing and ingoing
geodesics, respectively. Thus, since linear transformations map affine parameters into affine
parameters, V is an affine parameter for the outgoing geodesics U = const, and U is an
affine parameter for the ingoing geodesics V = const, i.e. (U, V ) are the coordinates we were
looking for.

Since dU = e−udu and dV = evdv, in the new coordinates the line element 9.76 simply
becomes

ds2 = −dUdV . (9.83)

This metric is clearly free of singularities.
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Figure 9.7: Different coordinate frames for Rindler’s spacetime: (t, x) (with x > 0) is mapped to
(u, v) (with (u, v) ranging in (−∞,+∞)), which is mapped to the region U < 0, V > 0 in the
(U, V ) plane. The (U, V ) coordinates allow to extend the spacetime manifold..

At this point it is useful to remember that the Rindler metric 9.65 was defined in the
region 0 < x < ∞, −∞ < t < ∞ of the (t, x) coordinates; this region was mapped to
−∞ < (u, v) < +∞ in the (u, v) coordinates, which corresponds to the domain U < 0,
V > 0 in the (U, V ) plane (see Fig. 9.7). However, the line element 9.83 is perfectly well-
behaved in the entire (U, V ) plane, −∞ < U < +∞ ,−∞ < V < +∞, therefore we can
extend the original (Rindler) spacetime manifold M to the entire (U, V ) space, and by
defining the new coordinates (T,X) through the transformation

U = T +X , V = T −X , (9.84)

the line element 9.83 becomes
ds2 = −dT 2 + dX2 . (9.85)

This is the metric of the (two-dimensional) Minkowski spacetime in Cartesian coordinates,
defined in the domain −∞ < T < +∞ ,−∞ < X < +∞, i.e. in the Minkowski manifold
M′ ⊃ M corresponding to the entire T − X plane. Indeed, the Rindler metric is just a
boosted version of Minkowski’s metric.

Since, as shown above, x2 = ev−u and U = −e−u, V = ev, it follows that the x → 0
singularity, in the (U, V ) coordinates, is

x2 = −UV → 0 ⇔ U = 0 or V = 0 , (9.86)

i.e. it corresponds to two semiaxes at the boundary of the U < 0, V > 0 region. By extending
the spacetime to the entire (U, V ) plane we include these two semiaxes. Therefore, with this
procedure we have eliminated the coordinate singularity in x = 0 of Rindler’s spacetime
and we have extended the spacetime to a larger manifold.

The relation between the initial coordinates (t, x) and the final coordinates (T,X) in
the region U < 0, V > 0 (we leave the derivation as an exercise) is

2 − 2 1

x = (X T ) 2

t = tanh−1

(
T

X

)
1

= log
2

(
X + T

X − T

)
. (9.87)
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Figure 9.8: Rindler’s spacetime in the (U, V ) coordinates. The curves t = const and x = const,
i.e. the coordinate lines in the initial (t, x) frame, are hyperbolae and straight lines, respectively,
in the (U, V ) frame.

As discussed above, the singularity x = 0 corresponds to the lines T = ±X. From the
second of Eqs. 9.87

T = −X corresponds to t→ −∞ (9.88)

T = X corresponds to t→ +∞ .

The curves x = const are the hyperbolae X2 − T 2 = const, while the curves t = const
correspond to the straight lines

X + T
= const

X − T
→ T = constX . (9.89)

An illustration of the original and extended spacetimes M, M′ is given in Fig. 9.8. The
Rindler space corresponds to the shaded region in the figure.

9.5.4 Extension of the Schwarzschild spacetime
Let us now consider the Schwarzschild spacetime. In the coordinates (t, r, θ, ϕ) the metric
is given by Eq. 9.35, i.e.

ds2 2
= −

(
m

1−
)
dt2

dr2

+ + r2(dθ2 + sin2 θdϕ2) . (9.90)
r 2m

1−
r

Strictly speaking, since the metric 9.90 is not defined at r = 0 and r = 2m, it describes
the union of two disconnected manifolds, M1 with 0 < r < 2M (the black hole interior)
and M2 with r > 2M (the black hole exterior). A timelike geodesic, i.e. the worldline of a
point particle (or of an observer), falling toward the black hole cannot be extended across
r = 2M , since this hypersurface does not belong toM1 ∪M2, and the geodesic terminates
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at a finite value of the affine parameter as 6 r → 2m. However, since r = 2m is not a
curvature singularity, it can be removed with the procedure outline in Sec. 9.5.2.

Let us consider a null geodesic xµ(λ) in the Schwarzschild spacetime 9.90, with θ = const,
ϕ = const. The tangent vector

µ
µ dx dr

= =

(
dt

u , , 0, 0
dλ dλ dλ

)
(9.91)

is a null vector, thus

gµνu
µuν

m
=

(
2− 1−
r

)(
dt

dλ

)2

+

( 1
2m

1−
r

)− (
dr

dλ

)2

= 0 . (9.92)

Hence
2 2

dr 2m dt r
= 1− = , (9.93)

dt r
→

dr
±
r − 2m

the solution of which is

( ) ( )

t = ±r + const (9.94)∗

where
r

r = r + 2m log 1 if r > 2m (9.95)∗

and

(
2m
−

r

)
r = r + 2m log +∗ − 1 if 0 < r < 2m. (9.96)

2m

The coordinate r is called “tortoise”

(
coordinate

)
7. As r → +∞, r ∼ r, while as r → 2m,∗ ∗

r → −∞. In other words, this change of the radial variable “pushes” the horizon to −∞.∗
Thus, as in Rindler’s spacetime, in the Schwarzschild spacetime there exist two congruences
of null geodesics (with θ, ϕ constant) corresponding, respectively, to the + and − sign in
Eq. 9.94, and it is natural to define the null coordinates

u ≡ t− r , v ≡ t+ r . (9.97)∗ ∗

Null outgoing geodesics correspond to u = const, and null ingoing geodesics to v = const.
Note that there are two (u, v) maps, both defined in −∞ < u < +∞, −∞ < v < +∞: one,
with the definition 9.95, corresponding to the manifold M2 (r > 2m); the other, with the
definition 9.96, corresponding to the manifold M1 (0 < r < 2m).

Let us consider the manifold M2 (the black hole exterior) r > 2m. Since

dr 1∗
= , (9.98)

dr 1− 2m
r

the metric in the coordinates (u, v, θ, ϕ) is

2
ds2 = −

(
m

1−
)

(dt2 − dr2) + r2(dθ2 + sin2 θdϕ2)
r ∗

= −
(

2m
1−

)
dudv + r2(dθ2 + sin2 θdϕ2) . (9.99)

r

6Actually, r = 2m is not the unique coordinate singularity of the Schwarzschild spacetime. Other singular
points of the metric 9.90 are θ = 0, π, ϕ = 0, 2π. These coordinate singularities are also present in Minkowski
space in polar coordinates, and can easily be removed with a space rotation (see Box 2-C). These coordinate
singularities are therefore “trivial”, and will not be discussed here. However, as we shall see in Chapter 18,
in other spacetimes the coordinate singularities θ = 0, π can acquire a subtler meaning and have to be
studied in detail.

7 Like the famous Zeno’s tortoise, the coordinate r∗ “never” reaches the horizon r = 2m, but approaches
it logarithmically.
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Note that now r should not be considered as a coordinate: it is a function of the coordinates
u and v, i.e. r(u, v). The metric 9.99 is still singular at r = 2m. As in the Rindler case,
we consider a new coordinate frame (U, V, θ, ϕ) such that – at least near the horizon – V
is an affine parameter of the outgoing null geodesics, while U is an the affine parameter of
ingoing null geodesics.

On null geodesics,

kαu
α = gαβk

αuβ
2m dt

= −
(

1−
r

)
= const

dλ
≡ −E , (9.100)

~where k is the timelike Killing vector field admitted by the Schwarzschild spacetime whose
components, in the (t, r, θ, ϕ) frame, are kα = (1, 0, 0, 0). Moreover, on M2 from Eq. 9.95
we find

r∗ − r ( r 2m 2m r r
−
)

→ −
∗ 2
2
− m r v u

= ln 1 1 = e m = e− 2m e 4
−
m . (9.101)

2m 2m r r r

Therefore, on null outgoing geodesics, where u = const and dt = dv ,2

2
dλ

(
2m dv m r u v dv

= 1−
)

= e− 2m e− 4m e 4m . (9.102)
r 2E r 2E

Similarly, on null ingoing geodesics, v = const and dt = du , therefore2

2
dλ =

(
m v

1−
)
du 2m r u du

= e− 2m e 4m e− 4m . (9.103)
r 2E r 2E

We now define the coordinates

u v
U ≡ −e− 4m , V ≡ e 4m . (9.104)

Near the horizon , as r → 2m, from Eq. 9.102 it follows that, on the null outgoing geodesics
v

U = const, the affine parameter is given by dλ ∝ e 4m dv, and consequently dλ = CdV with
C constant, i.e. V is an affine parameter for outgoing geodesics as in the Rindler case (see
Eq. 9.81).

Similarly, from Eq. 9.103 it follows that, on the null ingoing geodesics V = const, the
u

affine parameter is given by dλ ∝ e− 4m du, and consequently dλ = C ′dU with C ′ constant,
i.e. U is an affine parameter for ingoing geodesics, as in the Rindler case (see Eq. 9.82).

Thus, (U, V ) are the coordinates we were looking for, but we should keep in mind that
in the Schwarzschild case (U, V ) are affine parameters along the null ingoing and outgoing
null geodesics only near the horizon.

In the coordinates (U, V, θ, ϕ), called the Kruskal coordinates, the metric is

2 32m3 r
ds = − e− 2m dUdV + r2(dθ2 + sin2 θdϕ2) (9.105)

r

as can easily be shown by replacing Eqs. 9.101 and 9.104 in Eq. 9.99. The metric 9.105 is
no longer singular on r = 2m.

Note that the coordinates (U, V ) (Eq. 9.104) are defined in the quadrant U < 0, V > 0.
Thus, the spacetime exterior to the black hole, i.e. the manifoldM2, r > 2m in the coordi-
nates (t, r, θ, ϕ), has been mapped to the region U < 0, V > 0 in the Kruskal coordinates.

Since
v−u r∗ r r

UV = −e 4m = −e 2m =
(

1−
2m

)
e 2m , (9.106)
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Figure 9.9: Interior and exterior of a Schwarzschild black hole in Kruskal coordinates. In the right
panel we show the curves at t and r constant.

the limit r → 2m corresponds to U → 0 or V → 0.
Let us now consider the manifold M1 (0 < r < 2m). The null coordinates are defined,

as before, as u = t− r , v = t+ r , but r is now given by Eq. 9.96. The tortoise coordinate∗ ∗ ∗
is always negative, it tends to zero as r → 0, and to −∞ as r → 2M . Since Eq. 9.98 still
holds, the metric in the coordinates (u, v) is given by Eq. 9.99,

ds2 m
= −

(
2

1−
)
dudv + r2(dθ2 + sin2 θdϕ2) . (9.107)

r

Since Eq. 9.96 gives
2m 2m r v

1− = − e− 2m e 4
−u
m , (9.108)

r r

defining
u v

U ≡ +e− 4m , V ≡ e 4m (9.109)

we find the same expression for the metric in Kruskal coordinates given in Eq. 9.105.
The coordinates (U, V ) defined in Eq. 9.109 are defined in the domain U > 0, V > 0.
They are still affine parameters, in the near-horizon limit, of null outgoing and ingoing
geodesics, respectively (Eqs. 9.102 and 9.103 still hold, with the opposite sign). Note that

v−u
the singularity r = 0 corresponds to r = 0, and thus u = v (in M1) and UV = e∗ 4m = 1,
while 0 < r < 2M corresponds to r < 0 (see Eq. 9.96), and thus v u = 2r < 0 and∗ − ∗
UV < 1.

Summarizing, the Kruskal coordinates (U, V, θ, ϕ) describe both the manifolds M1 and
M2 (see Fig. 9.9). In these coordinates, the black hole exterior r > 2m is mapped to the
region (U < 0, V > 0), while the interior 0 < r < 2m is mapped to (U > 0, V > 0 with
UV < 1); the coordinate singularity r = 2m (and t = +∞) corresponds to the semiaxis
(U = 0, V > 0); the curvature singularity r = 0 corresponds to the upper branch of the
hyperbole UV = 1.

In the coordinate frame (U, V, θ, ϕ) the manifold M1 ∪M2 can be extended across the
semiaxis (U = 0, V > 0) separatingM1 andM2, since the line metric 9.105 is not singular
there. Thus, we consider a new manifold,

M⊃M1 ∪M2 , (9.110)
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defined by
V > 0 , UV < 1 . (9.111)

Generally, when studying phenomena which occur near a Schwarzschild black hole such
as the capture of particles, we implicitly consider the extended manifold M: for instance,
as we shall do in the next chapter, we assume that an object falling inside the black hole
crosses the horizon r = 2m which, therefore, has to belong to the manifold. The discussion
in Sec. 9.4 about the r = const hypersurfaces also assumes that the manifold is M, since
r = 2m has been considered as a part of the manifold. However, as explained above in this
section, the coordinates (t, r, θ, ϕ) do not cover the manifold M. Strictly speaking, when
we want to describe the black hole horizon, we should use a coordinate system in which the
r = 2m singularity is removed.

It is customary to define (as in Rindler’s spacetime, see Eqs. 9.84) the coordinates T,X
as

U + V U
T = X =

− V
. (9.112)

2 2

In terms of these coordinates, the metric 9.105 becomes

ds2 32m3 r
= − e− 22m (−dT + dX2) + r2(dθ2 + sin2 θdϕ2) . (9.113)

r

The relation between the coordinate frames (t, r, θ, ϕ) and (T,X, θ, ϕ) is similar to the
expressions obtained in Rindler’s spacetime (Eq. 9.87). Indeed,

v
X2 − T 2

−u r
= −UV = ±e 4m = ±

∗ r r
e 2m = ±e 2m

2m
− 1 (9.114)

where the upper/lower sign refers to the first (U < 0) and second

(
(U

)
> 0) quadrants,

respectively. We also note that

u+v V T +X
t = 2m log e 4m = 2m log

(
±
U

)
= 2m log

∣∣∣
T −X

∣∣∣
spacetime

∣ .

t

∣ (9.115)

While in he case of Rindler’s the coordinates (t, x) are defined in U < 0, V > 0,
in Schwarzschild’s spacetime the coordinates (t, r) are defined in U = 0, V > 0 (i.e., the
exterior and the interior of the black hole), therefore the coordinate transformations are
also defined in a larger domain.

The curves t = const and r = const are shown in the right panel of Fig. 9.9. Eq. 9.115
shows that the t = const curves are straight lines in the U−V (and T −X) plane; Eq. 9.114
that the r = const curves are hyperbolae.

The manifoldM can still be extended: timelike and null geodesics from V = 0 cannot be
continued to large negative values of the affine parameter, unless we extend the manifold to
V ≤ 0. By including the region −∞ < U < +∞, −∞ < V < +∞ with UV < 1, we obtain
the maximal extension of the Schwarzschild spacetime, shown in Fig. 9.10. The dashed line
represents the worldline of an observer falling into the black hole, and the wave-like curves
represent the curvature singularity r = 0.

In the Kruskal coordinates 9.105 the null worldlines with θ, ϕ constant are straight lines
at 45o, i.e. U = const. or V = const.; this can easily be seen from the metric 9.105: any
worldline with tangent vector either (1, 0, 0, 0) or (0, 1, 0, 0) is null. Therefore, the light cones
can be drawn as in Minkowski’s spacetime, and the description of causal connections among
events is easy and intuitive (see Fig. 9.10). In particular, we see that signals from region I
can be sent only to region II; furthermore, there is a copy of region I, i.e. region IV, which is
causally disconnected from I, but can receive signals only from region III and send signals

6
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Figure 9.10: Maximal extension of the Schwarzschild spacetime in Kruskal coordinates. The
dashed line represents the worldline of an observer falling into the black hole. Different regions are
marked with I, II, III, and IV.

to region II only. Region III is often called white hole, since all signals starting in this region
have to escape to regions I or IV across the horizon.

The incomplete (timelike and null) geodesics of the maximally extended manifold cor-
respond to the true singularity r = 0, i.e., in Kruskal coordinates UV = 1. As we shall
show in the next chapter, these geodesics reach the singularity at a finite value of the affine
parameter, and cannot be extended through it; for instance, an observer that falls inside
the black hole reaches the singularity in a finite amount of proper time.

The Kruskal coordinates, besides providing the maximal extension of the Schwarzschild
spacetime, can be useful to clarify an important feature of the horizon. We have shown in
Sec. 9.4 that, since r = 2M is a null hypersurface, it can be crossed in one direction only;
but which is this direction: inwards or outwards? The r = 2M hypersurface in the future
of the events outside the black hole, i.e. in the future of region I, is the semiaxis U = 0,
V > 0, and can only be crossed inwards (see e.g. the worldline shown in Fig. 9.10). The
r = 2M hypersurface in the past of region I is a different hypersurface, the semiaxis V = 0,
U < 0, which can only be crossed outwards. Similarly, the black hole interior in the future
of region I is region II, where the spacelike r = const hypersurfaces can only be crossed
inwards, while the black hole interior in the past of region I is region III, where the spacelike
r = const hypersurfaces can only be crossed outwards.

It should be stressed that the maximal extension of the Schwarzschild spacetime has no
meaning if we consider a black hole as an astrophysical object, formed in the gravitational
collapse of a star. Indeed, it describes an eternal black hole, i.e. one which exists for
t ∈ (−∞,+∞), whereas the stellar collapse occurs at a finite value of t. In particular,
region III cannot exist for an astrophysical black hole, because the semiaxis (U < 0, V = 0)
corresponds to t = −∞ when the black hole was not formed yet. The Kruskal coordinates
are not appropriate to describe the stellar collapse, in which the horizon and the singularity
appear at finite time. In Sec. 9.5.5 we shall show how to describe this process in a different
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coordinate system. Here we only note that we do not have to worry about the meaning of
regions III and IV since they do not exist in astrophysical black holes, and we can leave the
discussion on the existence of other universes (such as regions III and IV of the construction
above) to science-fiction writers.

The final fate of an observer who reaches the singularity is unknown and this poses a
problem for the predictability of the theory and for its self-consistence. On the other hand,
such problem is not severe from an operational point of view, because no signal from the
observer reaching the singularity can be sent outside the black hole: the consistency of
the theory, in a certain sense, is preserved by the existence of the horizon. Roger Penrose
has conjectured that there exists a fundamental principle, the cosmic censorship hypoth-
esis, stating that all singularities in the Universe (with the exception of a possible initial
singularity) are concealed behind a horizon, i.e. that naked singularities cannot exist in
nature. There is no definitive proof of this conjecture, but there are indications supporting
it, at least under some reasonable assumptions about the matter fields that can produce a
singularity, e.g., during a gravitational collapse.

The presence of curvature singularities, although concealed within the event horizon of
black holes, strongly suggests that Einstein’s theory is not the last word on gravity. It is
customary to consider General Relativity as an effective theory which is valid at curvature
scales much smaller than Planckian curvature (∼ 1/l2

P
, where l

P
is the Planck length,

see Box 9-B), above which quantum effects become relevant 8. Near the singularity, the
curvature is so large that higher-order curvature corrections to General Relativity might
become dominant. There are several proposal for such corrections but, at the moment,
none of them is supported by observations. Even if General Relativity will eventually have
to be modified at the Planck scale, the corrections are expected to be negligible for the
astrophysical objects and for the gravitational wave sources discussed in this book.

9.5.5 Eddington-Finkelstein coordinates
The Kruskal coordinates allow to define a maximal extension of the Schwarzschild spacetime
covered by a unique coordinate choice. However, if we are only interested in removing the
coordinate singularity r = 2m between regions I and II, there is a simpler, and more
practical choice: the Eddington-Finkelstein coordinates 9

(v, r, θ, ϕ) −∞ < v < +∞ 0 < r < +∞ . (9.116)

Here, as before, v = t+ r , and the tortoise coordinate is defined in Eqs. 9.95, 9.96, which∗
can be unified in

r
r ≡ r + 2m ln . (9.117)∗

2m
− 1

Let us consider the Schwarzschild metric written

∣∣ ∣∣
as in Eq.

∣∣
9.99

ds2 2m
= −

(
1−

)
(dt2 − dr2) + r2(dθ2 + sin2 θdϕ2) . (9.118)

r ∗

It describes both the M1 and M2 manifolds. Since dt = dv − dr , from Eq. 9.98 we find∗

dt2 − dr2 = dv2 dr− 2dvdr = dv2 dr dv− 2
∗
dvdr = dv2

∗ − 2 , (9.119)∗
dr 1− 2m

r

8 At present, we do not know any physical theory which describes all fundamental interactions including
gravity at the Planck scale and beyond. Such theory of quantum gravity, which would generalize General
Relativity and possibly unify it with the quantum field theories of the Standard Model, is one of the main
challenges of modern physics.

9Strictly speaking, (v, r, θ, ϕ) are the ingoing Eddington-Finkelstein coordinates, while (u, r, θ, ϕ) are
called outgoing Eddington-Finkelstein coordinates. We shall omit this specification because we only consider
the ingoing coordinates, which allow to remove the coordinate singularity between the regions I and II.
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therefore the metric in the Eddington-Finkelstein coordinates is

ds2 = −
(

2m
1−

)
dv2 + 2dvdr + r2(dθ2 + sin2 θdϕ2) . (9.120)

r

This metric covers both the interior and the exterior of the black hole, i.e. the regions I and
II of the Kruskal construction, and is regular and invertible on the horizon r = 2m (the
determinant does not vanish due to the off-diagonal components). Note that on the horizon
v is finite because t → +∞ and r → −∞, while u diverges. All the computations and∗
derivations involving the interior and the exterior of the black hole, such as the study of the
r = const surfaces of Sec. 9.4, can be rigorously performed in the Eddington-Finkelstein
coordinates (note that grr = 1− 2m/r in these coordinates, too).

~t r = 2m
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nst
.

r =
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v = const.
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.

r 
u = const.

Figure 9.11: Finkelstein diagram of a Schwarzschild black hole.

The Finkelstein diagram

A useful way to visualize the Schwarzschild spacetime is the Finkelstein diagram, in which
the axes are (t,̃ r) where

t̃ ≡ v − r = t+ 2m ln

In this diagram the null lines v = const, corresponding

∣∣ r
2m
− 1
∣∣
. (9.121)

to ingoing massless particles, are
straight lines at 45o; the null lines u = const, corresp

∣
onding

∣
to outgoing massless parti-

cles, are hyperbolic curves. These two sets of curves define the light cones centered in any
spacetime point, and allow to establish the causal relations among different events. While
the light cones in the (t, r) plane collapse to lines at the horizon, the light cones in the
Finkelstein diagram remain regular.

Since t̃ ' t for r � 2m and r � 2m, the coordinate t̃ coincides with t far away from
the horizon, but they are very different near to the horizon (where, as we shall discuss in
Chapter 10, the operational definition of the coordinate t is problematic). We also note that
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the coordinate t̃ cannot be considered a “time” inside the horizon, because the vector ∂/∂t̃
is spacelike.

In Fig. 9.11 the coordinate lines r = const are vertical straight lines, whereas t = const
are hyperbolic (dashed) curves; the t̃-axis represents the singularity, and for this reason it
is drawn wave-like.

0

r = 2m
v = const.

u = co
nst.

fluid

r =
 0

~t

~t

r

Figure 9.12: Finkelstein diagram of a stellar collapse originating a Schwarzschild black hole. The
shaded area represents the fluid interior of the star. The curvature singularity (wave-like line) is
formed at t̃ = t̃0. The horizon is represented by the dashed line.

As mentioned above, astrophysical black holes are the result of a gravitational collapse
(see Chapter 16) occurring at some time and producing a singularity for some t = t0. A
qualitative view of the spacetime of a realistic black hole is shown in the Finkelstein diagram
in Fig. 9.12, where the shaded area represents the interior of the star. The r = 0 axis is a
curvature singularity for t̃ ≥ t̃0, i.e. after the singularity forms; for t̃ < t̃0, the r = 0 axis is
simply the (trivial) coordinate singularity at the origin of polar coordinates. The horizon,
represented by the dashed line, is also formed during the collapse.

It is important to stress that, although we have discussed the entire Schwarzschild so-
lution, only the r > 2m region is directly relevant for astrophysical observations: relativity
imposes that no signal can come from the interior of a black hole horizon.

Finally, it is worth mentioning that a useful way to represent the causal structure of
a spacetime is through the so-called Penrose-Carter diagrams. We do not discuss this in-
teresting topic in this book, and we refer the interested reader to more specialized work,
e.g. [90].

9.6 THE BIRKHOFF THEOREM
In Sec. 9.2 we derived the Schwarzschild metric as the solution of Einstein’s equations in
vacuum, under the assumption of staticity and spherical symmetry. This solution describes
the gravitational field external to a non-rotating, spherically symmetric body, the structure
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of which is time-independent. However, the Schwarzschild solution is more general, since, as
shown by George Birkhoff in 1923, it is the only spherically symmetric, asymptotically flat
solution of Einstein’s field equations in vacuum. Thus, to prove Birkhoff’s theorem we need
to relax the assumption that the metric admits a timelike, hypersurface-orthogonal Killing
vector field. We shall now generalize the results of Sec. 9.1, where we showed how to choose
the coordinates by imposing the spherical symmetry, assuming that the metric depends on
time. As in Sec. 9.1 we fill the three-dimensional space with two-spheres, with two-metric
(see Eq. 9.8)

ds2 = a2(x0
(2) , x1)(dθ2 + sin2 θdϕ2) , (9.122)

where a2(x0, x1) is an unspecified function. Contrary to what we did in Sec. 9.1, we shall
now retain the dependence on x0. The basis vectors ~e(θ) and ~e(ϕ) are tangent, respectively,
to the coordinate lines ϕ = const, θ = const, which we choose on the two-spheres. Then, we
align the poles of all spheres as explained in Sec. 9.1; in addition we choose the basis vector

~~e(1) parallel to the vector ζ shown in Fig. 9.1, which joins points with the same values of θ
and ϕ on different spheres. In this way ~e(1) is orthogonal, at each space point, to both ~e(θ)

and ~e(ϕ), and the metric of the three-space can be written as

ds2 = g (x0, x1)(dx1 2
(3) 11 ) + a2(x0, x1)(dθ2 + sin2 θdϕ2) . (9.123)

The metric of the four-dimensional spacetime therefore becomes

ds2 = g00(x0, x1)(dx0)2 + g11(x0, x1)(dx1)2 + 2g (x0, x1
01 )dx0dx1 (9.124)

+a2(x0, x1)(dθ2 + sin2 θdϕ2) .

We now change coordinates from (x0, x1) to (x0, r) where

r = a(x0, x1)

so that the metric becomes

ds2 = g00(x0, r)(dx0)2 + grr(x
0, r)(dr1)2 + 2g0r(x

0, r)dx0dr+ r2(dθ2 + sin2 θdϕ2) . (9.125)

We wish to find a function t(x0, r) such that, if we choose it as a time coordinate, the cross
term gtr in the metric vanishes and the first three terms in Eq. 9.125 can be written as

g (x0, r)(dx0)2 + g (x0, r)(dr1)2 + 2g (x0 0
00 rr 0r , r)dx dr = bdt2 + cdr2 , (9.126)

where b and c are functions of (x0, r) to be determined. Given

∂t ∂t
dt = dx0 + dr , (9.127)

∂x0 ∂r

Eq. 9.126 becomes

g00(dx0)2 + grrdr
2 + 2g0rdx

0dr (9.128)(
∂t
)2

0 2

( 2
∂t ∂

= b (dx ) + b
∂x0 ∂r

)
dr2 t ∂t

+ 2b dtdr + cdr2 ,
∂x0 ∂r

which gives

b

(
∂t

∂x0

)2

= g00 (9.129)

b

(
∂t
)2

+ c = grr
∂r

∂t ∂t
b = g0r .
∂x0 ∂r
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These are three equations for the three unknown functions t(x0, r), b(x0, r), and c(x0, r),
which can in principle be solved. By inverting the function t(x0, r) with respect to x0 and
by replacing the result in b and c, these quantities become functions of (t, r) and the metric
can be written as

ds2 = b(t, r)dt2 + c(t, r)dr2 + r2(dθ2 + sin2 θdϕ2) . (9.130)

As in Sec. 9.2, we replace b(t, r) and c(t, r) with the functions ν(t, r) and λ(t, r), where

b(t, r) = −e2ν(t,r) , c = e2λ(t,r) ,

so that, finally, the metric of a time-dependent, spherically symmetric spacetime becomes

ds2 = −e2ν(t,r)dt2 + e2λ(t,r)dr2 + r2(dθ2 + sin2 θdϕ2) . (9.131)

To prove Birkhoff’s theorem we only need the components Rtr and Rθθ of the Ricci tensor,
which can be computed by replacing the metric 9.131 in Eq. 4.54:

2 ∂λ
Rtr = = 0 , (9.132)

r ∂t

Rθθ = 1− e−2λ

[
∂(ν

1 + r
− λ)

= 0 .
∂r

]
From the first equation in 9.132 it follows that λ must depend only on the radial coordinate
r. Then, from the second equation it follows that

∂ν ∂λ e2λ(r)

= +
− 1

,
∂r ∂r r

i.e. ∂ν depends only on r. Consequently we can write∂r

ν = ν(r) + f(t) , (9.133)

and
ds2 = −e2ν(r)e2f(t)dt2 + e2λ(r)dr2 + r2(dθ2 + sin2 θdϕ2) . (9.134)

The term e2f(t) can be reabsorbed by a coordinate transformation such that

dt′ = ef(t)dt , (9.135)

and the metric finally becomes

ds2 = −e2ν(r)dt2 + e2λ(r)dr2 + r2(dθ2 + sin2 θdϕ2) , (9.136)

where the prime has been suppressed for simplicity. Thus, we have shown that even if we
assume that the metric of a spherically symmetric spacetime depends on time, by suitable
coordinate transformations it can be made time independent. Since, as we have shown in
Sec. 9.1, the only asymptotically flat solution of the vacuum Einstein equations for the
metric 9.136 is the Schwarzschild solution, we have proved the Birkhoff theorem stated at
the beginning of this section.

An important consequence of this theorem is the following. The metric external to
a spherically symmetric star is the Schwarzschild metric even when the star is collaps-
ing, exploding, or radially pulsating. Thus, spherically symmetric systems can never emit
gravitational waves. A similar situation occurs in electrodynamics: a spherically symmetric
distribution of charges and currents does not radiate.
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Geodesic motion in
Schwarzschild’s spacetime

In this chapter we shall study the geodesics of the Schwarzschild spacetime for massive and
massless particles. We shall also study the radial infall of a particle into a black hole, which
will clarify the remarkable properties of the event horizon.

10.1 A VARIATIONAL PRINCIPLE FOR GEODESIC MOTION
The geodesic equations can be derived not only from the Equivalence Principle as shown in
previous chapters, but also from a variational principle, as we shall now show. Let us define
the Lagrangian of a free particle as

1 dxµ dxν 1L (xα, ẋα) = g (xα) ≡ g (xα)ẋµ ν
µν µν ẋ , (10.1)

2 dλ dλ 2

in the space of the curves {xµ(λ), λ ∈ [λ0, λ1]}, and the action

S =

∫
L (xα, ẋα

1
) dλ =

∫
g α
µν(x )ẋµẋνdλ , (10.2)

2

where we have set

ẋµ
dxµ

= . (10.3)
dλ

Massive particles move along timelike geodesics, and we will refer to these curves also as
the worldlines of possible “observers”. For timelike geodesics the affine parameter λ can be
chosen to be the proper time. Massless particles move along null geodesics; since in this
case the proper time cannot be defined, λ can be any affine parameter, as for instance the
proper length of the geodesics from an arbitrary origin λ0.

The Euler-Lagrange equations are obtained by requiring the action S to be extremal
under variation of the curves xµ(λ)

xµ(λ) −→ xµ(λ) + δxµ(λ) , λ ∈ [λ0, λ1] , (10.4)

with
δxµ(λ µ

0) = δx (λ1) = 0 , (10.5)

i.e. by setting to zero the variation of S

δS =

∫ (
∂L

δxα
∂

+
∂xα

L
δ(ẋα) (10.6)

∂xα

)
dλ = 0 .

˙

181
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Since (
dxα

)
dδxα

δ(ẋα) = δ = , (10.7)
dλ dλ

the last term in Eq. 10.6 can be written as

∂L α ∂L dδxα d ∂ ∂
δ(ẋ ) = =

L
δxα

d L
δxα .

∂ẋα ∂ẋα dλ dλ

(
∂ẋα

)
−
dλ

(
∂ẋα

)
When integrated between λ0 and λ1 the first term on the right-hand side vanishes because
of Eq. 10.5, therefore Eq. 10.6 yields

∂ d ∂
δS =

∫ [
L −

(
L
)]

δxαdλ = 0 , (10.8)
∂xα dλ ∂ẋα

which is satisfied for all δxα vanishing in λ0 and λ1 if and only if

∂L d ∂

∂xα
L− = 0 . (10.9)

dλ ∂(ẋα)

These are the Euler-Lagrange equations for this problem. We shall now show that these
equations, when written for the action 10.1, are equivalent to the geodesic equation

ẍγ + Γγµν ẋ
µẋν = 0 . (10.10)

By substituting the Lagrangian 10.1 in Eqs. 10.9, and taking into account that gµν =
gµν(xα) and ẋµ = ẋµ(λ), we find

∂L d ∂
=

∂ α

L
x
− (10.11)
dλ ∂(ẋα)

1
= g ẋµ ν d 1

µν,α ẋ
2

− gµν(δµẋν + ẋµδν )[ dλ

µ d

[
2 α α

1

]
= g ,αẋ ẋνµν

2
− (2gαν ẋ

ν)
dλ

1

]
=

(
gµν,αẋ

µẋν 2g ¨ναν,β ẋ
β ẋν 2gανx

2
− −

1
= (−2g ẍν + g µ ν ν µ µ ν

αν µν,αẋ ẋ

)
− gαµ,ν ẋ ẋ − gαν,µẋ ẋ ) = 0 .

2

By contracting this equation with −gαγ we find

ẍγ
1

+ gαγ [g µ
αµ,ν + g ν

αν,µ ẋ
2

− gµν,α] ẋ = 0 , (10.12)

which, using the definition of the Christoffel symbols (Eq. 3.68), coincides with Eq. 10.10.
Thus, the Euler-Lagrange equations written for the Lagrangian 10.1 are equivalent to the
geodesic equations 10.10; in different contexts it might be more convenient to use one or
the other version of these equations.

10.2 EQUATIONS OF MOTION
The purpose of this section is to find the equations for the four components of a particle

˙four-velocity uµ = (t,˙ ṙ, θ, ϕ̇), which can be integrated to find the explicit form of xµ(λ).
˙The equation for θ will be found using the θ-component of the Euler-Lagrange equations,
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whereas those for (t,˙ ṙ, ϕ̇) will be derived using the constants of motion. To hereafter we
put G = c = 1. For the Schwarzschild metric, the Lagrangian of a free particle 10.1 reads

1 ˙L =

−( 2m r2
˙1−

)
ṫ2 + ( ) + r2θ2 + r2 sin2 θϕ̇2

2 r 1− 2m
r


. (10.13)

The θ-component of the Euler-Lagrange equations (Eqs. 10.9) associated to


this Lagrangian

is
∂L d ∂L d

= 0 (r2θ̇) = r2 sin θ cos θϕ̇2 ,
∂θ
−
dλ ˙∂θ

→
dλ

which gives
2¨ ˙θ = − ṙθ + sin θ cos θϕ̇2 . (10.14)
r

Due to spherical symmetry, the Schwarzschild spacetime is invariant under rotations of the
axes. Using this freedom, we can choose these axes such that, for a given value of the affine
parameter, say λ = λ0, the particle is on the equatorial plane, θ = π , and its three-velocity2

˙(ṙ, θ, ϕ̇) lays on the same plane. Thus, without loss of generality, we set θ(λ = λ0) = π and2

θ̇(λ = λ0) = 0. The Cauchy problem

2
θ̈ = − ˙ṙθ + sin θ cos θϕ̇2 ,

r
π

θ(λ = λ0) = , (10.15)
2

θ̇(λ = λ0) = 0 ,

admits a unique solution. Since
π

θ(λ) ≡ (10.16)
2

satisfies the differential equation and the initial conditions, it must be the solution. Thus, as
in Newtonian theory, in General Relativity the orbits around a spherically-symmetric object

˙are planar, and to hereafter we shall assume θ = π and θ = 0. In Chapter 19 we shall see2
that this is not the case if the object is spinning.

The equations for ṫ and ϕ̇ can be derived using the symmetries of the Schwarzschild
~metric. As explained in Sec. 8.3.1, if a given spacetime admits a Killing vector field ξ, there

exists an associated conserved quantity for geodesic motion (see Eq. 8.52)

gαµξ
µuα = const . (10.17)

The Schwarzschild metric admits a timelike and a spacelike Killing vector field, kµ =
(1, 0, 0, 0) and mµ = (0, 0, 0, 1), respectively (see Eqs. 9.38). Therefore, there are two asso-
ciated conserved quantities

gαµk
µuα

2m
= const1 → 1− ṫ = E , (10.18)

r

g µ
αµm uα = const

( )
2 → r2 sin2 θϕ̇ = L , (10.19)

where we have set
const1 = −E const2 = L . (10.20)

Remembering that we have chosen the equatorial plane θ = π as the orbital plane, the2
equations for ṫ and ϕ̇ finally are

( E
ṫ =

2m
1−

r

) L
, and ϕ̇ = . (10.21)

r2
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The interpretation of the constants E and L will be discussed in the next section.
It should be noted that the same equations can also be obtained using the t- and ϕ-

components of the Euler-Lagrange equations which, since the Lagrangian is independent 1

of t and ϕ, yield

∂L d ∂L
(

2m
=

∂
− 0
dλ ∂(ṫ)

→ 1
t

−
r

)
ṫ = const1 , (10.22)

∂L d ∂L− = 0 → r2 sin2 θϕ̇ = const2 ,
∂ϕ dλ ∂(ϕ̇)

which coincide with Eqs. 10.18 and 10.19.
The equation for ṙ can be found from the r-component of the Euler-Lagrange equation

or, more easily, using the constraint that the norm of the four-velocity is constant. Indeed,
uαuα = 0 for massless particles, and – as long as the affine parameter is the proper time –
uαuα = −1 for massive particles, in geometrical units. Therefore, for massive particles:

˙g uαuβ = −
(

2m ṙ2

1−
)
ṫ2 + ( ) + r2θ2 2

αβ + r sin2 θϕ̇2 =
r 1 2m

r

−1 ; (10.23)
−

by replacing the expressions for ṫ and ϕ̇ given in Eqs. 10.21, and setting θ = π/2, this
becomes

ṙ2 +

(
2m

1−
r

)(
L2

1 +
r2

)
= E2 . (10.24)

For massless particles:

2m ṙ2
˙g uαuβ = −

(
1−

)
ṫ2 + ( ) + r2θ2 2

αβ + r sin2 θϕ̇2 = 0 , (10.25)
r 1− 2m

r

which gives

ṙ2 L2

+
r2

(
2m

1−
r

)
= E2 . (10.26)

Summarizing, the equations which describe geodesic motion in Schwarzschild’s spacetime
are:

• for massive particles:

π E
θ = , ṫ =

2
(

2m
1−

r

) , (10.27)

L
ϕ̇ = , ṙ2 = E2

r2 −
(

2m L2

1− 1
r

)(
+
r2

)
;

• for massless particles:

π E
θ = , ṫ =

2
(

2m
1−

r

) , (10.28)

L L2 2m
ϕ̇ = , ṙ2 = E2

r2 − 1 .
r2

−
r

1

( )
It may be noted that, as a general property, if the Lagrangian does not depend explicitly on a given

coordinate there exists an associated constant of motion; in this case, that coordinate is said to be cyclic.
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10.3 THE CONSTANTS OF GEODESIC MOTION
As discussed in the previous section, geodesic motion in Schwarzschild’s geometry is charac-
terized by two constants of motion, E and L, associated to the timelike and spacelike Killing

~vector fields k and m~ defined in Eqs. 9.38. In order to understand the meaning of the con-
stant E we need to define what is the energy of a particle, which is an observer-dependent
quantity.

In Special Relativity, the energy of a particle with four-momentum p~, measured by an
~observer with four-velocity U , is defined as

E(U) = −η Uµ ν
µν p = −Uµpµ . (10.29)

The energy defined by Eq. 10.29 is a scalar quantity, and does not depend on the choice of
~the coordinate frame. However, it depends on the choice of the observer U . In particular,

µthe energy measured by a static observer Ust = (1, 0, 0, 0) is

E(Ust) = −p0 = +p0 . (10.30)

In many textbooks, for brevity, one simply calls “energy” the energy measured by a static
observer, given in Eq. 10.30. This quantity does depend on the coordinate choice, because
different frames have different static observers. The energy measured by the static observer,
E(Ust), has to be positive; indeed, a negative energy would correspond to a particle moving
backwards in time 2.

We shall now show that the energy measured by any observer has the same sign as
the energy measured by the static observer. To this aim, let us consider a generic observer
Uµ = (γ, γV i) with γ = (1 − V 2)−1/2 and V =

√
ViV i (i = 1, . . . , 3); the energy (s)he

measures is
E(U) = −γ(p0 + piV

i) = γ(p0 − piV i) . (10.31)

Let p =
√
pipi (i = 1, . . . , 3). Since piV

i ≤ p V , and since V < 1, it follows that piV
i < p.

The particle can either be massive or massless, therefore the vector p~ = (p0, pi) is timelike or
null, and −(p0)2 +p2 ≤ 0; consequently p i 0

iV < p . A comparison of Eq. 10.31 and Eq. 10.30
shows that, by virtue of this inequality, E(U) and E(Ust) have the same sign. Since E(Ust) is
positive, it follows that the energy measured by any observer, E(U), has to be positive.

In General Relativity, we can always consider a LIF in which the laws of Special Relativ-
ity hold, including the definition of energy given in Eq. 10.29. Since in the LIF gµν ≡ ηµν ,
this equation can be written in a generally covariant form as

E(U) = −gµνUµpν = −Uµpµ . (10.32)

By the Principle of General Covariance Eq. 10.32 is valid in any coordinate frame, thus
providing a covariant definition of a particle energy. Note that since E(U) > 0 in Special
Relativity, the same property holds in General Relativity in a LIF, and consequently in any
coordinate frame.

µLet us now consider a static observer with Ust = (1, 0, 0, 0), located at some point
exterior to the horizon of a Schwarzschild spacetime. According to the definition 10.32, the
energy of a particle measured by this observer is

E(Ust) = −g00U
0
st p

0 =

(
2m

1−
)
p0 . (10.33)

r

2Moreover, in quantum field theory the existence of a negative energy particle implies that the vacuum
state is unstable, because the creation of a cascade of particles with ever decreasing (negative) energy would
be energetically favoured.
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For a massive particle p0 = m ˙pt, where mp is the particle mass, and Eq. 10.33 becomes

E(Ust) =

(
2m

1−
r

)
m ˙pt , (10.34)

which, using the expression of ṫ given in Eq. 10.21, gives

(ust)

E(Ust) = Emp E
E→ = . (10.35)
mp

Thus, the constant of motion E is the energy of the particle per unit mass, measured by a
static observer. Note that in geometrical units E is a dimensionless quantity.

If the particle is massless we can always choose the affine parameter in such a way that
p0 ≡ u0 = ṫ. Thus in this case

E(Ust) =

(
2m

1−
r

)
ṫ = E , (10.36)

and the constant E is the energy of the particle measured by a static observer.
Let us now consider the constant L. In order to understand its meaning, we need to

remember the definition of angular momentum in Special Relativity.
In Special Relativity, the angular momentum of a particle with four-momentum p~ and

~position ~x, measured by an observer with four-velocity U , is defined as

lα = εαβγδU
βxγpδ , (10.37)

where εαβγδ is the Levi-Civita completely antisymmetric symbol defined in Box 8-C (which,
in Minkowski space, coincides with the Levi-Civita tensor). It is worth noting that Eq. 10.37
implies

lαU
α = 0 . (10.38)

For a static observer Uβ = (1, 0, 0, 0), Eq. 10.38 implies that l0 = 0 and, denoting the space
indices as i, j, k, . . . , it yields

li = εijkx
jpk (10.39)

(where εijk is the three-dimensional Levi-Civita symbol with ε123 = 1), i.e., l = x ∧ p. For
a massive particle, pi = mpẋ

i, therefore l = mpx∧ ẋ; for a massless particle, we can always
choose an affine parameter such that pi = ẋi, and l = x ∧ ẋ. Note that l = mpx ∧ ẋ is also
the definition of angular momentum of massive particles in Newtonian physics; the only
difference is that, in the relativistic case, the dot indicates differentiation with respect to
the proper time, instead of the coordinate time.

In polar coordinates xi = (r sin θ cosϕ, r sin θ sinϕ, r cos θ), Eq. 10.39 with i = 3 gives
the azimuthal angular momentum (we leave the explicit computation as an exercise)

l3 = mp(x1ẋ2 − x2ẋ1) = mpr
2 sin2 θϕ̇ , (10.40)

for a massive particle, and l3 = r2 sin2 θϕ̇ for a massless particle. A comparison of Eq. 10.40
(which holds in Special Relativity) with Eq. 10.19, L = r2 sin2 θϕ̇, suggests that the con-
stant of motion L which appears in Eq. 10.19 can be interpreted as the azimuthal angular
momentum measured by a static observer, in the case of massless particles, or the same
divided by the particle mass (specific angular momentum), in the case of massive particles.

A further motivation for this interpretation is provided in Box 10-A.
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Angular momentum as conjugate momentum of the rotation angle

In Special Relativity the Lagrangian of a free particle is (see Eq. 10.1)

1L = ηµν ẋ
µẋν

1
= (−ṫ2 ˙+ ṙ2 + r2θ2 + r2 sin2 θϕ̇2) . (10.41)

2 2

In any Lagrangian system, the conjugate momentum of a coordinate qi is defined
as

∂
p̂i =

L
. (10.42)

∂q̇i

Thus, the conjugate momentum of the polar angle ϕ (describing rotations around
the axis x3) is

p̂ϕ = r2 sin2 θϕ̇ ; (10.43)

comparing this expression with Eq. 10.40 we find that p̂ϕ = l3/mp for a massive
particle, and p̂ϕ = l3 for a massless particle a.
Let us now consider the rotation angle around a generic axis n̂. Due to spherical
symmetry, it is always possible to define polar coordinates such that n̂ is the
azimuthal axis. The conjugate momentum of the rotation angle around the axis
n̂ is then the angular momentum (per unit mass in the case of massive particles)
projected on the same axis n̂.
Although the definition 10.37 cannot be extended to General Relativity, we can
still call “orbital angular momentum of a particle along an axis” the conjugate
momentum of the rotation angle along that axis (times the mass, if the particle is
massive). With this definition, the constant of motion defined in Eq. 10.19,

∂
L =

L
= r2 sin2 θϕ̇ (10.44)

∂ϕ̇

is, as argued above, just the angular momentum along the azimuthal axis per unit
mass L = l3/mp in the case of massive particles, and, with an appropriate choice
of the affine parameter, the angular momentum along the azimuthal axis L = l3

in the case of massless particles.
For a comprehensive review about the angular momentum in General Relativity,
we refer the reader to [108].

aIt is worth noting that the same result holds in Newtonian physics: the derivative of the
point particle Lagrangian with respect to the polar angle gives the angular momentum along the
azimuthal axis.

Box 10-A



188 � General Relativity and its Applications

10.4 ORBITS OF MASSLESS PARTICLES
We shall first consider the orbits of massless particles. The equations of motion are given
by Eqs. 10.28, which we write in the following form

π
θ = , ṫ =

2
( E

=
2m

1−
) L
, ϕ̇ , (10.45)

r2

r
2

ṙ2 L
= E2 2− V (r) , V (r) =

2

(
m

1− (10.46)
r

)
.

r
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Figure 10.1: Effective potential V (r) for massless particles (see Eq. 10.46).

Note that:

• For massless particles the angular momentum L acts as a scale factor for the effective
potential V (r);

• V (r) tends to −∞ as r → 0, and approaches zero at r →∞;

• V (r) has only one extremal point, a maximum, at rmax = 3m, where it takes the value

L2

Vmax = . (10.47)
27m2

It is also useful to compute the radial acceleration, obtained by differentiating Eq. 10.46
with respect to the affine parameter λ

dV (r) 1 dV (r)
2ṙr̈ = − ṙ =

dr
→ r̈ − . (10.48)

2 dr

The plot of V (r) is given in Fig. 10.1.
Let us assume that the particle, say a photon, starts its motion at a large value of r,

moving towards the central body, i.e. with ṙ < 0. The photon orbit depends on the values
of the constants of motion E and L. Since ṙ2 = E2−V (r), the value of ṙ2 can be visualized
in Fig. 10.1 as the square of the distance between the straight, horizontal line E2 = const
and the curve V (r).

Depending on the value of E we can have three possibilities:
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1. E2 > Vmax. According to Eq. 10.46, ṙ2 is always positive; the photon falls towards the
central body with a radial velocity which decreases (in absolute value) as the particle
approaches the body. If the body has a radius R larger than r∗ max = 3m, the photon
will end its motion impacting on its surface. If R < 3m, as it may occur for extremely∗
compact stars or for black holes, the photon proceeds its motion with decreasing |ṙ|,
reaches r = 3m, where |ṙ| attains its minimum value |ṙ|min =

√
E2 − Vmax, and then

falls toward the body with increasing radial velocity. Depending on the value of L, the
photon can make several revolutions around the central body before falling in. This
can be checked by integrating the equation for ṙ and ϕ̇ to find the trajectory r(ϕ) in
the equatorial plane.

2. E2 = Vmax. As in the previous case, |ṙ| decreases as the photon approaches the central
body: it stops on the surface if R > 3m, whereas if R < 3m it proceeds with∗ ∗
decreasing |ṙ|; in this case |ṙ| vanishes when r = 3m. In addition since at that point
dV (r) = 0, the radial acceleration r̈ also vanishes, as shown by Eq. 10.48. The particledr
approaches r = 3m asymptotically with ever decreasing velocity. If instead the particle
is already at r = 3m with E2 = Vmax, then it remains at the same r at later times,
i.e. its orbit is circular. However, since the potential is maximum, r = rmax = 3m is
an unstable orbit. Indeed, if the position is perturbed, the particle will either

• fall into the central body; this happens when the radial coordinate of the particle
is displaced to r = rmax − δr, since there the slope of the potential is positive,
and the radial acceleration is negative (see Eq. 10.48); or

• escape toward infinity; this happens when the radial coordinate is displaced to
r = rmax + δr, since there the radial acceleration is positive.

Thus, for massless particles, there exists only one circular, unstable orbit, and for this
orbit (see Eq.10.47)

E2 L2

= . (10.49)
27m2

The quantity rmax = 3m is known as the radius of the photon sphere of a
Schwarzschild black hole and plays a crucial role in defining the so-called shadow
of a black hole (see Sec. 11.5). The corresponding circle on the equator is called light
ring.

3. E2 < Vmax. Let r 2
0 be the abscissa of the point where E = V (r) (see Fig. 10.1).

For r > r0, ṙ2 is positive and an incoming photon moves toward r0 with decreasing
(in modulus) radial velocity. When it reaches r0, ṙ2 vanishes. This is a turning point:
the photon cannot penetrate the potential barrier, i.e. it cannot continue its motion
for r < r0, because ṙ would become imaginary. At r = r0 the radial acceleration is
positive (the slope of V (r) is negative, see Eq. 10.48), therefore the particle is forced
to invert its radial velocity, and to escape toward infinity on an open trajectory.

Thus, contrary to Newtonian gravity, General Relativity predicts that a light ray is bent
by the gravitational field of a massive body. In addition, if its energy satisfies the condition

L2

E2 < , (10.50)
27m2

the light ray is deflected and returns to infinity on an open orbit.
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10.5 ORBITS OF MASSIVE PARTICLES
Let us now consider the orbits of a massive particle. The equations of motion are

π E
θ = , ṫ = ( ) L

, ϕ̇ = , (10.51)
2 2m r2

1−
r

2

ṙ2 = E2 2m L− V (r) , V (r) =

(
1−

r

)(
1 +

r2

)
. (10.52)

First of all we note that, contrary to the massless case, the potential does not scale with
the angular momentum and that V (r)→ 1 when r →∞.
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Figure 10.2: Effective potential for a massive particle, in a representative case in which L2 < 12m2.

To find whether the potential admits a minimum or a maximum we need to solve the
equation

∂V mr2 − L2r + 3mL2

= 2 = 0 ,
∂r r4

which has two roots
L2

√
± L4 L

=
− 12m2 2

r . (10.53)±
2m

If L2 < 12m2 the roots r are complex and the potential does not have extremal points,±
as shown in Fig. 10.2. In this case a massive particle arriving from infinity with E2 > 1
and ṙ ≤ 0 will be captured by the central body with increasing (in absolute value) radial
velocity.

If L2 > 12m2 the roots r are real, and V (r) has a maximum in r = r followed by a± −
minimum in r = r+. Depending on the value of L the maximum can be larger or smaller
than unity, i.e.

(a) L2 > 16m2 → Vmax > 1, (10.54)

(b) 12m2 < L2 < 16m2 → Vmax < 1. (10.55)
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Figure 10.3: Effective potential for a massive particle with L2 > 12m2. Left and right panels refer
to case (a) and (b) in the text, respectively.

The potential has the radial dependence shown in Fig. 10.3 for two values of L corresponding
to case (a) (left panel) and case (b) (right panel).

We can therefore classify the geodesic motion of a massive particle in the following way:

• case (a)

– A particle, which starts its motion from infinity with E2 > Vmax and ṙ ≤ 0, falls
towards the central body making a number of revolutions which depends on the
value of L (see the discussion for E2 > Vmax in Sec. 10.4). The radial velocity |ṙ|
increases as the particle approaches r+, decreases when r < r < r− +, and then
increases again for r < r .−

– If 1 < E2 < Vmax and ṙ ≤ 0 the particle approaches the central body and reaches
a turning point r0 where E2 = V (r0) and ṙ = 0. The particle cannot penetrate
the barrier and since the radial acceleration given by Eq. 10.48, which holds also
for massive particles, is positive in r0, it inverts its radial velocity and escapes
free at infinity on an open orbit (see the discussion for E2 < Vmax in Sec. 10.4).

– A particle with Vmin < E2 < 1 moves between two turning points, i.e. between
the two values of r where E2 = V (r). The smaller value, rP, is the periastron,
the point of minimum distance from the central body; the largest, rA, is the
apastron, the point of maximum distance (see Fig. 10.3). The orbit is bound but,
as we shall see in the next chapter, it is not closed, and therefore it is not an
ellipse.

• case (b)

– A particle with Vmin < E2 < Vmax moves between the two turning points as in
the last point of case (a).

– If E2 > 1 and ṙ ≤ 0, the particle approaches the central body and eventually
falls in.

– If V 2
max < E < 1, then we should distinguish between different cases: i) if ṙ ≤ 0,

the particle approaches the central body and eventually falls in; ii) if ṙ > 0, the
particle first moves outwards, finds an inversion point, and eventually falls in.
Note that in both cases the particle cannot come from infinity, since E2 < 1.
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Both in case (a) and in case (b), a particle with energy E2 = V (r ) ≡ V and− max r = r−
moves on an unstable circular orbit (see the discussion for E2 = Vmax in Sec. 10.4), whereas
if E2 = V (r+) ≡ Vmin a particle at r = r+ moves on a stable circular orbit.

From the expression of r given in Eq. 10.53, we see that if L2 = 12m2 the two roots±
coincide,

r = r− + = 6m. (10.56)

Furthermore, r+ is an increasing function of L and, as L → ∞, r+ → ∞. This means
that there cannot exist stable circular orbits with radius smaller than 6m. For this reason,
r = 6m is called the radius of the innermost stable circular orbit (or ISCO) 3, and
plays an important role in the dynamics of accretion disks around astrophysical black holes
(see Sec. 11.5.1). In addition, it is easy to show that r is a decreasing function of L and,−
as L→∞,

L2 12m2 L2 6m2 m
r = 1 1 1 1 + ... = 3m+O ; (10.57)−

2m

(
−
√
−

L2

)
→

2m

(
−
(
−

L2

)) (
L

)
therefore, unstable circular orbits exist only in the range

3m < r < 6m. (10.58)−

In particular, the photon sphere (r = 3m) also represents the smallest, unstable circular
orbit of a massive particle around a Schwarzschild black hole.

Let us consider a massive particle in a stable circular geodesic (which, as we have shown,
exists for r ≥ 6m). The orbital frequency is:

dϕ ϕ̇
ω = = ; (10.59)

dt ṫ

this can be computed by replacing Eqs. 10.51 in Eq. 10.59, and imposing V ′(r) = 0 and
E2 = V (r). A simpler way to compute this quantity is by solving the Euler-Lagrange
equations for r,

d ∂L ∂
=
L
, (10.60)

dτ ∂ṙ ∂r

i.e. (see Eq. 10.13)
d 1

(g µ ν
rr ṙ) = gµν,rẋ ẋ . (10.61)

dτ 2

In the case of a circular geodesic, ṙ = r̈ = 0, and Eq. 10.61 reduces to

g ˙2 2
tt,rt + gϕϕ,rϕ̇ = 0 . (10.62)

Replacing Eq. 10.59 yields

ω2 g
= − tt,r

(10.63)
gϕϕ,r

where we remember that gtt = −1 + 2m/r and (on the equatorial plane) gϕϕ = r2. Thus,
ω2 = m

r3 , i.e.

m
ω = ± ωK where ωK =

√
. (10.64)

r3

3It can be shown that, on the ISCO, the second derivative of the potential is also vanishing (i.e., the
ISCO is a marginally stable circular orbit). Thus, an alternative way to compute its location is by solving
the three algebraic equations V = E2 and ∂V/∂r = ∂2V/∂r2 = 0 for the corresponding values of E, L, and
r of the ISCO.
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Remarkably, Eq. 10.64 coincides with Kepler’s third law: although the orbital motion of a
particle in General Relativity differs from that of Newtonian gravity, the expression of the
orbital frequency of a massive particle on a circular orbit in the two theories is the same;
ωK is called Keplerian frequency.

The orbital frequency grows as the circular orbit approaches the object; its maximum
value is reached at the ISCO, r = 6m, where ωK = 6−3/2/m.

10.6 RADIAL CAPTURE OF A MASSIVE PARTICLE
Let us consider a massive particle falling radially into a Schwarzschild black hole. In this
case dϕ/dτ = 0, therefore L = 0; moreover, since the particle is moving inwards, ṙ < 0.
Eqs. 10.51 and 10.52 can be written as 4

dt E dr 2m
= = E2 1 + (10.65)

dτ 1− 2m dτ
r

−
√

−
r

dθ dϕ
= 0 = 0 . (10.66)

dτ dτ

If the particle is at rest at infinity

dr
lim = 0 , (10.67)
r→∞ dτ

from Eq. 10.65 it follows that
E = 1 , (10.68)

and the equations for t and r reduce to

dt 1
= (10.69)

dτ 1√− 2m
r

dr 2m
=

dτ
− . (10.70)

r

These equations can be integrated to find τ(r) and t(r). By defining r0 ≡ r(τ = 0), Eq. 10.70
gives

2′
√

r′−
∫ r 1√ 3/2

τ(r) = dr = r (10.71)
r0 m 3 0 r3/2 .

2 2m
−

Furthermore, to find t(r), we combine Eqs. 10.69 and 10.70,

( )

dt 1 r
=

dr
− . (10.72)

1− 2m

√
2m

r

Setting t = 0 when τ = 0, we find

t r dr′ r′
t(r) =

∫
dt′ = −

∫
2

r0 1− m
0 r′

√
, (10.73)

2m

which gives

2 1 3/2 1/2
t(r) = √

[
r − r3/2 + 6mr − 6mr1/2

3 0 0
2m

]
(10.74)

+ 2m ln

[√
r0

√
− 2m

√
r +
√

2m
√
r0 +

√ .
2m
√
r
√

− 2m

]
4We remember that, since we are using geometrical units, τ is the proper time of the particle.
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The inverse function of t(r), i.e. r(t), is not known analytically. In Fig. 10.4 we plot the
functions t(r) and τ(r).
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m

e
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Figure 10.4: Proper time and coordinate time of a massive particle falling radially into a black
hole, as functions of r.

Assuming for simplicity r0 � 2m, the behaviour of t(r) for r → 2m and r � 2m is:

2 1
for r � 2m t ' √ 3/2

(r 2
0 − r3/ ) = τ , (10.75)

3 2m

for r ' 2m t ' −2m ln(
√
r
√

− 2m) + const → ∞ .

Therefore t(r) diverges for r → 2m, while Eq. 10.71 shows that τ(r) is regular at r = 2m.
The inverse functions r(t) and r(τ) are plotted in Fig. 10.5. The function r(τ) is the radial
coordinate of the particle as a function of the proper time, i.e. as seen by an observer
moving with the particle, and Fig. 10.5 shows that for r = 2m it has a regular behaviour:
this observer crosses the horizon and reaches the singularity in a finite amount of proper
time.

The function r(t) is the radial coordinate as a function of the coordinate time, and ap-
proaches r = 2m only asymptotically. This suggests that the coordinate t is not appropriate
to describe the behaviour of a particle crossing the horizon. Indeed, as discussed in Sec. 9.5,
the coordinates (t, r, θ, ϕ) are not defined on r = 2m. The motion of a body falling inside
the black hole horizon should be described using, for instance, the Eddington-Finkelstein
coordinates (v, r, θ, ϕ) (see Sec. 9.5.5), where v = t+ r and∗

r
r = r + 2m log∗

2m
− 1 (10.76)

is the tortoise coordinate introduced in Eq. 9.117.

∣∣
As the

∣∣
particle falls radially into the

black hole,

∣ ∣

dv dt dr 1 2m 1 1
= +

∗
= = , (10.77)

dτ dτ dτ 1− 2m r 1− 2m
r

−
√

r 1 + 2m
r

where we have used dr /dr = (1

√
∗ − 2m/r)−1. Therefore, v̇ does not diverge on the horizon:
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Figure 10.5: The radial coordinate of a massive particle falling radially into a Schwarzschild black
hole is plotted as a function of the coordinate time (left panel) and of the proper time (right panel).

as r decreases, v̇ also decreases, from v̇ → 1 at infinity to v̇ = 1/2 at the horizon. Inside the
horizon, v̇ keeps decreasing, until v̇ → 0 at the r = 0 curvature singularity. Thus, as the
particle crosses the horizon and reaches the singularity, the coordinate v remains finite.

Let us now consider a spaceship which, while falling radially towards the black hole
horizon, sends an SOS in the form of a sequence of equally spaced electromagnetic pulses;
these signals are received by a static observer at radial infinity (we assume that the spaceship
and the observer have the same ϕ = const), located at r = robs. The SOS signal travels along
null geodesics t = t(λ), r = r(λ), with θ, ϕ constants and L = 0; λ is the affine parameter
along the null geodesics. Note that since the signals are sent toward the observer, they never
cross the black hole horizon, and can be studied in the (t, r, θ, ϕ) coordinate frame. From
Eqs. 10.28 we find

π dt E dr
θ = , ϕ = const, = , =

2 dλ 1− 2m dλ
r

±E , (10.78)

hence
dt r

=
dr

± , (10.79)
r − 2m

and the solution is
t = ±r + const . (10.80)∗

This result has already been found in Sec. 9.5.4, where we showed that ingoing null geodesics
are those for which v = t+ r = const, while outgoing null geodesics, like those describing∗
the signals emitted by the spaceship, are those for which u = t− r = const.∗

Let us consider two electromagnetic pulses sent from the spaceship, the first at τ = τ1,
the second at τ = τ2 where τ is the proper time of the spaceship (see Fig. 10.6). The two
pulses correspond to u = u1 and u = u2, respectively. The observer detects the pulses at two
values of its own proper time which, since the observer is at rest at infinity, coincides with
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Figure 10.6: A spaceship falling radially into a black hole sends electromagnetic signals to a distant
observer. The spaceship trajectory is indicated by the dashed curve.

the coordinate time, i.e. at t = tobs1 and t = tobs2 . Thus, while the spaceship pilot measures
a proper time interval between the pulses

∆τ = τ2 − τ1 , (10.81)

the observer at infinity measures a corresponding coordinate time interval

∆tobs = tobs2 − tobs1 = (u2 + robs)− (u1 + robs) = u2 − u1 = ∆u . (10.82)∗ ∗

Since u is constant along each of the two null geodesics, u1 and u2 can also be evaluated in
terms of points along the spaceship geodesic:

u1 = t(τ1)− r (τ∗ 1) ,

u2 = t(τ2)− r (τ∗ 2) , (10.83)

thus ∆u = ∆t−∆r . Therefore∗

∆tobs ∆u ∆t ∆r
= =

∗

∆τ ∆τ ∆τ
− . (10.84)

∆τ

Assuming that the pulses are emitted at very short time intervals, in the limit ∆τ → 0, this
equation becomes

dtobs du dt dr dt dr dr 1 2m
= =
dτ dτ

− ∗
=

dτ dτ
− ∗

= 1 + . (10.85)
dτ dr dτ 1− 2m

( √
r

r

)

dtobs
Eq. 10.85 shows that as r → 2m, →∞; this means that the static observer at infinity

dτ
receives the signals from the spaceship separated by time intervals which increase, and
finally diverge, as the spaceship approaches the horizon.
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Kinematical tests of General
Relativity

In this chapter we shall describe some of the most interesting predictions of Einstein’s
theory of gravity related to the motion of particles and light in a static spacetime. Some
of these predictions were derived almost immediately after the formulation of the theory in
1916 and are considered as the classical tests of General Relativity: the redshift of spectral
lines, the bending of light propagating in the gravitational field of a massive body, and the
precession of Mercury’s perihelion. A fourth classical test is the Shapiro time delay, which
was proposed much later and verified in the early 2000s. These four tests probe the so-called
“weak-field” regime of the theory, in which the gravitational potential and the curvature
of spacetime are weak. In 2019 the Event Horizon Telescope Collaboration obtained the
first radio image of the “silhouette” of a black hole, which can be considered a further
kinematical test of General Relativity (this time in the strong-field regime) and confirmed
Einstein’s theory once more. This chapter is devoted to discuss the above tests and their
verification. A completely different class of tests concerns the highly-dynamical regime of
the theory and the emission of radiation from non-stationary sources. These tests will be
discussed in the next chapters. A further kinematical test, the precession of gyroscopes in a
gravitational field, will be discussed in Sec. 17.4, after showing how the angular momentum
of a body affects the metric in the far-field limit.

11.1 GRAVITATIONAL SHIFT OF SPECTRAL LINES
General Relativity predicts that the spectral lines of a source in the vicinity of a massive
body are redshifted when detected far away from the body.

In order to explain this effect, we first need to clarify how to measure the proper time
between two spacetime events. These time intervals are measured using clocks, which are
instruments whose functioning is based on the repetition of a periodic phenomenon, such as
atomic oscillations, the oscillations of a quartz crystal, or of a pendulum. In this section we
shall use physical units, and we shall indicate the proper time as T = τ/c (see Box 3-F). The
proper time interval between two infinitely close events can be expressed, in a coordinate
frame {xµ}, as

1 1
dT =

√
−ds2 ≡

√
−g ν

µν(xµ)dxµdx . (11.1)
c c

From the above equation we find the time dilation factor

dT 1 dxα dxβ
= −g (xµαβ ) , (11.2)

dt c dt dt

√
197
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which gives the ratio between the interval of proper time between two infinitely close events
and the corresponding interval of coordinate time, and depends both on the metric and
on the clock velocity. The proper time T should not be confused with the coordinate time
which is indicated with t.

If Eq. 11.1 refers to the time interval between two ticks of the clock, gµν must be
evaluated at the clock position. If the clock is at rest with respect to the reference frame,
dxi = 0 (i = 1, . . . , 3) along its worldline, then the proper time interval between two ticks is

1
dT = −g xµ

00( )dx0 =
c

−g00(xµ)dt , (11.3)

and dt is the corresponding interv

√

al of coordinate tim

√

e. Note that we are assuming that dT
is very small, so that we can use the infinitesimal expression of the proper time without
integrating over the clock worldline.

We shall now show that, when a signal propagates in a gravitational field, its frequency
changes with respect to the emission frequency. Let us assume that the gravitational field
is stationary, which implies that there exists a timelike Killing vector field and that, by a
suitable coordinate choice 1, the metric can be made independent of time (see Sec. 8.2). In
this case, the coordinate x0 will be referred to as the universal time. Let S be a light source
located, say, on the surface of a massive body, and O an observer located far away from the
source, as shown in Fig. 11.1; source and observer are assumed to be at rest with respect
to each other.

O

star

S

observer

Figure 11.1: A light signal is sent from a source S located on the surface of a star, and detected far
away from it. The source and the observer are at fixed relative position in a stationary spacetime.

The source S emits a wave crest which reaches O after an interval ∆t = 1∆x0 of coordinatec
time. The interval ∆x0 that each wave crest takes to go from S to O only depends on the
components of the metric. Indeed, since along a light ray

ds2 = g 0 2 0 i i k
00(dx ) + 2g0idx dx + gikdx dx = 0 , i, k = 1, . . . , 3

then ∫ ∫ −g dxi ±
√

(g dxi)2 − g g dxidxk
0i

∆ 0 0 00
x = 0 i ik

dx = . (11.4)
light path light path g00

1This choice is not univocal, because we can always shift the origin of time, and we can rescale x0 by an
arbitrary constant factor.
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The physical solution is that corresponding to the − sign (the solution with the + sign
corresponds to a signal emitted by O at some negative value of x0, that reaches S at x0 = 0).
Even without explicitly computing Eq. 11.4 we see that, since the metric is independent
of time, ∆x0 does not depend on time as well. Therefore, the time interval needed to a
wave crest to go from S to O is the same for all crests. Consequently, if two wave crests are
emitted with a coordinate time separation δtem by S, they will be detected by the observer
O with the same coordinate time separation, i.e. δtobs = δtem.

The period of the emitted wave, δTem, is the interval of proper time elapsed between
the emission of two successive wave crests, i.e.

δTem =
√
− µg00(xem) δtem ,

and the emission frequency is

1 1
νem = =

δTem
√ .
− µg00(xem) δtem

Similarly, the period measured by the observer is the interval of the observer proper time
elapsed between the detection of two wave crests, i.e.

δTobs = − µg00(xobs) δtobs ,

and the observed frequency is

√

1 1
νobs = = .

δTobs − µg00(xobs) δtobs

Since δtem = δtobs we finally find

√

νobs λem x
= =

νem obs

√
g00( µ

em)
µ . (11.5)

λ g00(xobs)

Thus, in general the observed frequency does not coincide with the emitted one, since the
metric in the two points is different.

It should be stressed that Eq. 11.5 has been derived under the assumptions that i) the
gravitational field is stationary, ii) the source and the observer are at fixed relative posi-
tions. If one or both assumptions are removed, the derivation of the shift formula must be
modified and Eq. 11.5 is no longer appropriate to describe the phenomenon.
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“Weak” and “strong” gravitational fields

We wish to establish when the gravitational field generated by a massive body can
be considered “weak” or “strong”. For example, let us consider the gravitational
field in the vicinity of the Sun. The Sun mass and radius are (see Table A)

M = 1.989× 1033 g, R = 6.960 1010 cm ; (11.6)� � ×

moreover, given G = 6.674× 10−8 cm3/(g s2) and c = 2.998× 1010 cm/s,

GM GM�
= 1.477 km , and

�
1

c2 R c2
' 2. × 10−6 . (11.7)

�

The dimensionless quantity GM
2 is called compactness, and can be taken as aRc

measure for the effects of General Relativity near the surface of an object with
mass M and radius R. The compactness of the Sun is much smaller than unity
therefore we can say that the gravitational field of the Sun is weak.
The Earth has mass M = 5.972 × 1027 g and equatorial radius R = 6.378⊕ ⊕ ×
108 cm. Since

M /M� ⊕ ' 3× 105, and R /R� ⊕ ' 102,

GM GM�
/

⊕
(11.8)

R c2 R c2
' 3× 103 ,

� ⊕

i.e. the compactness of the Sun is about 3000 times larger than that of the Earth.
Conversely, if we consider a neutron star with typical mass and radius (see Chap-
ter 16)

MNS ' 1.4 M , R� NS ' 10 km , (11.9)

the compactness is
GMNS

RNSc2
' 0.21 , (11.10)

which is close to unity and much larger than that of the Sun. Thus, the effects
of General Relativity will be much more important close to a neutron star than
in the vicinity of the Sun. On the event horizon of a Schwarzschild black hole
R 2

S = 2GMBH/c (see Eq. 9.34), thus

GMBH 1
= , (11.11)

RSc2 2

and in this case the compactness is even larger than that of a neutron star.
Note that in Newtonian gravity the gravitational potential on the surface of a
spherical body is Φ = −GM/R, therefore its compactness is the dimensionless
quantity |Φ/c2|. Thus, if |Φ/c2| is much smaller than one, as it is for the Earth
and for the Sun, we can say that the gravitational field generated by that body is
weak. More in general, if Φ is the solution of Poisson’s equation for an arbitrary
distribution of matter, the field is considered weak if |Φ/c2| � 1.

Box 11-A
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11.1.1 Redshift of spectral lines in the weak-field limit
Let us now consider Eq. 11.5 in the weak-field limit. In Sec. 6.1 we showed that if the
gravitational field is stationary and weak, the 00-component of the metric tensor is related
to the Newtonian potential Φ, solution of the Poisson equation ∇2Φ = 4πGρ, as follows

g00 ' −
(

2Φ
1 +

c2

)
.

Consequently, in this limit Eq. 11.5 gives

2Φem

νobs − 1 +νem λem − λobs 2Φ 2Φc2 em obs
= =

√
1

νem λobs

√
√√√√ 1

2Φobs
− 1 '

√(
1 +

c2
2

)(
−

c2
+

c

)
−

1

'
√

2 1
1 + (Φem − Φobs)− 1 ' (Φem

c2 c2
− Φobs) ,

and finally
∆ν 1

(Φem Φobs) . (11.12)
ν
'
c2

−

To derive this equation we have assumed that the gravitational field is weak both near
Φ Φthe source and near the observer, i.e. | em

2

| , | obs
2

| � 1. If we assume, for example, thatc c
the light source is on the surface of the Sun, and that the observer is on the Earth, since
|ΦEarth| � |ΦSun| (see Box 11-A) we can also neglect the contribution of the gravitational
field of the Earth. Thus the potential to be considered in Eq. 11.12 is that of the Sun,

GMΦ = − � , the emission radius is r 6
em = R and r� obs = rSun−Earth ∼ 149.6 × 10 km isr

the average distance between the center of the Sun and the surface of the Earth. With these
assumptions Eq. 11.12 gives

∆ν GM' �
(

1 1 GM− +

)
' − � ' −2.1× 10−6 , (11.13)

ν c2 R r c2� Sun Earth R− �

where we have used the fact that rSun−Earth � rem.
Note that:

• Eq. 11.13 shows that ∆ν < 0, which means that the spectral lines detected by an
observer on the Earth have a frequency smaller than the emission frequency, i.e. they
are redshifted.

• The relative redshift of spectral lines produced by the Sun is of the order of its
compactness (see Box 11-A).

11.1.2 Redshift of spectral lines in a strong gravitational field
Let us now consider the case when the source emitting light is located in a strong gravi-
tational field, for instance near a neutron star or a black hole. The spacetime exterior to
both these objects 2 is described – assuming, for simplicity, spherical symmetry – by the
Schwarzschild metric

ds2 = −
(

2m
1−

r

)
1

dt2 + dr2 + r2
(
dθ2 + sin2 θdϕ2

1− 2m
r

)
,

2In the case of black holes, “exterior” means outside the horizon.
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where, as usual, the gravitational radiusm = GM/c2 is the mass of the object in geometrized
units. If we assume that the observer is located very far from the source emitting light, i.e.
robs � rem, Eq. 11.5 gives

√ √√√ 2m
ν −g00(xµobs em) √√ 1−√ r

√
2m

= em

em − µ = . (11.14)
ν g00(xobs) 2m

' 1−
r

1− em

robs

If the light source is located on a neutron star surface rem = RNS ∼ 10 km (see Box 11-A),
and Eq. 11.14 gives

νobs

√
2GMNS

1
√ ∆ν νobs − νem

1 2 0.21 = 0.76 =
νem

' −
RNSc2

' − × →
ν νem

' −0.24 .

(11.15)
This means that an observer located at large distance from the neutron star will see the

emitted light reddened (∆ν < 0) by quite a large amount, much larger than that produced
by the Sun given in Eq. 11.13.

Let us now assume that the source emitting light is located outside the horizon of a
black hole, and at rest with respect to it 3. Eq. 11.14 shows that as the source approaches
the horizon

2m
νobs '

√
1− νem

rem
→ 0 , (11.16)

i.e. the signal detected by the distant observer fades away. This is why the black hole horizon
is also called a surface of infinite redshift. The case of a source in motion with respect to
the black hole has been studied in Sec. 10.6, where we have shown that the expression of
dt/dT is different, but it still diverges as the source crosses the horizon.

If the light signal travels from a point where the gravitational field is weaker towards
one where the field is stronger, the observed frequency is larger than the emitted one, i.e.
the light is blue-shifted.

The shift of spectral lines was measured for the first time by W.S. Adams in 1925. He
measured the redshift of the light emitted by Sirius B, a very compact star (a white dwarf,
see Chapter 16), providing one of the first experimental verifications of the theory of Gen-
eral Relativity. Since then, the gravitational redshift has been measured with higher and
higher accuracy, including the redshift of Sirius B measured by the Hubble Space Telescope.

Box 11-B

General Relativity and the Global Positioning System

The Global Positioning System (GPS) which is used by smartphones, satellite-
based navigation systems, etc., must account for the gravitational redshift pro-
duced by the Earth gravitational field. When the first GPS satellite was launched,
it showed the predicted shift of 38µarcsec/day. This tiny shift accumulates over
time and, if not accounted for, is sufficient to substantially affect the GPS local-
ization within hours (for a complete overview of general relativistic corrections to
the GPS, we refer to [9]).

3Note that a body at rest near a black hole is not in geodesic motion. An energy source (e.g., the engines
of a spaceship) is needed to prevent the body from falling into the horizon.

Box 11-B
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11.2 THE DEFLECTION OF LIGHT
According to Einstein’s theory massless particles move in a gravitational field following null
geodesics. As a consequence, photons are deflected by the gravitational field generated by
a massive body, as discussed in Sec. 10.4, or by any other distribution of matter/energy.
We shall now compute to what extent a beam of massless particles is deflected by a massive

x

y

b

b

rP

r
incoming
direction

outgoing
direction

!

OO

!

Figure 11.2: The trajectory of a massless particle deflected by a massive body.

body, under the assumption that the field generated by the body is weak (see Box 11-A).
Referring to Fig. 11.2, we shall use the following notation:

• r is the radial coordinate of the particle in a frame centered in the center of mass of
the body; the orbit is on the equatorial plane, and the position vector of the particle
forms an angle ϕ with the y-axis.

• b is the impact parameter, i.e. the distance between the direction of the incoming
particle (dashed vertical line) and the center of attraction,

b = lim r sinϕ . (11.17)
ϕ→0

• δ is the deflection angle which we wish to evaluate: this is the angle between the
incoming direction and the outgoing direction of the deflected particle.

Note that, since the Schwarzschild metric is invariant under time reflection, the particle can
go through the trajectory of the figure either in the direction indicated by the arrow, or in
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the opposite one. Thus, the trajectory must be symmetric with respect to the periastron,
the location of which is indicated in the Fig. 11.2 by rP. When the particle starts its motion
at radial infinity

ϕin = 0 ; (11.18)

when it escapes at infinity along the trajectory

ϕout = π + δ , (11.19)

and δ is the deflection angle to be computed. To study the motion, we are going to use the
geodesic equations for massless particles, i.e. Eqs. 10.45 and 10.46.

We shall now express the impact parameter b in terms of the constants of motion of the
particle E and L, i.e. its energy (measured by a static observer) and angular momentum.
When the particle arrives from infinity, r is large, ϕ ' 0, and Eq. 11.17 gives

dϕ b
b ' rϕ →

dr
' − . (11.20)

r2

The derivative dϕ can also be computed by combining the equations for ϕ̇ and ṙ given indr
Eqs. 10.45 and 10.46

dϕ dϕ dλ L
= =

dr dλ dr
±
r2
√ , (11.21)
E2 − V (r)

which, taking the limit for r →∞, gives

dϕ L' ± ; (11.22)
dr r2E

hence, Eqs. 11.20 and 11.22 yield
L

b = . (11.23)
E

2

In Sec. 10.4 we showed that a massless particle is deflected if E2 < L
27m2 (see Eq. 10.50),

and this imposes a constraint on b, i.e.

b
√

≥ 27m ≡ bcrit; (11.24)

if b is smaller than this critical value, the particle is captured by the central body. Note
that, unless the central body is a black hole or a very compact star, it has a radius which
is larger than bcrit, R >

√
27m. In this case, the actual constraint on the impact parameter

b is
b ≥ R . (11.25)

To find the deflection angle it is convenient to introduce a new variable

1
u ≡ , (11.26)

r

which satisfies the initial condition

u(ϕ = 0) = 0 . (11.27)

Furthermore
u(ϕ = π + δ) = 0 , (11.28)

since this value of ϕ corresponds to the particle escaping to infinity. In terms of the variable
u, Eq. 10.45 for ϕ̇ becomes

ϕ̇ = Lu2 ,
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and, indicating with a prime the differentiation with respect to ϕ,

1
ṙ = r′ϕ̇ = − u′ϕ̇ =

u2
−Lu′ . (11.29)

By substituting this expression in the equation for ṙ (Eq. 10.46), we find

L2(u′)2 + u2L2 − 2mL2u3 = E2 ,

which, differentiating with respect to ϕ and dividing by 2L2u′, yields

u′′ + u− 3mu2 = 0 . (11.30)

This equations has to be solved with the boundary conditions

1
u(ϕ = 0) = 0 , u′(ϕ = 0) = . (11.31)

b

The second condition is obtained using the relation

ϕ
u(ϕ ' 0) = ,

b

which comes from Eq. 11.17.
If the mass of the central body vanishes, Eq. 11.30 becomes

u′′ + u = 0 , (11.32)

the solution of which
1

u(ϕ) = sinϕ
b

→ b = r sinϕ , (11.33)

describes the trajectory of a particle which is not deflected, and satisfies the boundary
conditions 11.31.

Equations 11.30 and 11.32 differ by the term 3mu2. At this point, to make some progress
analytically, we need to use the aforementioned weak-field assumption. We require that, for
all values of r reached by the particle,

m

r
� 1 ,

where m is the geometrical mass of the central body. This condition is satisfied, for instance,
for a photon which passes very near the surface of the Sun; in this case r ≥ R , and (see�
Box 11-A)

m m�

r
≤ �

R
∼ 10−6 .

�

Under this assumption, the term 3mu2 in Eq. 11.30 is much smaller than the term u by a
factor

3mu2 3m
=

u r
� 1 . (11.34)

Consequently, Eq. 11.30 can be solved by using a perturbative approach, proceeding as
follows. We put

u = u(0) + u(1) , (11.35)

where u(0) is the solution of Eq. 11.32, i.e.

u(0) 1≡ sinϕ , (11.36)
b
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and we assume that
|u(1)| � |u(0)| . (11.37)

By substituting Eq. 11.35 in Eq. 11.30 we find

(u(0) ′′) + u(0) −
′′

3m(u(0))2 + (u(1)) + u(1) − 3m(u(1))2 − 6mu(0)u(1) = 0 . (11.38)

Since u(0) satisfies Eq. 11.32, Eq. 11.38 becomes

′′
(u(1)) + u(1) − 3m(u(0))2 − 3m(u(1))2 − 6mu(0)u(1) = 0 . (11.39)

The terms 3m(u(1))2 and 6mu(0)u(1) are of higher order with respect to 3m(u(0))2, therefore
the leading terms in equation (11.30) are

(u(1) ′′) + u(1) − 3m(u(0))2 = 0 . (11.40)

By replacing the expression of u(0) given in Eq. 11.36 we finally find

(u(1) ′′) + u(1) 3m
= sin2 ′′

ϕ u
2

→ ( (1)) + u(1) 3m
= (1 cos 2ϕ) . (11.41)

b 2b2
−

The solution of this equation which satisfies the boundary conditions 11.31 is

3m 1 4
u(1) =

(
1 + cos 2ϕ (11.42)

b2 3
− cosϕ

3

)
,

2

as can be checked by direct substitution. Thus, the complete solution u = u(0) + u(1) is

1 3m 1
u = sinϕ+

(
4

1 + cos 2ϕ
b 2b2 3

− cosϕ
3

)
. (11.43)

The deflection angle δ is then found by imposing the condition 11.28, with δ � 1 (which is
consistent with the weak-field approximation, since the deflection is small in this regime)

δ 3m 8
u(π + δ) ' − + = 0 , (11.44)

b 2b2 3

which gives
4m

δ = . (11.45)
b

For a light ray passing close to the surface of the Sun, m = m , and b = R , thus� �

δ ∼ 1.75 arcsec . (11.46)

The first measurement of the deflection of light was done by Eddington, Dayson, and David-
son during a solar eclipse in 1919. They measured the apparent position of a star behind
the Sun (see Fig. 11.3) during the eclipse, when some light coming from the star was able to
reach the Earth because the luminosity of the Sun was obscured by the eclipse. Comparing
the apparent position with the true position of the star, measured when the Earth was on
the opposite side of its orbit around the Sun, they were able to infer the deflection angle δ.
At that time it was measured with an accuracy of about 10% 4. Nowadays, the bending of
radio waves by quasars is measured with an accuracy of the order of 1%.

4Eddington’s measurement was repeated on August 21st, 2017, during a total eclipse happening in the
U.S.; using a modern apparatus, the deflection was measured with an accuracy of 3%.
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Figure 11.3: (Left) The apparent position of a star, indicated by the dotted segment, was measured
by Eddington, Dayson, and Davidson during a solar eclipse. (Right) The true position of the star,
indicated by the dot-dashed segment, was then measured when the Earth was on the opposite side
of its orbit. The angle between the two segments is the deflection angle δ.

11.3 PERIASTRON PRECESSION
Planets orbiting around a central star, satellites orbiting planets, or stars orbiting a black
hole move along timelike geodesics, governed by Eqs. 10.51 and 10.52. In Sec. 10.5 we showed
that when the constants of motion E and L are in the range

L2 > 16m2 Vmin < E2 < 1 , (11.47)

12m2 < L2 < 16m2 Vmin < E2 < Vmax ,

the orbits of massive particles around a spherically symmetric, non-rotating body are bound;
in this case the radial coordinate of the particle varies between an apastron and a periastron,
as for elliptic orbits in Newtonian theory. However, we shall show that in General Relativity
these orbits are not closed, since at each revolution the periastron advances by some amount.
This explains the precession of Mercury’s perihelion observed by Le Verrier in 1845 and
discussed in Chapter 1.

As in Sec. 11.2, we shall indicate with a prime differentiation with respect to ϕ, and we
shall use the variable u = 1/r. In terms of u and ϕ Eq. 10.52, i.e.

ṙ2 − E2 2m L2 2mL2

+ V (r) = 0 with V (r) = 1− +
r r2

− (11.48)
r3

becomes
L2(u′)2 − E2 + 1− 2mu+ u2L2 − 2mL2u3 = 0 , (11.49)

where we have used Eq. 11.29, ṙ = −Lu′.
Differentiating with respect to ϕ and dividing by 2L2u′, Eq. 11.49 yields

m
u′′ + u− 50)

L
− 3mu2 = 0 . (11.

2
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We shall now assume
m

r
� 1 . (11.51)

For instance, in the case of Mercury orbiting the Sun, given the Sun-Mercury average
distance rS−M ∼ 5.8× 107 km, Eq. 11.51 yields

m 1.477�
= 2.5 10−8 ,

rS M 5.8
×

× 107
∼

−

and our assumption is fully justified.

The Newtonian equation

The Newtonian equation which corresponds to Eq. 11.50 can be derived classically from
the conservation of mechanical energy. Since the (squared) velocity of the particle is v2 =
ṙ2 + r2ϕ̇2, we get

1
mp ṙ2 mp m 2m L2

+ r2ϕ̇2 − = const → ṙ2 − + = const ,
2 r r r2

where mp is the

[
particle mass

]
and we are using G = c = 1. By expressing this equation in

terms of u and differentiating with respect to ϕ, we find

m
u′′ + u− = 0 , (11.52)

L2

which can be written as ( m )′′ m
u− +

L2

(
u−

L2

)
= 0 .

The solution of this equation is

m m L2A
u− = A cos(ϕ− ϕ0) → u =

(
1 + cos(ϕ− ϕ0)

)
, (11.53)

L2 L2 m

where ϕ0 and A are integration constants. If we define

L2A
e = , (11.54)

m

Eq. 11.53 gives
m

u(ϕ) = [(1 + e cos(ϕ
L2

− ϕ0)] , (11.55)

or, written in terms of r,
L2 1

r(ϕ) = , (11.56)
m 1 + e cos(ϕ− ϕ0)

which describes an ellipse with eccentricity e. Setting ϕ0 = 0, the periastron, i.e. the
minimum distance the planet reaches in its motion around the central body (this is called
perihelion if the central body is the Sun), occurs when ϕ = 0, i.e. at

L2 1
rP = . (11.57)

m 1 + e

The apastron, i.e. the maximum distance from the central body (aphelion in the case of the
Sun), is

L2 1
rA = . (11.58)

m 1− e
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Figure 11.4: Bound orbits in Newtonian gravity are ellipses.

It is worth noting that, since

m 1 m2 m
=

L2 rP(1 + e)
→ = , (11.59)

L2 rP(1 + e)

and since m/rP � 1 in the weak-field regime, it follows that

m2

L2
� 1 . (11.60)

This inequality will be useful in the following.

The relativistic equation

The Newtonian equation 11.52 differs from the relativistic equation 11.50 only by the term
3mu2, which is smaller than u by a factor

3m
3mu =

r
� 1 .

Therefore, to solve Eq. 11.50 we shall adopt the same perturbative approach used in Sec. 11.2
to study the bending of light. We search for a solution in the form

u = u(0) + u(1) , |u(1)| � |u(0)| , (11.61)

where u(0) is the solution of the Newtonian equation 11.52, given by Eq. 11.55, namely

u(0) m
= (1 + e cosϕ) , (11.62)
L2

where we have put ϕ0 = 0 without loss of generality. By substituting Eq. 11.61 in Eq. 11.50,
and using the fact that u(0) satisfies the zeroth-order equation 11.55, we find

(u(1) ′′) + u(1) − 3m(u(0))2 − 3m(u(1))2 − 6mu(0)u(1) = 0 . (11.63)

The terms 3m(u(1))2 and 6mu(0)u(1) are of higher order with respect to 3m(u(0))2 therefore,
at leading order, Eq. 11.63 gives

(u(1) ′′) + u(1) = 3m(u(0))2 ,
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i.e.

(u(1) ′′) + u(1) m3
2

= 3 (1 + e cosϕ) . (11.64)
L4

Expanding the right-hand side of this equation we find

3′′
(u(1)) + u(1) m

= 3
[
1 + e2 cos2 ϕ+ 2e cosϕ

L4

]
(11.65)

m3

= 3
L4

[
1

const+ e2 cos 2ϕ+ 2e cosϕ
2

]
.

This is the equation of a harmonic oscillator with three forcing terms. They are all very
m2

small because, as shown in Eq. 11.60, 2 � 1. However, the term 2e cos(ϕ) is in resonanceL
with the free oscillations of the harmonic oscillator, i.e., they have the same frequency of the
solution of the homogeneous equation (u(1) ′′) + u(1) = 0; therefore, even if its amplitude is
comparable to that of the other terms, it dominates the solution, and determines a secular
perturbation of the planet motion which, after a long time, becomes relevant. For this
reason, we will retain only this term and look for the solution of the resulting equation

(u(1) ′′ m3

) + u(1) = 6e cos(ϕ) , (11.66)
L4

which is

u(1) 3em3

= ϕ sinϕ ,
L4

as can be checked by direct substitution. Thus, the complete solution of the relativistic
equation 11.50 is

u = u(0) + u(1) m
=
L2

[
1 + e

(
m2

cosϕ+ 3 ϕ sinϕ . (11.67)
L2

)]
Since, as shown by Eq. 11.60, m2/L2 � 1, at first order in m2/L2(

3m2
) (

3m2 3
cos ϕ

L2
' 1 and sin ϕ ϕ

L

)
m2

2
' ;

L2

consequently we can write

m
u '

{
1 + e cos

[
ϕ

(
m2

1− 3

)]}
. (11.68)

L2 L2

A comparison with the corresponding Newtonian solution given by Eq. 11.62 shows that

the term 3m2

2 ϕ determines a secular advance of the periastron. Indeed, when the argumentL
of the sinusoidal function in Eq. 11.68 goes from zero to 2π, i.e. when the planet reaches
again r = rP, ϕ changes by an amount

2π 3m2

∆ϕ = 2π 1 + .
1− 3m2

L2

'
(

L2

)
Consequently, in one period the periastron advances by

6πm2

δϕ = . (11.69)
L2

Thus, as shown in Fig. 11.5, in General Relativity the orbit of a planet around a non-rotating,
spherically symmetric body is open, and the periastron shifts by δϕ at each revolution.
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Figure 11.5: Bound orbit of a body in Schwarzschild geometry. At each revolution, the periastron
precedes by an amount δϕ.

For example, for Mercury Eq. 11.69 gives a precession of 42.98 arcsec/century. The
observed value, after all effects which can be explained with Newtonian theory (preces-
sion of the equinoxes, perturbations of other planets on Mercury’s orbit, etc.) have been
subtracted 5, is

δϕMercury = 42.98± 0.04 arcsec/century , (11.70)

in perfect agreement with the predictions of General Relativity. The other planets of the
solar system experience a perihelion shift as well; however, since they are farther from the
Sun, their constant of motion L is larger than that of Mercury (see e.g. Eq. 11.56). Let us
consider, for example, the Earth. Since rP⊕ � rPMercury

, Eq. 11.57 gives

2 2

L2 m
L2 m

Mercury ,⊕ � →
L2 � L2
⊕ Mercury

and consequently δϕ⊕ � δϕMercury. Indeed, for the Earth δϕ = 3.84 arcsec/century.⊕
The perihelion shift of Mercury is extremely small, and it was only using the data

from centuries of observations that Le Verrier discovered this effect. However, other binary
systems can have a much larger periastron precession. In the system J0737-3039, composed
by two neutron stars orbiting at a distance of less than one million kilometers from each
other, the periastron advances approximately by 16 degrees per year [72]. Note, however,
that in this case the derivation discussed in this chapter cannot be applied, because we
have assumed that the body of mass mp moves along a geodesic of the Schwarzschild
spacetime, which implies that the mass mp is so small, compared to the mass m generating
the gravitational field, that it does not perturb it. When (as in the case of two neutron stars)

5For an accurate account of these effects, we refer to the monograph by Poisson and Will [93].
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the two bodies have comparable masses, the spacetime is different from Schwarzschild 6, and
the derivation of the periastron precession is more involved.

11.4 THE SHAPIRO TIME DELAY
Another genuinely relativistic effect involving light propagation in curved spacetime is the
so-called Shapiro time delay. In 1964, Irwin Shapiro proposed that, due to gravitational
time dilation, radar signals passing near a massive star would take longer to travel to a
target and longer to return than they would take in flat spacetime.

To investigate this effect, let us consider a light ray propagating in the Schwarzschild
spacetime. For null geodesics on the equatorial plane (θ = π/2), the condition ds2 = 0 yields(

2m
)

2

(
2m
)−1

1− dt = 1
r

− dr2 + r2dϕ2 . (11.71)
r

For a given trajectory r = r(ϕ), by replacing dϕ = dϕdr in Eq. 11.71 and integrating, wedr
obtain the function t(r). As shown in Sec. 11.2, the trajectory of a light ray moving in
the gravitational field of a massive body is deflected. To isolate the time delay from light
bending effect, we shall neglect the effect of the gravitational field on the orbit, i.e. we shall
consider the zeroth-order solution, u = sinϕ/b, where we remind that u = 1/r and b is the
impact parameter (see Fig. 11.6). In the weak-field regime, both the time delay and the light
bending are small effects, therefore, to leading order, the time delay on the unperturbed
orbit coincides with that of the deflected one.

Since r = b ,sinϕ

b tanϕ
dr = − cosϕdϕ → dϕ = − dr , (11.72)

sin2 ϕ r

and
b2

tan2 ϕ = r2 b2

1− 2 = , (11.73)
b
r2

r2 − b2

it follows that

r2dϕ2 = tan2 ϕdr2 b2
= dr2 . (11.74)
r2 − b2

By replacing the latter expression into Eq. 11.71, and solving for dt, we get

1

dt

(
2m

− 1
r3 2b2m rdr 2m

−
2mb2

= ±dr 1− 1
r

) √
−

=
r3 − 2r

±√
r2

− 1
b

− . (11.75)
− b2

(
r

) √
r3

Let us consider a photon moving from r = ri to r = rf (see Fig. 11.6). The total time delay
reads

dt
∆t

∫ rf

= dr . (11.76)
ri dr

Unfortunately, the above equation cannot be integrated analytically when dt is given by

6 This is the two-body problem, which has a simple and elegant solution in Newtonian physics: the motion
of two masses m1, m2 is equivalent to that of one mass µ = m1m1/(m1+m2) in the static gravitational field
generated by a mass m1 +m2. In General Relativity, the two-body problem can been solved analytically in
the small-velocity (v � c) and weak-field (GM/(c2r)� 1) regime using a complex mathematical framework,
the post-Newtonian expansion (see, e.g., [93] for a monograph on the subject). The two-body problem will
be further discussed in Chapter 14.
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Figure 11.6: The Shapiro delay. A photon beam is sent from Earth (located at r = ri relative to
the Sun) and travels on an approximately straight line (neglecting light bending) to Venus (located
at r = rf ). The impact parameter of the photon is b. In the absence of gravitational time delay

and relativistic corrections, the travel time would simply be ∆t =
√

r2i − b2 −
√

r2f − b2.

Eq. 11.75. However, if the photon travels sufficiently far away from the source with mass m
we can expand Eq. 11.75 for m � r, m � b. This gives

dr b2
dt � ±√

[
r +

r2 −

(
2

b2
−

r2

)
m

]
, (11.77)

which can be integrated to give

∆t � ±

[
(r −m)

√
r2 − b2

+ 2m log
r

(
r +

√ rf

r2 − b2
)]

. (11.78)

ri

The above expression gives the coordinate time delay of a photon traveling from ri to rf .
As expected, when m = 0 one gets simply ∆t =

√
± r2 − b2 (see Fig. 11.6).

A case of interest is when the photon starts from Earth at r = ri (e.g., it is sent
by a radar) and reaches a nearby planet at r = rf in the gravitational field of the Sun
(m = m ≈ 1.48 km). Notice that ∆t is not the proper time delay on Earth. In geometrized�
units, the latter is defined as

dτ2 = −ds2Earth . (11.79)

For simplicity, let us assume that the orbit of the Earth is circular, so that dr = dθ = 0 and
therefore

dτ2 =

(
2m

1− 2

r

)
dt2 − r dϕ2 , (11.80)

i
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where ri is the orbital radius of the Earth around the Sun. The orbital frequency is the
Keplerian frequency (see Eq. 10.64) (dϕ/dt)Earth = ωK =

√
m/r3. Therefore, the above

equation can be written as

dτ = dt

√
3m

1− , (11.81)
ri

and consequently ∆τ =
√

1− 3m/ri∆t. Note that the proper time delay coincides with the
coordinate time delay when ri/m� 1.

Finally, the proper time delay measured on Earth is

∆τ ∼
√ r

3m (−
ri

[
r −m)

√
r2

1
− b2

+ 2m log
r

(
r +

√ f

r2 − b2
)]

. (11.82)

ri

The difference√ between the time delay that would be measured on Earth if the spacetime was
flat, ∆τ = [ r2 − r

b2] fri , and the above formula grows logarithmically when r increases; this
mild growth can be used to magnify the effect of the gravitational delay. Shapiro proposed
to send from Earth a radar signal which would be reflected off Venus and be detected
back on Earth. The above formula predicts that the Sun induces a gravitational delay
∆τ ∼ O(100µs), the exact value depending on the relative position of the two planets. The
measured value agreed with the theoretical prediction within 20%. The best constraint to
date on the Shapiro time delay comes from the measurement obtained by sending a radar
signal from Earth to the Cassini satellite [22]; this confirmed the prediction of General
Relativity with an accuracy of one part in 105.

11.5 THE SHADOW OF A BLACK HOLE
A “black hole” owns its name (allegedly due to John Archibald Wheeler, although he prob-
ably heard it from an unknown participant in a conference in 1967 [60]) to the fact that
nothing – not even light – can escape from the region enclosed by the event horizon. An
isolated black hole would therefore appear truly as a “hole” in the sky, since we observe
objects by receiving the light they either emit or reflect. The boundary of this hole, i.e. the
“silhouette” of a black hole, is called the black-hole shadow. It can be defined by studying
the path of photons emitted by a light source at infinity and deflected by the black hole.
This “ray tracing” requires solving the geodesic equations in the black hole spacetime. We
consider here the simplest case in which the spacetime is described by the Schwarzschild
solution.

The shadow of a black hole does not coincide with the event horizon, and it is actually
larger. This follows from our previous discussion on null geodesics in the Schwarzschild
metric. Let us consider a source located at infinity and behind the black hole (see Fig. 11.7,
upper panel). As shown in Sec. 10.4, a photon coming from infinity will be deflected only
if E2 < L2/(27m2) (see Eq. 10.50); otherwise it is captured by the black hole. As shown in
Sec. 11.2, the impact parameter is b = L/E, thus the deflected photons are those with impact
parameter b > 3

√
√ 3m. Therefore, the size of the shadow of a Schwarzschild black hole is

3√3m, slightly larger than the photon sphere. The critical photon with impact parameter
3 3m approaches the light ring orbit at r = 3m, making an infinite number of revolutions.
Let us now consider a source located at finite distance behind the black hole, which emits
photons in all directions, and an observer located at infinity along the direction n̂. The
observer receives the photons which are deflected by the black hole and propagate along
the direction n̂. This process is described by the time-reversal of the geodesics considered
in the case of a source at infinity, as in the lower panel of Fig. 11.7. If the source is behind
the black hole, and if it is located at r > 3m, then the only photons which can reach the
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Figure 11.7: Deflection of photons coming from infinity to a Schwarzschild black hole (upper
panel) and emitted to infinity from a source close to the black hole (lower panel). The lower panel
is the time-reversal of the upper one. The observer is represented as a vertical screen (a “detector”)
orthogonal to n̂.

observer are those with impact parameter b > 3
√

√ 3m. Therefore, the observer sees a circular
silhouette with radius 3 3m, slightly larger than the photon sphere.

Let us study this problem in more detail. Consider a static source at r = r0, as in
Fig. 11.8, emitting photons isotropically. The orbit of a given photon is parametrized by the
constants E and L. We define the dimensionless constant K = L/(mE). For a given value
of E, a light ray can escape to infinity if the angular momentum is larger than the critical
value Lcrit ≡ KcritmE, where Kcrit = 3

√
3.

To analyse the motion of the emitted photons, it is convenient to consider the local
Fermi frame {x∗µ} adapted to the source (see Sec. 3.9). Note that the source is static but
not in free fall, therefore this coordinate frame is not a LIF. We remind (see discussion at
the end of Sec. 3.9) that the laws of physics in this frame have locally the form prescribed
by Special Relativity for accelerated frames; thus, this is the appropriate frame to describe
the local process of photon emission.

Let {~e(µ)} be the vector basis associated to the coordinates {xµ} = (t, r, θ, ϕ), and {~e(
∗
µ)}

the vector basis associated to the local Fermi coordinates {x∗µ}. This is, by construction, an
orthonormal basis (~e(

∗
µ) · ~e(

∗
ν) = ηµν), whose timelike vector coincides with the four-velocity

of the source, ~e(0)
∗ = ~u, with ~e µ 0

(0)
∗ · ~e(0)

∗ = −1. Since the source is static, u = (u , 0, 0, 0),

hence ~u ‖ ~e 1/2
(0), i.e. ~e(0)

∗ = const ~e(0), with const = (−~e(0) · ~e(0))
− . Thus

~e 2
(0) 2m

−1/

~e(0)
∗ = =

~e(0)

(
1−

−~e(0) · r

)
~e(0) . (11.83)

Moreover, the three vectors ~e(

√
∗
i) (i = 1, . . . , 3) are orthogonal to ~e(0). Since ~e(i) are also

orthogonal to ~e(0), it follows that ~e(
∗
i) are linear combinations of the vectors ~e(i). Since
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Figure 11.8: Critical escape trajectories of radiation in the Schwarzschild geometry, projected in
the equatorial plane. A static source located at r = r0 (the vertex of the conical sectors) emits
photons isotropically, but those emitted within the conical sectors (i.e., with an angle ψ ≤ ψcrit)
will not reach infinity.

~e(
∗
i) · ~e(

∗
j) = δjk, we choose ~e(

∗
i) = ~e(i)/

√
~e(i) · ~e(i), i.e.( 1/2

2m
~e(1)
∗ = 1−

r

)
~e(1) , (11.84)

1
~e(2)
∗ = ~e(2) ,

r
1

~e(3)
∗ = ~e(3) .

r sin θ

We can now decompose the four-momentum of the emitted photon in the local Fermi basis:
p~ = p∗µ~e(

∗
µ) where p∗0 = −p~ · ~e(0)

∗ and p∗i = p~ · ~e(
∗
i) since ~e(

∗
µ) · ~e(

∗
ν) = ηµν . Using Eq. 11.84

and the fact that p~ · ~e(µ) = g(pα~e(α), ~e(µ)) = pαgαµ = pµ, we find

p∗0 = −p0

(
2m

1−
r

2 p2

)−1/2

, p∗1 = p1

( 1/2
2m

1−
r

p

)
p∗

3
= , p∗3 = . (11.85)

r r sin θ

If the photon is emitted at r = r0 along the equatorial plane (θ = π/2, pθ = 0), with

constants of motion E = −p0 and L = p3, then p∗0 = (1− 1/2
2m/r 3

0)
−

E and p∗ = L/r0.
The components of the velocity of the emitted photon measured in the local Fermi frame
are then

v∗r
p∗1 m

= =

(
2

1−
)
p 1

1
= g11 p1 p

(r0) =
p∗0 r0 E E E

∗3 ( )1/2
p

v∗ϕ
L 2m

= = 1
p∗0 r0E

− . (11.86)
r0

Since p1 = ṙ = ±
√
E2 − L2

r20

(
1− 2m

r0

)
(see Eq. 10.26) and L = mKE, Eqs. 11.86 can be
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written as

v∗r
m

=

√
1/

K2 2 m± 1−
(

2m mK 2
1−

) 2

, v∗ϕ =
0 r0

(
1

0 r
− (11.87)

r2 r

)
,

0

where the plus and minus signs in the above equation correspond to photons moving out-
wards and inwards, respectively.

Let us now compute the local emission angle ψ of a photon. For a generic emission
point on the equatorial plane, (x = r cosϕ, y = r sinϕ) in Schwarzschild coordinates, the
components of the velocity on the equatorial plane are vx = ẋ = ṙ cosϕ − r sinϕϕ̇ and
vy = ẏ = ṙ sinϕ + r cosϕϕ̇, where a dot indicates the derivative with respect to the time
coordinate t. As in Fig. 11.8, we can assume that the emission occurs on the x axis, i.e.
at ϕ = 0, without loss of generality. Therefore vx = ṙ = v∗r and vy = rϕ̇ = v∗ϕ. Since
for a massless particle |v| = 1 (we are using geometrized units in which c = 1), we have
vx = cosψ and vy = sinψ (see Fig. 11.8). Thus, we find a relation between the emission
angle and the polar component of the velocity:

sinψ = vy = rϕ̇ = v∗ϕ . (11.88)

The photon can escape to infinity for K > Kcrit, i.e. for local emission angles larger than
the critical angle

3m 3(1 2m/r0)
sinψcrit = v∗ϕ K =

√
−

|K= . (11.89)
crit r0

When ψ < ψcrit, the photon is captured by the black hole (see Fig. 11.8).
When the source is close to the horizon (r0 ≈ 2m), Eq. 11.89 reduces to

ψcrit '
( 3/2

3 r0 − 2m
. (11.90)

2

) √
m

Therefore, as the source approaches the horizon not only are the emitted photons redshifted
as discussed in Sec. 11.1, but their escape angle tends to zero. For emission angles smaller
than ψcrit, the light rays are absorbed by the black hole. The trajectory r(ϕ) of these rays
can be studied by solving the ordinary differential equation

∗ r2
√

1− K2m2
1− 2m

dr ṙ(t) rv
= = r =

dϕ ϕ̇(t vϕ
∗ ± r2 r

, (11.91)
) Km

√
1−

(
2m
r

)

supplemented by the initial condition r(0) = r0 (the initial value of ϕ is arbitrary due to
the spherical symmetry of the Schwarzschild metric). The above equation does not admit
a solution in closed form and one has to solve it numerically. Some numerical solutions
are shown in Fig. 11.8 for different emission points r0. The figure shows some important
features:

• The emission angle ψ of a photon which is free to escape (i.e., the escape angle) is
larger than 90o when r0 > 3m, whereas it is smaller than 90o when r0 < 3m. In
the former case the critical escape velocity can be either directed outward or inward,
whereas in the latter case it is only directed outward relative to the black hole.

• In all cases, the critical trajectory (K = Kcrit) corresponds to light rays that start
at r = r0 and approach the photon sphere, i.e. r(ϕ) → 3m either from above (when
r0 > 3m) or from below (when r0 < 3m).
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Suppose the source is at r0 > 3m on the right of the black hole, as in the bottom panel
of Fig. 11.7, and the observer is on the left of the black hole, i.e. the source is behind the
black hole. In this case, the observer would only receive those photons emitted with an
angle ψ > ψcrit. Photons emitted precisely at the critical angle (with ψ = ψcrit) will orbit
the black hole approaching the photon sphere (r = 3m) and making an infinite number of
revolutions, whereas photons emitted with ψ < ψcrit will be captured by the black hole.
In other words, part of the light coming from behind the black hole (emitted at r0 > 3m)
is trapped by the√ photon sphere, whereas the other will escape to infinity, with impact
parameter b > 3 3m.

It is interesting to note that, if ψ > ψcrit + ε (with ε� 1), the photons can make a large
number of revolutions before eventually escaping to infinity. Photons that escape to infinity
after making multiple revolutions contribute to create multiple images of the same source,
giving a peculiar structure to the region corresponding to ψ ' ψcrit.

11.5.1 The accretion disk of a black hole
The above discussion assumes that the black hole is isolated and only enlightened by a
point-like isotropic source behind it. However, astrophysical black holes are usually not
isolated but rather surrounded by an accretion disk of gas and plasma orbiting around
them. As previously discussed, these orbits can be circular only up to the ISCO at r = 6m,
whereas when r < 6m matter will fall into the horizon. This process is called accretion.
The surrounding matter accreting onto the hole heats up through viscous dissipation and
converts gravitational energy into radiation.

In order to understand how efficient can this process be, we can make a back-of-the-
envelope estimate. For clarity here we use physical units. Let us consider a body of mass
mp falling from infinity onto a body of mass M � mp and radius R. The gravitational
potential energy released in this process is ∆Eaccr = GMmp/R, most of which is emitted
in electromagnetic radiation. If a steady flux of matter falls into the central body with
accretion rate ṁp, the emitted energy flux (i.e., the energy emitted per unit of time) is
Lem = GMṁ 2

p/R. Since the flux of accreting mass-energy is Laccr = ṁpc , this mass-energy
is converted in electromagnetic radiation with an efficiency η = Lem/Laccr = GM/(Rc2).
For a black hole, we can consider R as the ISCO radius, therefore η ' 0.1. This is an
enormous efficiency: as a comparison, the efficiency of conversion of mass to energy in
thermonuclear reactions from hydrogen to helium is η ' 0.007.

As previously shown, an electromagnetic signal emitted by a particle freely falling onto
a black hole is strongly redshifted when approaching the horizon. In addition, an element
of fluid typically emits isotropically in all directions and not all photons will be able to
reach infinity as the fluid element approaches the black hole, because some of them would
be bent to the horizon. Fig. 11.8 and Eq. 11.89 show that, as the fluid falls toward the
horizon (r0 → 2m), the escape angle of radiation decreases until it vanishes precisely when
the emitting source is on the horizon. Therefore, the fraction of energy that is able to
reach infinity vanishes as r0 → 2m and the signal becomes more feeble due to both the
gravitational redshift and the extreme bending of all photons not emitted perfectly in radial
direction.

In other words, most of the radiation that illuminates a black hole comes from the
accretion disk (i.e., from r0 & 6m). The small amount of radiation coming from matter
falling into the horizon is highly redshifted and has a small escape angle, so it does not
contribute much to illuminate the region close to the horizon.

The shadow of a black hole has been observed for the first time in 2019 by the Event
Horizon Telescope Collaboration, that provided the first radio image of the supermassive
(M ≈ 6.5 × 109M ) black hole in the galaxy M87 [111], which is shown in Fig. 11.9. This�
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Figure 11.9: Shadow of the supermassive black hole in the galaxy M87, observed by the Event
Horizon Telescope Collaboration. From: K. Akiyama et al., First M87 Event Horizon Telescope
Results. I. The Shadow of the Supermassive Black Hole [111].

black hole is likely rotating; the spin affects geodesic motion, and hence the shadow, as will
be discussed in Box 19-B.
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Gravitational waves

One of the most interesting predictions of the theory of General Relativity is the existence of
gravitational waves. The idea that a perturbation of the gravitational field should propagate
as a wave is, in some sense, intuitive. For example, electromagnetic waves were introduced
when the Coulomb theory of electrostatics was replaced by the theory of electrodynamics,
and it was shown that they transport through the space the information about the dynamics
of charged systems. In a similar way, when a mass-energy distribution changes in time
the information about this dynamics should propagate in the form of waves. However,
gravitational waves have a distinctive feature: due to the twofold nature of gµν , which is
both the metric tensor and the gravitational potential, gravitational waves are metric waves.
Thus, when a gravitational wave propagates, the geometry and, consequently, the proper
distance between spacetime points changes in time. In other words, gravitational waves do
not propagate in the spacetime, they actually are waves of the spacetime.

Gravitational waves can be studied by solving Einstein’s equations with different ap-
proaches: “exact”, perturbative, or numerical. In the “exact” approach we look for analytical
solutions of Einstein’s equations describing these waves; these can be found only by impos-
ing some particular symmetry, for example plane, spherical, or cylindrical. Exact solutions
can also describe the interaction of gravitational waves which, due to the non-linearity of
the equations of gravity, is very different from the interaction of electromagnetic waves [52].

The perturbative approach considers gravitational waves emitted by a source as small
perturbations of a background solution. It does not require a particular symmetry of the
spacetime, but it requires the knowledge of the background solution.

Finally, when we cannot impose a particular symmetry to the spacetime and the metric
cannot be considered as a small perturbation of a known background solution, we have
to follow the numerical approach, i.e. numerical integration of the full, non-linear Einstein
equations. Due to the non-linearity of these equations, this approach is very challenging.
An entire branch of General Relativity, named Numerical Relativity, studies all related
issues. The topic of Numerical Relativity deserves a monograph on its own and we refer the
interested reader to e.g. [6] and references therein.

In the rest of this book we shall only focus on the perturbative approach, treating
gravitational waves as small perturbations of a given background solution of Einstein’s
equations.

12.1 PERTURBATIVE APPROACH
Let g0

µν be a known solution of Einstein’s equations; this will be referred to as the back-
ground. It can be, for instance, the metric of flat spacetime ηµν , or the metric describing a
Schwarzschild black hole. Let us consider a small perturbation of g0

µν caused by some source

221
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described by a stress-energy tensor δTµν . We write the metric tensor of the perturbed space-
time, gµν , as

gµν = g0
µν + hµν , (12.1)

where hµν is the small perturbation, such that

|hµν | � |g0
µν | . (12.2)

We remark that Eqs. 12.1 and 12.2 hold in a given reference frame. As we shall discuss in
Sec. 12.2, although Einstein’s equations are invariant under a general coordinate transfor-
mation, only a subset of these transformations is consistent with the perturbative framework
defined by Eq. 12.1, i.e. those which preserve the condition 12.2.

Similarly to the case of flat background discussed in Sec. 6.1, the inverse metric is

gµν = g0µν − hµν +O(h2) , (12.3)

where the indices of hµν have been raised with the unperturbed metric

hµν ≡ g0µαg0 νβhαβ . (12.4)

It is easy to show that gµν defined in Eq. 12.3 is the inverse metric; indeed with this
definition,

g0µν − hµν)(g0
να + hνα = δµα +O(h2) . (12.5)

The equations governing

(
the dynamics of hµν

)
are obtained by linearizing Einstein’s

equations, which are conveniently written in the following form

8πG 1
Rµν =

(
Tµν g

4
− µνT

c 2

)
; (12.6)

the stress-energy tensor Tµν is the sum of two terms, one associated to the source that
generates the background geometry g0

µν , say T 0
µν , and one associated to the source of the

perturbation δTµν , which is of order h.
Let us first consider the left-hand side of Eq. 12.6. We remind that the Ricci tensor Rµν

is (see Box 4-A)
R α α α σ α σ
µν = Γµν,α − Γµα,ν + ΓσαΓµν − ΓσνΓµα , (12.7)

γand that the affine connections Γβµ are

γ 1
Γβµ = gγα (gαβ,µ + gαµ,β − gβµ,α) . (12.8)

2

γThe Γβµ computed for the perturbed metric 12.1 are

γ 1
Γβµ (gµν) = g0 γα − hγα g0

αβ,µ + g0
µ,α)

2 αµ,β − g0
βµ,α + (hαβ,µ + hαµ,β − hβ

1 1
= g

(
0 γα

) [(
(
g0
αβ,µ + g0

αµ,β − g0
βµ,α

)
+ g0 γα

)
(hαβ,µ + hαµ,β − hβµ,α) (12.9)

]
2 2
1− hγα

(
g0 + g0 − g0 +

2 αβ,µ αµ,β βµ,α O(h2)

≡ γ γΓ
(
g0
)

+ δΓ
(
g0 2

βµ βµ , h +O(

)
h ) ,

γwhere δΓ 0
βµ g , h are the first-order corrections,

)
which are linear in hµν ,

γδΓ
(
g0 1
,

(
h

)
)

= g0 γα 1
(h + h − h )− hγαβµ αβ,µ αµ,β βµ,α

2 2

(
g0
αβ,µ + g0

αµ,β − g0
βµ,α

)
. (12.10)
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Note that, as shown in Sec. 7.3, δΓαµν are the components of a tensor, and can be written
as (see Eq. 7.28)

δΓλ
1 1

µν = gλρ (hµρ;ν + hνρ;µ − h 0
µν;ρ) = g λρ (h 2

µρ;ν + hνρ;µ
2 2

− hµν;ρ) +O(h ) . (12.11)

γWhen we substitute the expression of Γβµ (gµν) given in Eq. 12.9 in the Ricci tensor we get

Rµν (gµν) = R0
µν

(
g0
) ∂

+ δΓα
∂xα µν

(
g0, h

) ∂− δΓα 0( ) ∂xν µα

σ σ

(
g , h

)
(12.12)

+ Γασα g0 0 α 0 0

− Γα
(
g0

σν

) δΓµν g , h + δΓσα g , h Γµν g

( )δΓσµα
( ) ( )(
g0, h

)
− δΓασν

(
g0, h Γσ 0 2( ) µα

(
g

)
+O(h )

= R0 g0 + δΓα g0, h − δΓα g 2
µν µν;α µα;ν

)
0, h

(
+

)
O(h )

≡ R0
µν g0 + δR 2

µν g0, h +O(h ) ,

( )
where the covariant derivative

(
is

)
performed

(
with

)
respect to the background metric g0

µν .
Note that the expression of δRµν in Eq. 12.12 can also be obtained using the Palatini
identity 7.31.( Let us now consider the right-hand side of the Einstein equations 12.6, i.e.
Tµν − 1g 0

µνT
)
. Since Tµν = T2 µν + δTµν , we get

T = gµνTµν =
(
g0µν − hµν

) (
T 0
µν + δTµν

= g0µνT 0 0 + g0µν
µν − hµνTµν δTµν +O(h

)
+O(h2) (12.13)
2) ≡ T 0 + δT .

Consequently(
1 1

Tµν − gµνT
2

)
= T 0

µν + δTµν −
2

= T 0 1
g0 T 0

(
g0
µν + hµν

+ δT

) (
T 0 + δT

)
(12.14)(

µν − 2 µν

) [
1

µν − 0

2

(
g0
µνδT + hµνT

)]
+O(h2) .

Combining Eqs. 12.12 and 12.13, and( reminding) ( that g0
µν is, b)y assumption, a solution of

Einstein’s equations in vacuum, R g0 = 8πG T 0 − 1 0
µν c4 µν g2 µνT

0 , the field equations for the
perturbations hµν reduce to

δΓαµν;α

(
g0, h

) 8πG 1− δΓα 0 0 0 2
µα;ν g , h =

[
δTµν − gµνδT + hµνT

c4 2

]
+O(h ) . (12.15)

As expected, the above equations

( )
are linear in h

( )
µν . Their solution describes the generation of

gravitational waves and their propagation in the considered background. This approximation
works sufficiently well in a variety of physical situations because gravitational waves are very
weak. This point will be discussed in more detail in Chapter 13, when we will study the
generation of gravitational waves.

12.2 GRAVITATIONAL WAVES AS PERTURBATIONS OF FLAT SPACETIME
Let us consider the flat spacetime described by the metric tensor ηµν and a small pertur-
bation hµν thereof, such that the resulting metric can be written as

gµν = ηµν + hµν , |hµν | � 1 . (12.16)
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In this case the equations derived in the previous section considerably simplify. The affine
connections 12.9 computed for the metric 12.16 give

Γλ
1

µν = ηλρ [h 2
ρµ,ν + hρν,µ )

2
− hµν,ρ] +O(h . (12.17)

Since the metric g0
µν ≡ ηµν is constant, Γλµν(g0) = 0 and Γλµν ≡ δΓλµν(h) is of order O(h);

moreover, since the background is flat T 0
µν = 0, and Tµν = δTµν is also of order O(h).

In this case the left-hand side of Eq. 12.15 simply reduces to

∂Γα α
µν ∂Γ
− µα

+O(h2) (12.18)
∂xα ∂xν

1 ∂
=

{
∂2 ∂2 2

−�Fhµν +

[
hλ h

∂x ν + λ h
2 λ∂xµ ∂xλ∂xν µ − λ

∂xµ∂xν λ

]}
+O(h2) .

The operator �F is the d’Alembertian in flat spacetime,

∂ ∂ 1 ∂2

� 2
F = ηαβ =

∂xα ∂xβ
− +
c2 ∂t2

∇ . (12.19)

Thus, Einstein’s equations 12.6 for hµν become{
∂2 ∂2 2

λ ∂ 1
� λ λ 16πG
Fhµν −

[
hν + hµ − h = Tµν ηµνT .

∂xλ∂xµ ∂xλ∂xν ∂xµ∂xν λ

]}
−

c4

(
−

2

)
(12.20)

This equation can be considerably simplified by using the gauge freedom of Einstein’s equa-
tions discussed in Chapter 6. Indeed, the solution of Eq. 12.20 is not uniquely determined.
If we make a coordinate transformation, the transformed metric tensor is still a solution:
it describes the same physical situation seen from a different frame. However, since we are
working in the weak-field limit we are entitled to make only those transformations which
preserve the condition |hµν | � |ηµν |, i.e. |hµν | � 1. To this purpose, let us consider an
infinitesimal coordinate transformation

xα′ = xα + εα(x) , (12.21)

(note that the prime refers to the coordinate xα, not to the index α) where εα is an arbitrary
vector such that εα,µ are of the same order of hµν (see discussion below). Then,

∂xα′
= δα

∂εα

∂xµ µ + . (12.22)
∂xµ

Furthermore, since 1

∂xα′ ∂xβ′ ( )( ∂εαα β ∂εβ
gµν = gαβ

′ = ηαβ + h′
xµ ∂ ν αβ δ
∂ x µ + δ

∂xµ

)(
ν +

∂xν

)
(12.23)

= ηµν + h′µν + ε 2
ν,µ + εµ,ν +O(h ) ,

and gµν = ηµν + hµν , it follows that, up to O(h2),

h′µν = hµν − (εν,µ + εµ,ν) . (12.24)

This equation can also be interpreted as the transformation of the metric perturbation for
an infinitesimal diffeomorphism (see Box 12-A).

1Note that in this chapter we denote the transformed tensor as (say) h′µν rather than as hµ′ν′, since this
simplifies the discussion on the infinitesimal coordinate transformations.
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From the above equation it follows that, if hµν satisfies the condition |hµν | � 1, h′µν
satisfies the same condition only if the derivatives εν,µ are of order hµν as anticipated above.
Notice that h′µν is symmetric, as it should be.

In order to simplify Eq. 12.20 it appears convenient to choose a coordinate system in
which the harmonic gauge condition introduced in Sec. 6.4,

Γλ = gµνΓλµν = 0 , (12.25)

is satisfied. Indeed, using Eq. 12.17,

gµνΓλ
1

µν = ηµνηλρ [h 2
ρµ,ν + hρν,µ hµν,ρ] +O(h ) (12.26)

2
−

1
= ηλρ {hν 2

ρ,ν + hµρ,µ − hνν,ρ}+O(h ) .
2

Since the first two terms are equal to each other, we find

gµνΓλµν = ηλρ
(

1
hµρ,µ − hνν,ρ

)
+O(h2) . (12.27)

2

Thus, up to terms that are first order in hµν , the harmonic gauge condition is equivalent to

∂
hµ

1 ∂
ρ = h , (12.28)

∂xµ 2 ∂xρ

where we have set
h = ηµνhµν ≡ hνν . (12.29)

Using this condition the term in square brackets in Eq. 12.20 vanishes, and the linearized
Einstein equations reduce to a simple wave equation supplemented by the condition 12.28,

16πG
�Fhµν = −

c4
∂ µ 1 ∂

( 1
Tµν − ηµνT

2

)
 (12.30)

h ν = h .
∂xµ 2 ∂xν

If we introduce the tensor
1

h̄µν ≡ hµν − ηµνh , (12.31)
2

Eqs. 12.30 become  16πG
� ¯
Fhµν = − Tµν c4 (12.32)∂
h̄µν = 0 ,

∂xµ

and outside the source, where Tµν = 0,� ¯
Fhµν = 0 ∂ (12.33)
h̄µν = 0 .

∂xµ

Since the first of Eqs. 12.33 is the standard D’Alembert equation, it shows that a pertur-
bation of a flat spacetime propagates as a wave travelling at the speed of light, and that

¯Einstein’s theory of gravity predicts the existence of gravitational waves. The tensor hµν is
also called the “trace-reversed” perturbation tensor, since

h̄ = ηµν h̄µν = −h . (12.34)
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source

observer

O

x'

x

x-x'

h  (t, x)μν

Figure 12.1: An observer located at a distance x from the source, at the time t receives a wave
h̄µν(t,x) which is the sum of the contributions emitted from each source element located in x′ at

the retarded time t− |x−x′|
c

.

As in electrodynamics, the solution of Eqs. 12.32 can be written in terms of retarded
potentials [67]

µν(t− |x4G
∫ −x′T | ,x′)

h̄µν(t,x) = c d3x′ , (12.35)
c4 V |x− x′|

where V is the three-dimensional source volume, x′ is the distance of an element of the
emitting source from the origin of a frame centered in some point of the source, x is the
distance of the observer from the source (see Fig. 12.1).

Remarkably, the retarded potentials solution in Eq. 12.35 automatically satisfies the
harmonic gauge condition

∂
h̄µν = 0 . (12.36)

∂xµ

Indeed, if we define the Green function

4G 1
(~x ~x′) δ t′

(
t

5

[
|x− x′|G − ≡

c |x x′
− −

− | c

)]
, (12.37)

where ~x = (ct,x) and ~x ′ = (ct′,x′), Eq. 12.35 can be written as a four-dimensional integral
as follows

h̄µν(~x) =

∫
Tµν(~x ′) G (~x− ~x′) d4x′ , (12.38)

Ω

where Ω ≡ V × I, and I is a time interval to be taken such that G(~x− ~x′) vanishes at the
extrema of I. This condition is satisfied if I is so large that, for all x′ ∈ V , the instant

t′ = t − |x−x′| is contained in I; indeed, from Eq. 12.37, the Green functionc G is different

from zero only for t′ = t− |x−x′| .c
Since G is a function of the difference (~x− ~x′), then

∂ ∂
[G (~x− ~x′)] =

∂xµ
− [ (12.39)
∂x′µ

G (~x− ~x′)] .
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Consequently,

∂
h̄µν

∂
(~x) =

∫
Tµν

∂
(~x ′) G (~x− ~x′) d4x′ = −

∫
Tµν(~x ′) (

∂xµ Ω ∂xµ Ω ∂x′µ
G ~x− ~x′) d4x′ .

(12.40)
The last term can be integrated by parts,∫

Tµν
∂

(~x ′) µG (~x− ~x′) d4x′ = (12.41)∫Ω ∂x′

d4 ∂
x′ [Tµν

∂
(~x ′)G (~x− ~x′)]−

∫
d4x′

[
Tµν 4

µ
Ω ∂x′µ

(~x ′)
Ω ∂x′

]
G (~x− ~x′) d x′ .

We now show that both integrals above vanish. By Gauss’ theorem, the first integral over
the 4-volume Ω on the right-hand side of Eq. 12.41 is equal to the flux of [Tµν(~x ′)G (~x− ~x′)]
across the surface ∂Ω enclosing that volume, i.e.∫

d4 ∂
x′ µν µν

∂x′µ
[T (~x ′)G (~x− ~x′)] =

∫
[T (~x ′)G (~x ~

Ω ∂Ω

− x′)] dSµ , (12.42)

where dS is the surface element on ∂Ω, with normal vector nµ, and dSµ = nµdS. This
integral vanishes since Tµν = 0 on the boundary of V and G = 0 on the boundary of I. The
second integral on the right-hand side of Eq. 12.41 also vanishes, since the stress-energy
tensor satisfies the conservation law Tµν,ν = 0. Consequently, Eq. 12.41 vanishes and hence

∂
h̄µν(~x) = 0 , (12.43)

∂xµ

as previously stated.
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Transformation of metric perturbations under infinitesimal
diffeomorphisms

As discussed in Sec. 8.5, the invariance of Einstein’s equations with respect to general
coordinate transformations is formally equivalent to the invariance of the same equa-
tions under diffeomorphisms, and a gauge transformation can be interpreted either as
a coordinate transformation or as a diffeomorphism. Thus Eq. 12.21,

xα′ = xα + εα(x) (12.44)

with εα(x) of order O(h), can be interpreted as an infinitesimal diffeomorphism of order
O(h). Under such diffeomorphism, the change in the metric components is given by the
Lie derivative (see Box 8-A)

δgµν = L~ε gµν = εµ;ν + εν;µ . (12.45)

Therefore,
gµν + δgµν = (g0

µν + hµν) + δgµν = g0
µν + h′µν , (12.46)

consequently,
h′µν = hµν + δgµν = hµν + εµ;ν + εν;µ , (12.47)

which, if g0
µν = ηµν , is equivalent up to O(h2) terms, and a sign difference, to Eq. 12.24,

h′µν = hµν − (εν,µ + εµ,ν).
The reason of this sign difference is the following. Eq. 12.44 corresponds to both a
coordinate transformation and a diffeomorphism, but these affect scalar functions (and
vector and tensor field as well) in a different way. Let us consider, for instance, a scalar
function f(x); it is transformed by a coordinate transformation 12.21 into a function f ′

such that f ′(x′) = f(x). Therefore, f ′(x+ ε) = f(x) and thus (f ′− f)(x) = −εµf,µ(x).
Conversely, the function f is transformed by a diffeomorphism 12.21 into a function f ′

such that f ′(x) = f(x′), and thus in that case (f ′ − f)(x) = εµf,µ(x). The same holds
for vector and tensor fields.

12.3 HOW TO CHOOSE THE HARMONIC GAUGE
We shall now show that if the harmonic gauge condition is not satisfied in a reference
frame, we can always find a new frame where it is, by making an infinitesimal coordinate
transformation

λ′x = xλ + ελ , (12.48)

provided ελ satisfies the following equation

∂hβ
� ρ 1 ∂h
F ερ =

∂xβ
− . (12.49)

2 ∂xρ

Indeed, under a change of coordinates the quantity Γλ = gµνΓλµν transforms according to
Eq. 6.74, i.e.

Γλ
′ ∂xλ

′ ′
∂2xλ

= Γρ
∂xρ

− gρσ . (12.50)
∂xρ∂xσ

Since from Eq. 12.48
λ′∂x

= δλ
∂ελ

∂xσ σ + , (12.51)
∂xσ

Box 12-A
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the last term in Eq. 12.50 gives

ρσ ∂2xλ
′

ρσ

[
∂
(

λ ∂ελ ∂2

g = g +

)]
ελ

δσ = ηρσ
∂xρ∂xσ ∂xρ ∂xσ

(
= λ

F ε .
∂xρ

� (12.52)
∂xσ

)
In addition, from Eq. 12.27

Γρ = ηρν
(
hµ

1
ν,µ − h,ν

)
, (12.53)

2

therefore in the new gauge the condition Γλ
′

= 0 becomes

λ µ

Γλ
′

=

(
λ ∂ε
ρ +

∂xρ

)
ηρν

(
∂h ν 1 ∂h

δ
∂xµ

− �
2 ∂xν

)
− F ε

λ = 0 . (12.54)

If we neglect second-order terms in h, Eq. 12.54 reduces to

λ′ ∂hµν 1 ∂h
Γ = ηλν

(
�F ε

λ = 0 , (12.55)
∂xµ

−
2 ∂xν

)
−

which, contracting with ηλα and reminding that ηλαη
λν = δνα, finally gives

∂hµ
� α 1 ∂h
F εα =

∂xµ
− , (12.56)

2 ∂xα

i.e. Eq. 12.49. This is an inhomogeneous wave equation, which can be solved with standard
techniques to find the components εα. These identify the coordinate system in which the
harmonic gauge condition is satisfied.

It is important to note that the harmonic gauge condition 12.25 does not determine the
gauge uniquely. Indeed, suppose that we are in a frame where this condition is satisfied,
i.e. Γρ = 0. If we make an infinitesimal coordinate transformation 12.48 and impose that
εµ satisfies the equation �F εµ = 0, according to Eqs. 12.50 and 12.52 in the new frame
Γλ′ = 0, i.e. the harmonic gauge condition still holds. This gauge freedom will be used in
Sec. 12.5.

12.4 PLANE GRAVITATIONAL WAVES
We have shown that the perturbations of flat spacetime satisfy the wave equation

� ¯
Fhµν = 0 (12.57)

supplemented by the harmonic gauge condition

∂
h̄µν = 0 . (12.58)

∂xµ

The general solution of Eq. 12.57 is a linear superposition of monochromatic plane waves,
each one of the form

¯ <
{

ik xαhµν = Aµνe α , (12.59)

~where Aµν is the polarization tensor, i.e. the wave amplitude,

}
k is the wave four-vector,

and <(z) denotes the real part of any complex number z, which we shall often omit for
simplicity.

By direct substitution of Eq. 12.59 into Eq. 12.57 we find

∂
= αβ ∂ ∂

� ¯ γ

h A η
(
eikγx

)
= A ηαβ ik δγ eikγx

γ

F µν µν µν γ β (12.60)
∂xα ∂xβ[ ] ∂xα

γ

= A ηαβ
∂

ik eik
γ

γx −A

[
µν β = µνη

αβkαkβ e
ikγx = 0 .

]
∂xα
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Thus, neglecting the trivial solution Aµν = 0, Eq. 12.59 is a solution to Eq. 12.57 if

ηαβkαkβ = 0 , (12.61)

~that is, if k is a null vector.
The harmonic gauge condition 12.58 can be written as

ηµα
∂
h̄αν = 0 . (12.62)

∂xµ

Using Eq. 12.59, this yields

ηµα
∂

γx
γ

Aανe
ik = 0 → ηµαAανkµ = 0 → kµA

µ
ν = 0 . (12.63)

∂xµ

This further condition imposes the orthogonality of the wave four-vector to the polarization
tensor.

¯The perturbation hµν in Eq. 12.59 is constant on those surfaces where

kαx
α = const → kix

i = const− ck0t . (12.64)

¯At fixed time, the spatial surfaces where hµν is constant, i.e. the wavefronts of the gravita-
tional wave, are the planes kix

i = const.
It is conventional to refer to k0 as ω , where ω is the wave pulsation (we shall often referc

to it simply as “frequency”). Consequently

ω~k = ,k , (12.65)
c

where k is the wave three-vector with comp

(
onen

)
ts (k1, k2, k3), and is orthogonal to the

~wavefront. It is related to the wavelength λ by |k| = 2π/λ. Since k is a null vector

−(k0)2 + (k1)2 + (k2)2 + (k3)2 = −(k0)2 + |k| = 0 , (12.66)

from which it follows
ω = ck0 = c|k| , (12.67)

which gives the expected dispersion relation for a wave moving at the speed of light.

12.5 THE TT GAUGE
Let us now discuss how many of the ten components of hµν have a real physical meaning, i.e.
what are the degrees of freedom of a gravitational wave. Consider a plane wave propagating
in flat spacetime along the x-direction, using Cartesian coordinates (x1, x2, x3) = (x, y, z).
Since hµν is independent of y and z, Eq. 12.57 becomes (as before we raise and lower indices
with ηµν) (

1 ∂2 ∂2

− ¯+ hµν = 0 . (12.68)
c2 ∂t2 ∂x2

)
This is the one-dimensional wave equation, the solution of which is an arbitrary function of
t± x ¯. Let us consider, for example, a progressive wave hµ x

ν [f(t, x)], where f(t, x) = tc − .c
Since

¯ ¯∂
h̄µ

∂hµν ∂f ∂hµν
ν = = , (12.69)

∂t ∂f ∂t ∂f
¯ ¯∂ µ ∂hµ¯ ν ∂f 1 ∂hµ

h ν = = ,
∂x ∂f ∂

− ν

x c ∂f
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¯the harmonic gauge condition ∂
∂xµh

µ
ν = 0 gives

¯t ¯∂ 1¯ ν
hµ

∂h ν ∂hx 1 ∂ ¯ ¯
ν = + = htν

∂xµ c ∂t ∂x c ∂f
− hxν = 0 . (12.70)

¯ ¯The solution of this equation is ht

[ ]
ν − hxν = const and, since we are interested only in

the time-dependent part of the solution, we can set the integration constants to zero 2.
Consequently

h̄t ¯
t = hx ¯ ¯ ¯ ¯ ¯ ¯

t, htx = hx , hty = hxx y, htz = hxz . (12.71)

We now remind that, as shown at the end of Sec. 12.3, we still have the freedom of making
an infinitesimal coordinate transformation

xµ′ = xµ + εµ (12.72)

with εµ,ν = O(h). If �F εµ = 0, the harmonic gauge condition is satisfied also in the new
¯frame, and consequently the tensor h′µν satisfies the wave equation

� ¯
Fh
′
µν = 0 . (12.73)

Using this gauge freedom and without loss of generality, we can choose the four functions
εµ to set to zero the following four quantities

h̄t ¯= ht ¯
x y = ht ¯

z = hy ¯
y + hzz = 0 . (12.74)

From Eq. 12.71 it then follows that

h̄x ¯
x = hx ¯

y = hx ¯
z = htt = 0 . (12.75)

¯ ¯The remaining non-vanishin components are hz ¯g y and hyy−hzz. These components cannot
be set equal to zero, because we have exhausted our gauge freedom.

From Eqs. 12.74 and 12.75 it follows that, with the above choice,

¯ ¯h = hµ ¯
µ = ht ¯

t + hx ¯y ¯z
x + h y + h z = 0 . (12.76)

¯Since h = −h (see Eq. 12.34) it follows that h = 0, consequently

1
h̄µν = hµν − ηµνh h

2
≡ µν , (12.77)

¯i.e. in this gauge hµν and hµν coincide and are traceless. Thus, a plane gravitational wave
propagating along the x-axis is characterized by two functions hxy and hyy = −hzz, while
the remaining components can be set to zero by choosing the gauge, as we have shown

0 0 0 0
0 0 0 0

hTT
µν =

 . (12.78)
0 0 hyy hyz


0 0 hyz −hyy


2


We remark that Eq. 12.57 is linear in the metric perturbation, like e.g. Maxwell’s equations for the

electromagnetic field, or Klein-Gordon’s equation for the scalar field. Linear, differential equations satisfy
the superposition principle: a linear combination of solutions is still a solution. Therefore, it is legitimate
to study the time-dependent solutions of Eq. 12.57, and discard the solutions constant in time (the latter
will be studied in Chapter 17). The superposition principle does not apply to the full non-linear Einstein
equations; in that case, different solutions cannot be studied separately.
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In conclusion, a gravitational wave has only two physical degrees of freedom, which
correspond to two polarization states. The gauge in which this is clearly manifested is
called the TT gauge, where ‘TT’ stands for “transverse traceless”: it indicates that the
metric tensor hµν is traceless, i.e. h = 0, and transverse, i.e. the components of hµν along
the direction of propagation vanish (in this case, hµx = 0). Note that the transversality

¯condition, together with the harmonic gauge condition hµν,µ = 0, implies that in the TT
gauge the components hµ0 also vanish.

12.6 HOW DOES A GRAVITATIONAL WAVE AFFECT THE MOTION OF A
SINGLE PARTICLE

Consider a particle at rest in flat spacetime before the passage of a gravitational wave. We
take the x-axis coincident with the direction of propagation of an incoming wave in the TT
gauge. The particle follows a geodesic of the curved spacetime generated by the wave

d2xα
+ Γα

dxµ dxν duα

µν ≡ + Γαµνu
µuν = 0 . (12.79)

dτ2 dτ dτ dτ

At τ = 0 the particle is at rest (uα = (1, 0, 0, 0)) and, from the above equation, the initial
acceleration produced by the wave is(

duα
)

1
= −Γα = − ηαβ h

dτ 00
(τ=0) 2

[
TT
β0,0 + hTT TT

0β,0 − h00,β

]
. (12.80)

Since in the TT gauge all time components of hµν are zero (see Eq. 12.78), Eq. 12.80 gives(
duα

dτ

)
= 0. (12.81)

(τ=0)

Thus, uα remains constant, which means that the particle is not accelerated by the wave
and remains at a fixed coordinate position. We conclude that the motion of a single particle
is not affected by the passage of the gravitational wave.

12.7 GEODESIC DEVIATION INDUCED BY A GRAVITATIONAL WAVE
We shall now study the relative motion of neighbouring particles induced by a gravitational

µ µwave. Let us consider two particles A and B, initially at rest, with coordinates xA, xB .
We shall assume that a plane-fronted gravitational wave reaches them at some coordinate
time t = 0, propagating along the x-axis. We shall use the TT gauge, so that the only
non-vanishing components of the wave are those on the (y, z)-plane as in Eq. 12.78. In this
frame, the metric is

ds2 = gµνdx
µdxν = (ηµν + hTT

µν )dxµdxν . (12.82)

As shown in the previous section, if the two particles are initially at rest, they will remain
at the same coordinate position even later, when the wave passes by: thus their coordinate
separation

δxµ µ= xB −
µxA (12.83)

remains constant. We may visualize the TT coordinate frame as a grid of massive particles
initially at rest: the position of each particle corresponds to a given space point of the frame.
At the passage of a gravitational wave, the grid stretches but the coordinate positions of
the particles remain, by definition, constant.

However, the gravitational wave does affect the system. Indeed, it changes the proper
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distance between particles, and this is a scalar quantity invariant under coordinate transfor-
mations. For example if two particles are on the y-axis,

y

∆l

∫
ds =

∫ yB B 11

= |g TT 2
yy dy =

y

| 2
∫

y
y

[
1 + h y (t

A

− x/c)
A

]
dy (12.84)

1∼
[
1 + hTT

2 yy (t− x/c)
]

= const .

The fact that the coordinate separation given in Eq. 12.83 remains constant, whereas the
proper distance 12.84 changes, may seem in contradiction. However, we remind that in
General Relativity non-tensorial quantities (such as the coordinate separation among two
events in the TT frame) may not be appropriate to describe physical processes, because they
are not covariant under general coordinate transformations; therefore, it may be difficult
to discriminate between true, physical effects and artifacts of the choice of the coordinate
frame. In order to study the physical effects produced by the wave, we should consider
tensorial relations, which are covariant under coordinate transformations. To this purpose
it is useful to study the geodesic deviation introduced in Sec. 4.5, which gives the relative
acceleration between two particles, and is a tensorial quantity. It is worth reminding that
the geodesic deviation

D2δxα

dτ2
≡
(
∇~t
( α

∇ ~
~t δx

))
, (12.85)

where ~t is the tangent vector to one of the two neighbouring geodesics, is given in terms of
the Riemann tensor through Eq. 4.52, which we rewrite here for convenience:

D2δxα
= Rαβµν t

β tµ δxν . (12.86)
dτ2

In the presence of a gravitational wave, the Riemann tensor does not vanish, whatever frame
2 i

we use; therefore, the geodesic deviation D δx
dτ2 = 0 in any frame, including the TT frame.

d2δxiThe quantity dτ2 , instead, is not a tensorial quantity, and – as noted above – it vanishes
in the TT frame.

We shall integrate the equation of geodesic deviation in the LIF {ξα} centered on one of
the two particles, say the particle A (see Sec. 3.9). Note that the coordinate separation in the
LIF, δξα, is not a tensorial quantity; nevertheless it is appropriate to describe the relative
motion. Indeed, {ξα} are the coordinates of a local observer who performs the measurement
and, by the Equivalence Principle, the laws of physics in this frame are those of Special
Relativity, therefore no spurious coordinate-dependent effects can affect the measurement.

As explained in Box 3-A, in the neighbourhood of A the metric differs from Minkowski’s
metric by terms of order |ξ|2, i.e.

ds2 = ηαβdξ
αdξβ +O(|ξ|2) . (12.87)

In this frame the particle A has space coordinates ξiA = 0 (i = 1, 2, 3), and since it is at
rest, its proper time coincides with the coordinate time

dξµ
tA = τ/c , = (1, 0, 0, 0) ; (12.88)

dτ |A

in addition
gµν A = ηµν , gµν,α A = 0 (i.e.Γα| | µν |A = 0) , (12.89)

where the subscript A means that the quantities are computed along the geodesic of the|
µ

particle A. The vector tα tangent to the geodesic of the particle A is tµ = dξ = (1, 0, 0, 0),dτ |A

6

6
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ξ

ξ

ξ

δξ

3

1

2O≡A

B

Figure 12.2: Two nearby particles in the LIF {ξµ} centered on the particle A.

and δxγ = δξγ are the components of the separation vector between the particles A and B.
Thus Eq. 12.86 becomes

D2δξµ β 2

= Rµ
dξα dξ µ

δξγ
1 d δξ

αβγ
dτ2 dτ dτ

→ = Rµ00γδξ
γ . (12.90)

c2| | dt2A A

In the LIF centered in the worldline of the particle A the Riemann tensor is (see Eq. 4.23)

RLIF 1
ακλµ = (gαµ,λκ + gκλ,µα

2
− gαλ,µκ − gκµ,λα) , (12.91)

and, since gµν = η LIF
µν + hµν , it takes the form

RLIF 1
=

(
hLIF + hLIF − hLIF

ακλµ − LIF

2 αµ,λκ κλ,µα αλ,µκ hκµ,λα
)
. (12.92)

In the TT gauge, where gµν = η TT TT LIF
µν+hµν and hµν = hµν , the Riemann tensor has formally

the same expression as in the LIF, i.e.

RTT 1
ακλµ =

(
hTT
αµ,λκ + hTT

κλ,µα − hTTαλ,µκ − hTT

2 κµ,λα +O(h2) ; (12.93)

however, it greatly simplifies because in this gauge the only non-v

)
anishing components of

hTT
µν are those orthogonal to the direction of propagation of the wave. Thus, it is useful

to find the relation between the Riemann tensor computed in the TT gauge and that
computed in the LIF. As explained in Sec. 12.5, in order to choose a TT frame we need
to make an infinitesimal coordinate transformation xµ → xµ + εµ, with �F εµ = 0, and
impose the transverse-traceless conditions. Under this transformation hµν transforms as
hLIF
µν = hTT

µν + εµ,ν + εν,µ which, substituted in Eq. 12.92, gives

RTT
ακλµ = RLIF 1

ακλµ − (εα,µκλ + εµ,ακλ + εκ,λαµ + ελ,καµ (12.94)
2

−εα,λκµ − ελ,ακµ − εκ,µαλ − εµ,καλ) = RLIF
ακλµ .

6
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Hence
RTT
ακλµ = RLIF

ακλµ , (12.95)

which shows that the Riemann tensor is invariant (and not only covariant) under the in-
finitesimal coordinate transformation 12.72 between a generic LIF and the TT frame 3. Due
to this property, we can solve Eq. 12.90, which holds in the LIF centered in A, using the
Riemann tensor 12.93 computed in the TT gauge

1 d2δξµ
= RTTµ

00γδξ
γ . (12.96)

c2 dt2

We stress that in Eq. 12.96 the Riemann tensor is written in terms of the TT metric hTT
µν ,

while δξα is the coordinate separation in the LIF.
Assuming that the wave travels along ξ1, the only non-vanishing components of hTT

µν are

those with µ, ν = 2, 3, and these depend on ξ0 and ξ1; for a progressive wave hTT TT
µν,0 = hµν,1,

and using Eq. 12.93 it is easy to show that the non-vanishing components of the Riemann
tensor are

RTT 1
i00m = hTT

im,00 , i,m = 2, 3 . (12.97)
2

It follows that

TT µ µi TT 1 µi 1 ∂2hTT

R 00m = η Ri00m = η im , i,m = 2, 3 , (12.98)
2 c2 ∂t2

and Eq. 12.96 becomes
d2δξµ 1 ∂2

= ηµi
hTT
im δξm . (12.99)

dt2 2 ∂t2

For t ≤ 0 the two particles are at rest relative to each other, and consequently

t ≤ 0 δξj j= δξ0 . (12.100)

Since hTT
µν is a small perturbation, when the wave arrives the relative position of the particles

changes only by infinitesimal quantities, therefore we put

t > 0 δξj j j j j(t) = δξ0 + δξ1(t), |δξ1| � |δξ0| , (12.101)

j ji.e. δξ1(t) is a small perturbation of the initial separation δξ0. Substituting Eq. 12.101
jin Eq. 12.99, remembering that δξ0 is constant, and retaining only terms of order O(h),

Eq. 12.99 becomes
d2 jδξ1 1

= ηji
∂2hTT

ik δξk . (12.102)
dt2 2 ∂t2 0

The solution of this equation (with the condition δξj = d δξj = 0 for t ≤ 0) isdt

δξj j 1
= δξ0 + ηji hTT k

2 ik δξ0 . (12.103)

If the wave propagates along ξ1 only the components h22 = −h33, h23 = h32 are different
from zero, and Eq. 12.103 yields

δξ1 1
= δξ1

0 + η11hTT

2 1k δξk0 = δξ1
0 (12.104)

δξ2 1
= δξ2 1

0 + η22hTT
2k δξk0 = δξ2

0 + hTT

2 2 22 δξ2
0 + hTT

23 δξ3
0

δξ3 = δξ3 1
0 + η33hTT 1

3k δξk0 = δξ3
0 +

(
hTT

32 δξ2
0 + hTT

33 δξ3
0

)
.

2 2

3We leave as an exercise for the reader to show that this prop

(
erty is more generic: the

)
Riemann tensor

linearized on a flat spacetime and written in any frame is invariant (rather than only covariant) under an
infinitesimal coordinate transformation 12.72.
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Thus, the particles are accelerated only in the plane orthogonal to the direction of propa-
gation, and this clearly shows the transverse nature of gravitational waves.

Let us now study the effect of the polarization of the wave, and to simplify the notation
let us put (ξ1, ξ2, ξ3) = (x, y, z). Let us consider a progressive plane wave (see Eq. 12.59)
with frequency ω and period P = 2π/ω. In the TT gauge, its non-vanishing components
are (we omit in the following the superscript TT)

h = −h = 2<
{
A eiω(t x

yy zz +
− )c , (12.105)

x

hyz = hzy = 2< A eiω(t− )

}
× c ,

where A+ and A are complex constants. Consider

{
two particles,

}
1 and 2, initially located×

at (0, y0, 0) and (0, 0, z0), respectively, as indicated in the first plot of the upper panel
of Fig. 12.3. The particle A to which the LIF is attached is sitting at the origin and is
not indicated in Fig. 12.3 and in the following figures. Thus the space components of the
vectors which separate A from the two particles coincide with the particles coordinates (see
Fig. 12.2). Let us first consider the polarization ‘+’, i.e.

A+ = 0 and A = 0 . (12.106)×

Assuming the initial phase is zero (i.e. A+ is real 4) Eq. 12.105 gives

x
hyy = −hzz = 2A+ cosω t− , hyz = hzy = 0 , (12.107)

c

and Eq. 12.104 written for the two particles

(
for t

)
≥ 0 gives

1 x
particle 1 : z = 0, y = y0 + hyy y0 = y0

[
1 +A+ cosω

(
t ,

2
−
c

)]
(12.108)

1 x
particle 2 : y = 0, z = z0 + hzz z0 = z0

[
1−A+ cosω

(
t

2
−
c

)]
.

Since for t ≤ 0 the particles are at (y0, 0) and (0, z0), at t = 0 ω(t− x ) = π . Therefore, atc 2
t=0

particle 1 : z = 0, y = y0 , (12.109)

particle 2 : y = 0, z = z0 .

After a quarter of a period, t = P/4, ω
(
t− x = π, andc

particle 1 : z = 0,

)
y = y0 (1−A+) , (12.110)

particle 2 : y = 0, z = z0 (1 +A+) .

After half a period, t = P/2, ω
(
t− x = 3π andc

particle

)
2

1 : z = 0, y = y0 , (12.111)

particle 2 : y = 0, z = z0 .

After three quarters of a period, t = 3P/4

particle 1 : z = 0, y = y0 (1 +A+) , (12.112)

particle 2 : y = 0, z = z0 (1−A+) .

x4The phase of the complex amplitude A+ = |A+|eiφ0 is the initial phase of the wave, since A+e
iω(t− )

c =

|A+|ei(ω(t− x )+φ0c ).

6
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Figure 12.3: In the upper panel we show the displacement of two particles in the (y, z) plane due to
the passage of a gravitational wave propagating along x with polarization ‘+’. Initially the particles
1 and 2 are located at (3, 0) and at (0, 3), respectively. We set the gravitational wave amplitude
to A+ = 1 (as discussed in the next chapters, this deformation is enormously exaggerated relative
to the real effects of a gravitational wave detectable on Earth). The time snapshots correspond to
t = 0, t = P/4, t = P/2, t = 3P/2 (left upper corner of each plot), where P is the wave period.
In the lower panel the deformation of a small ring of particles in the (y, z) plane produced by the
same wave is shown for the same values of time.

Similarly, if we consider a small ring of particles centered at the origin, the effect of the wave
with polarization ‘+’ is that of deforming the circle in an ellipse prolate (after half a period)
and oblate (after three quarters of a period), as shown in the lower panel of Fig. 12.3. Note
that in this figure the effect of the gravitational wave is enormously exaggerated: as we
shall discuss in Chapter 14, for typical gravitational waves detectable on Earth, a ring of
particles with size roughly 1 meter would be deformed by 10−21 m only!

Let us now study the effect of the polarization ‘×’, i.e. A = 0 and A× + = 0. Consider four
particles 1, 2, 3, and 4, initially located at (0, y0, z0), (0,−y0, z0), (0,−y0,−z0), (0, y0,−z0),
respectively, as indicated in the first plot of the upper panel of Fig. 12.4.

Assuming the initial phase is zero (i.e. A is real) Eq. 12.105 gives×

x
hyy = hzz = 0, hyz = hzy = 2A cosω t× − (12.113)

c

and Eq. 12.104 written for each of the four particles for t ≥ 0 giv

(
es

)

1 x
y = y0 + hyz z0 = y0 +A cosω t

2
×

(
−
c

)
z0 (12.114)

1 x
z = z0 + hzy y0 = z0 +A cosω

2
×

If, for simplicity, we assume that y = z = r, at t = 0 the

(
t− y0 . (12.115)

c

)
0 0 positions of the four particles

6
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Figure 12.4: Upper panel: displacement produced by a wave propagating along x with polarization
‘×’, on four particles in the (y, z) plane. The particles are initially located at (y0, z0) = (3, 3),
(y0, z0) = (−3, 3), (y0, z0) = (−3, 3), and (y0, z0) = (3,−3), respectively, and the gravitational
wave amplitude is A× = 1. As in Fig. 12.3 the time snapshots correspond to t = 0, t = P/4,
t = P/2, t = 3P/2. Lower panel: deformation produced by the same wave on a small ring of
particles in the (y, z) plane, for the same values of time.

are:

particle 1 : y = r z = r , (12.116)

particle 2 : y = −r z = r ,

particle 3 : y = −r z = −r ,
particle 4 : y = r z = −r .

At t = P/4, cosω(t− x ) =c −1, and

particle 1 : y = r (1−A ) z = r (1−A ) , (12.117)× ×

particle 2 : y = −r (1 +A ) z = r (1 +A ) ,× ×

particle 3 : y = −r (1−A ) z =× −r (1−A ) ,×

particle 4 : y = r (1 +A ) z =× −r (1 +A ) .×

At t = P/2, cosω(t x ) = 0 and the particles go back to the initial positions. At t = 3P/4,c
cosω(t− x

−
) = 1 andc

particle 1 : y = r (1 +A ) z = r (1 +A ) , (12.118)× ×

particle 2 : y = −r (1−A ) z = r (1× −A ) ,×

particle 3 : y = −r (1 +A ) z = r (1 +A ) ,× − ×

particle 4 : y = r (1−A ) z =× −r (1−A ) .×

The snapshots of the particles position at these times are shown in the upper panel of
Fig. 12.4.
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It follows that a small ring of particles centered at the origin will again become an
ellipse after a quarter of a period, but rotated at 45◦ with respect to the case previously
analysed (see the lower panel of Fig. 12.3). In conclusion, we can define A+ and A as the×
polarization amplitudes of the wave. The wave will be linearly polarized when only one
of the two polarization amplitudes is different from zero. The effect produced by a general
wave containing both polarizations will be a superposition of the effects shown in Fig. 12.3
and Fig. 12.4.

12.8 GRAVITATIONAL WAVES AND MICHELSON INTERFEROMETERS
The Michelson interferometer is a device consisting of two tubes (“arms”) orthogonal to each
other. A source sends a light beam to a beam splitter (e.g. a half-silvered mirror), and the
two parts of the beam are reflected by mirrors put at the end of the arms (see Fig. 12.5).
These beams go back and forth along the arms, and when they reach the screen (the
detector) they produce the interference pattern. During the 19th century, this instrument
played a fundamental role in the crisis of classical physics, since it was used to prove that
the speed of light is a universal constant, eventually leading to the formulation of Special
Relativity. After one century and a half, in 2015, a similar device was used in the LIGO
experiment to detect – for the first time – the gravitational waves emitted by an astrophysical
source [1]: the coalescence of a binary system composed by two black holes (see Chapter 14).
In the following years, LIGO (and a similar interferometric detector, Virgo) detected several
gravitational wave signals emitted by compact sources like neutron stars and black holes.

The LIGO and Virgo interferometers are of course much more sophisticated instruments
than that used by Michelson in the 19th century: for instance the light beams are laser
beams, they cross the arms back and forth hundreds of times before reaching the detector,
where a photodetector replaces the screen; moreover in order to detect the incredibly small
variation of the interference pattern induced by a gravitational wave, the interferometers
must be accurately isolated from any source of noise. However, they work on the same basic
principles as the Michelson instrument.

Let us assume, for instance, that the arms of the interferometer lie in the y and z
directions, and that a gravitational wave propagates in the x direction, with polarization
‘+’ in the plane yz (see Eq. 12.107). When the wave crosses the interferometer, the proper
lengths of the two arms change, and the paths of the light rays change as well. The difference
of the paths determines a shift in the interference pattern on the detector.

This description may appear too simplistic. One could remark, for instance, that the
number of light wavelengths contained in an arm does not change when the gravitational
wave passes through the interferometer, because both the arm and the wavelength are
stretched by the same amount. Does the gravitational wave affect at all the interference
pattern?

The answer to this question is “yes!”, because the interference pattern is affected by the
time delay in the light propagation produced by the gravitational wave. In order to estimate
this delay, we describe the interferometer and the gravitational wave (with ‘+′ polarization)
in the TT gauge (see Eq. 12.82):

ds2 = (η + hTT)dxµ ν
µν µν dx = −c2dt2 + dx2 + (1 + h+)dy2 + (1− h 2

+)dz . (12.119)

Let l0 be the proper length of the two arms (between the beam splitter and the mirrors),
measured in the TT frame, before the arrival of the wave, and let ω be the frequency of the
gravitational wave.

If we assume that the wavelength of the impinging wave, λGW = 2πc/ω, is much larger
than the arm-length l0, i.e. that λGW � l0, the gravitational perturbation h+ can be
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Figure 12.5: Schematic structure of a Michelson interferometer.

considered as constant as the light ray crosses the arm. A light ray moving in the y direction
follows a null geodesic with c2dt2 = (1 + h+)dy2, thus dt = c−1 (1 + h+/2) dy +O(h2) and
the time to cross back and forth the y-arm is

h l
t(y =

(
+ 0

1 +

)
2

) . (12.120)
2 c

A light ray moving in the z direction, instead, follows a null geodesic with c2dt2 = (1 −
h+)dz2, therefore it crosses back and forth the z-arm in the time

+
t(z)

(
h

= 1−
2

)
2l0

. (12.121)
c

Therefore, although – as discussed in Sec. 12.6 – the coordinate positions of the arm points
in the TT gauge are not affected by the gravitational wave, the time needed to cross the
arms is affected. When the rays join in the detector, there is a time delay

2l0
∆t = t(y) − t(z) = h+ (12.122)

c

between them, which produces a shift ∼ c∆t = 2l0h+ in the interference fringes (this shift
was measured on a screen in the original Michelson-Morley experiment, while in modern
gravitational wave interferometers it is measured with a photodetector). If the amplitude of
the wave is large enough, as we shall discuss in the next chapters, this shift can be directly
measured.

Strictly speaking, the condition l0 � λGW is only marginally satisfied by the interfer-
ometers LIGO and Virgo, for which l0 . λGW. In this case Eq. 12.122 gives an approximate
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estimate of the time delay. A more detailed analysis can be found in Chapter 9 of [82],
where it is shown that the interferometer is most sensitive when

1
l0 ' λGW . (12.123)

4

For instance, for a signal with frequency ∼ 100 Hz, well within the sensitivity band of LIGO
and Virgo, λGW ∼ 3000 km, and thus the optimal length is l0 ∼ 750 km. This is close to
the effective length of the arms, i.e. to their actual length (4 km) multiplied by the times
the light ray goes back and forth before reaching the photodetector (a few hundreds).
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C H A P T E R 13

Gravitational waves in the
quadrupole approximation

In this chapter we will study the gravitational waves emitted by dynamical systems described
by a stress-energy tensor Tµν , on the assumption that the gravitational field is weak and
that the speed of the bodies is small compared to the speed of light. This assumption is called
the quadrupole approximation since, as we shall show, in this regime the emitted radiation
depends only on the quadrupole moment of the source. The quadrupole approximation
allows to estimate the gravitational energy and the waveforms emitted by these systems.
We remark that we shall use Latin indices for the space components of tensors, and Greek
indices for the spacetime components. Furthermore, unless otherwise stated, in this Chapter
we shall keep physical units, writing G and c explicitly.

13.1 THE WEAK-FIELD, SLOW-MOTION APPROXIMATION
In Sec. 12.2 we showed that in the weak-field limit, i.e. when the metric tensor can be
written as gµν = ηµν + hµν with |hµν | � 1, and with a suitable choice of the gauge,
Einstein’s equations reduce to Eq. 12.32, which we here re-write for convenience

16πG
� ¯
Fhµν = − Tµν (13.1)

c4

∂
h̄µν = 0 .

∂xµ

The second equation is the harmonic gauge condition.
We shall now solve these equations assuming that the region (of size ε) where the source

is confined, namely

Tµν

{
= 0 if |xi| < ε

, (13.2)
= 0 otherwise

is much smaller than the wavelength of the emitted radiation, λGW = 2πc . This impliesω
that

2πc � ε → εω c
ω

� → vtypical � c . (13.3)

In other words, the typical velocities of the system, vtypical ∼ εω, are much smaller than the
speed of light; for this reason this is called the slow-motion approximation.

Let us consider the first of Eqs. 13.1,

16πG
� ¯
Fhµν = − Tµν , (13.4)

c4

6

243
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where we remind that

1 µν ∂ ∂ 1 ∂2

h̄µν = hµν − ηµνh and �F = η = + 2 . (13.5)
2 ∂xµ ∂xν

−
c2 ∂t2

∇

As discussed in Sec. 12.2 the general solution of the inhomogeneous d’Alembertian equa-
tion 13.4 can be written in terms of retarded potentials,

|x−x′
4G T¯ µν(t | ,x

hµν(t,x) = c
′)
d3x′ , (13.6)

c4

∫ −
V |x− x′|

where t − |x−x′| is the retarded time, and |x−x′| is the time that the wave takes to travelc c
from the source element at x′ to the observer located at x (see Fig. 12.1). The above integral
is performed over the entire three-dimensional source volume V .

¯By defining the Fourier transforms of both hµν and Tµν ,

+∞
Tµν(t,x) =

∫
Tµν(ω,x)e−iωt dω , (13.7)

−∞
+∞

¯ ¯hµν(t,x) =

∫
hµν(ω,x)e−iωt dω ,

−∞

Eq. 13.6 gives ∫ iω
|x−x′|

4G e c
h̄ (ω,x) = T (ω,x′) d3
µν µν x′ . (13.8)

c4 V |x− x′|

Indeed, multiplying both sides of Eq. 13.8 with e−iωt and integrating in dω we obtain
Eq. 13.6.

The frequencies ω contributing to the Fourier transform are the typical pulsations of
the gravitational wave, which – in the slow-motion approximation – satisfy the condition
λGW = 2πc

ω � ε. Since, for x′ within the source,
1

|x′| < ε, it follows that ω|x′|/c � 2π.
Therefore ,

eiω
|x−x′|
c eiω

|x| r
c eiω c

x− x′
' = , (13.9)

| | |x| r

where we have set r = |x|. Thus, Eq. 13.8 can be approximated as

4G eiω
r

¯
c

hµν(ω, r) = ′
c

∫
Tµν(ω,x ) d3x′ . (13.10)

4 r V

The solution in the time domain is the inverse Fourier transform of the above expression,

4G r
h̄ (t, r) =

∫
T

(
t− ,x′

)
d3

µν µν x′ . (13.11)
rc4 V c

This is the gravitational wave signal emitted by the source, to leading order in the weak-field,
slow-motion approximation.

x x
1

| − ′|
Note that while |x− x′| ' |x| is | iωalways satisfied as long as |x′ � |x|, the approximation e c '

iω
|x|

e c requires the stronger condition ω|x′|/c � 2π. Indeed, given two real numbers a,A with a � A, we
always have A+ a ' A, but sin(A+ a) ' sin(A) only if the condition a� 2π is also satisfied.
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In the next section we shall further simplify the integral in Eq. 13.11. Meanwhile, we re-
call that, as shown in Sec. 12.2, the solution 13.6 (and thus the solution 13.11) automatically
satisfies the harmonic gauge condition

∂
h̄µν = 0 . (13.12)

∂xµ

We also note that, in order to extract the physical components of the wave, we still have to
transform to the TT gauge. This will be done explicitly in Sec. 13.3.

We remark that Eq. 13.11 has been derived on two very strong assumptions: weak field
(gµν = ηµν + hµν , with |hµν | � ηµν |) and slow motion (vtypical � c). For this reason that
expression has to be considered as an estimate of the radiation emitted by the source; it
fails in various cases of interest, namely when the sources move with relativistic velocities
or in spacetime regions where the gravitational field is strong.

13.2 THE QUADRUPOLE FORMULA
In order to simplify the integral in Eq. 13.11 we shall use the conservation law satisfied by
Tµν in the weak-field approximation

∂Tµν 1 ∂Tµ0 ∂Tµk
= 0, → = − , µ = 0, . . . , 3 , k = 1, 2, 3 . (13.13)

∂xν c ∂t ∂xk

Let us integrate this equation over the source volume V , for a generic index µ,

1 ∂
∫

Tµ0d3x = −
∫

∂Tµk
d3x . (13.14)

c ∂t k
V V ∂x

By Gauss’ theorem (see Box 5-D), the integral over the volume is equal to the flux of Tµk

across the surface ∂V enclosing that volume; thus the right-hand side becomes∫
∂Tµk

d3x = TµkdSk , (13.15)
k

V ∂x

∫
∂V

where dS is the surface element on the boundary ∂V with normal three-vector nk, and
dSk = nkdS.

By definition, Tµν = 0 on ∂V and consequently the surface integral vanishes; thus

1 ∂
∫

Tµ0d3x = 0 ,
c ∂t V

→
∫

Tµ0d3x = const . (13.16)
V

From Eq. 13.11 it follows that
h̄µ0 = const . (13.17)

Since we are interested in the time-dependent part of the field (see footnote 2 in Chapter 12)
we shall put

h̄µ0 = 0 . (13.18)

13.2.1 The tensor-virial theorem
We shall now prove the tensor-virial theorem which establishes that, in the weak-field
limit,

1 ∂2

T 00 xk xn d3x = 2 T kn d3x, k, n = 1, 2, 3 . (13.19)
c2 ∂t2

∫
V

∫
V
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Let us consider the space components of the conservation law 13.13

∂Tn0 ∂Tni
=

∂x0
− , i, n = 1, 2, 3 ; (13.20)
∂xi

multiplying both members by xk and integrating over the source volume we find

1 ∂
∫

n0 k 3 ∂Tni
T x d x = xk d3x (13.21)

c ∂t i[∫V −
∫
V ∂x

∂
= −

(
Tni xk

) ∫
∂xk

d3x− Tni d3x
V ∂xi V ∂xi

]

= −
∫ (

Tni xk
)
dSi +

∫
Tnk d3x .

∂V V

As before
∫
∂V

(
Tni xk

)
dSi = 0, therefore

1 ∂
∫

Tn0 xk d3x =

∫
Tnk d3x . (13.22)

c ∂t V V

Since Tnk is symmetric we can rewrite this equation in the following form

1 ∂
∫ (

Tn0 xk + T k0 xn d3x = d
2c ∂t

∫
Tnk 3x . (13.23)

V V

Let us now consider the 0-component of the conserv

)
ation law

1 ∂T 00 ∂T 0i

+ = 0 ; (13.24)
c ∂t ∂xi

multiplying by xkxn and integrating over V we get

1 ∂
∫ ∫

∂T 0i

T 00 xk xn d3x = − xk xn d3x (13.25)
c ∂t V V ∂xi[∫

∂
(
T 0i xk xn

= −
) (

k n

d3x−
∫

T 0i ∂x n 0i k ∂xx + T x
∂xi V ∂xiV ∂xi

)
d3x

]

= −
∫ (

T 0i xk xn dS 0 d3
i + T 0k xn + T n xk x ;

∂V

) ∫
V

the first integral vanishes and this equation b

(
ecomes

)

1 ∂

c ∂t

∫
T 00 xk xn d3x =

V

∫
T 0k xn + T 0n xk d3x . (13.26)

V

If we now differentiate with respect to x0

( )

1 ∂2 ∫
T 00 xk xn d3 1 ∂

x = T 0k xn + T 0n xk d3x , (13.27)
c2 ∂t2 V c ∂t

∫
V

and, using Eq. 13.23, we finally prove the tensor-virial

(
theorem 13.19:

)

1 ∂2 ∫
T 00 xk xn d3x = 2

c2 ∂t2 V

∫
T kn d3x . (13.28)

V
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13.2.2 The quadrupole moment tensor
In the weak-field limit, the metric perturbation hµν can be considered as a (tensor) field
living in the Minkowski spacetime M. Indeed, in this approximation we raise and lower the
indices of tensors, to order O(h), using Minkowski’s metric, and this applies also to hµν .
In addition, the stress-energy tensor satisfies the conservation law of Special Relativity,
Tµν,ν = 0.

In the following we shall consider (at each value of the time coordinate t) the t = const
three-dimensional submanifold of M, i.e. the three-dimensional Euclidean space, whose met-
ric – in Cartesian coordinates {xi}i=1,2,3 – is simply δij ; therefore, we shall not distinguish
between covariant and contravariant indices. In this space, we introduce the quadrupole
moment tensor of a dynamical system

qkn
1

(t) =

∫
T 00(t,x) xk xnd3x, k, n = 1, 2, 3 ; (13.29)

c2 V

note that qkn is a function of time only.
The left-hand side of the tensor-virial theorem, Eq. 13.28, is the second time derivative

of the quadrupole moment of the system. Therefore,∫ 2

T kn
1

(t,x) d3 d
x = qkn(t) . (13.30)

V 2 dt2

Using this equation and Eq. 13.18, the solution to Einstein’s equations for the perturbation
hµν , given by Eq. 13.11, can be written as

h̄µ0 = 0 , (13.31)

h̄ik
2G d2 r

(t, r) = qik t
c4r dt2

− ,
c

where µ = 0, . . . , 3 and i, k = 1, 2, 3. Eq. 13.31, which is

(
often

)
called quadrupole formula,

describes the gravitational wave emitted by a gravitating system evolving in time. Note that
any form of mass and energy can be a source of gravitational waves, as long as the second
time derivative of the quadrupole moment of the system is non-vanishing. Furthermore, in
the weak-field, slow-motion approximation the metric perturbation depends only on the T 00

component of the stress energy tensor; the other components do not source gravitational
waves in this approximation.

The factor 2G
4 affects the intensity of the source term in Eq. 13.31 and is extremelyc

small:
G ∼ 8× 10−50 s2

. (13.32)
c4 g cm

This is the reason why gravitational waves are typically extremely weak.
It is important to remark that the quadrupole formula holds under the conditions of

weak gravitational field (not only far away from the source, but also in the source itself)
and of slow motion. The former condition implies that Tµν,ν = 0, i.e. that the motion of
bodies is dominated by non-gravitational forces. The latter is equivalent to the requirement
that the source is much smaller than the wavelength of the emitted radiation.

13.2.3 Absence of monopolar and dipolar gravitational waves
General Relativity predicts that gravitational waves do not include monopolar and dipolar
contributions. Let us discuss this point in more detail by comparing the gravitational case
with that of electrodynamics. According to Maxwell’s theory, a system of accelerated charges



248 � General Relativity and its Applications

emits dipole radiation [67], the flux of which depends on the second time derivative of the
electric dipole moment

~dEM =
∑

qi~ri , (13.33)
i

~where qi and ~ri are the charge and location of the i-th particle. If d2dEM/dt
2 = ~0, the

system does not emit electromagnetic waves.
For an isolated system of masses we can define a gravitational dipole moment

~dG =
∑

mi~ri , (13.34)
i

which satisfies the conservation law of the total momentum of isolated systems

d ~dG = ~0 . (13.35)
dt

Consequently gravitational waves do not have a dipolar contribution. Similarly, the conser-
vation of the total energy implies the absence of a monopolar component (the same is true
in electromagnetism due to the total charge conservation). Thus, the leading contribution
is due to a time-dependent quadrupole moment.

It should be stressed that for a spherical or axisymmetric, stationary distribution of
matter (or energy) the quadrupole moment is constant, even if the body is rotating. Thus,
a spherical or axisymmetric star does not emit gravitational waves. The same is true for a
star which collapses, or explodes, maintaining a spherically symmetric shape, or for a star

that radially pulsates: they have a vanishing d2qik

2 and do not emit gravitational waves 2.dt
To produce gravitational waves the source must have a certain degree of asymmetry, as it
occurs for instance in the non-radial pulsations of a star, in a non-spherical gravitational
collapse, in the coalescence of massive bodies, in deformed rotating stars, etc.

13.3 HOW TO TRANSFORM TO THE TT GAUGE
The solution 13.31 describes a spherical wave far from the emitting source. Locally, it looks
like a plane wave propagating along the direction of the unit vector n orthogonal to the
wavefront

nα = (0, ni), i = 1, 2, 3 (13.36)

where
xi

ni = . (13.37)
r

As previously discussed, n is a vector in the three-dimensional Euclidean space, which is a
t = const submanifold of Minkowski’s space, and ni are its components in the Cartesian
frame {xi}.

In order to express this waveform in the TT gauge we shall make an infinitesimal coor-
dinate transformation xµ ′ = xµ + εµ, with �F εµ = 0, so that the harmonic gauge condition
is preserved, as explained in Chapter 12. The conditions to impose on the perturbed metric
are

h̄′αi n
i = 0, trasverse wave condition (13.38)

h̄′αβ η
αβ = 0, traceless condition. (13.39)

2For spherically symmetric pulsating stars or for spherical collapse the absence of gravitational wave
emission can also be seen as a consequence of Birkhoff’s theorem (Sec. 9.6): a vacuum spherically symmetric
spacetime must be static.
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¯It should be mentioned that the transverse-wave condition implies hµ0 = 0 (µ = 0, . . . , 3)
which we imposed in Eq. 13.18. Indeed, given the wave vector kµ = k0(1, ni), we know from
Eq. 12.63 that kµh̄′µν = 0 , i.e.

k0¯ ¯h′ 0
0ν + k nih′iν = 0 . (13.40)

The second term vanishes because of the transverse-wave condition, therefore

h′ ¯
0ν = h′0ν = 0 . (13.41)

¯We remind here that, as shown in Eq. 12.77, in the TT gauge hµν and hµν coincide.
We shall now describe a procedure to project the wave in the TT gauge, which is

equivalent to performing the coordinate transformation mentioned above. As a first step,
we define the operator which projects a three-dimensional vector onto the plane orthogonal
to the direction of n

Pjk ≡ δjk − njnk . (13.42)

It is easy to verify that, for any vector V j , PjkV
k is orthogonal to nj , i.e. (PjkV

k)nj = 0,
and that

P jkP
k
lV

l = P j lV
l . (13.43)

Note that Pjk = Pkj , i.e. Pjk is symmetric. The projector is transverse, i.e.

njPjk = 0 . (13.44)

As a second step, we define the transverse-traceless projector:

1Pjkmn ≡ PjmPkn − PjkPmn , (13.45)
2

which “extracts” the transverse-traceless part of a rank-two tensor on the three-dimensional
Euclidean space. Indeed, using the definition 13.45, it is easy to check that this operator
satisfies the following properties (we remind that Latin indices run from 1 to 3 and are
raised and lowered by δij)

• Pjklm = Plmjk

• Pjklm = Pkjml

• PjkmnPmnrs = Pjkrs

• it is transverse:

njPjkmn = nkP m n
jkmn = n Pjkmn = n Pjkmn = 0 (13.46)

• it is traceless:
δjkP mn

jkmn = δ Pjkmn = 0 . (13.47)

¯Since hjk and hjk differ only by the trace, and since the projector Pjklm extracts the
traceless part of a tensor (Eq. 13.47), the components of the perturbed metric tensor in the

¯TT gauge can be obtained by applying the projector Pjkmn either to hjk or to hjk, i.e.

hTT
jk = P ¯

jkmnhmn = Pjkmnhmn . (13.48)

By applying P ¯to hjk defined in Eq. 13.31 we get

hTT
µ0 = 0, (13.49)

hTT 2G d2 r
jk (t, r) = QTT

c4 dt2 jk

(
t

r
−
c

)
,
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where
QTT
jk ≡ Pjkmnqmn (13.50)

is the transverse-traceless part of the quadrupole moment.
As we shall see, to compute the luminosity of a gravitational wave source, i.e. the energy

emitted per unit time, it is useful to define the reduced quadrupole moment Qjk

1
Qjk ≡ qjk − δjkq

m (13.51)
3 m

which is traceless by definition, i.e.

δjkQjk = 0 , (13.52)

and from Eq. 13.47 it follows that

QTT
jk = Pjkmnqmn = PjkmnQmn . (13.53)

13.4 GRAVITATIONAL WAVES EMITTED BY A HARMONIC OSCILLATOR
Let us consider a harmonic oscillator composed of two equal masses m connected by a
spring, oscillating at a frequency ν = ω with amplitude A. Let l0 be the proper length of2π
the spring when the system is at rest (see Fig. 13.1). Assuming that the masses move along

x

y

z

m m

Figure 13.1: Two masses connected by a spring, oscillating along the x direction.

the x-axis, their coordinates at the time t are{
x1 = − 1 l0 −A cosωt y1 = 0 z1 = 02 (13.54)
x2 = + 1 l0 +A cosωt y2 = 0 z2 = 0 ,2

and the 00-component of the stress-energy tensor of the system is (see Eq. 5.6)

2

T 00 =
n

∑
cp0 δ(x

=1

− xn) δ(y) δ(z) . (13.55)
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In the slow-motion approximation v � c, therefore p0 ' mc and T 00 reduces to

2

T 00 = mc2
∑

δ(x− xn) δ(y) δ(z) . (13.56)
n=1

The xx-component of the quadrupole moment qik(t) = 1
2

∫
T 00(t,x)xi xkd3x readsc V

qxx = qxx = m

(∫
δ(x− x 2

1)x dx δ(y) dy δ(z) dz (13.57)
V

+

∫
δ(x

V

− x2)x2 dx δ(y) dy δ(z) dz

)
= m

(
x2

1 + x2
2

)
= m

= m const+A2 cos

(
1
l2 A2 cos2 ωt+ 2Al0 cosωt

2 0 + 2

2ωt+ 2Al0 cosωt .

)

The zz-component of qik is

( )

qzz = qzz = m

[∫
δ(x− x1) dx δ(y) dy δ(z) z2 dz (13.58)

V

+

∫
δ(x− x2) dx δ(y) dy δ(z) z2 dz

V

]
= 0

because
∫

z2 δ(z) dz = 0. Likewise, since the motion is confined to the x-axis, all remaining
V

components of qik vanish.
Let us compute, as an example, the wave propagating along the z-direction. In this case

n = x = (0, 0, 1) andr

1 0 0
Pjk = δjk − njnk =


0 1 0
0 0 0


. (13.59)

By applying the transverse-traceless projector

 
Pjkmn constructed from Pjk to the reduced

quadrupole moment tensor Qij , we find )
1

QTT 1
xx =

(
PxmPxn − PxxPmn q 2 1

mn =

(
PxxPxx − Pxx

)
qxx = qxx,(13.60)( 2 2 2

QTT 1 1 1
yy = PymPyn − PyyPmn P

2

)
qmn = − yyPxxqxx = qxx ,( ) 2

−
2

1
QTT

xy = PxmPyn − PxyPmn qmn = 0 ,
2

QTT
zz =

(
1

PzmPzn − PzzPmn
2

)
qmn = 0 .

In addition QTT
zx = QTT

zy = 0 . Using these expressions, Eqs. 13.49 givehTT
µ0 = 0

hTT TT zi = 0, h xy = 0 (13.61) 2

hTT (t, z) = −hTT G d
xx yy(t, z) = qxx4z dt2

( z
t−

c

)
,

c
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and, using Eq. 13.57,

hTT
xx = −hTT G z

yy =

[
d2

qxx

(
t−

)]
, (13.62)

c4z dt2 c

2Gm
= − A2 z

ω2
[
2 cos 2ω

c4

(
t

z
−
c

Thus, the radiation emitted by the harmonic oscillator along

)
+

( z
Al0 cosω t−

)]
.

c

the z-axis is linearly polarized.

Let us assume that the amplitude of the oscillation is much smaller than the size of the
system, A � l0. In this case the first term on the right-hand side of the above equation is
negligible compared to the second one:

hTT 2Gm z
xx ' − ω2Al0 cosω t

c4z
− , (13.63)
c

which shows that the wave is emitted at the same frequency

(
of

)
the harmonic oscillator. For

example, if m = 106 g, l = 102 2
0 cm, A = 10− cm, and ω = 104 rad/s, we get

hTT 1.6
xx

× 10−35 cm∼ . (13.64)
z

As expected, the wave amplitude is extremely small.
Due to the symmetry of the system, the waveform emitted along the y direction has the

same form with y ↔ z. We leave as an exercise to show that the oscillator does not emit
gravitational waves along the x direction (choose n = (1, 0, 0) and use the same procedure).

13.5 GRAVITATIONAL WAVE EMITTED BY A BINARY SYSTEM IN CIRCULAR
ORBIT

We shall now estimate the gravitational signal emitted by a binary system composed of two
stars moving on a circular orbit around their common center of mass. For simplicity we
shall assume that the two stars of mass m1 and m2 are point-like. Let l0 be their orbital
separation, M the total mass

M ≡ m1 +m2 , (13.65)

and µ the reduced mass
m1m2

µ ≡ . (13.66)
M

Let us place the origin of the coordinate frame at the center of mass of the system, as
indicated in Fig. 13.2, so that

m2l0 m1l0
l0 = r1 + r2, r1 = , r2 = . (13.67)

M M

The orbital frequency can be found by equating the gravitational to the centrifugal force

m1m2 2 m2l0 m1m2 m1l0
G = m1ωK , G = m2ω

2

l20 M l2 K , (13.68)
0 M

from which we find the Keplerian frequency

ωK =

√
GM

. (13.69)
l30
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x

y

m

m

r

r

1

2

2

1

Figure 13.2: Two point masses in circular orbit around the common center of mass

Let (x1, x2) and (y1, y2) be the coordinates of the masses m1 and m2 on the orbital plane

m2 m1
x1 = l0 cosωKt x2 = l0 cosωKt (13.70)

M
−
M

m2 m
y1 = l0 sinωKt y2 = − 1

l0 sinωKt .
M M

The 00-component of the stress-energy tensor of the system reads

2

T 00 = c2
∑

mn δ(x− xn) δ(y − yn) δ(z) , (13.71)
n=1

and the non-vanishing components of the quadrupole moment are

qxx = m1

∫
x2δ(x− x1) dx δ(y − y1) dy δ(z) dz (13.72)

V

+ m2

∫
x2δ(x− x 2 2

2) dx δ(y − y2) dy δ(z) dz = m1x1 +m2x2
V

= µ l2
µ

cos2 ω t = l20 K
2 0 cos 2ωKt+ const ,

qyy = m1

∫
δ(x− x 2

1) dx y δ(y − y1) dy δ(z) dz (13.73)
V

+ m2

∫
δ(x− x2) dx y2 δ(y − y2) dy δ(z) dz = m 2

1y1 +m2y
2
2

V

= µ l2
µ

sin2 ω 2
0 Kt = l

2 0 cos 2ωKt+ const1 ,
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and

qxy = m1

∫
xδ(x− x1) dx y δ(y − y1) dy δ(z) dz (13.74)

V

+ m2

∫
xδ(x

V

− x2) dx y δ(y − y2) dy δ(z) dz

2 µ
= m1x1y1 +m2x2y2 = µ l0 cosω 2

Kt sinωKt = l
2 0 sin 2ωKt ,

where we have used the trigonometric relations cos2 α = (1 + cos 2α)/2, sin2 α = (1 −
cos 2α)/2, and m1m2 = µM .

In summary, we find

µ
qxx = l20 cos 2ωKt+ const (13.75)

2
µ

qyy = − l20 cos 2ωKt+ const1 (13.76)
2

µ
qxy = l20 sin 2ωKt, (13.77)

2

and
qkk = ηkl qkl = qxx + qyy = const2 . (13.78)

Therefore, the time-varying parts of qij and of Qij = qij − 1 δij q
k
k coincide, and3

µ
Qxx = −Qyy = l20 cos 2ωKt (13.79)

2
µ

Qxy = l2
2 0 sin 2ωKt .

By defining a matrix Aij as

K

Aij( ) =


cos 2ω t sin 2ω

t  Kt 0
sin 2ωKt − cos 2ωKt 0

0 0 0

 (13.80)

we can write
µ

Qij = l2
2 0 Aij . (13.81)

Since according to Eq. 13.49 the gravitational perturbation is given by the second time
derivative of the quadrupole moment, Eqs. 13.81 and 13.80 show that a binary system in
circular orbit emits waves at twice the orbital frequency.

The wave emitted along a generic direction n in the TT gauge is (see Eq. 13.49)

TT 2G d2

hij (t, r) = Q
rc4 dt2

[
TT r
ij

where

(
t−

c

)]
, (13.82)

QTT
ij

( r r r
t− = PijklQkl t

c
− = l
c

Pijklqk t− . (13.83)
c

Then, using Eqs. 13.80, 13.81, and

)
the expression

(
of

)
the orbital (Keplerian)

( )
frequency 13.69,

we find
TT 2G µ 2 2 4µM G2

hij = − l0 (2ωK) PijklAkl = − PijklAkl . (13.84)
rc4 2 r l0 c4

By defining
4µMG2

A = (13.85)
l0c4
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we can finally write the emitted wave as

hTT
ij (t, r) =

A− ATT

r ij

where

( r
t−

c

)
, (13.86)

ATT
ij

( r r
t− = ijklAkl t (13.87)

c
dep

)
P

(
−
c

ends on the orientation of the line of sight with respect to

)
the orbital plane.

For example, if n = (0, 0, 1), Pij = diag(1, 1, 0),

cos 2ωKt sin 2ωKt 0
ATT
ij (t) =

 sin 2ωKt − cos 2ωKt 0
0 0 0

 (13.88)

and

hTT
xx = hTT

yy =
A z− − cos 2ωK
z

(
t−

c

hTT =
A z

sin 2ω t .

)
(13.89)

xy − K
z

−
c

Thus, the wave emitted in the direction orthogonal

(
to

)
the orbital plane has both polariza-

tions and, since hTT
xx and hTT

xy are cosine and sine of the same phase, with the same
amplitude, it is circularly polarized.

If n = (1, 0, 0), Pij = diag(0, 1, 1), and

ATT
ij =


0 0 0 0 − 1 cos 2ωKt 0


, (13.90)2

0 0 1 cos 2ωKt2

thus



hTT
yy = −hTT 1

zz =
A

cos 2ωK
2 x

i.e. the wave emitted along the x-axis is linearly polarized.

( x
t−

c

)
, (13.91)

Similarly, if n = (0, 1, 0), Pij = diag(1, 0, 1),

1 cos 2ωKt 0 02
ATT
ij =

 0 0 0

 (13.92)
0 0 − 1 cos 2ωKt2

and the wave is linearly polarized,

hTT 1 y
xx = −hTT

zz =
A− cos 2ωK

(
t−

)
. (13.93)

2 y c

Eq. 13.85 can be used to estimate the amplitude of the gravitational wave emitted by
the binary system PSR 1913+16 discovered in 1975 [64], which consists of two neutron
stars (these compact objects will be discussed in Chapter 16) orbiting at a relatively short
distance from each other. The data obtained from pulsar 3 timing (i.e., from tracking the
electromagnetic pulses emitted by one of the stars and inferring the properties of the system
from this periodic signal) are

m1 ∼ m2 = 1.4M , l 11
0 = 1.9× 10 cm (13.94)�

ωK
P = 7h 45m 7s = 2.8× 104 s , νK = = 3.58

2π
× 10−5 Hz ,

3Pulsars are rotating neutron stars with strong magnetic fields, which emit periodic beams of radio waves
(see Chapter 16).
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where P is the orbital period. The distance of the system from Earth is r = 5 kpc, where
pc denotes the parsec, and since (see Table A)

1 pc = 3.09× 1018 cm, → r = 1.5× 1022 cm. (13.95)

Note that the two stars have nearly equal masses, comparable to that of the Sun, and
their orbital separation is about twice the radius of the Sun. For this system the emission
frequency is

ν 5
GW = 2νK = 7.16× 10− Hz , (13.96)

therefore the wavelength of the emitted radiation is

c
λGW = ∼ 1014 cm i.e. λGW .

GW
� l0 (13.97)

ν

Thus, the slow-motion approximation, on which the quadrupole formalism is based, is cer-
tainly satisfied in this case.

The orbit of PSR 1913+16 is eccentric (e ' 0.617); however for simplicity we shall
assume that it is circular and estimate the wave amplitude. By defining

h0 =
A
, (13.98)

r

and using Eq. 13.85 we get
4µMG2

h0 = 5 10−23 . (13.99)
rl 4

0c
∼ ×

A new binary pulsar has more recently been discovered, which has an even shorter orbital
period and it is closer to Earth than PSR 1913+16: it is the double pulsar PSR J0737-
3039 [27], whose orbital parameters are

m1 = 1.337M , m� 2 = 1.250M (13.100)�

P = 2.4 h = 8.64× 103 s , e = 0.08

r = 500 pc , l0 = 1.2R .�

In this case the orbit is nearly circular and our previous formulas are more accurate. For
this source we find

m1m
2

2 4µMG
µ = = 0.646M

m
� → h0 = 1.1 10−21, (13.101)

+m rl c41 2 0
∼ ×

and waves are emitted at frequency

νGW = 2νK = 2.3× 10−4 Hz . (13.102)

In this section we have considered only circular orbits; the calculations can be generalized
to the case of eccentric or open orbits by replacing the equation of motion of the two masses
(Eq. 13.70) by those appropriate to the chosen orbit. By this procedure it is possible to show
that when the orbits are elliptical, gravitational waves are emitted at frequencies which are
a multiple of the orbital frequency νK , and that the number of equally spaced spectral lines
increases with the eccentricity (for a detailed discussion see, e.g., [82]).
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13.6 ENERGY CARRIED BY A GRAVITATIONAL WAVE
In order to evaluate how much energy and momentum are radiated in gravitational waves
by a dynamical system, we would need a tensor that properly describes these quantities
for the gravitational field. Unfortunately such a tensor does not exist and the reason will
be explained in this section. However, it is possible to define a class of pseudo-tensors, i.e.
quantities which behave like tensors only under linear coordinate transformations, which
carry information on the energy and momentum of the gravitational field. Within this class,
we shall consider the Landau-Lifshitz stress-energy pseudo-tensor [75], which will be useful
for our current purpose.

13.6.1 The stress-energy pseudo-tensor of the gravitational field
As discussed in Chapter 5, the conservation laws of energy and momentum which, in Special
Relativity, can be derived from the equation

Tµν,ν = 0 , (13.103)

cannot be extended to General Relativity. Indeed, the generalization of Eq. 13.103 in curved
spacetime is

Tµν
1 ∂

;ν =
√

√ ( )
− ∂xν

−gTµν + ΓµλαT
λα = 0 (13.104)

g

from which, for the reasons explained in Sec. 5.4, conserved quantities cannot be found.
The fact that the energy and momentum described by Tµν alone are not conserved is

not surprising; indeed Tµν describes the energy and momentum of matter and fields, which
are sources of the gravitational field, but it does not include the energy and momentum
of the gravitational field itself. What we need is a conservation law which includes both
contributions.

An equation which fulfills this requirement was found by Landau and Lifshitz [75], who
showed that Einstein’s equations, Gµν = 8πG µν

c4 T , can be written in the form

∂ζµνα
= (−g)(Tµν + tµν) , (13.105)

∂xα

where ζµνα is antisymmetric in the last two indices, i.e. ζµνα = −ζµαν , Tµν is the stress-
energy tensor and tµν is a quantity called stress-energy pseudo-tensor. From the sym-
metry properties of ζµνα it follows that ζµνα,αν = 0, and consequently

∂
[(−g) (tµν + Tµν)] = 0 . (13.106)

∂xν

This equation has the form of the vanishing of the ordinary four-divergence of the quantity
(−g) (tµν + Tµν), from which conserved quantities can be derived following the procedure
described in Sec. 5.3. As we shall show, Eq. 13.106 allows to interpret the stress-energy
pseudo-tensor tµν as the quantity which describes the energy and momentum of the grav-
itational field. We shall now derive Eq. 13.105 and define the relevant quantities which
appear in that equation.

The Landau-Lifshitz stress-energy pseudo-tensor

Let us consider a LIF {ξµ} centered in a spacetime point p. In p the metric coincides with
µMinkowski’s metric and its first derivatives vanish (Γαβ(p) = 0), whereas in a generic point

of the LIF we can write (see Box 3-A)

gµν(ξ) = ηµν +O(ξ2) , Γαµν(ξ) = O(ξ) . (13.107)
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Note that, unless the spacetime is flat, the second derivatives of the metric tensor in p
are generally non-vanishing, and the Riemann and the Ricci tensor do not vanish as well.
Indeed, the Ricci tensor reduces to the expression given in Eq. 4.24, which we rewrite here
for clarity:

1
(
∂2g ∂2g ∂2g 2

µν µα νβ γδ γβ αδ γδ ∂ gαβ
R = g g g + .

2 ∂xα∂xδ ∂xγ∂xβ
− (13.108)
∂xα∂xβ

−
∂xγ∂xδ

)
Here and in the following terms of order O(ξ) are absent because we will always consider
quantities evaluated in p.

We remark that if we consider any coordinate system {xµ
µ µ ν µ

} related to the LIF by a linear
transformation, i.e. x = A νξ with A ν constant, the metric tensor in the new frame is
generally different from ηµν , but its first derivatives still vanish, and Eq. (13.108) holds in
the new frame as well.

Einstein’s equations can be cast in the form

Tµν
c4

=
8 G

(
Rµν

1− gµνR
π 2

)
. (13.109)

Replacing Eq. 13.108 in Eq. 13.109, after lengthy but simple calculations we obtain

Tµν
∂ c4 1 ∂

=

{ [
(−g)

(
gµνgαβ − gµαgνβ

∂xα 16πG (−g) ∂xβ
)]}

. (13.110)

By defining
4

ζµνα
c ∂

= ( g) gµνgαβ gµαgνβ , (13.111)
16πG ∂xβ

[
−

(
−

Eq. 13.110 can be written as

)]
∂ζµνα

(
∂xα

− −g)Tµν = 0 , (13.112)

where we have used the fact that, since gµν,α = 0, ∂g/∂xα = 0. Note that with these
definitions, the quantity ζµνα is the ordinary four-divergence of

c4
λµναβ =

[
(−g)

(
gµνgαβ − gµαgνβ

16πG

)]
, (13.113)

and is anti-symmetric in its last two indices,

ζµνα = −ζµαν . (13.114)

Moreover, Eq. 13.112 implies that the divergence ζµνα,α is symmetric (note that this does
not apply to the quantity ζµνα itself, i.e. in general ζµνα = ζνµα).

Eq. 13.112 has been derived in a LIF; if we now consider a general coordinate frame 4,
the difference in the two terms of Eq. 13.112 will be non-zero, and we call this quantity
(−g)tµν :

∂
(−g)tµν

ζµνα≡ ( g)Tµν . (13.115)
∂xα

− −

Using Einstein’s equations 13.109, (−g)tµν can be written as

∂
(−g)tµν

ζµνα c4 1
= − (−g)

(
Rµν − gµνR

)
. (13.116)

∂xα 8πG 2

4The definition 13.111 of ζµνα is assumed to hold also in a general frame.

6
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By replacing in the right-hand side of this equation the general definition of the Ricci tensor
(see e.g. Box 4-A), after some lengthy but simple manipulation we find

c4
tµν =

{(
2Γδ σ

αβΓ δσ − ΓδασΓσβδ − Γδ Γσ µα νβ µν αβ
αδ βσ g g

16πG
− g g (13.117)

+ gµαgβδ (Γν σ ν σ
ασΓσβδ + ΓνβδΓ

σ
ασ − ΓνδσΓ αβ −

) (
Γ αβΓ δσ)

)
+ gναgβδ (ΓµασΓσβδ + ΓµβδΓ

σ
ασ − ΓµδσΓσαβ − ΓµαβΓσδσ)

+ gαβgδσ (ΓµαδΓ
ν
βσ − ΓµαβΓνδσ) .

This expression is quadratic in the Christoffel sym

}
bols (a very important property, which

will be discussed below). This is a consequence of the way this quantity has been constructed.
µνα

Indeed, Eq. 13.112 shows that in a LIF the difference between ∂ζ
∂xα and the expression

of Tµν obtained using Eq. 13.110 is zero; note that both terms in Eq. 13.112 depend only
on second derivatives of gµν , since in the LIF the first derivatives vanish. When we write

µνα

Eq. 13.116 in a general frame, we include both in ∂ζ
∂xα and in Tµν all non-linear terms

containing products of first derivatives of gµν , and these are the terms which survive in the
expression of tµν , since the second derivatives cancel by construction.

Since ζµνα,α is symmetric, so is tµν . Eq. 13.115 can be written in the form of Eq. 13.105,

∂ζµνα
= ( g)(Tµν + tµν) , (13.118)

∂xα
−

and can be considered as an alternative way to cast Einstein’s equation. As discussed above,
the symmetry property 13.114 implies ζµνα,αν = 0, from which the conservation law 13.106
follows.

Energy and momentum of the gravitational field

In the absence of gravitational field, i.e. in flat spacetime, Christoffel’s symbols vanish (in
Minkowskian coordinates), hence tµν = 0 and Eq. 13.106 reduces to the conservation law
for the stress-energy tensor of Special Relativity, Tµν,ν = 0. This suggests to interpret
Eq. 13.106 as the generalization of that conservation law in General Relativity. Indeed,
from Eq. 13.106 it is possible to define a conserved four-vector, as follows (see also Sec. 5.3
where a similar procedure was applied to the stress-energy tensor).

Let us consider an asymptotically flat spacetime, and a three-dimensional spacelike hy-
persurface with equation x0 = const, having three-volume V and boundary ∂V ; Eq. 13.106
integrated over V gives∫

(−g)(T 0µ+t0µ) d3x = −
∫

(−g)(T 0i+t0i) 0
,0 ,i d

3x = ( g)(T 0i+t i) dSi , (13.119)
V V

−
∫
∂V

−

where dSi = nidS, dS is the surface element on ∂V , and ni is the normal three-vector to
this surface; the last term has been obtained using Gauss’ theorem. Thus, if we define

Pµ =

∫
(

V

−g)(T 0µ + t0µ) d3x (13.120)

from Eq. 13.119 it follows that

∂
Pµ = −

∫
(−g)(Tµi + tµi) dSi . (13.121)

∂x0
∂V

Eq. 13.121 shows that the time derivative of Pµ, which is defined in Eq. 13.120 as an
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integral over V , can be expressed as a flux across the boundary ∂V . If Tµi + tµi decays
sufficiently fast approaching ∂V , then the time derivative of Pµ vanishes, i.e. Pµ = const.

~Thus, Eq. 13.121 provides four conservation laws for the four components of the vector P ,
like those discussed in Sec. 5.3.

We can argue that (P 0, P i) are the total energy and momentum enclosed in V ; they are
contributed by Tµν , which describes the energy and momentum of non-gravitational fields
and matter, and by tµν , which describes the energy and momentum of the gravitational
field. This interpretation is also supported by the following remark. Many known examples
of stress-energy tensors are bilinear in the first derivatives of the fields. This is the case, for
instance, for the scalar field and for the electromagnetic field (see Sec. 5.2). Similarly, the
stress-energy pseudo-tensor defined in Eq. 13.117 is bilinear in the Christoffel symbols, i.e.
in the first derivatives of the spacetime metric.

However, there is a fundamental difference between Tµν and the quantity tµν defined
in Eq. 13.117: the latter is not a tensor field, because Christoffel’s symbols are not tensors.
tµν is instead a pseudo-tensor, which means that it transforms as a tensor only under
linear transformations, i.e. coordinate transformations of the form xµ

′
= Aµ

′
xα µ′

α with A α

constants. As shown in Sec. 3.4, under linear transformations Christoffel’s symbols transform
as tensors, i.e.

λ′ τ σ
λ′ ∂x ∂x ∂x

Γµ = (13.122)′ν Γρ′
∂xρ ∂x ′ ∂xν′ τσ .µ

Replacing this equation (and the transformation law for the metric tensor) in Eq. 13.117,
it is a simple exercise to show that under a linear transformation tµν transform as a tensor,
i.e.

′

tµ ν
′ ∂xµ′ ∂xν

′

= tτσ . (13.123)
∂xτ ∂xσ

The fact that a stress-energy tensor of the gravitational field does not exist can be un-
derstood on general grounds. The Equivalence Principle establishes that the effect of the
gravitational field on a particle vanishes in a LIF centered on that particle; therefore the
energy density of the gravitational field also vanishes in the LIF. But if a tensor field van-
ishes in one frame, it vanishes in all frames, and since we can set up a LIF at any spacetime
point, it follows that the gravitational energy density cannot be described by a tensor field.

One could be tempted to conclude that the energy and momentum densities described
by the stress-energy pseudo-tensor tµν have no physical reality, since we are defining quan-
tities which can be set to zero at any point with a suitable coordinate transformation.
However, this is not the case, because it is possible to define procedures of integration or
averaging involving the stress-energy pseudo-tensor, which allow to construct well-defined
gauge-invariant quantities.

Let us consider an asymptotically flat spacetime, and a general coordinate transforma-
tion. If we want to keep the spacetime asymptotically flat, the transformation should reduce,
in the asymptotic region (and thus on the boundary ∂V of the integral in Eq. 13.121), to
a Lorentz transformation xµ′ = Λµ′νx

ν . We have shown that for linear coordinate trans-
formations tµν transforms as a tensor; therefore, since Lorentz transformations are linear,
tµν transforms as a tensor on ∂V . Consequently, from Eq. 13.121 it follows that Pµ,0 trans-
forms as (the time derivative of) a four-vector in Special Relativity. Integrating over time,
we can conclude that the total energy-momentum Pµ defined in Eq. 13.120 transforms as
a four-vector of Special Relativity, and thus, although tµν is not a tensor, the global no-
tion of energy and momentum, which includes the contribution of the gravitational field,
in an asymptotically flat spacetime is well defined. We shall further discuss these issues in
Chapter 17, where we will study the far-field limit of stationary, isolated objects.

We have thus introduced a global notion of energy and momentum in General Relativity.
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It is also possible to define a local notion of energy and momentum, in the case of a perturbed
spacetime gµν = g0

µν + hµν , on the assumption that the characteristic length-scale λ of the
perturbation hµν (which, in case of gravitational waves, is the wavelength) is much smaller
than the characteristic length-scale L of the background g0

µν :

λ/L� 1 . (13.124)

In this regime (which is typical, for instance, of the propagation of gravitational waves far
away from their source), it can be shown that the stress-energy pseudo-tensor, once averaged
over several wavelengths λ, transforms as a tensor for coordinate transformations of order
O(h) (i.e. for coordinate transformations xµ → xµ + εµ with εµ,α ∼ O(h)). We denote this
average (also called Brill-Hartle average) with 〈·〉. Therefore, provided the condition 13.124
is satisfied, the averaged stress-energy pseudo-tensor

〈tµν〉 (13.125)

describes the energy and momentum carried by the perturbation, and it can be shown that it
transforms as a tensor. This result, obtained by Isaacson in 1968 [66], has been the definitive
proof that gravitational waves are associated with a flux of energy and momentum. Before
this was clarified, even the actual physical reality of gravitational waves was still a matter
of debate.

13.6.2 Energy flux of a gravitational wave
Having defined the stress-energy pseudo-tensor of the gravitational field, we shall now show
that it allows to compute the energy carried by a gravitational wave. Let us consider a source
of gravitational waves and an associated three-dimensional coordinate frame (O, x, y, z),
with the origin O within the source (for instance, at its center of mass). An observer is
located at P = (x1, y1, z1), as shown in Fig. 13.3. The observer detects a wave coming
along the direction identified by the unit three-vector n = r , where r = (x1, y1, z1) andr

r = |r| = x2 + y2 2
1 1 + z1 is the distance of the observer from the origin. Let us now

consider a second

√
frame O′(x′, y′, z′), with origin O′ coincident with O, having the axis x′

aligned with n. The corresponding metric tensor is

−1 0 0 0

gµ′ ′ = η TT 0 1 0 0
ν µ′ν′ + hµ′ν =′

 . (13.126)
0 0 [1 + h+(t, x′)] h (t, x′)


×

0 0 h (t, x′) [1− h+(t, x′)]×


The observer wishes to measure the energy which flows per unit time across


the unit surface

orthogonal to x′, i.e. t0x
′
, therefore (s)he needs to compute the Christoffel symbols i.e. the

derivatives of hTT
µ ν . According to Eq. 13.49, the metric perturbation (for instance, with ‘+’′ ′

′
polarization) has the form h+(t, x′) = const f

(
t− x

)
, and since the only derivatives whichx′ c

matter are those with respect to time and x′, we find

∂h+ const

∂
≡ ˙ ˙h+ = f, (13.127)

t x′

∂h+ const const 1 const 1≡ ˙ ˙h′+ = − f + f ′ ' − f = − h+ , (13.128)
∂x′ x′2 x′ c x′ c
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Figure 13.3: A binary system lies in the z − x plane. An observer located at P detects the
gravitational wave emitted by the system.

where only the dominant 1/x′ term has been considered. Similarly, for the ‘×’ polarization,
h′ ˙= − 1h . Therefore, the non-vanishing Christoffel symbols are× c ×

Γ0 0 1 1˙ y′ z′ ˙
y′y′ = −Γ z′z′ = − h+ Γ 0y′ = −Γ 0z′ = h+ (13.129)2c 2c

Γx
′ x′ 1 1˙ y′ z′ ˙
y′y′ = −Γ z′z′ = h+ Γ y2c

′x′ = −Γ z′x′ = − h+
2c

′ ′ 1˙ ˙Γ0
y′z′ = − 1 h Γy2c × 0z′ = −Γz 0y′ = h

2c
×

Γx ˙
y′ ′ = 1 ḣ y′
z Γ z′ 1

xz2c × ′ = −Γ xy′ = − h .
2c

×

The components of the stress-energy pseudo-tensor are quadratic in the Christoffel symbols
˙ ˙(see Eq. 13.117); thus, in the TT gauge, they are quadratic in h+ and h .×

In general, the energy flowing across a unit surface orthogonal to the direction x′ per
unit time is given by (c times) the component 0x′ of the stress-energy tensor (see Box 5-C).
Similarly, the energy flux of a gravitational wave propagating in the same direction is given
by (c times) the component 0x′ of the stress-energy pseudo-tensor averaged over several
wavelengths, i.e.

dEGW
= ct0x

′
. (13.130)

dtdS

By replacing the Christoffel symbols 13.129 in

〈
Eq. 13.117,

〉
we find (by a simple but lengthy

computation, which we leave to the reader as an exercise)

dE 〈 〉 c3
〈( 2 2

GW ′ ˙= t0x ˙c = h+(t, x′)
πG

)
+

16

(
h (t, x′)

dtdS
×

) 〉
. (13.131)

The quantity in Eq. 13.131 is the energy per unit time which flows across a unit surface
orthogonal to the direction x′. However, the direction x′ is arbitrary: if the observer is at a
different position and computes the energy flux, (s)he finds formally the same Eq. 13.131,
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with the polarizations h+ and h referred to the TT gauge associated with the new direction.×
Thus, the right-hand side of Eq. 13.131 is a general expression for the gravitational wave
flux per unit of surface orthogonal to the direction of propagation. In a general TT frame
we can write Eq. 13.131 as

dEGW c3
=

dtdS 32πG

〈∑( 2

ḣTT
jk (t, r) .

jk

) 〉
(13.132)

Since hTT
µ0 = 0, µ = 0, . . . , 3

hTT 2G d2 r (13.133)
ik (t, r) = QTT

4r dt2 ik t
c

−
c

by direct substitution we find

 ( )

2
dE ...

GW G
=

dtdS 8πc5 r2

〈∑ TT r
Qjk t . (13.134)

c
jk

( (
−

)) 〉

As explained in Sec. 13.3, QTT
jk ≡ Pjkmnqmn is the quadrupole tensor projected onto the

TT gauge and
QTT
jk = Pjkmnqmn = PjkmnQmn , (13.135)

where we recall that Qjk ≡ q 1
jk − δjkq

m
m is the reduced quadrupole moment tensor, which3

is traceless by definition.
In order to obtain the gravitational wave luminosity L dEGW

GW = , i.e. the gravi-dt
tational energy emitted by a source per unit time, it is more convenient to use the reduced
quadrupole moment, therefore we shall write Eq. 13.134 in terms of Qjk using Eq. 13.135,
i.e.

dEGW G ... r
= jkmnQ t

dtdS 8πc5 r2

〈∑
jk

(
P mn

(
−
c

))2
〉
. (13.136)

The luminosity therefore reads

LGW =

∫
dEGW dEGW

dS = r
dtdS

∫
2dΩ (13.137)

dtdS

G 1 ...

=

∫
r 2

dΩ
2c

〈∑
,

5

(
PjkmnQ

π mn

(
t

4
−
c

jk

)) 〉

where dΩ = (d cos θ)dϕ is the solid angle element. This integral can be computed by using
the properties of Pjkmn described in Sec. 13.3:∑ ( ... 2 ... ...

jkmnQmn = jkmnQmn jkrsQrs = (13.138)
jk

P
) ∑

jk

P P

 ∑  ... ... ... ...

= PmnjkPjkrs QmnQrs = Pmnrs QmnQrs
jk

=

[
1 ... ...

(δmr − nmnr) (δns − nnns)− (δmn − nmnn) (δrs Q
2

− nrns)
]

mnQrs .
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Since
... ...

• δmnQmn = δrsQrs = 0, because the trace of Qij vanishes by definition, and
... ... ... ...

• nmnrδnsQmnQrs = nnnsδmrQmnQrs, because Qij is symmetric,

after some manipulation we obtain∑ ( ... 2

PjkmnQmn
jk

)
(13.139)

... ... ... ... 1 ... ...

= QrnQrn − 2nmQmsQsrnr + nmnnnrnsQmnQ .
2 rs

By substituting this expression in Eq. 13.137, we find

G 1 ... ... ... ...

LGW =

〈
QrnQrn

∫
dΩ− 2QmsQsr

∫
nmnrdΩ (13.140)

2c5 4π

1 ... ...

+ QmnQrs

∫
nmnnnrnsdΩ

2

〉
.

The integrals to be performed

1

4π

∫ over the solid angle are:

1
nmnrdΩ, and

4π

∫
nmnnnrnsdΩ .

Let us compute the first. In polar coordinates, the unit vector n is

ni = (sin θ cosϕ, sin θ sinϕ, cos θ). (13.141)

Thus, since the versor n is odd under a parity transformation, i.e. n → −n if θ → π − θ,
ϕ→ ϕ+ π,

1
∫
dΩnmnr = 0 when m = r . (13.142)

4π

Furthermore, since there is no preferred direction in the integration (isotropy), it must be∫
dΩ n2

1 =

∫
1

dΩ n2 2
2 =

∫
dΩ n3 →

∫
dΩnmnr = const δmr . (13.143)

4π

For instance,

1
∫

1 1 2π 1 1
dΩ(n3)2 =

∫
d cos θdϕ cos2 θ =

∫
dϕ

∫
d cos θ cos2 θ = , (13.144)

4π 4π 4π 0 −1 3

and consequently
1 1

dΩnmnr = δmr . (13.145)
4π 3

The second integral in Eq. 13.141 can

∫
∫ be computed in a similar way and gives

1 1
dΩnmnnnrns = (δmnδrs + δmrδns + δmsδnr) . (13.146)

4π 15

By substituting Eqs. 13.145 and 13.146 in Eq. 13.140, we find

G
〈
... ... 2 ... ... 1 ... ...

LGW = Q
2c5 rnQrn − Q

3 msQsrδmr + Q
30 mnQrs (δmnδrs + δmrδns + δmsδnr)

G
〈
... ... 2 ... ... 1 (... ... ... ... ... ...

〉
= QrnQrn − QrsQsr + QmnδmnQrsδrs +QrnQrn +QsnQ2c5 3 30 ns

G 2 2 G

)〉
=

〈... ...

QrnQrn

〉[ ... ...

1
〈
Q

5
− + (13.147)

c 30

]
=

2 3 5c5 rnQrn

〉
,

6
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where we have used the property Qmnδmn = Qrsδrs = 0. In conclusion, the luminosity of a
gravitational wave source is

G r
LGW(t) =

5 5

〈...
Qij

( r
t−

c

) ...
Q

c ij

This

(
t−

c

)〉
, i, j = 1, 2, 3 . (13.148)

expression is called the luminosity quadrupole formula. This landmark result was
¨derived in 1918 by Einstein in the paper Uber Gravitationswellen [44].
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C H A P T E R 14

Gravitational wave sources

In this chapter we shall apply the formalism introduced in Chapter 13 to study the grav-
itational wave emission of the most relevant astrophysical sources of gravitational waves:
black holes and neutron stars. We will refer to these sources as compact objects.

General Relativity predicts that the emission of gravitational waves affects the orbital
motion of compact binary systems: the orbit shrinks and the orbital period decreases in
time. As will be shown in Sec. 14.1, the observation of this effect in binary pulsars provided
the first indirect evidence of the existence of gravitational waves.

As the binary evolves and the two compact objects approach each other while revolving
around their common center of mass, their “cosmic dance” becomes faster and faster and
the emitted signal becomes stronger and stronger, until the two bodies merge, forming a
single compact object. In 2015 the signal emitted by the coalescence of two black holes was
detected for the first time by the interferometers of the LIGO experiment, and Sec. 14.2
will be devoted to this historical discovery.

Finally, in Sec. 14.3 a further source of gravitational waves will be described, rotat-
ing non-axisymmetric neutron stars, whose gravitational wave whispers – at the time of
writing – have not been detected yet.

14.1 EVOLUTION OF A COMPACT BINARY SYSTEM
In this section we shall show how the orbital period P , the orbital distance l0, and the
Keplerian frequency ωK of a binary system composed of two compact objects change in
time, due to the emission of gravitational waves. To this purpose, we shall assume that the
two bodies move on a circular orbit, and use the quadrupole approximation introduced in
Chapter 13.

Using the reduced quadrupole moment of a binary system given in Eqs. 13.80 and 13.81,
it is easy to show that∑3

... ... µ2

Q 4
knQ

6 2
kn = l0(2ωK) (2 cos 2ωKt+ 2 sin2 2ωKt) (14.1)

4
k,n=1

3

= 32µ2l4ω6 2
K = 32µ G3M

0 ,
l50

where the total√ mass M and the reduced mass µ have been defined in Eqs. 13.65, 13.66,
and ωK = GM/l30. Substituting Eq. 14.1 in Eq. 13.148, we find that the gravitational
wave luminosity of a compact binary system is

dE 4 2 3

≡ GW 32 G µ M
LGW = . (14.2)

dt 5 c5 l50

267
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This expression has to be considered as an average over several wavelengths, as discussed in
Sec. 13.6.2. Since the emission frequency is twice the orbital frequency (see Eq. 13.96), one
wavelength is emitted in half a period; thus averaging over several wavelengths corresponds
to averaging in time over several periods. Therefore Eq. 14.2 applies when the orbital pa-
rameters do not change significantly over a large number of periods. This assumption is
called adiabatic approximation and it is certainly satisfied for systems like PSR 1913+16
or PSR J0737-3039, described in Sec. 13.5, which are very far from merging 1. In the adi-
abatic regime, the system has the time compensate the energy lost in gravitational waves
by changing its orbital energy, in such a way that

dEorb
+ LGW = 0 . (14.3)

dt

For circular orbits, this equation is sufficient to compute the adiabatic evolution of the orbit.
We remind that we are working in the weak-field, slow-motion approximation, in which the
orbital motion can be described using the laws of Newtonian gravity.

The orbital energy is
Eorb = EK + U , (14.4)

where the kinetic and the gravitational energy, EK and U , respectively, are

1 2 2 2 2

E = m ω2 r2 1 l m
+ m ω2 r2 1 m m

= ω2

(
1 2 0 2m

+ 1l0
K 1 K 1 2

2 2 K 2 2 K (14.5)
M2 M2

1

)
= ω2

2 Kµl
2 1 GµM
0 = ,

2 l0

and
Gm m GµM

U = − 1 2
=

l0
− . (14.6)

l0

Therefore
1 GµM

Eorb = − , (14.7)
2 l0

and its time derivative is

dEorb 1 GµM 1 dl
=

(
0

)
= −Eorb

(
1 dl0

. (14.8)
dt 2 l0 l0 dt l0 dt

)
Substituting Eq. 14.8 in Eq. 14.3, using Eqs. 14.7 and 14.2, we find

1 dl0 LGW 64 G3

= = µM2 1
. (14.9)

l dt E 5 4
0 orb

−
5 c l0

Assuming that at some initial time t = 0 the orbital separation is l0(t = 0) = lin0 , the
integration of Eq. 14.9 yields

l40(t) = (lin0 )4 256 G3

− µM2t , (14.10)
5 c5

and defining
4

5 c5 l
tc ≡

G3

(
in
0

256 µM

)
, (14.11)

2

1In these systems, the change of the period during one orbit, i.e. over a time interval of the order of P ,
is δP ∼ (dP/dt)P ; since dP/dt� 1, as shown in Eq. 14.21, δP � P .
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Eq. 14.10 becomes ( 1/4
in t

l0(t) = l0 1−
tc

)
, (14.12)

which shows that the orbital separation decreases with time and becomes zero when t = tc.
This last statement is a consequence of the assumption that the two compact bodies are
point particles. Of course, stars and black holes have finite sizes, therefore they merge before
t = tc. In addition, in the last cycles of the inspiralling before merging both the slow-motion
approximation and the weak-field assumption, on which the quadrupole formalism relies, fail
and strong field effects have to be considered. However, these cycles are very fast compared
to those spent by the system in the adiabatic regime and do not contribute significantly to
the total time needed to merge. Therefore, tc provides a reliable estimate of the time of
coalescence of a compact binary with initial orbital separation lin0 .

Using Eq. 14.12 we can now compute how the Keplerian frequency and the orbital period
change in time. From the definition given in Eq. 13.69

(GM)1/2 (GM)1/2 t
ωK = → ωK(t) =

3/
l (lin0 )3/2
0

(
1

2
−
tc

)−3/8

, (14.13)

i.e.
−

ω (t) = ωin

(
t

1−
) 3/8 1/2

, where ωin (GM)
K K K ≡ . (14.14)

tc (lin 3
0 ) /2

Moreover, since ωK = 2πP−1, we get

P (t) = P in

( 8
t

1−
)3/

. (14.15)
tc

From Eqs. 14.14 and 14.15 it follows that as t→ tc the orbital frequency increases and the
orbital period decreases.

It is also possible to evaluate the rate at which the orbital period changes due to gravi-
tational wave emission. Since

ω2 4π2 4π2 1 dP 3 1 dl
K = GMl0

−3 → P 2 0
= l3
GM 0 → 2 lnP = ln +3 ln l0 =

GM
→ , (14.16)

P dt 2 l0 dt

and using Eq. 14.9 we find

1 dP 3 LGW 96 G3 µM2

= = .
P dt 2 E

− (14.17)
5 c5 l4orb 0

Using the relation l0 = (GM)1/3 P
2π

1 dP

( )2/3
, Eq. 14.17 becomes

96 G5/3 8/3

=
P dt

− µM2/3 2π
. (14.18)

5 c5

(
P

)
For example if we consider PSR 1913+16, and neglect the eccentricity of its orbit, using the
data given in Eq. 13.94, we find

dP

dt
' −2.0× 10−13. (14.19)

As mentioned in Sec. 13.5, the orbit PSR 1913+16 is strongly eccentric, with e ' 0.62. In this
case the calculations above have to be repeated using the equations of motion appropriate
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for eccentric orbits. In addition, it can be shown that gravitational wave emission also affects
the eccentricity of the orbit; in particular de/dt < 0, i.e. the orbit slowly circularizes during
the inspiral. The final result for the period evolution reads

1 dP 96 / 8
G5 3 /3

= − µM2/3 2

P dt 5 c5

(
π

P

)
1

(1− e2)7/2

(
73

1 + e2 37
+ e4 , (14.20)

24 96

)
which gives

dP
=

dt
−2.4× 10−12 . (14.21)

The interested reader can find the derivation of Eq. 14.20 in [82, 93]. The secular variation of
the orbital period predicted by Eq. 14.21 has been confirmed by astrophysical observations.
After the binary system PSR 1913+16 was discovered in 1975, the times {ti}i=0,... of the
periastron passages have been measured for decades, finding that – as expected – they are
not separated by integer multiples of the initial period P in = t1 − t0. Instead, the time
residuals ∆ti = t in

i − t0 − iP have a quadratic dependence on ti, as shown in Fig. 14.1.
In order∫ to understand this behaviour, let us compute the phase of the orbital motion

t
φ(t) = ωK(t)dt (see Eq. 13.70) assuming that ω̇K is approximately constant

0 ∫ t t

φ(t) = ωK(t)dt '
∫

1
(ωin
K + ω̇Kt) dt = ωin

Kt+ ω̇Kt
2 , (14.22)

0 0 2

where we have set t0 = 0. The times of the periastron passages are those for which φ(ti) =
2πi, i.e.

1
ωin 1
Kti + 2 ω̇K 2πi

ω̇Kti = 2πi → t + t2i
2 ωin i = . (14.23)

2 K ωin
K

Since
˙ω̇K P

=
ωin
K

− , (14.24)
P in

the time residuals are

˙
in 2πi 1 ω̇ 1 P

∆ti = ti − iP = ti − − K
= t2

ωin
K 2 in i = t2 , (14.25)

ωK 2 P in i

˙
i.e., they are expected to be fitted by a parabola with coefficient P

P in < 0. In Fig. 14.1
Eq. 14.25 is plotted as a continuous line.

The measured values of the time residuals ∆ti for PSR 1913+16, indicated by dots
in Fig. 14.1, confirm the prediction of General Relativity. It should be mentioned that, in
addition to the secular changes of the orbital period induced by gravitational wave emission,
the observed variation of P in PSR 1913+16 is also affected by kinematic effects due to
the center-of-mass acceleration along the line of sight, and to the variation of the orbital
inclination. They both produce a Doppler shift of the pulse frequency of the pulsar, which
affects the measurement of P and have to be properly subtracted in order to isolate the
effect genuinely due to General Relativity [79]. After this subtraction, the ratio between the

˙observed value of P and the theoretical value predicted by General Relativity is [118]

Ṗobs
= 1.0013± 0.021 . (14.26)

ṖGR

This result provided the first indirect evidence of the existence of gravitational waves and
for this discovery Hulse and Taylor were awarded the Nobel Prize in Physics in 1993.
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Figure 14.1: Shift in the time of periastron passage of the binary pulsar PSR 1913+16. The
parabolic behaviour agrees with the predictions of General Relativity based on the assumption
that the system loses energy due to gravitational wave emission, as shown in Eq. 14.25. From: J.M.
Weisberg & J.H. Taylor, Relativistic binary pulsar B1913+16: Thirty years of observations and
analysis [118].

For the double pulsar PSR J0737-3039 [81] discovered in 2003 (see Sec. 13.5), using the
data given in Eq. 13.100, Eq. 14.20 gives

dP
=

dt
−1.2× 10−12 , (14.27)

which is also in agreement with the observations, with an accuracy similar to that of
Eq. 14.26.

14.2 GRAVITATIONAL WAVES FROM INSPIRALLING COMPACT OBJECTS
Equations 14.14 and 14.12 show how the Keplerian frequency ωK and the orbital distance
l0 of a binary in the adiabatic regime evolve as the two compact objects inspiral around the
common center of mass; during this phase – the inspiralling or simply the inspiral – the
orbit goes through a sequence of stationary circular orbits. We shall now compute how the
wave frequency and amplitude change with time. In Sec. 13.5 we showed that the signal
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emitted at a time t by a binary system moving on a circular orbit, and located at distance
r from the observer, is

hTT r
ij (t, r) = −h0 A

TT
ij

(
t−

c

)
, (14.28)

where h0 is the instantaneous wave amplitude

4µMG2

h0 = , (14.29)
l0c4r

and ATT
ij (t− r ) =c PijklAkl(t− r ), wherec

cos
Aij(t) =


2ω t sin 2ω t 0



The wave is monochromatic, and

 K K

sin 2ωKt − cos 2ωKt 0 . (14.30)
0 0 0

is emitted at twice the Keplerian


frequency, i.e.

ωK
νGW = 2νK = . (14.31)

π

From Eq. 14.14 it follows that, as the two bodies approach each other, the wave frequency
changes as ( )−3/8

in t in 1 GM
νGW(t) = νGW 1− , ν

t GW
c

≡
π

√
. (14.32)

(lin0 )3

In addition, since the orbital distance decreases according to Eq. 14.12, from Eq. 14.29 it
follows that the wave amplitude changes with time as

2 2/3
4µMG2 4µMG ωK (t)

h0(t) = = (14.33)
l0(t)c4r rc4 G1/3M1/3

4π2/3G5/3

=
M5/3

2/3
ν

rc4 GW(t) ,

where we have defined
(m m )3/5

M = µ3/5M2/5 1 2
= . (14.34)

M1/5

Eqs. 14.32 and 14.33 show that both the frequency and the amplitude of the signal emitted
by a binary system during the inspiral increase with time. This feature is typical of the
chirp of a singing bird, and for this reason this part of the signal is named chirp, and M is
called the chirp mass.

The phase Φ of the gravitational signal is obtained by integrating the instantaneous
phase of the polarization tensor 14.30

Φ(t) =

∫ t

2ωK(t)dt+ Φin =

∫ t

2πνGW(t)dt+ Φin, where Φin = Φ(t = 0) . (14.35)
0 0

To compute this integral it is convenient to use the following relations. First of all we write
Eq. 14.32 in the form

in 3/8
ν

νGW t) = GWtc( . (14.36)
(tc − 3/8

t)

Using Eq. 14.11 and given 2563/8 = 8, it is easy to show that

5/83/8 3

νin t3/8
5

GW c 8π

(
c

=
GM

)
, (14.37)
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so that νGW(t) can be written as

5/8
53/8

(
c3

3
1

νGW(t) =
8π GM

) [ /8

. (14.38)
tc − t

]
The integrated phase therefore is

Φ(t) = −2

[ 5
c3 (tc − t)

] /8

+ Φc , (14.39)
5GM

3 5/8

where Φc = Φin − 2 c tc is the phase at t = tc. Eq. 14.39 shows that, within our5GM
approximations, the phase

( )
of the gravitational signal depends on the masses m1 and m2

only through the combination given by the chirp mass M. An alternative expression of the
phase 14.39 in terms of the wave frequency is

1
Φ(t) = −

16

(
c3

G

)5/3

(πM 5
νGW)

− /3
+ Φc . (14.40)

In conclusion, the signal emitted during the inspiral is

r r
hTT
ij (t, r) = −h0

(
t−

c

)
PijklAkl

where

(
t−

c

)
, (14.41)

4π2/3G5/3

h 2/3
0(t) =

c4
M

(
r
MνGW(t)) (14.42)

is the wave amplitude, and

cos Φ(t) sin Φ(t) 0
Aij(t) =

 sin Φ(t) − cos Φ(t) 0
0 0 0

 (14.43)

is the polarization tensor.

14.2.1 September 14th, 2015: the detection of gravitational waves
On September 14th, 2015 the interferometric antennas of the experiment LIGO, located in
Livingston (Louisiana, USA) and in Hanford (Washington, USA) detected, for the first time,
the gravitational wave signal emitted in the coalescence of two black holes, which is shown
in Fig. 14.2. In the upper panels the output of the two detectors is shown as a function of
time; the middle panels show the signal extracted from the raw data using suitable filtering
techniques; the bottom panels show how the frequency of the signal grows with time. This
signal was named “GW150914”.

The analysis of the data showed that the detected wave was emitted by two black holes
with masses

m1 = 35.6+4.8
3.0M , m− � 2 = 30.6+3.0

−4.4M . (14.44)�

As explained in previous sections, due to the emission of gravitational waves the two black
holes orbit around each other in an ever-decreasing orbit, until they “merge” and form a
single black hole. This process is the aforementioned coalescence. The remnant black hole
of GW150914 has mass and dimensionless angular momentum (spinning black holes will be
discussed in Chapter 18)

Mfin = 63.1+3.3 cJfin
3.0M , = 0.69+0.05

0.04 . (14.45)− �
GM2

fin
−

http:0.69+0.05
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Figure 14.2: The signal of the first gravitational wave event, GW150914, see text for details. From:
B.P. Abbott et al., Observation of gravitational waves from a binary black hole merger [1].

A comparison of the total mass of the binary before merging with the mass of the final black
hole, shows that ∼ 3.1M have been lost. This corresponds to a huge amount of energy�
being radiated in gravitational waves:

EGW ∼ 3.1M c2 → 3.1×1.989×1033 g×(2.998×1010cm/s)2 = 5.5×1054 erg . (14.46)�

As a comparison, it may be recalled that the total energy emitted in neutrinos and elec-
tromagnetic radiation in the most energetic supernova explosions is of the order ∼ 1053

erg.
We shall now discuss how the parameters of the source have been extracted from the

detected signal.

14.2.2 The chirp mass and the luminosity distance
The phase and the amplitude of the gravitational wave signal emitted during the inspiralling
of two compact bodies, the chirp, are given in Eqs. 14.39 and 14.42, respectively. From the
detected phase it is possible to measure the chirp mass M as follows. If we define the
constant

53/8

K =
8π

(
c3

GM

)5/8

, (14.47)
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Eq. 14.38 can be written as
K

νGW(t) = (14.48)
(t − t)3/8
c

and
3 K 3

ν̇GW =
8 (tc t)11/8

→ 11
ν̇GWν

− /3
GW = K−8/3 . (14.49)

− 8

Using the definition of K the last equation gives[ 85/8
8π

( /3
GM

) ]
8

ν
−11/3

= ν̇GW GW , (14.50)
53/8 c3 3

which can be solved for M, and gives

c3
3/5

5 1M =

(
11

ν̇GWν
− /3

G 96 π8/3 GW

)
. (14.51)

Thus, the chirp mass can be obtained by measuring the wave frequency and its time deriva-
tive from the inspiralling part of the signal.

When the source is located at cosmological distance, we can no longer assume that the
gravitational wave propagates in Minkowski’s spacetime: we need to take into account the
effects of the cosmological expansion, which are briefly discussed in Sec. 14.4. In this case,
due to the expansion of the Universe, the frequency νobs

GW measured at the detector differs
from the frequency νGW emitted by the source by (see Eq. 14.127)

obs νGW
νGW = , (14.52)

1 + z

where z is the cosmological redshift. Moreover, the observed time separation between two
pulses is rescaled according to Eq. 14.128, dtobs = (1 + z)dtem.

Therefore, the quantity which is actually measured is the so-called redshifted chirp mass

Mobs c3
=
G

[
5 1

96 π8/3

( 3/5
d

νobs (νobs )−11/3 , (14.53)
dt GW

obs

)
GW

]
and since [( /5

d
νobs

) 3

(νobs )−11/3 11
= 5

GW GW

]
/

[ν
− 3
GW ν̇GW]3/ × (1 + z) , (14.54)

dtobs

we get
3

Mobs c3
( /5

5 1 −11/3
= ν̇GWν (1 + z) . (14.55)
G 96 π8/3 GW

)
×

The redshifted chirp mass is related to the true chirp mass M, given in Eq. 14.51, by

Mobs =M (1 + z) . (14.56)

Let us now see which information can be extracted from the amplitude of the chirp. As
discussed in Sec. 14.4, the amplitude of a gravitational wave propagating in the curved
background of an expanding universe has the same form as that of a wave propagating in
Minkowski’s space, with the radial distance r replaced by the proper distance D at the time
t. Thus, for the wave emitted by a compact binary inspiral, Eq. 14.42 becomes:

4π2/3G5/3

h0(t) = (
4

M×
D(t)

× MνGW)2/3 . (14.57)
c
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Expressing Eq. 14.57 in terms of the quantities measured by the detector at the time tobs,
i.e. νobs

GW and Mobs, we obtain

4π2/3G5/3

h0(tobs) =
Mobs

× × (Mobsνobs
GW)2/3 , (14.58)

c4 DL(tobs)

where DL = (1 + z)D is the luminosity distance of the source, defined in Sec. 14.4.3 (see
Eq. 14.144).

Summarizing, by detecting the gravitational wave signal emitted by a compact binary
inspiral, we can determine the redshifted chirp mass Mobs from the time evolution of the
phase, and the luminosity distance from the amplitude h0, by inverting Eq. 14.58 2. In this
way, the luminosity distance of GW150914 has been found to be

DL = 430+150
−170 Mpc . (14.59)

This means that (since 1 pc ' 3.262 ly) the coalescence occurred approximately 1 Gyr before
its detection: the gravitational wave had to travel for a cosmological time before reaching
the Earth and leaving its tiny imprint on the instruments!

In order to find the true chirp mass M = Mobs/(1 + z), we need to know the source
redshift z; this can be found if the sky position of the source is localized with sufficient
precision, so that the hosting galaxy can be identified. This is possible if an electromagnetic
counterpart of the gravitational event can be detected. However, coalescing black holes are
not expected to have an electromagnetic counterpart because, according to what is presently
known about their evolutionary path, they should not be surrounded by accretion disks (see
Sec. 11.5.1) sufficiently massive to produce a significant electromagnetic emission at merger.
In addition, the localization of a gravitational wave event is done by triangulation of the
signal detected by multiple interferometers. Using only the two LIGO detectors, the position
of GW150914 was localized in a region of sky of 180 deg2, too large to be spanned by the
existing electromagnetic detectors. To restrict this area more detectors are needed, as we
will see in Sec. 14.2.6.

In the absence of an independent measure of the source redshift, this important pa-
rameter can be inferred in the following way. Given a cosmological model, the luminosity
distance can be expressed in terms of the redshift and of the cosmological parameters. In the
Friedmann-Lemâıtre-Robertson-Walker model, in the case of small redshift, its expression
is given by Eq. 14.151, which we anticipate here:

c
DL(z) =

[
1

z + (1− q0)z2 + . . . ,
H0 2

]
(14.60)

where H0 is the Hubble constant, and q0 is the deceleration parameter (see Sec. 14.4.2).
The LIGO-Virgo collaboration used the values of the cosmological parameters measured by
the Planck mission [92]. The value of the luminosity distance was found from the measured
value of the wave amplitude h0 and Eq. 14.58; then, using Eq. 14.60 it was possible to infer
the redshift of the source, finding z = 0.09+0.03

0.03. Knowing the redshift, it was finally possible−
to obtain the true value of the chirp mass of GW150914:

M = 28.6+1.6
−1.5M . (14.61)�

2It should be mentioned that in order to measure DL we should also know the orientation of the source
with respect to the line of sight. This introduces further parameters (the orientation angles) in the waveform
which have not been considered in our simplified analysis. The degeneracy among these parameters can be
resolved by detecting the signal with multiple detectors.

http:0.09+0.03
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14.2.3 A lower bound for the total mass of the system
From the estimated value of the chirp mass it is possible to set a lower bound for the total
mass of the binary as follows. In Fig. 14.3 we plot the total mass of the system,M = m1+m2,
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Figure 14.3: The total mass of the coalescing system, M = m1 + m2, as a function of the mass
m1, assuming the chirp mass of GW150914, M = 28.6M�.

as a function of the mass of one of the two bodies, say m1, using the equation

(m m )3/5
1 2

=
M1/5

M = 28.6M . (14.62)�

We see that, to be compatible with the observed chirp mass, the total mass of the system
must be larger than M = 65.7M . From this value we understand that the coalescing bodies�
cannot be neutron stars, since the maximum mass observed for neutron stars is ∼ 2M�
(see Chapter 16).

Further information can be obtained by evaluating the distance between the two objects
just before merging. We know that the wave frequency is related to the orbital distance l0
and to the total mass M = m1 +m2 by

1
νGW(t) = 2νorb =

π

√
GM

. (14.63)
l30(t)

The data show that the frequency of GW150914 spanned the range from 35 to 150 Hz in a
time interval of about 0.2 s; therefore, when νGW = 150 Hz, the distance between the two
objects was approximately 3

1/3
GM

l0 ∼
(

(ν π)2
GW

)
∼ 3.4× 102 km , (14.64)

where we assumed M ∼ 65.7M . Considering how large is the mass of the two bodies, this�
distance is extremely small, and this indicates that they must be extremely compact. To the
best of our knowledge, only black holes can be so compact and massive. As a comparison,
the Schwarzschild radius of a black hole with mass 65.7M is 1.94� × 102 km.

3We are assuming that the two bodies are non-spinning; this is justified by the data which are compatible
with vanishing spins (spinning black holes will be discussed in Chapter 18).
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At this point we have exploited all information which can be extracted from the inspiral
(at leading order in the weak-field, slow-motion, and adiabatic approximation):

• the chirp mass from the wave phase;

• the luminosity distance from the wave amplitude;

• a lower bound on the total mass, which excludes the possibility that the two bodies
are neutron stars;

• an approximate value of the orbital distance just before merging, which indicates that
the two bodies are extremely compact.

Let us now see what else can be inferred from the latest stages of the coalescence.

14.2.4 The final stages of the inspiral
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Figure 14.4: Representative example of the signal emitted by coalescing black holes. The signal
within the leftmost shaded band is the chirp emitted during the inspiral, when the two bodies
approach each other; the signal within the central shaded band is emitted during the merger,
whereas the last part, the ringing tail within the rightmost shaded band, is emitted by the final
distorted black hole which oscillates according to its characteristic quasi-normal modes. Note that
the separation between inspiral, merger, and ringdown is only approximate, since in the last stages
of the coalescence the system is highly non-linear.

In Fig. 14.4 we show the plot of a typical waveform emitted in the coalescence of two
black holes. The first part is the chirp, emitted during the adiabatic inspiralling and is
described by Eqs. 14.41, 14.42, and 14.43; these equations describe the signal with a good
approximation, provided the orbital velocities are much smaller than the speed of light.
When this condition is no longer verified the quadrupole approach, which we have used
to derive the waveform, becomes inaccurate; this occurs approximately when the orbital
distance between the two bodies approaches the innermost, stable circular orbit, the ISCO,
of a black hole with mass m1 + m2; assuming that the two bodies have zero spins, this
distance is (see Sec. 10.5):

6G(m1 +m2)
lISCO = . (14.65)

c2
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The wave frequency which corresponds to the orbital distance lISCO is

ISCO ωK 1
√
G(m c31 +m2) 1

νGW = = = . (14.66)
π π l 3

ISCO πG
√

63 (m1 +m2)

Note that νISCO
GW scales as the inverse of the total mass of the system.

The waveform derived within the quadrupole approximation corresponds to the lowest-
order term in a post-Newtonian expansion of the equations of motion in the parameter
v/c, where v is the orbital velocity of the coalescing bodies. At distances comparable to
lISCO the waveform must be corrected including more terms with higher power in (v/c).
Customarily, the parameter

x = (v/c)2 1
= [G(m1 +m2)πν 2

GW] /3 (14.67)
c2

indicates the order of the correction to the quadrupole waveform. The first correction to
the phase of the signal given in Eq. 14.40 is of order O(x), and depends on the mass ratio
of the binary, m1/m2. This information can be extracted by an accurate data analysis and,
knowing the chirp mass, allows to estimate the individual values of m1 and m2.

The next corrections to the phase account for the effect of the spins of the binary
components; these terms are of order O(x3/2) and O(x2). Therefore spin corrections start
to be significant when the velocities become large, the two bodies are very close to merging,
and a large signal amplitude is needed to extract this contribution from the detector noise.
For instance, even though GW150914 was a very loud signal, the individual spins of the
coalescing bodies have only been weakly constrained, and appear to be compatible with
zero.

If the coalescing bodies are neutron stars, phase corrections of order O(x5) carry infor-
mation on the deformations these bodies undergo due to mutual tidal interactions. For a
detailed discussion of the effects of tidal interactions and other post-Newtonian corrections
on the waveform, we refer the interested reader to the monograph [93].

14.2.5 Merger and ringdown: identifying the nature of coalescing compact objects
When the two bodies are very close to merging, strongly non-linear effects take over and
even the post-Newtonian approach becomes inaccurate. The part of the signal corresponding
to the merger, the central shaded band in Fig. 14.4, has to be found by solving numerically
Einstein’s equations in the fully non-linear regime. These studies started in the late 1990s
with the Grand Challenge project, which aimed at simulating the collision of two black holes.
This goal was finally achieved in 2006, when the first waveforms were obtained [96, 28, 14].
After this breakthrough, a bank of templates was set up, which has been instrumental to
extract the gravitational wave signal from the detectors’ noise. Indeed from these waveforms,
which include initially eccentric orbits and the spins of the bodies, one can find some very
useful fitting formulae which allow to estimate the masses and the spins of the two coalescing
bodies (to be compared with those obtained from the analysis of the inspiral part of the
signal), and the mass and spin of the final black hole.

The last part of the signal, the rightmost shaded band in Fig. 14.4, is the ringing tail or
ringdown, and is emitted by the distorted black hole which forms as a result of the merger.
As we shall discuss in Chapter 15, the gravitational signal emitted by a perturbed black
hole will, after a transient, decay as a superposition of its quasi-normal modes (QNMs) of
oscillations, which are described by damped sinusoids

h(t) =
∑

(
A(i) i)

sin(ωR t+ Φ(i))e−t/τ
(i)

, (14.68)
i
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(i) (i)
where ωR and ωI ≡ −1/τ (i) are the real and imaginary part of the eigenfrequency of the
i-th mode, and A(i) and Φ(i) are the corresponding amplitude and phase. The imaginary
part of the frequency is the inverse of the damping time; indeed the oscillations are damped
because the black hole loses energy emitting gravitational waves.

Remarkably, the QNM frequencies depend only on the mass and on the angular momen-
tum of the black hole. This result is known as the no-hair theorem (see Chapter 18). If the
black hole is non-rotating, the fundamental (i = 0) QNM frequency, in geometrized units,
is given by Eq. 15.111, which we anticipate here

Mω(0) ' 0.3736− i 0.0890 . (14.69)

For a black hole with mass M = nM , this equation yields the frequency and damping�
time

12
ν0 ' kHz, τ0 ' n 5.5× 10−5 s , (14.70)

n

which shows that the larger the black hole mass, the smaller the frequency and the longer
the damping time. As an example, if the black hole has a mass of 10 M , the frequency and�
the damping time of the fundamental QNM are ν0 = 1.2 kHz, τ = 5.5× 10−4 s; if, instead,
it is a supermassive black hole with M = 106 M , like those sitting at the center of most�
galaxies (see Chapter 18), they are ν0 = 1.2× 10−2 Hz, τ = 55 s.

Note that, in general, the remnant black hole produced in a coalescence is spinning,
and calculating its QNM eigenfrequencies is more complicated than what is discussed in
Chapter 15 (see Box 15-D). For more details, we refer the interested reader to the monograph
by Chandrasekhar [34].

In conclusion, by extracting more than one QNM eigenfrequency from the last part of
a sufficiently strong signal emitted by coalescing compact binaries, it is possible not only
to infer the mass and angular momentum of the final object, but also to test whether the
QNM spectrum is consistent with the predictions of General Relativity. In other words, the
ringdown will allow us to perform a spectroscopy of black holes.

From the data of GW150914 only the eigenfrequency of the lowest QNM has been
measured; the mass and the angular momentum have then been deduced, and their values
agree with those estimated from the merging part of the signal, within the experimental
errors.

To summarize, General Relativity provides a complete description of the waveforms
emitted in a binary coalescence. When compared to the data, these waveforms allowed to
interpret the detected signal GW150914 as due to the coalescence of two black holes with
masses given in Eq. 14.44 which, after merging, gave birth to a rotating black hole, with
mass and angular momentum given in Eq. 14.45.

14.2.6 More signals from coalescences
The analysis of the data collected by the LIGO interferometers during two observational
runs between 2015 and 2017 has disclosed ten more gravitational events 4, whose parameters
are shown in Table 14.1. The data are tabulated as follows. In column 1 there is the name
of the event; in columns 2, 3, and 4 the masses of the two coalescing bodies and the chirp
mass; in columns 5 and 6 the mass and the dimensionless angular momentum of the black
hole which forms as a result of the merging; in columns 7, 8, and 9 the source luminosity
distance, the redshift, and the sky localization area.

4During the third observational run of the LIGO and Virgo interferometers in 2019, binary black hole
mergers have been detected on a weekly basis. At the time of writing, the data analysis of this run is still
ongoing.
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Table 14.1: Source parameters of the events detected in the first two observational runs of the
LIGO-Virgo collaboration between the years 2015 and 2017 [3].

m1 m2 M Mfin cJfin DL ∆ΩEvent zM� M� M� M� GM2 Mpc deg2
fin

0.69+0.05 430+150 0.09+0.03GW150914 35.64.8 30.6+3.0 28.6+1.6 63.1+3.3 180−3.0 −4.4 −1.5 −3.0 −0.04 −170 −0.03

23.3+14.0 0.67+0.13 0.21+0.09GW151012 13.6+4.1 15.2+2.0 35.7+9.9 1060+540 1555−5.5 −4.8 −1.1 −3.8 −0.11 −480 −0.09

7.7+2.2 8.9+0.3 0.74+0.07 440+180 0.09+0.04GW151226 13.7+8.8 20.5+6.4 1033−3.2 −2.6 −0.3 −1.5 −0.05 −190 −0.04

0.66+0.08 960+430 0.19+0.07GW170104 31.0+7.2 20.1+4.9 21.5+2.1 49.1+5.2 924−5.6 −4.5 −1.7 −3.9 −0.10 −410 −0.08

7.6+1.3 7.9+0.2 0.69+0.04 320+120 0.07+0.02GW170608 10.9+5.3 17.8+3.2 396−1.7 −2.1 −0.2 −0.7 −0.04 −110 −0.02

50.6+16.6 80.3+14.6 0.81+0.07 2750+1350 0.48+0.19GW170729 34.3+9.1 35.7+6.5 1033−10.2 −10.1 −4.7 −10.2 −0.13 −1320 −0.20

0.70+0.08 990+320 0.20+0.05GW170809 35.2+8.3 23.8+5.2 25.0+2.1 56.4+5.2 340−6.0 −5.1 −1.6 −3.7 −0.09 −380 −0.07

0.72+0.07 580+160 0.12+0.03GW170814 30.7+5.7 25.3+2.9 24.2+1.4 53.4+3.2 87−3.0 −4.1 −1.1 −2.4 −0.05 −210 −0.04

1.46+0.12 1.27+0.09 40+10 0.01+0.00GW170817 1.186+0.001 ≤ 2.8 ≤ 0.89 16−0.10 −0.09 −0.001 −10 −0.00

0.67+0.07 0.20+0.07GW170818 35.5+7.5 26.8+4.3 26.7+2.1 59.8+4.8 1020+430 39−4.7 −5.2 −1.7 −3.8 −0.08 −360 −0.07

39.6+10.0 0.71+0.08 0.34+0.13GW170823 29.4+6.3 29.3+4.2 65.6+9.4 1850+840 1651−6.6 −7.1 −3.2 −6.6 −0.10 −840 −0.14

Among these events there are three, GW170814, GW170817, and GW170818, which
have been localized with much higher precision with respect to the others (see last column
of Table 14.1). The reason is that these events have been detected in coincidence with a
third interferometer, Virgo, located in Cascina, near Pisa in Italy. The sky position of a
source is primarily determined through the difference in the arrival time of the signals at
the detectors, their phase differences, and amplitude ratios. With a network of detectors
the position can be inferred by triangulation, thus reducing the uncertainty on the source
localization. All events in Table 14.1 have been identified as due to the coalescence of two
black holes, except one, GW170817. The table shows that the mass of the individual black
holes ranges between 7.6M and 50.6M . GW170729 is not only the heaviest black hole� �
merger, but also the most distant observed in the first two observing runs. It is interesting
to note that – owing to the high orbital angular momentum acquired by the systems before
the merger – the dimensionless spins of the black hole which forms after the merger cluster
in the range between ∈ [0.66, 0.81], i.e. black holes formed in these processes are rapidly
rotating. Indeed, as we shall show in Chapter 18, the maximum dimensionless spin of a
rotating black hole is cJ/(GM2) = 1.

It should be recalled that, when the coalescing bodies reach the ISCO, which can be
considered the end point of the inspiral, the orbital distance and the wave frequency are
approximately given by Eqs. 14.65 and 14.66. These equations show that the larger is the
total mass of the system, the larger is the orbital distance at the ISCO, and the smaller is
the corresponding wave frequency. This means that although more massive systems emit
signals with larger amplitude, they span a smaller region of the detector bandwidth, and
consequently stay in the bandwidth for a shorter time.
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These properties are shown in Fig. 14.5, where we compare the noise spectral density 5 of
the LIGO detector, also called the sensitivity curve (thick black curve), with some represen-
tative signals from coalescences of black hole binaries. The sensitivity curve has typically a

m1=m2=60 M⊙

m1=m2=10 M⊙
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Figure 14.5: The strain amplitude of the gravitational wave signal emitted in the coalescence of two
black holes,

√
νGWh̃, where h̃ is the Fourier transform of the waveform, is plotted as a function of the

frequency and compared to the noise spectral density of the advanced LIGO interferometer (thick
black curve). Roughly speaking, a signal is detectable when the strain amplitude of the signal lies
well above the sensitivity curve. We show two signals for m1 = m2 = 10M� and m1 = m2 = 60M�,
respectively, for a source located at the distance of 100 Mpc. Note that the amplitude decreases
sharply after some frequency which approximately corresponds to the merger of each binary. The
dashed vertical lines correspond to the ISCO frequency given in Eq. 14.66. See text for more details.

“bucket” shape: at low frequencies the sensitivity deteriorates (i.e., the curve grows) because
of seismic and environmental noise, whereas at high frequencies it deteriorates because of
quantum noise of the laser beam of the interferometer (see Sec. 12.8). The central plateau
identifies the frequency range where the detector is more sensitive. The quantity that needs
to be compared with the sensitivity curve is the strain amplitude of the signal, given by the

˜Fourier transform of the gravitational waveform h, multiplied by the square root of the wave
frequency, i.e.

√ ˜νGWh. Roughly speaking, a signal is detectable when the strain amplitude
√ ˜νGWh lies well above the sensitivity curve (in reality the detection requires much more
sophisticated filtering techniques, see [82]).

The signals shown in Fig. 14.5 are obtained using analytical waveforms that approximate
the whole inspiral, merger, and ringdown signal. The leftmost part of the signal (linear in
the log-log scale) is associated with the inspiral; the small bump corresponds to the merging,
after which the signal dies off quickly during the ringdown.

As previously discussed, as the total mass of the system increases the ISCO frequency
decreases, and the overall amplitude of the signal increases (see Eq. 14.33). Since each
detector is sensitive only in a certain frequency range (e.g., the frequency band for LIGO
and Virgo is roughly νGW ∈ (10, 1000) Hz, see Fig. 14.5), the peak frequency lies in the
detector band only when the total mass is in a certain range. This explains why LIGO and

5The noise spectral density of a detector, Sn(f), is the noise power per unit frequency. This quantity
has units of Hz−1/2.
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Virgo are most sensitive to the coalescence of black hole binaries with total mass ranging
from (approximately) 10 M to a few hundred M .� �

Several sources of noise determine the precise shape of the sensitivity curve for each
detector, but a discussion of their characterization is beyond the scope of this book. For a
laser interferometer the frequency band depends on the length of the arms, as discussed in
Sec. 12.8: the range of frequencies where the detector is most sensitive approximately scales
with the inverse of the interferometer arm length (see Eq. 12.123). Kilometer-size interfer-
ometers like LIGO and Virgo can detect black hole binaries with total mass in the above
mentioned range. Supermassive black hole binaries (total mass about 106M ) emit signals�
in the range νGW ∈ (10−3, 10−1) Hz. Their detection requires 105 km-size interferometers,
which can not be built on the Earth. The Laser Interferometer Space Antenna (LISA) is a
joint ESA-NASA space mission which will be launched around the year 2034, with the goal
of detecting gravitational waves from supermassive black holes for the first time.

As for 2018, the only event which is due to the coalescence of two neutron stars is
GW170817 6; this is also the closest event, detected at a distance of 40 Mpc. The inspiral
part of the signal emitted in these processes is a chirp with the same features discussed for
black hole mergers: as shown by Eqs. 14.41, 14.42, and 14.43 it is a sinusoid with increasing
amplitude and frequency, and the phase depends only on the chirp mass. This is because
neutron stars are extremely compact and when they are far apart they can be treated as
point particles. Since the masses are low compared to those of black holes, as explained above
the signal stays in the detector bandwidth for a much longer time (∼ 100 s, whereas it was
∼ 0.2 s for GW150914), and this allows a better estimate of the binary parameters. The part
of the signal emitted by GW170817 in the latest phases before the merger deviates from that
emitted by black holes because the two stars are deformed by the mutual tidal interaction.
These deformations are encoded in some parameters, called Love’s numbers, which measure
the quadrupole moment of a star induced by the tidal field of its companion. The Love
numbers depend on the internal composition of the star, and give important information
on the behaviour of matter in the extreme conditions typical of a neutron star core. In
that region, densities can exceed the nuclear saturation density, and the equation of state
of matter is largely unknown (see Sec. 16.3). Many theoretical models have been proposed,
which cannot be validated by terrestrial experiments, since such extreme conditions cannot
be reached in a laboratory. The extraction of Love’s numbers from the gravitational wave
emitted by coalescing neutron stars is expected to provide information on this fundamental
issue, which cannot be obtained otherwise. A first estimate of the quadrupolar tidal Love
numbers has been possible in GW170817 [2], but more events will be needed to confirm and
refine these results.

It is important to stress that an electromagnetic counterpart, comprising a gamma-ray
burst and optical and radio observations, was detected in coincidence with the detection
of GW170817; this allowed obtaining an independent measure of the redshift z and the
best source localization to date, marking the dawn of multi-messenger astronomy. Thanks
to the electromagnetic counterpart, it has also been possible to measure the speed of the
gravitational waves emitted by GW170817: the gamma-ray burst was detected only 1.7 s
after the gravitational wave signal at merger, showing that the speed of gravitational waves
coincides with the speed of light – as predicted by General Relativity – within one part in
1015.

The merging part and the ringing tail of the signal emitted in binary neutron star
coalescences can be significantly different from that of black holes. The presence of matter

6A more recent gravitational wave event from the third observational run, GW190425, has been re-
ported [4]. Although information for this event is much more limited than for GW170817, it is consistent
with another binary neutron star coalescence. If confirmed, it would also be the heaviest neutron star binary
known to date.
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produces a rich phenomenology which depends essentially on the equation of state, i.e.
on the relation between the pressure and the energy density of the fluid inside the stars.
For instance, depending on the compressibility of matter, the object which forms after the
merging can bounce several times, oscillate, and then collapse to form either a black hole, or
a neutron star which, depending on the mass, will later collapse to a black hole; alternatively,
a black hole can form immediately after the bounce. These different behaviours are reflected
in different waveforms, which have to be computed by integrating numerically Einstein’s
equations with a matter source, choosing an equation of state motivated by nuclear physics
studies.

Finally, the last part of the signal is the ringing tail, emitted when the final object
which forms after the merging oscillates (either a black hole or a neutron star), releasing its
residual energy in gravitational waves, at the frequencies and damping times of its proper
QNMs.

14.3 GRAVITATIONAL WAVES FROM ROTATING COMPACT STARS
In this section we shall show that a rotating star emits gravitational waves only if its shape
deviates from axial symmetry. Contrary to binary coalescences, rotating stars are continuous
gravitational wave sources: they emit signals lasting much longer than the observation time,
with an approximately constant frequency, which depends on the star rotation rate.

To study the features of these signals, we shall use the quadrupole formalism introduced
in Chapter 13; we shall model the star as an ellipsoid with uniform density ρ, rigidly rotating
around an axis with angular velocity Ω.

14.3.1 Stars rigidly rotating around a principal axis
The quadrupole moment of the star

qij =

∫
ρ xixj d

3x , i, j = 1, . . . , 3 (14.71)
V

is related to the inertia tensor

Iij =

∫
ρ r2δij (14.72)

V

− xixj d3x

by the equation

( )
qij = −Iij + δij q

k
k . (14.73)

Consequently, the reduced quadrupole moment can be written as

1 1
Qij = qij − δ k

ij q k = −
(
Iij − δij I

k
k

)
. (14.74)

3 3

Let us first consider a non-rotating, homogeneous ellipsoid, with semiaxes a, b, c, volume
V = 4πabc, and equation:3 ( 2

x1
)2

+

(
x2
)2

x3

+ .
b

( )
= 1 (14.75)

a c

In this frame, xi are the principal axes of the ellipsoid. The inertia tensor of the ellipsoid is

c2
M

I =


b2 + 0 0 I 0 1 0

0 c2 + a2
ij 0 =

5
0 0 a2 + b2

   0 I2 0
0 0 I3

 , (14.76)
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Figure 14.6: Ellipsoidal star rotating around the principal axis z.

where I1, I2, I3 are the principal moments of inertia.
Let us now consider a homogeneous ellipsoid which rotates around one of its principal

axes, for instance x3, with angular velocity (0, 0,Ω), as shown in Fig. 14.6. Let xi = (x, y, z)
be the coordinates of the inertial frame, and xi

′
= (x′, y′, z′) those of the co-rotating frame.

Then,
xi = Rijxj′ , (14.77)

where Rij is the rotation matrix

Rij =


cosϕ − sinϕ 0 sinϕ cosϕ 0

0 0 1

 , with ϕ = Ωt . (14.78)

′
For instance, a point at rest in the co-rotating frame, with coordinates xi = (1, 0, 0) , has
coordinates xi = (cos Ωt, sin Ωt, 0) in the inertial frame, i.e. it rotates around the z-axis

′
with angular velocity Ω. Since in the co-rotating frame {xi }

Iij
′ =


I 1 0 0
0 I2 0 (14.79)

0 I3

 ,
0
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in the inertial frame {xi} the inertia tensor is

Iij = RikRjlI
T

k
′
l = (RI ′R )ij

I1 cos2 ϕ+ I2 sin2 ϕ −(I
=  2 − I1) sinϕ cosϕ 0

−(I − I ) sinϕ cosϕ I sin2 2
2 1 1 ϕ+ I2 cos ϕ 0

0 0 I3


.

It is easy to check that Ikk = I1+I2+I3 = const. The reduced quadrupole m


oment therefore

is

Qij = −
(

1
Iij − δijI

k = Iij + const . (14.80)
3 k

)
−

Using the relations cos 2ϕ = 2 cos2 ϕ− 1, and sin 2ϕ = 2 sinϕ cosϕ, Qij can be written as

cos 2ϕ sin 2ϕ 0
I2

Qij =
− I1

  sin 2ϕ − cos 2ϕ 0 + const . (14.81)
2

0 0 0

Since
M M

I1 = (b2 + c2), and I 2 2
2 = (c + a ) , (14.82)

5 5

from Eq. 14.81 it follows that if a, b are equal, i.e. if the ellipsoid is axisymmetric, the
quadrupole moment is constant; thus axisymmetric stars do not emit gravitational waves.
This is a generic result: an axisymmetric object rigidly rotating around its symmetry axis
does not radiate gravitational waves.

If the rotating star is a triaxial ellipsoid, i.e. the semiaxes are all different, a = b and the
star emits gravitational waves; however for compact stars the difference a− b is expected to
be extremely small. It is convenient to express the reduced quadrupole moment in terms of a
dimensionless parameter ε, the oblateness, which expresses the deviation from axisymmetry

a
ε

− b≡ . (14.83)
(a+ b)/2

It is easy to show that
I2 − I1

= ε+O(ε3) . (14.84)
I3

Indeed, given a− b = ε(a+ b)/2,

I2 − I1 a2 − b2 1 (a+ b)2

= = ε . (14.85)
I 2
3 a + b2 2 a2 + b2

On the other hand,
(a− b)2 = O(ε2) = a2 + b2 − 2ab , (14.86)

therefore 2ab = a2 + b2 +O(ε2) and

I2 − I1 1 a2 + b2 + 2ab
= ε = ε+O(ε3) . (14.87)

I3 2 a2 + b2

Consequently, neglecting terms of order O(ε3), Qij becomes
cos 2ϕ sin 2ϕ 0

ε I3
Qij =

2
 sin 2ϕ − cos 2ϕ 0

0 0 0

+ const . (14.88)

6
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According to Eq. 13.49, the emitted signal has the form

hTT 2G d2 r
ij (t, r) = ij

rc4
P lm Qlm t , (14.89)

dt2
−
c

and using Eq. 14.88 this becomes

( )

hTT
ij = h0PijlmAlm , (14.90)

with

−
Alm =


cos 2ϕ ret − sin 2ϕret 0

r− sin 2ϕret cos 2ϕret 0

 , ϕret = Ω
0 0 0

(
t−

c

)
, (14.91)

and
4G Ω2 16π2G

h0 = I3ε = I3ε , (14.92)
c4r c4P 2r

where P = 2π/Ω is the rotation period of the star. The term PijlmAlm in Eq. 14.91 depends
on the direction of the observer relative to the star axes. Eq. 14.91 shows that a triaxial star
rotating around a principal axis emits gravitational waves at twice the rotation frequency

2
νGW = 2νrot = . (14.93)

P

Rapidly rotating neutron stars have rotation periods of the order of a few milliseconds;
typical values of neutron stars moment of inertia are of the order ∼ 1045 g cm2; for galactic
sources the distance from Earth is of a few kpc. If we assume an oblateness as small as
∼ 10−6, and consider I3 ' I as the average moment of inertia of the star, we find a typical
amplitude of the order of

16π2G 16π2G
I ε ∼ (ms)−2(kpc)−1(1045g cm2)(10−6) = 4.2 10−24 . (14.94)

c4 r P 2 c4
×

We can thus normalize the amplitude emitted by a generic triaxial neutron star with respect
to this value as follows

h0 = 4.2× 10−24
[ms]2 [kpc

] [
I

] [ ε ]
. (14.95)

P r 1045g cm2 10−6

We remark that Eq. 14.95 gives only an estimate of the gravitational wave amplitude for
these sources, since neutron stars are not homogeneous and the density profile ρ(r) depends
on the equation of state of matter in their interior which, as we shall see in Chapter 16,
is largely unknown. However, the moment of inertia can be estimated once an equation of
state is chosen among those proposed in the literature.

The rotation period and the distance can be measured for many galactic neutron stars.
Conversely the oblateness ε is unknown. Astrophysical observations allow to set an upper
limit on this parameter. It is known that the rotation frequency of many observed pulsars
decreases with time. The rotational energy decreases mainly because these stars have a
time-varying magnetic dipole moment, and therefore radiate electromagnetic waves. A fur-
ther braking mechanism is provided by gravitational wave emission, although the energy
dissipated in this channel is expected to be subleading with respect to the electromagnetic
emission. An upper limit on ε can then be obtained assuming that the amount of energy
lost in gravitational waves is smaller than – or equal to, in the limiting case – the loss of
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rotational energy. To this purpose, we shall evaluate the gravitational luminosity 13.148 in
terms of the source quadrupole moment 14.88. We leave as an exercise to show that

32G
L =

〈
ε2GW Ω6I2 .

5c5
〉

(14.96)

In the following we shall assume (as in the case of binary neutron stars) that the source
evolves adiabatically, i.e. that the parameters of the source (in this case, ε, I, and Ω) do not
change significantly on the timescale of the gravitational wave emission (which is, in this
case, the rotation period). This approximation is satisfied by all known rotating neutron

˙stars (for instance, for the Crab pulsar P ∼ 10−12). Therefore, since averaging over sev-
eral wavelengths of the gravitational wave is equivalent to averaging over several periods,
Eq. 14.96 reduces to

32G
LGW = ε2Ω6I2 . (14.97)

5c5

The rotational energy and its time derivative are, in the Newtonian limit,

1
E = IΩ2 ˙ ˙

rot , Erot = IΩΩ . (14.98)
2

˙By imposing LGW ≤ −Erot, we find

32G
(2πν)6ε2I2 ≤ I(2π)2ν

5c5
|ν̇| (14.99)

(note that |ν̇| = −ν̇), and consequently

1/2
5c5 ν̇

ε ≤ εsd
| |≡

(
512π4Gν5I

)
. (14.100)

εsd is called the spin-down limit for the oblateness. For instance, the Crab pulsar has rotation
frequency ν = 30 Hz, spin-down frequency ν̇ = −3.7×10−10 Hz/s, and distance from Earth
r = 2 kpc; if we assume a fiducial moment of inertia of I = 1045 g cm2, Eq. 14.100 gives

εsd = 7.5× 10−4 . (14.101)

In Table 14.2 we show the values of the frequency of the emitted gravitational signal and
of the spin-down limit for the oblateness, for some known pulsars.

Table 14.2: Upper limits for the oblateness of an ensemble of known pulsars, obtained from spin-
down measurements [51].

name νGW (Hz)

Vela

εsd

22 1.8× 10−3

Crab 60 7.5× 10−4

Geminga 8.4 2.3× 10−3

PSR B 1509-68 13.2 1.4× 10−2

PSR B 1706-44 20 1.9× 10−3

PSR B 1957+20 1242 1.6× 10−9

PSR J 0437-4715 348 2.9× 10−8

Independent constraints on the oblateness of the Crab pulsar have been set by the
analysis of the data collected by the LIGO and Virgo interferometers. At the time of writing,
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these instruments did not detect gravitational waves from spinning neutron stars; however,
their sensitivity was such that a gravitational signal emitted by these stars would had been
detected if its amplitude exceeded h0 ∼ 10−25. Since no signal has been detected, it follows
that the amplitude of the wave emitted by the pulsar must be smaller than this value.
Therefore, using this constraint and substituting the values of the distance of the Crab
from Earth (r ∼ 2 kpc), its rotation period (P ∼ 33 ms), and the fiducial value of the
moment of inertia (I = 1045 g cm2) in Eq. 14.95, the upper limit for the Crab oblateness is

ε ≤ 5× 10−5 . (14.102)

Similarly, for the Vela pulsar (r ∼ 0.2 kpc, P ∼ 89 ms), the upper limit is ε ≤ 4 × 10−5.
Remarkably, these bounds are more restrictive than the spin-down limits obtained from

astrophysical observations. Note that the above constraints are derived under simplified
assumptions and for a fiducial value of the moment of inertia. A more rigorous analysis for
the Vela pulsar using the recent data from advanced LIGO and Virgo provides a much more
stringent bound on the oblateness, ε ≤ 3× 10−8 [83].

14.3.2 Wobbling stars
Let us now assume that the star rotates about an axis which forms an angle θ, called “wobble
angle”, with one of the principal axes, say, the semi-axis c. In this case, the angular velocity

c
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Figure 14.7: Rotation from O′ to O′′.

precedes around this axis. For simplicity, let us assume that the semi-axis c is a symmetry
axis of the ellipsoid, i.e.

a = b → I1 = I2 , (14.103)
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′
and that the wobble angle θ is small, θ � 1. Let xi = (x′, y′, z′) be the coordinates of the
co-rotating frame O′ and xi = (x, y, z) those of the inertial frame O, related by xi = Rijx

′
j ,

where Rij is the rotation matrix. The transformation from O′ to O is the composition of
two rotations:

• A rotation of O′ around the x-axis by a small angle θ (constant), as shown in Fig. 14.7;
in the new frame O′′ the rotation axis coincides with the z′′-axis. The corresponding
rotation matrix is

Rx =


1 0 0 1 0 0 0 cos θ sin θ 0 1
0


=


θ


+O(θ2) . (14.104)

− sin θ cos θ

 
0 −θ 1


• A time-dependent rotation around the z′′-axis, by an angle ϕ = Ωt, as shown in

Fig. 14.8; the corresponding rotation matrix is

Rz =


cosϕ − sinϕ 0 sinϕ cosϕ 0

0 0 1

 . (14.105)

After this rotation, the symmetry axis of the ellipsoid precedes around the z-axis,
with angular velocity Ω.
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Figure 14.8: Rotation from O′′ to O.
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The rotation matrix from O′ to O therefore is

R = RzRx =


cosϕ − sinϕ 0
sinϕ cosϕ 0

0 0 1


1 0 0  0 1 θ

+O(θ2)
0 −θ 1

=


cosϕ − sinϕ −θ sinϕ sinϕ cosϕ θ cosϕ 2

0 − 1

+O(θ ) . (14.106)
θ

Since in the co-rotating frame O′ 
I1 0 0

Iij
′ =  0 I1 0

 , (14.107)
0 0 I3

in the inertial frame O the inertia tensor is

Iij = RikR
T jlIk

′
l = (RI ′R )ij (14.108)

I1 0 (I
=  1 − I3)θ sinϕ

0 I1 −(I1 − I3)θ cosϕ +O(θ2) .
(I1 − I3)θ sinϕ −(I1 − I3)θ cosϕ I3


(14.109)

Then, neglecting terms of order O(θ2), the quadrupole moment is

0 0 − sinϕ
Qij = −Iij + const = (I1 − I3) θ

 0 0 cosϕ + const , (14.110)
− sinϕ cosϕ 0



and using Eq. 13.49 the waveform is



hTT
ij = h0PijlmAlm , (14.111)

where 
0 0 sinϕ

Alm =  ret r
0 0 − cosϕret , ϕret = Ω t− , (14.112)

c
sinϕret


− cosϕret 0

 ( )
and

2G Ω2 8π2G
h0 = (I1 I3) θ = (I1 I3) θ . (14.113)

c4r
−

c4 r P 2
−

Thus, when an axisymmetric star rotates around an axis which does not coincide with a
principal axis, gravitational waves are emitted at the rotation frequency

νGW = νrot . (14.114)

Like the oblateness, the wobble angle is an unknown parameter. Comparing the amplitude
of the wave emitted by a star rotating around a symmetry axis given in Eq. 14.92, and that
of a wobbling star given in Eq. 14.113 we see that, apart from a factor 2, the difference is
that the moment of inertia I3 and the oblateness ε in Eq. 14.92 are replaced by the difference
(I1 − I3) and by the wobble angle θ in Eq. 14.113.
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14.4 COSMOLOGICAL PARAMETERS
In this section we briefly summarize some basic concepts of cosmology. We refer the inter-
ested reader to any textbook dedicated to this subject, e.g. [71], [102].

Cosmological observations show that our Universe is approximately homogeneous and
isotropic on spatial scales of the order of ∼ 100 Mpc (we remind – see Table A – that
1 pc = 3.086 × 1018 cm, i.e. 1 pc = 3.262 ly). This implies that at each space point the
geometry must be the same (homogeneity), and that the space is spherically symmetric
(isotropy) about every point, i.e. no direction is preferred. The line element of the cosmolog-
ical geometry which satisfies these properties is the Friedmann-Lemâıtre-Robertson-Walker
(FLRW) metric [

dr2

ds2 = −c2dt2 + a2(t) + r2dθ2 + r2 sin2 θdφ2

1− kr2

]
, (14.115)

where a(t) is the scale factor, a function of the coordinate time t, and the constant k takes
the values k = 0, ±1, i.e. it is dimensionless. If k = 1, the t = const hypersurfaces have
positive curvature, in which case the Universe is closed, while if k = −1 they have negative
curvature and the Universe is open. If k = 0, the t = const hypersurfaces have vanishing
curvature, i.e. they are flat. Indeed, in this case the part of the metric in square brackets
can be reduced to

dx2 + dy2 + dz2 (14.116)

by the standard transformation from polar to Cartesian coordinates, and if we set t = const
and choose new coordinates x′ = a(t)x, y′ = a(t)y, z′ = a(t)z, the line element of the
three-dimensional space becomes ds2

3 = dx′2 + dy′2 + dz′2.
Note that if k = ±1, r must be dimensionless, while the scale factor a has the dimension

of a length. However, the metric 14.115 is invariant under a rescaling r → Lr, a → a/L,
k → k/L2, where L has the dimension of a length; therefore, we can choose a more “physical”
radial coordinate, with the dimension of a length. With this choice the line element 14.115
has the same form, but k = ±1/L2, and the scale factor a is dimensionless. The scalar
curvature of the three-dimensional√submanifold t = const is R(3) = 6k/a2; thus the length-

scale of this curvature, lcurv = 1/ |R(3)|, is

lcurv ∼ a/
√
|k| , (14.117)

which shows that, for k = ±1, l ∼ a, while for k = ±1/L2
curv , lcurv ∼ aL.

According to the latest results by the Planck mission (released in 2018 [92]), we live in
a FLRW Universe with negligible curvature, therefore for practical purposes it is nowadays
often assumed k = 0.

In the FLRW model, galaxies are considered as particles of a cosmological, pressureless
fluid, each located at the space coordinates xi , i = 1 . . . 3. Each particle has vanishing three-
velocity, otherwise they would establish a preferred direction, contradicting the isotropy
assumption. We remark that this should be considered an average description, accurate at
length-scales much larger than the size of a single galaxy. The time coordinate t is called
cosmic time, while the space coordinates (r, θ, φ) are called comoving coordinates, since in
this frame each galaxy has the same space coordinates (r, θ, φ) for all times. Thus, whereas
the coordinate distance between two galaxies is constant, their proper spatial distance

D(t) =

∫ galaxy 2√
gikdxidxk , i, k = 1, . . . , 3 (14.118)

galaxy 1

is not, and can increase, decrease, or remain constant depending on the behaviour of the
scale factor in time.
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14.4.1 The cosmological redshift
Let us assume that a source in a distant galaxy located at r = R, emits a light signal at
some coordinate time tem with frequency νem, and that the pulse is emitted in the radial
direction. An observer in a galaxy in r = 0 receives this signal at a coordinate time tobs,
with frequency νobs.

Let us compute whether the observed frequency differs from νem. Since both the galaxy
and the observer are at rest, and since in the FLRW metric 14.115 g00 = −c2, the proper
times of the source and of the observer coincide with the corresponding coordinate times (see
Sec. 11.1). Therefore, the coordinate time separation of the wave crests as they are emitted
is the inverse of the emission frequency, δtem = 1/νem, and the coordinate time separation
of the observed wave crests is the inverse of the observed frequency, δtobs = 1/νobs.

The light pulse emitted at time tem at r = R travels along a null geodesic of the FLRW
spacetime, and setting ds2 = 0 in Eq. 14.115 we find∫ tobs cdt

=
tem a(t)

∫ R dr

0

√ . (14.119)
1− kr2

Note that the right-hand side of this equation is the same at all times, since in the comoving
frame the coordinates of the source and the observer do not change with time. The next
wave crest, emitted at tem + δtem, travels along the same radial path and is received at time
tobs + δtobs; thus in this case∫ tobs+δtobs cdt

= √ .
a(t)

∫ R dr
(14.120)

1− kr2
tem+δtem 0

It follows that ∫ tobs cdt tobs+δtobs cdt
= . (14.121)

tem a(t) tem+δtem a(t)

The last integral in this equality can be written

∫
as∫ tobs+δtobs

∫ tem+δ

=

∫ tobs tem tobs+δtobs

− + ,
tem+δtem tem tem

∫
(14.122)

tobs

therefore Eq. 14.121 reduces to∫ tem+δtem cdt− +
tem a(t)

∫ tobs+δtobs cdt
= 0 (14.123)

tobs a(t)

and, assuming δtem and δtobs to be small, we get

δt− em δtobs
+ = 0 . (14.124)

a(tem) a(tobs)

Since δtem = 1/νem and δtobs = 1/νobs,

νobs a(tem)
= . (14.125)

νem a(tobs)

Cosmological observations show that our Universe is expanding, therefore a(t) is an in-
creasing function of the cosmic time t. Consequently, a signal emitted at frequency νem by a
source in a distant galaxy will be detected by our instruments with a frequency νobs < νem,
i.e. will be redshifted. We define the cosmological redshift z as

νem
z =

− νobs λobs λ
=

− em
, (14.126)

νobs λem
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hence
νem λobs a(tobs)

1 + z = = = . (14.127)
νobs λem a(tem)

From Eqs. 14.124 and 14.127 it also follows that if two light (or gravitational wave) pulses
are emitted with time separation δtem, they will be observed with time separation

δtobs = (1 + z)δtem . (14.128)

14.4.2 The Hubble constant
Let us Taylor-expand the ratio a(tem)/a(tobs) around the present time tobs

a(tem) 1
= 1 +H0(tem − tobs)− q0H

2(tem tobs)
2 + . . . (14.129)

a(tobs) 2 0 −

where
ȧ(t

H0 ≡ obs)
(14.130)

a(tobs)

is called the Hubble constant, and

.. ..
1 a (tobs) a(t

q0 = − obs) a (tobs)
= (14.131)

H2
0 a(tobs) ȧ2(tobs)

is called the deceleration parameter. In the previous equation a dot indicates differentiation
with respect to the cosmic time. It should be stressed that, although the name of q0 seems
to indicate a deceleration in the expansion of the Universe, observations show that the
expansion is actually accelerating, i.e. q0 < 0.

Let us now consider, as in Sec. 14.4.1, a source located at r = R emitting at the time
tem a signal which is observed in r = 0 at the time tobs. The proper distance between the
source and the observer, measured at the time tobs, is obtained writing Eq. 14.118 for the
FLRW metric 14.115

R dr
D = a(tobs)

∫
0

√ . (14.132)
1− kr2

If the source is at a (relatively) small distance from us, a(t) does not change significantly
during the time interval (tobs−t) needed for the light signal to reach us. In the same approx-
imation the√ rescaled radial distance, aR, is much smaller than the cosmological curvature
lcurv ∼ a/ |k| (see Eq. 14.117), and thus |k|R2 � 1. Therefore, Eq. 14.132 reduces to

D = a(tobs)R (14.133)

(note that Eq. 14.133 is exactly satisfied in the case of flat spatial hypersurfaces, k = 0).
Light moves on null geodesics, therefore setting ds2 = 0 in the metric 14.115 and neglecting
kr2 we find

−c2dt2 + a(t)2dr2 = 0 → c(tobs − tem) ' a(tem)R , (14.134)

and consequently from Eq. 14.127

a(tobs)− a(tem) ȧ(tobs) R ȧ(t
z = t

a(t )
' obs) D

( obs tem) ȧ(tobs) , (14.135)
em a(tem)

− '
c
'
a(tobs) c

where we have used Eq. 14.133 and the fact that (tobs − tem) is small since the source is
close to the observer. From the Doppler shift formula, we know that if a light source travels
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at a speed V � c with respect to the observer, the radiation emitted with a wavelength
λem will be received with a shift

λobs − λem V
= . (14.136)

λem c

Thus, using Eq. 14.126 and Eq. 14.135 we find

ȧ(tobs)
V = z c = D → V = H0D . (14.137)

a(tobs)

This equation is the Hubble law, which shows that, since our Universe is expanding, the ve-
locity at which galaxies in our local Universe (up to a few hundred Mpc away, see Eq. 14.151)
are receding from us is proportional to their proper distance. The values of the Hubble con-
stant and of the deceleration parameter are [92] 7

H0 = (67.36± 0.54) km s−1Mpc−1 , (14.138)

and
q0 = −0.527± 0.011 . (14.139)

The inverse of the Hubble constant is the Hubble time tH which provides a rough estimate
of the age of the Universe

1
tH = ' 14.5 Gyr . (14.140)

H0

14.4.3 Luminosity distance
Let us consider again an electromagnetic signal emitted at time tem in r = R and observed
at time tobs in r = 0, where we remind that (t, r) are coordinates in the FLRW frame defined
in Eq. 14.115. If the emitted power, i.e. the luminosity of the source, is

d
L =

Eem
, (14.141)

dtem

then the power transmitted at the observer is

dEobs 1
= L ; (14.142)

dtobs (1 + z)2

indeed, two wave crests emitted with time separation δtem arrive with time separation
δtobs = (1 + z)δtem (see Eq. 14.128); moreover, the energy transmitted between the two
wave crests is also redshifted, i.e. δEobs = δEem/(1 + z), because the signal corresponds to
a certain number of photons, and each of them is emitted with energy ~νem and detected
with energy ~νobs = ~νem/(1 + z).

Since the wavefront, at the time tobs, is a sphere of radius R, whose proper area is (see
Eq. 14.115) 4πa(t 2

obs) R
2, the observed energy flux F is

dEem 1 L LF = = = (14.143)
dt 4πa(t )2R2 4πa(t )2R2(1 + z)2 4πD2

em obs obs L

7At the time of writing, there exists a statistically significant tension between the value of the Hubble
constant measured by the Planck mission (Eq. 14.138), based on measurements of the cosmic microwave
background, and independent measurements based on calibrated distance ladder techniques using standard
candles, which give a value of H0 approximately 8% larger.
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where we have defined the luminosity distance

DL = a(tobs)R(1 + z) = D(1 + z) . (14.144)

If we know a priori the intrinsic luminosity L of a source, then the source is called standard
candle. For instance, a certain class of stars, the Cepheids, have a variability which is re-
lated to their luminosity. Similarly, a class of supernovae called “type Ia” have an intrinsic
luminosity which is related to the behaviour of the electromagnetic emission with time. Our
theoretical understanding of these (and other) sources is good enough to know their lumi-
nosity L. Therefore, since the flux F can be measured, Eq. 14.143 provides an operational
way to measure the luminosity distances of these sources:

DL =

√
L

. (14.145)
4πF

The luminosity distance can also be written in terms of the redshift z as follows. From the
Taylor expansion 14.129, which is performed about the present time (assuming H0(tem −
tobs)� 1, i.e. that tem − tobs is much smaller than the age of the Universe), we have

a(tobs) 1
= 1−H (t − t ) + q H2(t − t )2

0 em obs 0
tem) 0 em obs (14.146)

a( 2

and since a(tobs)/a(tem) = (1 + z) (Eq. 14.127),

q
z = H0(tobs − 0

t 2
em) + H0 (tobs − tem)2 + . . . (14.147)

2

from which (tobs − tem) can be found in terms of z

1
(tobs − 0

tem =
[ q

) z − z2 + . . .
H0 2

]
. (14.148)

Let us now consider Eq. 14.119. The expansion of its left-hand side yields (using Eqs. 14.130
and 14.147) ∫ tobs cdt

∫ tobs cdt
= (14.149)

tem a(t) tem a(∫tobs) + ȧ(tobs)(t
t

− tobs) + . . .

c obs

= [1
a(tobs) tem

−H0(t− tobs) + . . . ] dt

c
=

[
1

(tobs − tem)− H 2
0(tobs − tem) + . . .

a(tobs)

c

]
=

a(tobs)H0

[ 2

1
z − (1 + q0)z2 + . . .

2

]
.

The expansion of the right-hand side of Eq. 14.119 yields 8

∫ R dr√ = R+ . . . . (14.150)
2

0 1− kr

8If k = 0, the expansion in Eq. 14.150 is performed assuming that the distance aR is much smaller than
the curvature of the Universe 14.117. If, instead, k = 0, the higher-order terms in the expansion 14.150
identically vanish.

6
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Therefore,

c
DL(z) = (1 + z)a(tobs)R = (1 + z)

H0

[
1

z − (1 + q0)z2 + . . .
2

]
(14.151)

c
=

[
1

z + (1− q0)z2 + . . .
H0 2

]
.

The linear term in z in the above equation corresponds to the Hubble law, Eq. 14.137.
When the redshift is comparable to 1 (or larger), the quantities H0(tobs− tem) and kR2 are
not negligible, and Eq. 14.151 is no longer applicable. In this case the luminosity distance
can be written as an integral over the scale factor, which has to be solved numerically for
the chosen cosmological model.

14.4.4 Standard sirens: coalescing binaries as standard candles
In Sec. 14.2 we have shown that the gravitational wave signal emitted by an inspiralling
binary system has amplitude given by

4π2/3G5/3

h (t) =
M× × (Mν (t))2/3

0 GW . (14.152)
c4 R

This signal has been computed by solving Einstein’s equations perturbed around
Minkowski’s spacetime, i.e. assuming (in the TT -gauge) gµν = ηµν+hTT

µν . If the gravitational
wave propagates across cosmological distances (i.e., if we cannot neglect the cosmological
redshift of the source), it should be considered as a perturbation of a curved background

gµν = g0
µν + hTT

µν (14.153)

where g0
µν is the FLRW spacetime 14.115.

In order to understand which are the corrections due to the expansion of the universe
to Eq. 14.152, we shall proceed in two steps. To begin with, let us consider a space region
far enough from the source for the metric perturbation to propagate as a spherical wave,
but close enough that the wave reaches this region at a time t′ such that a(t) ' a(t′). The
spacetime in this region can then be considered as flat, and the Minkowskian coordinates
are obtained by a simple rescaling by the (approximately) constant factor a(t). Therefore,
in this region the gravitational wave amplitude becomes

4π2/3G5/3

h0(t′) =
M× × (MνGW)2/3 . (14.154)

c4 a(t′)R

We now want to determine how the gravitational wave propagates along cosmological
distances, from the time t′ to the observation time tobs. To this aim, as mentioned above, we
should consider Einstein’s equations linearized around the curved FLRW background (the
procedure was briefly discussed in Sec. 12.1; see also Eq. 15.37). The resulting equations
are much more involved than the simple wave equation studied in Chapter 13. However, if
the wavelength of the propagating radiation is much smaller than the curvature radius of
the background (which is always the case in a cosmological background), these equations
can be solved using the approximation of geometric optics [65, 112]. The result is that the
cosmological background affects in the same way the propagation of both gravitational and
electromagnetic waves:

• The frequency of the wave is redshifted, as discussed in Sec. 14.4.1,

νobs νem

GW = GW . (14.155)
1 + z
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• The amplitude of the wave falls off with the proper curvature radius of the spherical
wavefront 9. Since the sphere at comoving radius R (and proper time tobs) has surface
area 4πR2a(tobs)

2 (see Eq. 14.115), its radius is a(tobs)R.

Thus the amplitude in Eq. 14.152, after propagation on a cosmological background, is
rescaled as

4π2/3G5/3

h0(tobs) =
M× × (Mνem

GW)2/3 . (14.156)
c4 a(tobs)R

If we assume that the Universe is spatially flat (k = 0), a(tobs)R coincides with the proper
distance D between source and observer at time tobs given in Eq. 14.133.

Thus, as discussed in Sec. 14.2.2, the amplitude 14.156, expressed in terms of the ob-
served quantities (νobs obs

GW and M =M(1 + z)), reads

4π2/3G5/3

h0(tobs) =
c4

Mobs

× ( obsνobs )2/3 , (14.157)
DL(tobs)

× M GW

where DL(tobs) = (1 + z)a(tobs)R is the luminosity distance of the source (Eq. 14.144).
Similarly to the standard candles discussed in Sec. 14.4.3, compact binary inspirals allow

to directly measure the luminosity distance DL of the source. While for ordinary standard
candles the luminosity distance can be measured from Eq. 14.145 once the luminosity of
the source is known and the flux is measured, for compact binary inspirals the luminosity
distance can be measured from Eq. 14.157 once h0(tobs),Mobs, and νobs

GW are measured from
a gravitational wave event. This latter measurement of the luminosity distance is also more
direct than for ordinary standard candles, since it comes entirely from observations and
does not require any assumption on the intrinsic luminosity of the source. Compact binary
inspirals are also called standard sirens [104].

Detecting the gravitational wave signal from compact binaries, in coincidence with
an electromagnetic counterpart (see the discussion on neutron star coalescing binaries in
Sec. 14.2.6), allows to measure the luminosity distance of the sources and, using Eq. 14.151,
to obtain a direct measure of the Hubble constant.

9This is a general property in geometric optics, also satisfied by light rays: the propagation equations
require that the amplitude falls off as the rays diverge. Note that this guarantees that the energy flux (which
is proportional to the squared amplitude of the wave), integrated over the wavefront, is constant.
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Gravitational waves from
oscillating black holes

In this chapter we discuss the dynamics of small metric perturbations of a Schwarzschild
black hole. To leading order in their amplitude, these perturbations are governed by Ein-
stein’s equations linearized on the Schwarzschild background. We shall follow the approach
pioneered by Regge and Wheeler [99] in which the metric perturbations are decomposed in
a complete basis of spherical harmonics according to their parity. We warn the reader that
our treatment in this chapter will be basic and limited. Some of the computations we are
going to present are considerably more involved than in the previous chapters, therefore in
some cases we shall provide the final result and leave its derivation as an exercise. A thor-
ough discussion on the theory of black hole perturbations can be found in Chandrasekhar’s
monograph [34].

Our goal is to compute how Eqs. 12.32 and 12.33 should be modified if, instead of
considering the perturbation of a flat spacetime, we consider the perturbation of a curved
background, in particular the Schwarzschild solution for a non-rotating black hole.

Strictly speaking, the linearized Einstein equations on a curved background have already
been derived in Sec. 12.1. In vacuum (neglecting terms O(h2)) they reduce to (see Eq. 12.12)

δRµν = δΓαµν;α − δΓαµα;ν = 0 . (15.1)

However, the form 15.1 is impractical for explicit integration, and the physical content of
the equations is not manifest. We shall show how to transform Eq. 15.1 – in the case of the
Schwarzschild background – in two simple wave equations with potential barriers, which
can be solved with standard numerical techniques.

In this chapter we shall use geometrized units G = c = 1. We shall denote the mass of
the black hole in these units by M , while the symbol m will denote the azimuthal number.

15.1 A TOY MODEL: SCALAR PERTURBATIONS
Before discussing the perturbations of a Schwarzschild black hole, it is instructive to consider
a much simpler problem, namely the dynamics of a scalar field ψ on the Schwarzschild
background. We shall assume that ψ is a “test” scalar field, i.e. its amplitude is sufficiently
small, so that we can neglect its backreaction on the metric. Indeed, the stress-energy
tensor of a scalar field given in Eq. 5.25 is quadratic in ψ; therefore a background solution
of Einstein’s equation in vacuum (e.g., the Schwarzschild metric) is not modified by the
perturbation to the leading order in the field’s amplitude.

To first order in the field, we wish to solve the Klein-Gordon equation (see Eq. 7.59) on

299
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a Schwarzschild background. For simplicity, we consider a free scalar field, i.e. we neglect
the potential term in Eq. 7.59. Then, the Klein-Gordon equation reduces to

�ψ ≡ ∇µ∇µψ = 0 , (15.2)

where ψ = ψ(t, r, θ, ϕ) is a small scalar field and ∇µ is, as usual, the covariant derivative
operator (we remind that � is the d’Alembertian operator in curved spacetime). Note that
while the background is static and spherically symmetric, the perturbation is a generic
function of all spacetime coordinates.

The differential operator can be written as shown in Eq. 5.67 with V µ = ∇µψ = ∂µψ,
namely

∇ ∇µ 1
µ ψ = √ ∂µ(

√
−g∂µψ) = 0 , (15.3)

−g

where
√
−g = r2 sin θ is the determinant of the Schwarzschild metric. Since the determinant

does not depend on t and ϕ, and the metric is diagonal, Eq. 15.3 reduces to

gtt
1

ψ + √ (
√
−ggrr 1

ψ ) + (
√

√ −ggθθ,tt − ,r ,r ψ
g − ,θ),θ + gϕϕψ,ϕϕ = 0 . (15.4)

g

Here and in the following we define

2M
f = 1− , (15.5)

r

therefore the Schwarzschild metric components read

gtt = −f , g 1
rr = f− , gθθ = r2 , gϕϕ = r2 sin2 θ . (15.6)

Replacing in Eq. 15.4, we get

−f−1 1
ψ + 2 1 1
,tt (r sin θ fψ,r),r + (sin θψ,θ),θ + ψ,ϕϕ (15.7)

r2 sin θ ( r2 sin θ r2 sin2 θ
ψ ∂2

1 ∂
2 ψ 2f ∂ψ 1 ∂2ψ ∂ψ 1 ∂2ψ

= −f− + f + f,r + + = .
∂t2 ∂r

)
+ cot θ + 0

2 r ∂r r2

[
∂θ2 ∂θ sin2 θ ∂ϕ2

]
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Scalar spherical harmonics

The scalar spherical harmonics are a set of functions {Y lm} on the two-sphere S2. Since
the two-sphere can be described by the polar coordinates (θ, ϕ), spherical harmonics can be
defined as functions of these coordinates. The integer label l is called harmonic index, whereas
m is called azimuthal number. Regularity at the boundaries implies that l = 0, 1, . . . and
m = −l,−l + 1, . . . , l − 1, l.
We have introduced the spherical harmonics in Box 3-E, as the eigenfunctions of the angular
part of the Laplacian operator:

∂2

ILY lm
Y lm ∂Y lm 1 ∂2Y lm≡ + cot θ + = l(l + 1)Y lm . (15.8)
∂θ2 ∂θ sin2 θ ∂ϕ2

−

Due to the orthogonality relations∫
Y lm ∗

′ ′
Y l m dΩ = δll′δmm′ (15.9)

(where ∗ denotes complex conjugation, and dΩ = sin θdθdϕ is the solid angle integration
element) the scalar spherical harmonics form a complete basis of functions on the two-sphere,
i.e. any function ψ(θ, ϕ) on S2 can be written as an expansion in spherical harmonics:

∞

ψ(θ, ϕ) =
∑ ∑l

RlmY
lm(θ, ϕ) (15.10)

l=0 m=−l

where the coefficients Rlm can be obtained using Eq. 15.9:

Rlm =

∫
dΩψ(θ, ϕ)Y lm ∗(θ, ϕ) . (15.11)

The explicit form of the scalar spherical harmonics is

lm

√
2l + 1 (l )!

)
−m

Y (θ, ϕ = P lm(cos θ)eimϕ (15.12)
4π (l +m)!

where P lm(x) are the associated Legendre polynomials

dm
P lm(x) = (−1)m(1− x2)m/2 P l(x) (15.13)

dxm

and P l(x) are the Legendre polynomials given by Rodrigues’ formula

P l
1 dl

(x) = ((x2 1)l) . (15.14)
2ll! dxl

−

The lowest-order spherical harmonics with m ≥ 0 are:

Y 00 = √1 Y 10 11√ =
4π

√
3 cos θ Y = 3 θeiϕ√ sin

4π
−

8π
(15.15)

Y 20 = 5 (3 cos2 θ − 1) Y 21 = 15

√
− sin θ cos θeiϕ Y 22 =

√
15 sin2 θe2iϕ

16π 8π 8π

while those with m < 0 can be obtained from the relation Y l−m = (−1)mY lm ∗.
For further details on the spherical harmonics, see e.g. [67].

Box 15-A
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Since the background is spherically symmetric, to simplify Eq. 15.7 it is very convenient
to perform a spherical harmonic decomposition of the scalar field, i.e. to expand the field
ψ(t, r, θ ϕ) in a basis of complex functions of the angular variables, the spherical harmonics
{Y lm(θ, ϕ)} (see Box 15-A):

ψ(t, r, θ, ϕ) =
∑

Rlm(t, r)Y lm(θ, ϕ) . (15.16)
lm

Indeed, any spherically symmetric manifold can be considered as “filled” with two-spheres
(e.g. Sec. 9.1). The metric of a spherically symmetric spacetime can be written as (see
Sec. 9.6)

ds2 = gAB(x0, x1)dxAdxB + a(x0, x1)(dθ2 + sin2 θdϕ2) , (15.17)

where A = 0, 1 and we can choose x0 = t and x1 = r. In other words, the surfaces with
t and r constant are two-spheres, and the four-dimensional manifold M can be written as
the product of a two-dimensional manifold M2 and the two-sphere S2: M = M2 × S2.

Any scalar function defined on a spherically symmetric manifold can be expanded in
spherical harmonics as in Eq. 15.16; the coefficient functions Rlm(t, r) can be obtained as
shown in Eq. 15.11 of Box 15-A:

Rlm(t, r) =

∫
dΩψ(t, r, θ, ϕ)Y lm ∗(θ, ϕ) . (15.18)

Note that, while in Eq. 15.11 the coefficients of the expansion are constants, here Rlm are
functions of t and r.

The differential operator appearing in the square brakets of Eq. 15.7 is the angular part
of the Laplacian operator in polar coordinates, IL, defined in Eqs. 3.88 and 15.8. Since the
spherical harmonics are eigenfunctions of this operator,

ILY lm = −l(l + 1)Y lm , (15.19)

by replacing the expansion 15.16 into Eq. 15.7 we get∑[
∂2R− −1 ∂

2Rlm lm

(
2f l(l + 1)

f + f + f,r +

)
∂Rlm − Rlm

]
Y lm = 0 . (15.20)

∂t2 ∂r2 r ∂r r2
lm

′ ′
We can multiply the above equation by Y l m ∗ and integrate over the solid angle. Using
the orthogonality condition 15.9, we obtain an infinite set of decoupled equations for the
functions Rl′m′(t, r) only:

∂2R 2
l′m′ R− l′

f−1 ∂ Rl′m′ 2f ∂
f +

(
m′ l(l + 1)

f,r + R
∂r2 ∂t2 r

)
∂r

− l
r2

′m′ = 0 . (15.21)

Since l′,m′ are free indices, we can redefine them as l andm for simplicity. Remarkably, while
Eqs. 15.7 are partial differential equations in (t, r, θ, φ), Eqs. 15.21 are partial differential
equations in t and r only. By performing a Fourier transform (as we shall discuss below),
they become ordinary differential equations in r, which are much easier to solve than partial
differential equations.

It is also convenient to redefine the scalar field such that

ψlm(t, r)
Rlm(t, r) = . (15.22)

r

Thus,
ψlm ,r ψ 2Rlm ,r ψ− lm lm ,rr

Rlm ,r = , Rlm ,rr + = (15.23)
r r2 r r
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and

fRlm ,rr +

(
2f ψ ψ

f,r +

)
lm ,rr ψlm ,r lm

Rlm ,r = f + f,r − f,r ; (15.24)
r r r r2

therefore, after multiplying by rf(r) and noting that f,r = 2M/r2, Eq. 15.21 takes the form

2 ∂
2ψlm ∂2ψl ∂ψ− m lm l(l + 1) 2M

f + ff,r f + ψlm = 0 . (15.25)
∂r2 ∂t2 ∂r

−
(

r2 r3

)
Note that the azimuthal number m does not appear explicitly in this equation. This is a
general property of linear perturbations of spherically symmetric spacetimes.

It is also convenient to introduce the tortoise coordinate (defined in Eq. 9.117),

r = r + 2M ln∗

Since dr/dr = f , we obtain

∣∣∣ r .
2M
− 1
∣

∗

∣∣ (15.26)

∂2 ∂ ∂ ∂
= f f = f2 ∂

2

+ f,rf , (15.27)
∂r2 ∂r ∂r ∂r2 ∂r∗

and Eq. 15.25 can be written in the form of a one-dimensional wave equation

∂2ψlm(t, r) ∂2ψ t, r− lm( ) − V scalar
m2 l (r)ψl (t, r) = 0 , (15.28)

∂r2 ∂t∗

where

V scalar 2
l (r) =

(
M

1−
r

)(
l(l + 1) 2M

+ (15.29)
r2 r3

)
is the effective potential, which is due to the spacetime curvature. Indeed, in the flat space-
time limit (M = 0) the potential displays only the classical centrifugal term V scalar

l (r) =
l(l + 1)/r2 and is a monotonically decreasing function. Thus, the scalar field propagates in
the Schwarzschild background as a wave scattered by the effective potential.

This is plotted in Fig. 15.1 as a function of the tortoise coordinate, expressing r in terms
of r . Note that V scalar

l (r)→ 0 both near the horizon, r → 2M (r → −∞), and at infinity,∗ ∗
r →∞ (r →∞). Furthermore, it can be shown that the scalar potential has a maximum∗
outside the horizon at

3l(l + 1) + +
max =

√
l(l 1)(9l(l + 1) + 14) + 9

r
− 3

M . (15.30)
2l(l + 1)

It may be noted that, in the l →∞ limit, the location of the maximum coincides with the
location of the photon sphere, i.e. the light ring r = 3M (see Sec. 10.4).

Finally, since the background is static, it is often convenient to work in the Fourier
˜domain. We define the Fourier transform ψlm(ω, r) of the function ψlm(t, r) as

ψlm(t, r) =

∫ +∞
˜dω ψlm(ω, r)e−iωt , (15.31)

−∞

and, from Eq. 15.28, one can immediately obtain the equation in the frequency domain

∂2ψ̃lm(ω, r) ˜+
[
ω2 scalar

r2
− V

∂ l (r)
∗

]
ψlm(ω, r) = 0 . (15.32)

˜This is an ordinary differential equation for the radial wavefunction ψlm(ω, r). Note that



304 � General Relativity and its Applications

-20 -10 0 10 20 30

0.00

0.02

0.04

0.06

0.08

0.10

r*/M

V
1sc

a
la

r
(r
*
)M

2

Figure 15.1: Effective potential V scalar
l for scalar perturbations on a Schwarzschild black hole in

tortoise coordinates and for l = 1.

Eq. 15.32 has the same form of the time-independent Schrödinger equation for a quantum
mechanical problem in one dimension, with the identification ω2 ≡ E, where E is the
energy of the quantum-mechanical eigenstate. Therefore, the above equation can be solved
and analysed with the standard methods developed for quantum mechanics. In particular,
the scattering of a scalar wave by a Schwarzschild black hole can be simply analysed as the
scattering of a wave packet off the effective potential given in Eq. 15.29.

To summarize, to leading order in the scalar field, the Klein-Gordon equation on a
Schwarzschild spacetime reduces to the Schrödinger-like equation 15.32 with an effective
potential barrier given by Eq. 15.29.

15.2 PERTURBATIONS OF THE SCHWARZSCHILD SPACETIME
Let us now consider the more interesting case of spacetime perturbations. As we shall see,
the procedure to analyse this problem is similar to that discussed above for a test scalar
field, but it is more complicated due to the tensorial nature of the metric.

15.2.1 Linearized Einstein’s equations in vacuum
Following what we did in Chapter 12, we expand the metric as

g 0
µν = gµν + hµν , (15.33)

where g0
µν is the background metric and hµν is a small perturbation, |hµν | � |g0

µν |.
Einstein’s equations in vacuum reduce to Rµν(g) = R0

µν + δRµν(h) = 0, and the Ricci
tensor linearized on a generic, vacuum background is given in Eq. 12.12. Since R0

µν(g0) = 0
by definition, the linearized Einstein equations reduce to

δRµν = δΓαµν;α − δΓαµα;ν = 0 , (15.34)
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where (see Eq. 12.11)

δΓµ
1

αβ = g0µν(hνα;β + hνβ;α
2

− hαβ;ν) . (15.35)

Note that covariant derivatives in Eqs. 15.34 and 15.35 are performed with respect to the
background metric g0

µν .
By replacing Eq. 15.35 in Eq. 15.34 we find

1
δRµν = g0αρ (hνρ;µα + hµρ;να − hµν;ρα − hαρ;µν − hµρ;αν + hµα;ρν) (15.36)

2
1

=
2

(
hρν;µρ + hρµ;νρ − hρ 0σρ

ρ;µν − g hµν;σρ .

Thus, the perturbation of a spacetime which is solution of Einstein’s

)
equations in vacuum

must satisfy the partial differential equation

2δR = hρ + hρ ρ
µν ν;µρ µ;νρ − h ρ;µν − g0σρhµν;σρ = 0 . (15.37)

This equation holds for any vacuum, background spacetime, and in the following we shall
consider the case in which the background is the Schwarzschild metric.

We remark that in the perturbative approach we deal with two different manifolds: the
physical manifold M, with metric gµν = g0

µν + hµν , and the background manifold M0,
with metric g0

µν . The quantity hµν can be interpreted either as the metric perturbation on
the manifold M, or as a tensor field on the manifold M0, which satisfies the dynamical
equations 15.37.

With the latter interpretation (which we shall follow in the rest of this section) Eq. 15.37
is a tensor equation with respect to the manifold M0, and thus it is generally covariant. To
hereafter, covariant derivatives and index raising/lowering will always be performed with
respect to the background metric g0

µν .

15.2.2 Harmonic decomposition
Since the Schwarzschild spacetime is spherically symmetric, Eq. 15.37 can be greatly sim-
plified by performing a decomposition in spherical harmonics. However, due to the tensorial
nature of hµν the harmonic decomposition is more involved than in the scalar case.

As discussed in Sec. 15.1, the Schwarzschild manifold (and, more generally, any spheri-
cally symmetric spacetime) can be decomposed as the product of a two-dimensional man-
ifold M2 described by the coordinates (t, r), and the two-sphere S2, M2 × S2. With this
decomposition, the coordinates of the Schwarzschild spacetime are split as (we follow the
notation of [46]):

xµ = (zA, ya) (15.38)

where A = 0, 1, a = 2, 3 and
zA = t, r, ya = θ, ϕ . (15.39)

The tangent space at any point p∈M is the outer product (see Sec. 2.4.1) of the tangent
spaces to M2 and to S2, TM2

2
⊗TS2 . Therefore, any tensor can be decomposed in a tensor

in M2 and a tensor in S . With this decomposition, the components of a vector field V µ

are split as
V µ = (V A, V a) , (15.40)

while the components of a rank-two symmetric tensor field Xµν are split as

Xµν =

(
XAB XAa (15.41)
X Xab

)
.

aA



306 � General Relativity and its Applications

We decompose the metric perturbation hµν as in Eq. 15.41. We then expand the components
hAB , hAa, hab in scalar, vector, and rank-two tensor harmonics (see Box 15-B), as follows:

¯hAB(t, r, θ, ϕ) =
∑

hAB lm(t, r)Y lm(θ, ϕ) , (15.42)
lm

haA(t, r, θ, ϕ) =
∑[

¯pol ¯hA lm(t, r)Y lma (θ, ϕ) + hax
A lm(t, r)Slma (θ, ϕ)

lm

]
,

hab(t, r, θ, ϕ) =
∑[

r2
(
K l
lm(t, r)γabY

m(θ, ϕ) +Glm(t, r)Zlmab (θ, ϕ)
lm

¯+2h

)
lm(t, r)Slmab (θ, ϕ) ,

¯ ¯pol ¯where γab is the metric of the two-sphere (Eq. 15.46),

]
and hABlm(t, r), h ax

A lm(t, r), hA lm(t, r),
¯Klm(t, r), Glm(t, r), and hlm(t, r) are functions of (t, r) to be determined by solving Ein-

stein’s equations, i.e. Eq. 15.37. To hereafter, sums over l,m will be omitted. Eqs. 15.42
are the generalisation of the expansion of a scalar field in spherical harmonics given in
Eq. 15.16 to the case of a symmetric, rank-two tensor field. We remark that XAB , XAa,
and Xab transform as scalar, vector, and tensor quantities for coordinate transformations
on S2 (i.e., for rotations), hence the decomposition.

Remarkably, it is possible to prove 1 that as the scalar spherical harmonics {Y lm} form a
complete basis for scalar functions on S2, the polar and axial vector harmonics, {Y lma , Slma },
form a complete basis for vectors on S2. Similarly, the polar and axial rank-two tensor
harmonics, {Zlmab , Slmab }, form a complete basis for symmetric, traceless, rank-two tensors on
S2. We also note that any rank-two tensor can be decomposed in the sum of a traceless
tensor and of a tensor proportional to the metric (the so-called “trace part” of the tensor),

1
Xab = Xtraceless

ab + (γcdXcd)γab . (15.43)
4

Since γcdXcd = X is a scalar (with respect to coordinate transformations on S2), it can
be decomposed in scalar spherical harmonics. Therefore, any symmetric rank-two tensor
can be decomposed in a complete basis of scalar, vector, and tensor spherical harmonics, as

¯done in Eq. 15.42 for the symmetric tensor hµν . The perturbation functions hAB,lm(t, r),
pol ¯h ax ¯
A lm(t, r), hA lm(t, r), Klm(t, r), Glm(t, r), and hlm(t, r) can be obtained in terms of the

components hµν(t, r, θ, ϕ) using the orthogonality properties discussed in Box 15-C.
The scalar spherical harmonics transform under parity inversion (θ → π−θ, ϕ→ ϕ+π)

as 2

Y lm(π − θ, ϕ+ π) = (−1)lY lm(θ, ϕ) . (15.44)

The harmonics Y lma and Zlmab transform in the same way. Conversely, the harmonics Slma
transform as

Slm l+1 lm
a (π − θ, ϕ+ π) = (−1) Sa (θ, ϕ) , (15.45)

and the same holds for Slmab . The first group of harmonics is called polar (or even or electric),
and the second group is called axial (or odd or magnetic). Therefore, the perturbations in the

¯decomposition 15.42 split in two decoupled sets. Correspondingly, we shall call hAB lm(t, r),
¯pol ¯ ¯hA lm(t, r), Klm(t, r), Glm(t, r) polar functions, and hax

A lm(t, r), hlm(t, r) axial functions.

1The proof requires an extensive use of the tools of group theory, and is beyond the scope of this book.
2Eq. 15.44 can be obtained by applying parity inversion to Eqs. 15.12, 15.13, and 15.14.



Gravitational waves from oscillating black holes � 307

Scalar, vector, and tensor spherical harmonics

Let γab be the metric of the two-sphere S2:

γab = diag(1, sin2 θ). (15.46)

We shall denote as “:” the covariant derivative on the two-sphere. Since the non-
ϕvanishing Christoffel’s symbols on S2 are (see Sec. 3.6) Γθϕϕ = − sin θ cos θ, Γθϕ =

ϕΓϕθ = cot θ, the Laplacian operator on a scalar function f(θ, ϕ) yields

γabf:ab = γabf,ab + γabΓcabf,c = f 2
,θθ + cot θf,θ + sin− θf,ϕϕ . (15.47)

Thus the eigenvalue equation defining the spherical harmonics, Eq. 15.8, can be written
as

γabY lm:ab = −l(l + 1)Y lm . (15.48)

We also introduce the Levi-Civita tensor on S2. It is defined as (see Box 8-C) εab =√
γεab where γ = det(γab) = sin2 θ and εab is the two-dimensional Levi-Civita symbol

(εab = −εba, ε12 = 1). Therefore, εθϕ = −εϕθ = sin θ.
We now introduce a set of vectors and of rank-two tensors on S2, called spherical vector
harmonics and spherical tensor harmonics, respectively.

• The polar vector harmonics are:

Y lma ≡ Y lm:a = Y lm,θ , Y lm,ϕ . (15.49)

• The axial vector harmonics are:

( )

Slm ≡ −ε b l
a a Y m 1 lm lm

:b =

(
− Y,ϕ , sin θY,θ

)
. (15.50)

sin θ

• The polar rank-two tensor harmonics are:

l(l + 1) 1
(
W lm X lm

Zlmab ≡ Y lm:ab + γabY
lm =

2 2 X lm , (15.51)− sin2 θW lm

)
where X lm ≡ 2

(
Y lm,θϕ − cot θY lm,ϕ

)
and W lm ≡ Y lm,θθ − cot θY lm,θ − sin−2 θY lm,ϕϕ.

• The axial rank-two tensor harmonics are:

lm 1 lm lm 1
Sab (Sa:b + Sb:a) =

(
− sin−1 θX lm sin θW lm

≡
2 2 sin θW lm sin θX lm

)
. (15.52)

The indexes l and m are integers such that |m| ≤ l = 0, 1, 2, .... We note that the tensor
harmonics are symmetric, since all terms in Y lm:ab = Y lm,ab +ΓcabY

lm
,c are symmetric in the

indexes (a, b). Moreover, they are traceless:

γab
l 1)

Zlmab = γabY lm
(l +

:ab + γabγ lm
abY = 0 (15.53)

2

γabSlmab = γabSlma:b = −γabε c
a Y lm:cb = −εbcY lm:cb = 0 .

Box 15-B
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Orthogonality properties of scalar, vector, and tensor spherical harmonics

We define the scalar product on the two-sphere as

〈f, g〉 ≡
∫
dΩf∗g =

∫
dθdϕ sin θf∗g . (15.54)

With this notation the orthogonality property for the scalar spherical harmonics
(Eq. 15.9) reads

〈Y lm, Y l
′m′〉

′ ′
= δll δmm . (15.55)

Using this and Eq. 15.48, we obtain the orthogonality property of the polar vector
harmonics:

γab〈Y lm
′

, Y l m
′ lm l′m′ 1 lm l′m′

a b 〉 =

∫
dθdϕ sin θ

(
Y,θ

∗Y,θ + Y
sin2 ,ϕ

∗Y,ϕ∫ ( θ

)
= − dθdϕ sin θY lm ∗ Y l

′m′

,θθ + cot θY l
′m′ 1 l′m′

,θ + Y
sin2 ,ϕϕ

θ

)
= l′(l′ + 1)

∫
′ ′ ′ ′

dθdϕ sin θY lm ∗Y l m = l(l + 1)δll δmm . (15.56)

Similarly, it is possible to derive the orthogonality property of axial vector harmonics

γab〈Slm l′

a , S m′

b 〉 = l(l + 1)δll
′
δmm

′
, (15.57)

and it can be shown that

1 1〈
′

Zlm, Zl m
′
〉 = 〈Slm

′
,

2 ab ab 2 ab Sl m
′

ab 〉

=

∫
dθdϕ sin θ

(
1

Wab
∗lmW l′m′ ′ ′

ab + Xab
∗lmX l m

sin2 ab
θ

′

)
= l −

′
( 1)l(l + 1)(l + 2)δll δmm . (15.58)

15.2.3 The Regge-Wheeler gauge
As discussed in Sec. 6.3, Einstein’s equations do not determine the spacetime metric in
a unique way, but only up to an arbitrary coordinate transformation (which is formally
equivalent to a diffeomorphism, see Secs. 2.1.4 and 8.5). In the case of perturbations of a
flat spacetime, a coordinate transformation of order O(h) is equivalent to an infinitesimal
diffeomorphism xα → xα + εα(x), which yields a transformation of the metric components
(see Box 12-A)

hµν ≡ δgµν = L~ε gµν = εµ;ν + εν;µ . (15.59)

Therefore (see Eq. 12.47),
h′µν = hµν + εµ;ν + εν;µ . (15.60)

We have thus the freedom to choose four functions εα(x) to simplify the perturbation
equations.

It can be shown that is always possible to find four functions εα(x) such that the trans-

Box 15-C
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formation 15.60 enforces the so-called Regge-Wheeler gauge [99], defined by 3

¯pol ¯pol ¯h0 lm(t, r) = h1 lm(t, r) = Glm(t, r) = hlm(t, r) = 0 . (15.61)

We are therefore left with two axial functions (which for ease of notation we can simply
¯redefine as hax
A lm ≡ hA lm without ambiguity) and four polar functions:

h̄ t, lm(t, r)SlmAB lm( r)Y lm(θ, ϕ) hA a (θ, ϕ)
hµν(t, r, θ, ϕ) =  , (15.62)

hA lm(t, r)Slma (θ, ϕ) r2Klm(t, r)γabY
lm(θ, ϕ)



where




f(r)H0 lm(t, r) H1 lm(t, r)
h̄AB lm(t, r) = , (15.63)

H 1
1 lm(t, r) f(r)− H2 lm(t, r)



hA lm(t, r) =


(h0 lm(t, r), h1 lm(t, r)) .



We can thus decompose the metric perturbation in a polar and an axial part,

hµν(t, r, θ, ϕ) = hpol
µν (t, r, θ, ϕ) + hax

µν(t, r, θ, ϕ) (15.64)

whose harmonic expansions in the Regge-Wheeler gauge are

hpol
µν (t, r, θ, ϕ) = (15.65)

fH t, 0 lm(t, r) H1 lm( r) 0 0 ∗ f−1H2 lm(t, r) 0 0 ∗ ∗ r2 ,
Klm(t, r) 0


Y lm

∗ ∗ ∗ r2 sin2 θKlm(t, r)



0 0 −h0 lm(t, r) csc θY lm,ϕ h0 lm(t, r) sin θY lm,θ

hax l
µν(t, r, θ, ϕ) =


∗ 0 −h m

1 (t, r) csc θY lm ,ϕ h1 lm(t, r) sin θY lm


,θ (15.66)

∗ 0 0


,

∗
∗ ∗ ∗ 0


where asterisks indicate symmetric components and we remind that f =


1− 2M/r.

Since the background is static, it is convenient to perform a Fourier transform of all
perturbation functions, as done in the scalar case. The expansion of the metric perturbations
is then ∫ +∞ (

h̃AB lm(ω, )Y lm ˜r (θ, ϕ) h (ω, r)Slm(θ, ϕ)
hµν(t, r, θ, ϕ) = dω A lm a t

h̃−∞ A lm(ω, r)Slm 2 ˜ m e−iωl
a (θ, ϕ) r Klm(ω, r)γabY (θ, ϕ)

)
(15.67)

where (
˜ ˜f(r)H0 lm(ω, r) H

h̃AB lm(ω, r) = 1 lm(ω, r)
(15.68)˜ ˜H1 lm(ω, r) f(r)−1H2 lm(ω, r)

)
˜ ˜ ˜hA lm(ω, r) =

3

(
h0 lm(ω, r), h1 lm(ω, r)

)
.

Other gauge choices are possible, such as for instance the Chandrasekhar-Ferrari gauge [35], in which
H1 lm = 0 while Glm = 0.6
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In the following, we shall omit the tilde in the Fourier-transformed quantities for ease
of notation. With this decomposition, in the Regge-Wheeler gauge the perturbations are
described by the following scalar functions

H0 lm(ω, r), H1 lm(r,ω), H2 lm(ω, r), Klm(r,ω) (polar perturbations)

h0 lm(r,ω), h1 lm(r,ω) (axial perturbations) .

15.2.4 Perturbations with l = 0 and l = 1

While the scalar spherical harmonics Y lm are defined for all integer values of l 0, the
vector spherical harmonics Y lm l

≥
a , S m

a only exist for l ≥ 1, and the rank-two tensor spherical
harmonics Zlmab , Slmab only exist for l ≥ 2. Therefore, when l = 0, 1 some of the perturbations
in the expansion 15.42 vanish. The equations for the l = 0, 1 perturbations should thus be
derived separately.

On the other hand, as discussed in Sec. 13.2.3, the monopole and dipole moments of
the source (corresponding to l = 0, 1 perturbations, respectively) are not associated to the
emission of gravitational waves. Indeed, an l = 0 perturbation can be interpreted as a small
change of the black hole mass, while an l = 1 perturbation can be interpreted as the black
hole acquiring a small angular momentum. Therefore, in the remain of this chapter we shall
focus on perturbations with l ≥ 2.

15.2.5 Linearized Einstein’s equations in vacuum
We are now ready to insert the harmonic expansion of the metric perturbations (Eq. 15.67)
into the linearized Einstein equations in vacuum, Eq. 15.37:

2δR = hρ + hρ − hρ − g0σρ
µν ν;µρ µ;νρ ρ;µν hµν;σρ = 0 . (15.69)

Since δRµν is a symmetric, rank-two tensor field on the background spacetime M2 × S2,
its components can be split as in Eq. 15.41,

δRµν =

(
δRAB δRAa
δRaA δRab

)
, (15.70)

and then expanded in tensor spherical harmonics Y lm, Y lma , Slma , Zlm lm
ab , Sab . With a lengthy

but conceptually simple computation, one finds 4:∫ +∞
(

(0) (1)
Alm(ω, r) A (ω, r)

2δRAB(t, r, θ, ϕ) = dω lm

−∞ ∗ (2)
Alm(ω, r)

)
Y lm(θ, ϕ)e−iωt = 0 ,

(15.71)
+∞

(A)
2δR (t, r, θ, ϕ) =

∫
dω
(
α (ω, r)Y lm

(A)
Aa lm a (θ, ϕ) + βlm (ω, r)Slma (θ, ϕ)

−∞

)
e−iωt

= 0 ,

(15.72)
+∞

(3)
2δRab(t, r, θ, ϕ) =

∫
dω
(
A m
lm(ω, r)r2γabY

l (θ, ϕ) + slm(ω, r)Zlmab (θ, ϕ)
−∞

+tlm(ω, r)Slmab (θ, ϕ)

)
e−iωt = 0 , (15.73)

4We use the notation of [70], with a different overall sign.
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(A)
where βlm (with A = 0, 1) and tlm are combinations of the axial functions hA lm(ω, r) and
of their derivatives with respect to r (which we denote, for brevity, with a prime):

(0) f l(l + 1)r 4M
βlm (ω, r) = −f (h′′0 lm + iωh′1 lm)− 2iω h1 lm +

−
h0 lm , (15.74)

r r3

1
(1) (

2
) f− (l − 1)(l + 2)

βlm (ω, r) = f iωh0
′
lm − ω h1 lm − 2iω h0 lm + h1 lm ,

r r2

2
iω 1 M

tlm(ω, r) = f− h0 lm + fh′1 lm + h1 lm ,
r2

(I) (A)
and, similarly, Alm and αlm (with I = 0, . . . , 3, A = 0, 1) are combinations of the polar
functions and of their derivatives:

2
(0) 2 2f 2f

Alm(ω, r) = −2f Kl
′′
m − (3r − 5M)Kl

′
m + H2

′ (15.75)
r2 r lm

(l
+
− 1)(l + 2)f f

Klm + (l2 + l + 2)H2 lm
r2 r2

(1) 2iωf−1 2iω l(l + 1)
Alm(ω, r) = 2iωKl

′
m + (r − 3M)Klm − H2 lm + H1, lm

r2 r r2

1 1
(2) 2 2 2f− 4iωf− 2

Alm(ω, r) = 2ω f Klm + (r −M)Kl
′
m H

r2
− 1 lm

r
− H ′
r 0 lm

(l − 1)(l + 2)f−1 l(l + 1)f−1 2f−1

− Klm + H0 lm
r2 r2

− H2 lm
r2

(3)
Alm(ω, r) = −f(H0

′′
lm −K0

′′
lm) + ω2f−1(Klm +H2 lm)− 2iωH1

′
lm

r +M r− H ′
r2 0 lm

−M− (H ′
r2 2 lm − 2Kl

′
m)

2iωf−1 l(l + 1)− (r
r2

−M)H1 lm + (H0 lm
2r2

−H2 lm)

(0) 2M
αlm(ω, r) = fH1

′
lm + iω(H2 lm +Klm) + H1 lm

r2

1
(1)
αlm(ω, r) = H0

′
lm −Kl

′
m + iωf−1 f−

H1 lm − (r
r2

− 3M)(H0 lm −H2 lm)

1
slm(ω, r) = (H0 lm

2
−H2 lm) .

15.2.6 Separation of the angular dependence
Owing to the radial and angular dependence, Eqs. 15.71-15.73 still form a system of partial
differential equations for functions that depend on (r, θ, ϕ). It is however possible to separate
the angular part by using the orthogonality properties of the spherical harmonics.

Eqs. 15.71 and the trace of Eq. 15.73, i.e.

2γabδRab = 0 → (3)
4Alm(ω, r)r2Y lm(θ, ϕ) = 0 , (15.76)

)
have the

∑ (I
form lmAlmY

lm = 0, with I = 0, 1, 2, 3. They can be separated simply by

multiplying each of them by Y ∗ l
′m′ and integrating over the sphere. Then, Eq. 15.9 yields

immediately ∫
dΩY ∗lm

(I)
(θ, ϕ)δR(I)(ω, r, θ, ϕ) = 0 → Alm (ω, r) = 0 , (15.77)

where δR(I) corresponds to δR 2
tt, δRtr, δRrr, and δRθθ + δRϕϕ/sin θ for I = 0, 1, 2, 3,

respectively. To hereafter, we shall not write explicitly the dependence on (ω, r, θ, ϕ).
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Similarly, Eqs. 15.72 can be decoupled using Eqs. 15.56, 15.57 as follows (the proof is
left as an exercise)∫ [

l′m′ Y ∗l
′m′

dΩ Y ∗
,ϕ (J

,θ δR(Jθ) + δR(Jϕ)

]
)

= 0 → l(l + 1)α
sin θ l = 0 , (15.78)

∫
dΩ

[ ′
Y ∗l

′m

Y ∗l
′m′ − ,ϕ

]
→ (J)

,θ δR(Jϕ) δR(Jθ) = 0 l(l + 1)βl = 0 , (15.79)
sin θ

where δRJθ = (δRtθ, δRrθ) and δGJϕ = (δRtϕ, δRrϕ), for J = 0, 1, respectively. Finally, the
angular dependence of Eqs. 15.71 (subtracting the trace part, Eq. 15.76) can be decoupled
by using Eq. 15.58 and constructing the following relations∫

1
[

X∗l
′m′

ldΩ W ∗
′m′δR( 0

l(l + 1) 2
−) + δRθϕ

sin θ

]
= → l(l + 1)sl = 0 ,

−∫
1

[
l′m′ X∗l

′m′

dΩ W ∗ δR
l(l + 1)− θϕ

2
− δR( ) = 0 l(l + 1)tl = 0 ,

sin θ
−

]
→

(15.80)

where we defined δR( ) = δRθθ − δRϕ/sin θ2.−
To summarize, our decoupling procedure allows to obtain a system of ten coupled, or-

dinary differential equations governing the radial dependence of the metric perturbations.
Noteworthy, the axial and polar sectors completely decouple from each other and can be
studied separately. Indeed, for the polar perturbations we obtain the following seven equa-
tions,

(I)
Alm (ω, r) = 0 (15.81)

(J)
αlm (ω, r) = 0

slm(ω, r) = 0

(I = 0, . . . , 3 and J = 0, 1), whereas for the axial perturbations we obtain the following
three equations,

(J)
βlm (ω, r) = 0 (15.82)

tlm(ω, r) = 0 .

Not all ten linearized Einstein equations are independent and the coupled system can be
simplified further, as we will show in the next sections.

These equations depend on the harmonic index l but not on the azimuthal number m.
It can be shown that this property is a consequence of the fact that the background is
spherically symmetric.

15.3 MASTER EQUATIONS FOR AXIAL AND POLAR PERTURBATIONS
We shall now show that the equations governing the perturbations of the Schwarzschild
spacetime can be reduced to two decoupled second-order differential equations (some-
times called master equations), similar to the wave equation describing a test scalar field
(Eq. 15.32).
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15.3.1 The Regge-Wheeler equation for the axial perturbations
The equations for the axial perturbations can be found by replacing the expressions of

(0) (1)
βlm , βlm , and tlm given in Eqs. 15.74 and 15.82 ,

f l(l + 1)r 4M−f (h′′0 lm + iωh′1 lm) l
−− 2iω h1 m + h0 lm = 0 , (15.83)

r r3( ) f−1
2 (l − 1)(l + 2)

f iωh′0 lm − ω h1 lm − 2iω h0 lm + h1 lm = 0 , (15.84)
r r2

iωf−1 2M
h0 lm + fh′1 lm + h1 lm = 0 . (15.85)

r2

In order to simplify the above equations, it is convenient to define the Regge-Wheeler
function Qlm,

h
Qlm ≡ 1 lm

f . (15.86)
r

Since
2M

(Qlmr)
′

= fh′1 lm + f ′h1 lm = fh′1 lm + h1 lm (15.87)
r2

Eq. 15.85 yields
−if−1ωh0 lm = (Qlmr)

′
(15.88)

from which it follows
if

h0 lm = (Qlmr)
′
. (15.89)

ω

Substituting the expressions of h0 and h1 in terms of Qlm in Eq. 15.84 we find the Regge-
Wheeler equation [99]

d2Qlm
+ ω2 (15.90)

dr2
− V axial

l Qlm = 0 ,
∗

where we have defined

( )

V axial
l (r) =

(
2M

1−
r

)[
l(l + 1) 6M

r2
−

r3

]
. (15.91)

Eq. 15.83 is trivially satisfied, since it can be obtained from Eqs. 15.84 and 15.85. Once the
Regge-Wheeler function Qlm is found by solving Eq. 15.90, the axial functions h0 lm and
h1 lm can be obtained from it by using Eqs. 15.86 and 15.89.

We note that the Regge-Wheeler equation has the same form as the Klein-Gordon equa-
tion on Schwarzschild spacetime (Eq. 15.32), i.e. it is a wave equation in the tortoise coordi-
nate r , with a potential barrier. The two effective potentials are different but very similar∗
(compare Eq. 15.91 with Eq. 15.29); indeed, V axial

l has the same qualitative features shown
in Fig. 15.1. In particular, it vanishes near the horizon and at infinity, and it has a maxi-
mum close to the light ring r = 3M . A comparison between the scalar and the gravitational
potentials is shown in Fig. 15.2 below.

15.3.2 The Zerilli equation for the polar perturbations
The equations for the polar perturbations can be found by replacing the expressions of

(I) (J)
(Alm , αlm ) (I = 0, . . . , 3 and J = 0, 1) and of slm, given in Eqs. 15.75 and 15.81. To begin
with, we note that the equation slm = 0 implies

H2 lm = H0 lm , (15.92)
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so that we can eliminate H2,lm from the remaining equations. We leave to the reader as an
exercise to show that the remaining equations for the metric perturbations H0 lm, H1 lm,
Klm can be combined into three first-order ordinary differential equations:

f−2 1 l(l + 1)
Kl
′
m + (r − 3M)Klm − H

r2 r 0 lm + H
2iωr2 1 lm = 0 , (15.93)

1
H ′ 2 2Mf−2

iω 1 lm + f− (H0 lm +Klm) + H = 0 ,
iωr2 1 lm

f−2 f−2 l(l + 1) 1
H0
′
lm + (r

r2
− 3M)Klm − (r

r2
− 4M)H −

(
ω2f−2

0 lm −
)

H =
2r2 iω 1 lm 0 ,

and an algebraic relation:

1
((l − 1)(l + 2)r + 6M)rH0 lm + 2ω2r3 −Ml(l + 1) H

iω 1 lm

+(2ω2r4 − (l − 1)(l + 2)r2 − 2Mr +

(
2M2f2)Klm = 0 .

)
(15.94)

Using the algebraic relation to eliminate H0 lm, the above system can be reduced to two
differential equations for H1 lm and Klm. Then, defining the Zerilli function Zlm obtained
solving the system

dZlm
Klm = F11Zlm + F12 , (15.95)

dr∗
dZlm

H1 lm = F21Zlm + F22 ,
dr∗

where

6 (l(l + 1)
F11 =

− 2)Mr + (l − 1)l(l + 1)(l + 2)r2 + 24M2

, (15.96)
2r2 [(l(l + 1)− 2) r + 6M ]

F12 = 1[,
F21 = i M

(
1 6

+ 1 ,
r − 2M (l(l + 1)− 2) r + 6M

)
−

ir2

]
F22 = − ,

r − 2M

the two remaining equations reduce to a single second-order, differential equation

d2Zlm
+
(
ω2 − polarVl

)
Zlm = 0 , (15.97)

dr2
∗

where

polar 2M (l 1)(l + 2) 1 2(l 1)(l + 2)(l2 + l + 1) 2M
Vl (r) =

(
1−

r

)[
−

3

(
+

r2

−
(6M + r(l − 2

1)(l + 2))

)
+ ,

r3

]
(15.98)

or, defining 2n = (l − 1)(l + 2),

polar 2(r 2M)
Vl (r) =

−
[n2(n+ 1)r3 + 3Mn2r2 + 9M2nr + 9M3] . (15.99)

r4(nr + 3M)2

Equation 15.97 is called the Zerilli equation [124] ; it has the same structure as the Regge-
Wheeler equation, i.e. it is a wave equation in the tortoise coordinate r , with a potential∗
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polarbarrier. Although the expression of the Zerilli potential Vl differs from that of the
Regge-Wheeler potential V axial, they are qualitatively very similar, as shown in Fig. 15.2.

Once the Zerilli function is known, H1 lm and Klm can be obtained in terms of Zlm
and its derivative with respect to r (see Eq. 15.95), and the polar function H0 lm can be∗
obtained by Eq. 15.94.

In conclusion, the gravitational perturbations of a Schwarzschild black hole are described
by two Schrödinger-like equations, one for the polar, one for the axial perturbations, with
a potential barrier which depends on the spacetime curvature.

scalar
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Figure 15.2: Comparison between the effective potentials governing scalar, axial gravitational, and
polar gravitational perturbations of a Schwarzschild black hole with l = 2.

15.4 THE QUASI-NORMAL MODES OF A SCHWARZSCHILD BLACK HOLE
A powerful approach to study the behaviour of physical systems near equilibrium is to
analyse their normal modes, i.e. the characteristic modes of oscillation in the absence of an
external force. This approach is also effective to study the behaviour of black holes near
equilibrium: if a black hole is perturbed by an external event, for instance a mass falling
toward the horizon, after a transient it starts oscillating at some characteristic frequencies.
A perturbed black hole can also be the leftover of the gravitational collapse of a massive
star, or of the merger of a binary system (see Sec. 14.2). The newborn black hole is, in
general, non-stationary but after some time it reaches a quasi-stationary configuration, and
in this regime it oscillates with its characteristic frequencies. In all cases, the black hole
emits gravitational waves with the same frequencies of its non-radial oscillations, until it
becomes a static, or a stationary, black hole.

The non-radial oscillations are damped, because the black hole emits gravitational waves;
consequently the mode eigenfrequencies are complex

ω = ωR + i ωI , (15.100)

since any quantity with a time dependence ∼ e−iωt with ωI < 0 describes a damped
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oscillation
e−iωt = e−iωRteωIt , (15.101)

where the oscillation frequency of the mode is ν = ωR/(2π), and the corresponding e-folding
time, the damping time, is

1
τ = − . (15.102)

ωI

The free oscillation modes of a perturbed black hole are called quasi-normal modes, since
their eigenfrequencies are complex, at variance with the normal modes of non-dissipative
systems, which have real eigenfrequencies. Note that we have assumed ωI < 0. If, instead,
ωI > 0, the oscillation grows exponentially, with growth time τ = 1/ωI .

In the previous sections we derived the Regge-Wheeler and the Zerilli equations 15.90,
15.97, which govern the perturbations of a Schwarzschild black hole, by expanding in tensor
harmonics the perturbation hµν , and taking its Fourier expansion, i.e.

+∞
h (ω, r)Y lm(θ, ϕ) h (ω, r)Slm(θ, ϕ)

hµν(t, r, θ, ϕ) =

∫
dω

(
AB lm A lm a e
hA lm(ω, r)Slm

−iωt .
a (θ, ϕ) r2Klm(ω, r)γabY

lm(θ, ϕ)−∞

)
(15.103)

To study the black hole oscillations, it is convenient to assume, as an ansatz, that the
perturbation has the following time dependence(

hAB lm(ω, r)Y lm(θ, ϕ) h lm

h (t, r, θ, ϕ) = A lm(ω, r)Sa (θ, ϕ)
µν lm 2 lm

)
e−iωt . (15.104)

hA lm(ω, r)Sa (θ, ϕ) r Klm(ω, r)γabY (θ, ϕ)

Since the oscillations are damped by the emission of gravitational waves, the frequency ω
in Eq. 15.104 can be a complex number, whereas in Eq. 15.103 ω is a real number, since
it is the variable of the Fourier transform. With the choice 15.104, the definition of the
Regge-Wheeler and Zerilli functions remains the same as in Eqs. 15.86, 15.95, as well as the
derivation which leads to the Regge-Wheeler and Zerilli equations. Consequently, Einstein’s
equations for the metric perturbations of a Schwarzschild black hole can be cast in the form

d2Ψlm
+ ω2

dr2
− Vl Ψlm = 0 , (15.105)

∗

where ω is complex and Ψ is either the

(
Regge-Wheeler

)
or the Zerilli function. The ex-

plicit form of the potential is given in Eq. 15.91 and in Eq. 15.98, for the axial and polar
perturbations, respectively.

As previously mentioned, Eq. 15.105 has the same form as the time-independent
Schrödinger equation. Thus, as in quantum mechanics, it can be studied as a scattering
problem, by imposing suitable boundary conditions. Since the potential vanishes both near
the horizon and at infinity, corresponding to r∗ → −∞ and to r∗ → +∞, respectively, the
asymptotic behaviour of the solution of Eq. 15.105 is simply that of a harmonic oscillator,

d2Ψlm
+ ω2Ψlm

dr2
' 0 , (15.106)

∗

whose general solution when r∗ → ±∞ is

Ψlm ' Aine
−iωr∗ +Aoute

iωr∗ . (15.107)

Owing to the e−iωt time dependence, the asymptotic behaviour of Ψlm is

Ψ e−iωtlm ' Aine
−iω(r +t)∗ +Aoute

iω(r∗−t) . (15.108)
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The first term represents an ingoing wave with amplitude Ain, whereas the second represents
an outgoing wave with amplitude Aout. If we are interested in the free oscillations of the
black hole, we have to impose that no wave is incoming from infinity, i.e.

Ψlm ∝ eiωr∗ r →∞ . (15.109)∗

As a consequence, Ain = 0 as r → ∞. In addition, since nothing can escape from a black∗
hole horizon, only ingoing waves are allowed when r∗ → −∞, i.e.

Ψlm ∝ e−iωr∗ r∗ → −∞ , (15.110)

therefore, Aout = 0 as r∗ → −∞. The boundary conditions (Eqs. 15.109 and 15.110) are
shown in Fig. 15.3.
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Figure 15.3: The boundary conditions defining the quasi-normal modes of a black hole: the wave
is purely ingoing near the horizon (r∗ → −∞) and purely outgoing at infinity (r∗ →∞).

Equation 15.105 is a second-order differential equation and, together with the two bound-
ary conditions, completely defines an eigenvalue problem for the frequency ω. This means
that both boundary conditions are satisfied only for a discrete set of eigenfrequencies, which
are the quasi-normal mode frequencies of the black hole. As expected, it turns out that these
are complex frequencies as in Eq. 15.100, ω = ωR + iωI . Thus, the perturbation oscillates
with frequency ν = ωR/(2π) and damping time τ = −1/ωI .

For general black hole spacetimes these mode frequencies depend on the values of (l,m).
However, for a spherically symmetric black hole the azimuthal number is degenerate, i.e.
it does not affect the spectrum (this is not the case for spinning black holes, see Box 15-D
below). Furthermore, since the quasi-normal mode frequencies form a discrete set, we can
label them with an integer number n, such that n = 0, 1, 2, 3, . . . labels the fundamental
mode (n = 0) and the overtones n = 1, 2, 3, . . . .

We remark that, at variance with the ordinary normal modes of non-dissipative systems,
the quasi-normal modes do not form a complete basis of the space of black hole perturba-
tions. Indeed, it has been shown [78] that when a black hole is perturbed, after a transient
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the signal is described with good approximation by a combination of quasi-normal modes,
but at late times it also includes a power-law tail ∼ t−2l+3.

In principle the quasi-normal modes of the axial and polar perturbations of a
Schwarzschild black hole should be different. However, as shown by Chandrasekhar, the
Regge-Wheeler and the Zerilli functions can be mapped one to another through a linear
transformation which also leaves the boundary conditions unchanged [34]. Consequently,
the polar and axial quasi-normal modes of a Schwarzschild black hole have the remarkable
property to be isospectral. Since the Regge-Wheeler potential is simpler, it is sufficient to
compute the quasi-normal mode frequencies using this potential to obtain the full spectrum.
This can be done by solving numerically the Regge-Wheeler equation with the boundary
conditions discussed above. Although these frequencies are known only numerically, they
can be computed with arbitrary precision.

It has been proved rigorously that the Schwarzschild black hole is stable against linear
perturbations; consequently ωI < 0 for all modes, and this guarantees that the perturbation
decays exponentially in time.

The frequency of the fundamental mode (i.e. the one with the smallest imaginary part,
which therefore has the longest damping time) for l = 2 reads

Mω(0) ' 0.3736− i0.0890 . (15.111)

Note that, in geometrized units (G = c = 1), ω has dimensions of an inverse length, whereas
M has dimensions of a length; hence Mω is dimensionless.

As discussed in Sec. 14.2.5, the fundamental mode dominates the part of the gravitational
wave signal named “ringing tail” or ringdown, emitted in the merging of two black holes
after the remnant black hole is formed. In the case of the event GW150914, the oscillation
frequency of this mode has been indeed extracted from the signal.

We finally remark that, for simplicity, in this chapter we focused on the perturbations
of static, spherically-symmetric black holes, described by the Schwarzschild metric. As will
be discussed in Chapter 18, the most general stationary black-hole solution of Einstein’s
equations is axisymmetric, and is described by the Kerr metric. The equations governing
the perturbations of the Kerr metric are much more involved than those described in this
section, and will not be treated in this book. However, in Box 15-D we list their main
properties. The interested reader can find a complete treatment in Chandrasekhar’s mono-
graph [34].
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Perturbations of a spinning black hole

We have so far focused on a static black hole, i.e. on the Schwarzschild solution. In
Chapter 18 we shall introduce the Kerr solution which describes axisymmetric, spin-
ning black holes. There are several qualitative and quantitative differences between
the perturbations of non-rotating and rotating black holes. First of all, separating the
radial and angular dependence of the perturbations of a spinning black hole is much
more involved. The separability of the equations governing the scalar, electromagnetic,
and gravitational perturbations of a Kerr black hole was achieved by Saul Teukolsky in
the early 1970s [109] using a decomposition in the so-called spin-weighted spheroidal
harmonics. It can be shown that the radial equations can be recast in a form like
Eq. 15.105 but:

• the potential depends both on the mass and on the spin of the black hole;

• the potential depends both on the harmonic index l and on the azimuthal number
m, thus breaking the azimuthal degeneracy; modes with m > 0 are called co-
rotating, whereas those with m < 0 are called counter-rotating;

• the potential is complex, depends on the frequency, and does not vanish near the
horizon;

• since the background spacetime is not spherically symmetric, the perturbations
have not definite parity; consequently, they cannot be separated in axial and
polar.

As we shall see, the Kerr metric depends only on two parameters: the mass and the spin
of the black hole. Therefore, the frequencies of the whole quasi-normal mode spectrum
depend only on these two quantities, pretty much like the vibration modes of a drum
depend on the properties of the latter (its shape, composition, etc.). In all cases, ωI < 0
so that also spinning black holes are stable with respect to linear perturbations.

Box 15-D
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C H A P T E R 16

Compact stars

In this chapter we shall discuss the structure of compact stars, namely white dwarfs and
neutron stars, which are significantly more compact than an ordinary star like the Sun.
Compact stars form at the end point of the evolution of sufficiently massive main-sequence
stars. In order to understand how these objects can form, we shall briefly describe the main
steps of stellar evolution. The interested reader can find a complete treatment of the subject
in [69, 105].

16.1 STELLAR EVOLUTION IN A NUTSHELL
Stars are formed by the fragmentation of primordial hydrogen clouds. Under the action
of gravity, the fragments contract and heat up; if the mass is larger than 0.08 M the
temperature in the core reaches values of the order of T ∼ 4 × 106

∼ �
K, which are sufficient

to ignite the fusion of hydrogen first to deuterium, and then to helium through the proton-
proton chain reaction. This is the starting point of stellar evolution; the star enters the
so-called main sequence, to which our Sun also belongs. During this phase the star is in
equilibrium under the contrasting actions of the inward pressure exerted by gravity and of
that of the outward thermal pressure provided by the nuclear reactions. The fact that the
energy which sustains a star against collapse is provided by the fusion of hydrogen in helium
was firstly understood by Arthur Eddington in 1920. Main sequence stars are very hot; the
heat produced in the core propagates through the star and is radiated away through the
surface. When the reservoir of hydrogen burning in the core is exhausted, the star exits
from the main sequence and its subsequent evolution depends on its mass. If this is smaller
than ∼ 0.5 M a white dwarf forms directly. These objects will be described in detail in�
Sec. 16.2.

If the star has a larger mass, it contracts and heats up, reaching core temperatures of the
order of ∼ 108 K, at which a new chain of nuclear reactions starts, which transform three
nuclei of Helium 4 (4He) in one nucleus of carbon 12 (12C). These reactions have a strong
dependence on temperature and produce a large amount of energy in a relatively short time.
The energy released is able to halt the collapse, and due to the strong radiation pressure,
the outer layers expand; the radius reaches values of the order of hundred times the initial
radius, and the star reaches a new equilibrium state as a red giant. The light emission from
a red giant is more intense, but has a smaller frequency than that of a main-sequence star.
In this phase, 12C is produced in the core, whereas in the external layers hydrogen continues
to burn into helium.

When the helium in the core is exhausted, the star starts contracting again and heating
up, igniting nuclear processes which produce heavier elements. However, if the star has a
mass in the range ∼ (0.5, 8− 10) M , the temperatures that can be reached in the core do�
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not allow the formation of elements heavier than oxygen; in this case, when the oxygen core
has formed and the nuclear fuel is exhausted, the thermal pressure is no longer sufficient to
support the star and the hot core contracts until a white dwarf forms. It should be mentioned
that during the entire course of its evolution, which typically takes several billion years, the
star loses a major fraction of its original mass through stellar winds, whereas the outer layers
of matter are expelled near the end of the nuclear burning process and create a planetary
nebula.

White dwarfs have masses comparable to that of the Sun, but they are much more
compact: their typical radius is comparable to that of Earth and their average density is
of the order of ρ̄ ∼ 106 3

g/cm (for comparison, the average density of the Sun is ρ̄ =
3

�
1.4 g/cm ). They are mainly composed of helium, carbon, and oxygen. If the progenitor
has a mass in the range ∼ 8−10 M , oxygen-neon-magnesium stars can form, but they are�
rare. The number of white dwarfs in the Milky Way is of the order of 1010. In Sec. 16.2 we
shall show that white dwarfs of mass exceeding the Chandrasekhar mass, MCh ∼ 1.4M ,�
cannot exist.

If the mass of the progenitor star is in the range ∼ (8, 20−30) M the evolutionary path�
is different. Nuclear processes are able to burn elements heavier than carbon and oxygen,
and exothermic nuclear reactions can proceed all the way to 56Fe, which is the most stable
element in nature; indeed, no element heavier than 56Fe can be generated by the fusion
of lighter elements through exothermic reactions. Thus, the evolving star has an onion-like
layered structure, with the heavier elements in the core, and progressively lighter elements
in the surrounding shells.

The process which produces 56Fe starts with silicon burning, and goes this way:

28Si + 28Si → 56Ni + γ , (16.1)
56Ni → 56Co + e+ + νe , (16.2)
56Co → 56Fe + e+ + νe . (16.3)

It should be reminded that the atomic number Z (number of protons) and the mass number
A (number of protons + neutrons) of the elements involved in the process are 1:

• Si, Z = 14, A = 28.086 ' 28

• Ni, Z = 28, A = 58.693 ' 59

• Co, Z = 27, A = 59.933 ' 60

• Fe, Z = 26, A = 55.845 ' 56 .

Atoms with a number of nucleons smaller than the mass number of are unstable. The 56Ni
which forms in the reaction 16.1 has tree neutrons less than required for stability; therefore,
it decays as indicated in the reaction 16.2, forming 56Co; this is again unstable, being in
defect of four neutrons, and decays forming 56Fe, which is stable.

Furthermore, as the core density increases, the inverse β-decay process,

e− + p→ n+ νe , (16.4)

through which electrons are captured by protons forming neutrons and neutrinos, becomes
more and more efficient and nuclei richer of neutrons than 56Fe can form, like 118Kr. How-
ever, these heavy nuclei are formed through endothermic reactions and subtract energy to

1The mass numbers are not integers because in the stable state a gas of a given element is a mixture of
isotopes of that element.
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the star. Elements heavier than krypton can form during the subsequent phase of collapse,
as explained below. As the iron core forms the pressure provided by nuclear reactions is
able to maintain the star in equilibrium. However, several processes occur which act in the
opposite direction:

• A large number of neutrinos are produced both in the reactions 16.2-16.3 and in the
inverse β-decay process. Since neutrinos interact with matter very weakly, they diffuse
through the star and escape through the surface, subtracting energy to the core.

• The production of elements heavier than Fe and Ni, which mainly occurs through
neutron capture, subtracts energy to the star.

• In the reaction 16.1 photons are produced. At temperatures of the order of 1010 K,
the number of high energy photons (> 8 MeV) is sufficient to ignite the iron photo-
disintegration process,

γ +56 Fe→ 13 4He + 4n . (16.5)

This is an endothermic process which subtracts further energy to the core. In addition,
this process produces a large number of neutrons.

All these processes tend to destabilize the star; when the core mass becomes larger than
a critical mass the internal pressure gradient can no longer balance the gravitational at-
traction, and the core collapses reaching densities typical of atomic nuclei, ∼ 3

1014 g/cm ,
in a fraction of a second. The core is now composed mainly of neutrons, and it is so rigid
that the infalling matter bounces back producing a violent shock wave that – in a spectac-
ular explosion – ejects most of the material external to the core in the outer space. This
phenomenon is called supernova explosion: the luminosity of the star suddenly increases
to values of the order of ∼ 109 L , where L = 1033 erg/s is the Sun luminosity; in this� �
phase elements heavier than 56Fe are created. The remnant of this explosion is a nebula, in
the middle of which sits what remains of the core, i.e. a neutron star, whose structure and
composition will be described in Sec. 16.3. These stars have mass in the range of 1− 3 solar

3
masses, radius of the order of 10 − 15 km, and their average density is ρ̄ ∼ 1014 g/cm ,
therefore they are extremely compact.

As for white dwarfs, a critical mass exists also for neutron stars. The absolute upper
limit is in the range ∼ 2 − 3M . The value of the critical mass depends on the equation�
of state which describes matter at the supranuclear densities prevailing in the core of these
stars.

Neutron stars are often observed as pulsars, i.e. radio sources whose emission exhibits an
extremely stable periodicity; pulsars are rapidly rotating neutron stars with strong magnetic
fields (B ∼ 1011 − 1013 Gauss), which emit beams of radio waves; the observed periodicity
is due to the fact that, since the star rotates and the magnetic field is in general not
aligned with the rotation axis, the beam is visible only when it points in the direction of the
detector. However, not all neutron stars are detectable as pulsars, since their beams may
not point toward the Earth, or their magnetic field may not be sufficiently strong. Neutron
stars can also be observed in other regions of the electromagnetic spectrum. For instance
when a neutron star in a binary system accretes matter from a companion, the gravitational
energy released by the infalling matter is converted in thermal energy, which is radiated
away mainly in X-rays. Moreover, as mentioned in Chapter 14, the coalescence of a binary
neutron star can be observed by detecting their gravitational wave emission.

The estimated number of neutron stars in the Milky Way is ∼ 109. This number has
been inferred from the total number of stars in our Galaxy at different evolutionary stages,
using our understanding of stellar evolution.

Finally, studies of stellar evolution indicate that if the mass of the progenitor star is
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larger than ∼ 20 − 30 M , at the end of its thermonuclear evolution the star collapses to�
form a black hole. A detailed discussion of this important topic is beyond the scope of this
book; we refer the reader to [58, 106] for a detailed treatment.

Black holes of astrophysical origin can have very different masses ranging from a few
solar masses, for the “stellar black holes” born in the gravitational collapse of big stars or
in the coalescence or accretion-driven processes in binary systems, to supermassive black
holes, with masses in the range ∼ (105 − 1011) M ; the latter sit at the center of most (or�
all) galaxies. Astrophysical observations of black holes will be further discussed in Sec. 18.1.

16.2 WHITE DWARFS
In this section we shall focus on the study of white dwarfs. Since, as mentioned above, these
objects have masses of the order of that of the Sun and radii of the order of 5000 km, their
compactness is very small

GM M (in km) 1.5 km∼ � ∼ = 3× 10−4 . (16.6)
c2R R 5000 km

Therefore, General Relativity effects on the structure of white dwarfs are negligible. As we
shall show in the next sections, Special Relativity effects can be relevant in the microscopic
description of the fluid composing these stars, since particles in the fluid can reach relativis-
tic velocities. However, they are negligible in the macroscopic description of white dwarfs
structure, since we consider static stars in which the fluid is at rest. For this reason, in
Secs. 16.2.5 and 16.2.6 we will use the equations of Newtonian physics to determine the
structure of these stars.

We shall start with some historical remarks on the discovery of white dwarfs and on the
debate on their internal structure.

16.2.1 The discovery of white dwarfs
The first white dwarf was observed by William Herschel in 1783 in the triple system 40
Eridani, and in 1910 it was shown that 40 Eridani B was a white star (spectral type A).
This type of star has an effective temperature in the range (7500, 10000) K. However it was
only in 1915 – after the discovery of Sirius B, the companion of Sirius, by W.S. Adams –
that the structure of white dwarfs started to be understood. Sirius is one of the closest
stars 2 to the Earth, the distance being about ∼ 8.6 ly (where 1 ly = 9.46 × 1017 cm, see
Table A). Adams found that the spectrum of the stellar object orbiting around Sirius was
that of a white star, not very different from the spectrum of Sirius. Since Sirius B is in a
binary system, its mass could be estimated from the analysis of its orbital motion, and it was
found to be in the range (0.75, 0.95)M . Moreover, knowing the distance of the system from�
Earth, from the apparent magnitude of this star it was possible to estimate its luminosity,
while its effective temperature Teff ∼ 8000 K was determined from the observed spectrum.
Since for a black-body emission the luminosity depends on the effective temperature and
on the stellar radius, L ∼ R2T 4

eff , it was then possible to estimate the radius of the star
which was, surprisingly, RSirius B ∼ 18800 km, much smaller than that of the Sun! The
actual values of the mass and radius of Sirius B are MSirius B = (1.034 ± 0.026)M and�
RSirius B = (0.0084± 0.00025)R , i.e. R� Sirius B ∼ 5850 km.

At the time of the discovery this result came really as a surprise, because a star having a
mass comparable to that of the Sun but a radius nearly forty times smaller had never been
observed before. In addition, although the deflection of light predicted by Einstein’s theory

2The star closest to the Earth is Proxima Centauri, at a distance of ∼ 4.3 ly.
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of Relativity had already been measured in the famous Eddington expedition in 1919, the
redshift of the spectral lines of Sirius B measured by Adams in 1925 provided a much better
verification of the theory.

The discovery of such an extremely dense star raised an outstanding question: how can
this “white dwarf” (as it was named) support its matter against collapse? Indeed, if the
matter composing the star were a perfect gas its temperature would be too low to prevent
the collapse, i.e. the corresponding pressure gradient would not be sufficient to balance
the gravitational attraction. About this problem, in his seminal monograph The internal
constitution of stars [43], Eddington wrote:

“It seems likely that the ordinary failure of the gas laws due to finite sizes of molecules
will occur at these high densities, and I do not suppose that the white dwarfs behave like
perfect gas”.

What is then that keeps white dwarfs in equilibrium? The answer to this question came
a few years later when, in August 1926, Paul Dirac formulated the Fermi-Dirac statistics.
Few months later (December 1926), Ralph H. Fowler identified the pressure holding up a
white dwarf from collapsing with the electron degeneracy pressure. This was the crucial step
toward the formulation of a consistent theory of these stars that led Subrahmanyan Chan-
drasekhar to predict the existence of a critical mass above which no stable white dwarf
could exist.

16.2.2 Degenerate gas in quantum mechanics
A gas of particles is degenerate if its behaviour differs from the classical behaviour due to
the quantum properties of the system. Let us discuss under which conditions degeneracy
sets in.

Let us consider a gas composed of non-interacting, indistinguishable particles. In general,
the properties of such a system will be completely described once the number of particles
per unit phase-space volume, i.e. the number density in the phase space, is assigned

dN g
= f(x,p) ; (16.7)

d3xd3p h3

here h is Planck’s constant, h3 is the volume of a cell in the phase-space, g = 2s + 1 is
the number of available states for a particle with spin s, position x and three-momentum
p, and f(x,p)d3xd3p is the probability of finding a particle in the volume d3xd3p around
(x,p). The function f(x,p) is called distribution function.

Let m be the particle mass, E = (p2 1

c2 + m2c4) 2 its total energy (see Box 16-A), and
Ec = E −mc2 its kinetic energy; the total energy density of the gas is∫

dN gE = E d3p =

∫
Ef(x,p) d3p . (16.8)

d3xd3p h3

For an ideal gas of fermions or bosons in equilibrium, the distribution function is

1
f = E−µ , (16.9)

e k T
B ± 1

where the plus sign holds for fermions (Fermi-Dirac distribution), whereas the minus sign
holds for bosons (Bose-Einstein distribution). In Eq. 16.9 k

B
is Boltzman’s constant and µ

is the chemical potential. This quantity is the energy needed to insert a new particle, in the
same state, in the gas in equilibrium. Equation 16.9 shows that, since f must be positive, the
chemical potential of fermions can take any real value, either positive or negative, whereas
that of bosons is bounded to be µ < E.
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If the number density in the phase space is low (this occurs when the density of the gas
is sufficiently low and its temperature is sufficiently high), quantum effects are negligible.
Indeed, from Eq. 16.7 we see that f � 1, which implies E−µ thisk T � 1 3. In case both the

B

Bose-Einstein and the Fermi-Dirac distributions reduce to the classical Maxwell-Boltzmann
distribution

µ−E

f ' e k T
B . (16.10)

Since the function f depends only on E, i.e. it depends only on the norm of the three-
momentum p, the distribution of momenta is isotropic, and we can write∫ ∞

f(p)d3p = 4π

∫
f(p)p2dp . (16.11)

0

Therefore Eq. 16.8 becomes

4πg
∫ ∞ E p2 dpE =

h3 E−µ . (16.12)
0 e k T

B ± 1

Defining the pressure 4 as the momentum flux, we can write

1
P =

3

∫
dN g

p v d3 4π ∞ v p3dp
p = , (16.13)

d3xd3p 3h3

∫
E−µ

0 e k T
B ± 1

where v is the particles velocity and the factor 1/3 takes into account the flux of momentum
along one of the three spatial directions.

Furthermore, the total number of particles and the internal (kinetic) energy of the system
are

N =

∫
dN

d3x d3 4πgV
p =

d3xd3p h3

∫ ∞ p2dp
E−µ , (16.14)

0 e k T∫ B ± 1

dN 3 3 4πgV
∫ ∞ p2dp

U = Ec d x d p = Ec
d3xd3p h3 E−µ , (16.15)

0 e k T
B ± 1

where V is the total volume of the gas.

3In this limit both the chemical potential (in modulus) and the temperature are very large, but
µ/(kBT )→ −∞.

4In this section we denote the pressure with an uppercase P , in order to distinguish it from the three-
momentum p.
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Some useful kinematical relations in Special Relativity

The four-momentum of a relativistic particle is

p~ = (mcγ,p) , (16.16)

where p = mγv is the three-momentum. Moreover, the total energy of the particle is
E = p0c = γmc2. Since p α

αp = −m2c2, it follows that

E2

− + p2 =
c2

−m2c2 , (16.17)

where p is the norm of the three-momentum, and consequently the total energy of the
particle can be written as

E =
√
p2c2 +m2c4 . (16.18)

Since E = mc2γ, the above relation yields

p2c2 +m2c4
γ =

√
, (16.19)

mc2

and since the norm of the particle velocity is v = p/(mγ), we get

pc2
v = √ pc2

= . (16.20)
p2c2 +m2c4 E

16.2.3 A criterion for degeneracy

Let us consider the non-relativistic limit for Ec '
2

1mv2 = p . The latter expression can be2 2m
found by expanding the definition of E when pc� mc2. If we introduce the dimensionless
variables

ζ = e(µ−mc2)/(k T )
B and x2 p2

= , (16.21)
2mkBT

it is easy to see that Eqs. 16.14 reduce to

4πgV 3/2
∞

N = (2mk T )
h3 B

∫
x2dx

, (16.22)
ζ−1ex2

0 ± 1

4πgV 4

U = (2m)3/2 5/2
(k

h B
T )

∫ ∞ x dx
3 1 x2 ,

0 ζ− e ± 1

where we have used the fact that E − µ ' p2 − (µ mc2m − 2).
In principle, these integrals can be solved in terms of special functions and the degeneracy

parameter ζ can be found as a function of the thermodynamical variables. Here we shall
consider explicitly the limit when ζ � 1, in which case the integrals in Eqs. 16.22 simplify
to ∫ ∞ x2dx ' ζ

∫ ∞
x2e−x

2

1
0 ζ− ex2 dx , (16.23)∫ ± 1 0
∞ x4dx ∞

ζ x4e−x
2

dx .
0 ζ−1ex2 ± 1

'
∫

0

Box 16-A
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Using these expressions the ratio between U and N becomes

U
∞
x4e−x

2

dx
= k 0

N BT

∫
∞
x2e

0
−x2

, (16.24)
dx

2

and since
∫∞ 2

x4e dx
0

−x = 3 π and
∞
x2

∫
e x dx = 1 π, Eq. 16.24 gives U = 3Nk T,8

√ ∫
0

−
4

√
2 B

which is the expression of the internal energy of a classical perfect gas. Thus ζ � 1 corre-
sponds to the classical limit. In this limit, from the first of Eqs. 16.22 and Eqs. 16.23 we
find

nh3
3

ζ = (2πmk
g B

T )
− /2

, (16.25)

where n is the number density n = N/V , i.e. the number of particles per unit volume. The
above equation can be rewritten as

ζ =

(
Tdeg

T

)3/2

, (16.26)

where we have defined the degeneracy temperature

2
h2 /3

n
Tdeg = . (16.27)

2πmk
B

(
g

)
If T � Tdeg, then ζ � 1 and the gas behaves as a classical gas. Conversely, if T is comparable
or smaller than Tdeg (i.e. ζ comparable or larger than one), the gas is said to be degenerate.
When h → 0, Tdeg tends to zero, showing that the degeneracy of a gas is of a quantum
nature. Furthermore, Eq. 16.27 shows that at a given density n, Tdeg is higher for particles
with smaller mass m. Strictly speaking, the degeneracy parameter ζ depends on both the
density and the temperature of the gas: ζ ∝ nT−3/2 (see Eq. 16.25); therefore, degeneracy
sets in at high densities or low temperatures.

We note, however, that Eqs. 16.26, 16.27 have been derived under the assumption ζ � 1.
When ζ is comparable to one, Eq. 16.26 provides only a qualitative estimate of ζ.

It is useful to consider some examples:

• A hydrogen gas in normal condition, i.e. T = 300 K and P = 1 bar, has number density
n = 2.5× 1019cm−3 and the degeneracy temperature (since m 24

H2
= 3.3× 10− g) is

Tdeg ∼ 0.13K; therefore ζ ∼ 8.8× 10−6 and the gas behaves as a classical perfect gas.

• For gases heavier than hydrogen ζ and Tdeg are even smaller, and consequently at
ordinary pressures and temperatures they are non-degenerate.

• A gas of photons is always degenerate because mγ = 0, then Tdeg →∞.

• Electrons in metals are degenerate, due to their small mass (me = 9.1× 10−28 g) and
high density (n ∼ 1023 cm−3). Indeed in this case Tdeg ∼ 7.5× 104 K, and ζ ∼ 4× 103

(assuming for example room temperature, T = 300 K).

Let us now go back to white dwarfs. As previously mentioned, they are mainly composed
of helium, carbon, and oxygen, with a small fraction of heavier elements in the inner core.
When the nuclear material in the core has been burnt, the core contracts up to a point
when the distance between two atoms becomes comparable to their size. For example, let
us consider a white dwarf composed of carbon (the results are similar if one considers
helium or oxygen stars). A typical white dwarf has mass ∼ M and radius� ∼ 5000 km,
corresponding to a mean density ρ̄ ∼ 4 × 106 g/cm3. Since the mass of an atom of carbon
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is ∼ 10−23 g, at these densities the average distance among atoms is ∼ 10−10 cm, which
is smaller than its atomic radius ∼ 10−8 cm. In this situation, no more space is left for
the external orbits of the electrons which are squeezed off the atoms, starting a pressure-
driven ionization process; this proceeds as the density increases, progressively involving the
innermost orbits. As a consequence, a dense core of nucleons forms, immersed in a gas of
free electrons. Since, as shown in Box 16-B, T � Tdeg, the electron gas is fully degenerate.

At the same time the shells of lighter elements that surround the stellar core continue
their nuclear evolution until all nuclear fuel is exhausted, and contraction and ionization
processes take place also in the more exterior layers; the star then radiates its residual ther-
mal energy and cools down. A more accurate description of white dwarfs should take into
account other effects, like for example electrostatic corrections due to the fact that the posi-
tive charges are concentrated in individual nuclei rather than being uniformly distributed 5.
However, in what follows we shall neglect these effects and consider a simplified model of
white dwarf at the endpoint of the evolution: we shall assume that the ionization process
has been completed and that the thermal energy has been radiated away, so that the star
is composed exclusively of a dense core of nucleons immersed in a gas of electrons, which
behaves as a degenerate gas at zero temperature.

Relation between the density of the star and the degeneracy temperature
of the electron gas

Since electrons are much lighter than nucleons (me = 9.109× 10−28 g� mn = 1.675×
10−24 g, where me, mn are the masses of electrons and neutrons, see Table A) the
density of a star is contributed mainly by the latter; therefore, if there are κ nucleons
for each electron (for instance κ ∼ 2 for stars that have used their hydrogen fuel and
have formed a helium core) the mass density is

ρ = κnmN , (16.28)

where n is the electron density and mN ' 1.674× 10−24 g is the average nucleon mass
in a white dwarf. Combining Eqs. 16.27 and 16.28, it is possible to establish a relation
between the degeneracy temperature of the electron gas and the density of the star

h2 2/3
1 ρ 2/3

Tdeg =
2πmk

B

(
gmN

) (
κ

)
. (16.29)

Recalling that the values of Planck’s and Boltzman’s constants are, respectively, h =
6.626× 10−27 erg s and k

B
= 1.381× 10−16 erg/K (see Table A), we find

2/3
2.4× 105 ρ

Tdeg ∼
κ2/3

(
3

g/cm

)
K . (16.30)

Considering that the temperature of a white dwarf is of the order of T ∼ 104 K, we see
that at densities ρ ∼ 106 g/cm3( ) , typical for these stars, the degeneracy temperature is

Tdeg ∼ 2.4× 2/3
109 1 K and T � Tdeg, i.e. the electron gas behaves as a degenerateκ

gas.

5Electrostatic corrections have been considered for the first time by Hamada and Salpeter in 1961 [54].

Box 16-B
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16.2.4 The equation of state of a fully degenerate gas of fermions
The structure of a white dwarf can be studied by solving the Newtonian equations of stellar
structure for a fluid in hydrostatic equilibrium (see Box 16-C). In order to solve these
equations it is necessary to know the equation of state of the matter describing the star,
i.e. a relation among the thermodynamical quantities: the pressure, the density, and the
temperature. We shall see that the equation of state (to hereafter EoS) of white dwarfs is
barotropic, i.e. the pressure is a function only of the density, P = P (ρ) (see Sec. 16.3.3).

Since the electron gas in a white dwarf is fully degenerate, ζ � 1 and we cannot use
the approximated relations derived in Sec. 16.2.3, which assumed ζ � 1. Conversely, since
T � Tdeg, we can consider the gas as having T ' 0 temperature.

In the limit T → 0 the Fermi-Dirac distribution function, given by (see Eq. 16.9)

1
f(E) = E−µ , (16.31)

e k T
B + 1

becomes

f(E) =

{
1 for E ≤ EF (or p ≤ pF )

(16.32)
0 for E > EF , (or p > pF )

where
EF = lim µ (16.33)

T→0

is the Fermi energy
energy by EF =
TF = (EF − mec
form 16.32 not only

√ and pF is the corresponding Fermi momentum, related to the Fermi
m2c4 2
e + pF c

2 (see Box 16-A) 6. We also define the Fermi temperature
2)/k. Strictly speaking, the Fermi-Dirac distribution function has the

when T → 0 but whenever T � TF . Note that the condition T � TF
implies that the gas is degenerate; indeed, in this limit (see Eq. 16.21)

2

ζ = e(µ−mec )/(k T )
B = eTF /T � 1 . (16.34)

This relation is different from Eq. 16.26, ζ = (Tdeg/T )3/2, which was obtained under the
assumption ζ � 1. However, it is possible to show that the degeneracy temperature Tdeg

defined in Eq. 16.27 is comparable with the Fermi temperature, Tdeg ∼ TF , therefore also
the condition T � Tdeg ensures that the gas is degenerate.

Since the temperature of the gas is negligible, the particles have negligible kinetic energy.
In these conditions, if they were bosons they would occupy the lowest energy level E = 0,
as it occurs in a Bose condensate. However fermions cannot do this, since Pauli’s exclusion
principle implies that in each energy level there can be at most two electrons, one with spin
up and one with spin down. Thus, electrons will fill all states with energy up to EF (note
that f = 0 when E > EF ).

The Fermi momentum pF can be expressed as a function of the density of the star as
follows. The number of levels with momenta between p and p + dp per unit volume in the
phase space is 7

number of levels 4πp2dp
dχ = = . (16.35)

unit of phase-space volume h3

6As T → 0, the argument of the exponential in Eq. 16.31 tends to plus infinity if E −EF > 0, to minus
infinity if E − EF < 0. Thus, in the former case f(E)→ 0, in the latter f(E)→ 1.

7Remember that in quantum mechanics the phase space is quantized; each energy level corresponds to
a phase-space volume h3.
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Since each level can be occupied by only two electrons, the number of electrons per unit
volume is

N pF pF 8πp2dp 8π
n = = 2

∫
dχ = = p3 .

V 3 3 F (16.36)
0

Using

∫
0 h 3h

the expression of the density given in Eq. 16.28, from Eq. 16.36 we find

1

3
pF = h

(
ρ

8πκmN

)
3

. (16.37)

We shall now show that the thermodynamical quantities can be expressed in terms of the
Fermi momentum. Then, using Eq. 16.37, the pressure will be expressed as functions of the
density, obtaining the EoS P (ρ).

The kinetic energy-density εc of the gas can be determined in terms of pF as follows.
Eq. 16.15 and Eq. 16.32 yield

U 8π
∫ pF 1

εc = =
[(
p2c2 +m2

)
2

ec
4 −m 2

ec dp
h3

0

]
p2 ; (16.38)

V

moreover, the pressure P can be found using Eqs. 16.13, 16.20,

8π
P =

3h3

∫ pF p4c2
dp . (16.39)

0 [p
12c2 +m2

ec
4] 2

The evaluation of the integrals in Eqs. 16.38 and 16.39 is particularly simple in two opposite
regimes: 1) the non-relativistic limit and 2) the ultra-relativistic limit. To this purpose, it
is useful to define a critical density, ρcrit, as the density at which the Fermi momentum
becomes equal to mec; using Eq. 16.37 we find

8π
ρcrit = κ mN

(me c
)3

3
= 0.98× 106κ g/cm . (16.40)

3 h

We can now study the two aforementioned regimes.
Non-relativistic regime: If ρ � ρcrit, pF � mec and the electrons are non-relativistic.
In this case Eq. 16.39 gives

8π
∫ pF p4 8π p5

P = dp = F , (16.41)
3h3

0 me 15h3 me

and using Eq. 16.37
2
( )2/3 5

h 3 1 3
5

P = ρ 3 . (16.42)
5me 8π

(
κmN

)
Thus, the EoS of a non-relativistic, degenerate electron gas is polytropic, i.e. it has the form

P = Kργ , (16.43)

where
h2

K =
5me

(
3

8π

)2/3(
1

κmN

) 5
3 5
, and γ = . (16.44)

3

Note thatK depends only on fundamental quantities, namely Planck’s constant, the electron
mass, and the mass of the nucleons, and on the number of nucleons per electron κ. Moreover,
from Eq. 16.38 the kinetic energy-density in the non-relativistic regime is

8π
εc =

h3

∫ pF

0

[
mec

2

(
1 p2c2

1 +
2 m2

ec
4

)
−mec

2

]
4

p2 π
dp =

h3

∫ pF p4

dp . (16.45)
0 me
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Using Eq. 16.41 we obtain

4π p5

εc = F 3

5h3 me
→ εc = P . (16.46)

2

Ultra-relativistic limit: If ρ � ρcrit, pF � mec and the electrons are ultra-relativistic.
In this case from Eq. 16.39 we find

8π pF

P =

∫
p3 2πc
cdp = p4

3h3
0 3h3 F , (16.47)

and using Eq. 16.37 ) 4

c h 3

P =

( 1/3
3

(
1
)

4

ρ 3 . (16.48)
8 π mNκ

Again, the EoS of a degenerate gas of electrons is a polytropic EoS

P = Kργ , (16.49)

where now ( )1/3 4

c h 3
K =

(
1
)

3 4
, and γ = . (16.50)

8 π mNκ 3

Note that again K depends only on fundamental quantities and on the number of nucleons
per electron κ. Moreover

8π
εc =

h3

∫ pF

p3cdp , (16.51)
0

thus, comparing with Eq. 16.47 we find

εc = 3P . (16.52)

General case: In general, Eqs. 16.38 and 16.39 can be integrated analytically. If we define
the dimensionless Fermi momentum x = pF /(mec), Eq. 16.37 can be written as [32]

8πm3

ρ(x) = ec
3κmN

x3 , (16.53)
3h3

and the integral 16.39 can be solved explicitly, and gives

πm4

P (x) = ec
5κmN

3h3

[
x(2x2 − 3)

√
1 + x2 + 3 sinh−1 x

]
. (16.54)

Eqs. 16.53 and 16.54 provide the white dwarf equation of state P (ρ) in a parametric form,
i.e. in terms of the implicit parameter x. Alternatively, one can solve Eq. 16.53 for x as a
function of ρ and substitute it in Eq. 16.54 to find the barotropic EoS P = P (ρ).

This function (which is monotonically increasing, since both Eqs. 16.53 and 16.54 are
monotonically increasing functions of x) is valid at all densities between the non-relativistic
and the ultra-relativistic limits. It can be checked that by expanding Eq. 16.54 for x � 1
and x� 1, the expression of P (ρ) in the non-relativistic and relativistic regimes considered
above are recovered.

From these expressions we see that, in a degenerate gas, the pressure only depends
on the density, and increases as the density increases. Thus, when the electron gas in the
contracting core of the star becomes degenerate, the pressure gradients become sufficient
to support the equilibrium against gravitational collapse. This is true, as we shall later
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see, provided the mass does not exceed a critical value. We remark that, both in the non-
relativistic and in the ultra-relativistic regime, a degenerate gas is described be a polytropic
EoS.

The main results for the EoS of a fully degenerate electron gas are summarized in Box
16-D.

The Newtonian equations of stellar structure

Let us consider a spherical shell of fluid of radius r and thickness dr; let dV = dAdr
be the volume of an element of the shell, where dA is its section (orthogonal to r),
and dm = ρ dV its mass. The forces acting on the fluid element are the gravitational
attraction exerted by the sphere of mass m(r) inside the shell, and the gradient of
pressure across the shell, multiplied by the volume element; if the fluid element is in
equilibrium, these two forces balance each other, i.e.

dP Gm(r) dP Gm(r)ρ(r)− drdA = dm
dr r2

→ =
dr

− . (16.55)
r2

The mass contained in a sphere of radius r is

m(r) =

∫ r dm
ρ(r) 4πr2dr ,

0

→ = 4πr2ρ(r) . (16.56)
dr

Equations 16.55 and 16.56 can be solved only if we assign a further equation which
relates pressure and density, i.e. an equation of state. We refer the reader to Sec. 16.3.3
for a more extended discussion on the EoS of compact stars. Here we only remark that
in general the pressure is also related to other thermodynamical quantities, such as the
temperature, the chemical potential, etc. However, as we have shown in Sec. 16.2.4, in
the case of white dwarfs the EoS is barotropic, i.e. the pressure depends only on the
density, P = P (ρ). Thus, the closed system of equations which describe the equilibrium
structure of a white dwarf is  dm = 4πr2ρ(r) , dr

 dP Gm(r) (16.57)
= dr
− ρ(r) ,

r2
P = P (ρ) .

Box 16-C
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Summary: the equation of state of a fully degenerate electron gas in the
non-relativistic and in the ultra-relativistic regimes

We here summarize the results of this section for the EoS of a fully degenerate electron
gas, in the non-relativistic and in the ultra-relativistic regimes. We have shown that in
both cases the gas is governed by a polytropic EoS

P = Kργ , (16.58)

where K and γ depend on the regime. It is useful to define

8π (mec
)3

× 6 3
ρcrit = κ mN = 0.98 10 κ g/cm , (16.59)

3 h

in terms of which we have:

• non-relativistic regime, ρ� ρcrit; in this case,

5
γ = (16.60)

3

h2

K =

( ) 5

3
)2/3(

1 3

= 9.92 1012κ−5/3 erg2 s2/g8/3 ,
5me 8π κmN

×

• ultra-relativistic regime, ρ� ρcrit; in this case

4
γ = (16.61)

3
3

ch
(

3
)1/ ( 4

1 3
4

K = = 1.23 1015κ−4/3 /3
erg cm/g .

8 π mNκ

)
×

When the conditions for the non-relativistic or for the ultra-relativistic regimes are not
fulfilled, the EoS of a degenerate gas cannot be written as a polytropic as in Eq. 16.58.
However, it has a barotropic form, P = P (ρ), suitable for numerical integration of
the equations of stellar structure. The analytic expression of this EoS, in terms of the
implicit parameter x = pF /(mec), is

8πm3

ρ(x) = ec
3κmN

x3 , (16.62)
3h3

πm4

P (x) = ec
5κmN

x(2x2 1
3h3

− 3) + x2 + 3 sinh−1 x .

Eqs. 16.62 reduce to the non-relativistic

[
and ultra-relativistic

√
cases in the

]
corresponding

regimes.

16.2.5 The structure of a white dwarf
In order to find the equilibrium configurations of a white dwarf, we shall solve the Newtonian
equations of hydrostatic equilibrium given in Box 16-C using the results obtained in the
previous section.

Box 16-D
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We shall assume that the EoS of matter inside the star is a polytropic one, and we
shall use the values of the polytropic parameters given in Box 16-D, which correspond to
the non-relativistic (ρ � ρcrit), and to the ultra-relativistic regime (ρ � ρcrit). Then, the
complete set of equations which describe the structure of the star is dm = 4πr2ρ , dr

 dP Gm (16.63) =

 dr
− ρ , r2

P = Kργ .

These equations have to be solved by imposing that at r = 0 the density takes some assigned
value ρc, and that at the surface of the star, r = R, the pressure vanishes, i.e.

ρ(0) = ρc, P (R) = 0 . (16.64)

By differentiating the second equation 16.63 and using the first equation, it is easy to
show that the two equations can be combined into the following second-order, ordinary,
differential equation:

1 d
(
r2 dP

)
= −4πGρ . (16.65)

r2 dr ρ dr

It is convenient to write the above equation in a dimensionless form as follows. We introduce
the function Θ(r) such that  ρ = ρc Θn(r) ,

 (16.66)
1+ 1

P = K ρ n
c Θ(n+1)(r) ,

where n is called polytropic index, and

1
γ = 1 + . (16.67)

n

In terms of the function Θ(r) Eq. 16.65 becomes

( 1

(n+ 1)K ρ n−1) 1 d
c

(
r2 dΘ

)
= −4πG Θn. (16.68)

r2 dr dr

If we now introduce the following dimensionless, radial coordinate

1
( 1 2

r (n+ 1)K ρ n−1)
c

ξ = , where α =
α

[
4πG

]
, (16.69)

Eq. 16.68 yields
1 d

(
ξ2 dΘ

)
= −Θn . (16.70)

ξ2 dξ dξ

This is known as the Lane-Emden equation; it is a dimensionless equation, which depends
only on the polytropic index n. Being a second-order, ordinary, differential equation, to find
a unique solution we need to specify the value of Θ and of its derivative at some point,
typically the origin of the star, r = 0. Since ρ = ρc Θn and ρc = ρ(0), the first boundary
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condition is Θ(0) = 1; moreover, since the mass goes to zero as m(r) ∼ 4πρcr
3 , from3

Eq. 16.63 it follows that
dP 4πG∼ − rρ2 (16.71)

3 c ,dr

i.e. dP goes to zero as ∼ r. From the EoS, P = Kργ , we finddr

dP dρ
= Kγ ργ−1 , (16.72)

dr dr

from which it follows that since dP tends to zero, dρ must also tend to zero. Thus, a furtherdr dr
condition to impose is Θ′(0) = 0, where the prime indicates derivative with respect to ξ. In
conclusion the Lane-Emden equation 16.70 must be integrated by imposing the following
boundary conditions at the center of the star:{

Θ(0) = 1 ,
(16.73)

Θ′(0) = 0 .

It can be shown that for γ > 6 (or, equivalently, for n < 5) the solution Θ(ξ) is a monoton-5
ically decreasing function which vanishes for some ξ = ξ1. When Θ = 0 both the density
and the pressure vanish, therefore ξ1 corresponds to the boundary of the star; its value can
be found by integrating the Lane-Emden equation numerically for a fixed value of n.

The procedure to find the stellar structure in Newtonian gravity can be summarized as
follows:

1. Choose a value of γ, use the corresponding polytropic index n = 1 , and integrateγ−1

numerically Eq. 16.70 with the boundary conditions (Eqs. 16.73) up to the value
ξ = ξ1 where Θ = 0. For instance, for γ = 5 and γ = 4 the numerical integration3 3
gives

γ = 5 n = 3 ξ1 = 3.65375 ξ2
1 Θ′(ξ1) = 23 2 − .71406 ,

γ = 4 n = 3 ξ1 = 6.89685 ξ2
1 Θ′(ξ1) = −2.01824 ; (16.74)3

the combination ξ2
1 Θ′(ξ1) is useful to determine the mass of the star, as will be

explained below. It should be noted that since Θ is a monotonically decreasing function
of ξ, at the boundary of the star its first derivative is negative.

2. Assign a value to κ, the number of nucleons per electron, then find K from Eq. 16.60
or Eq. 16.61. Choose a central density ρc. Knowing K and ρc the radius of the star
can be found using the definition of ξ given in Eq. 16.69

(n+ 1)K 1−n

R = αξ1 → R = ξ1

√
ρ 2n
c . (16.75)

4πG

3. The mass of the star, M = m(R), can be determined by integrating Eq. 16.56 as
follows

M =

∫ R ξ1

4πr2ρ(r)dr = 4πα3 ρ

∫
ξ2 Θn

c dξ
0 0

= −4πα3 ρc

∫ ξ1 d Θ
ξ2 d dξ

0 dξ

=

(
dξ

)
−4πα3 ρc ξ

2
1 Θ′(ξ1) ,
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where we have used Eq. 16.70. Finally, the value of M as a function of K and ρc can
be found by using the expression of α given in Eq. 16.69

3

+
M = 4π 2 (n 1)K 2 3−n

ξ1 |Θ′(ξ1)|
[

4πG

]
ρ 2n
c . (16.76)

Let us define
(n+ 1)K

A = , B = 4π ξ2 Θ′(ξ1) , (16.77)
4πG 1 | |

so that
1−n

R = ξ 1
1A

/2ρ 2n
c , (16.78)

and
3

M = BA3/2
−n

ρ 2n
c . (16.79)

Combining Eqs. 16.78 and 16.79, we can finally find a relation between M and R:

M =

(
n 3

n 3 n

BA − ξ 1
−
nn 1 −

1

)
−

R 1−n . (16.80)

The procedure outlined above shows that, once we fix the number of nucleons per electron
κ and the polytropic index n, and integrate (numerically) the Lane-Emden equation to find
ξ1 and Θ′(ξ1), we obtain a family of solutions parametrized by different values of the central
density ρc, with radii and masses given by Eqs. 16.75 and 16.76.

Conversely, if we change the value of κ, the new configuration can easily be obtained by
rescaling the various quantities in the following way

ρ̂ = κ̂ ˆρ , P = P , (16.81)κ

2 κ
m̂(r) = κ m(r) , r̂ = r .κ̂ κ̂

( )
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Note on the numerical integration of the Lane-Emden equation

Since the Lane-Emden equation diverges in ξ = 0, we cannot integrate Eq. 16.70 start-
ing from that point. This problem can be overcome starting the numerical integration
at some small, but finite value of ξ = ξstart, and by Taylor-expanding the solution near
the origin, writing it in terms of Θ(ξstart) and Θ′(ξstart).
Since we know from Eq. 16.73 that Θ(0) = 1 and Θ′(0) = 0, we can write the approxi-
mate solution near ξ = 0 as a power series

Θ(ξ) ' 1 + Θ ξ2 + Θ ξ3 + Θ ξ4 +O(ξ5
2 3 4 ) + . . . ; (16.82)

the truncation order of the series is arbitrary, but let us keep up to the fourth power of ξ
as an example. To determine the values of the coefficients Θ2,Θ3,Θ4 we Taylor-expand
the function Θn on the right-hand side of Eq. 16.70, i.e.

Θn ' 1 + nΘ2ξ
2 +O(ξ3); (16.83)

by substituting Eqs. 16.82 and 16.83 in Eq. 16.70 we find

6Θ2 + 12Θ3ξ + 20Θ4ξ
2 + ... = −[1 + nΘ2 ξ

2] + ... . (16.84)

This equation is satisfied only if the coefficients of the same power of ξ vanish, i.e.

1
1 = −6Θ2 → Θ2 = − ,

6
Θ3 = 0

n
20 Θ4 = −nΘ2 → Θ4 = .

120

Thus, the expansion of Θ(ξ) has only even powers of ξ (this property holds at any order
since ρ(r) must be an even function due to symmetry reasons), and the approximate
solution for Θ and Θ′ near the origin is

1 n
Θ(ξ) ' 1− ξ2 + ξ4 +O(ξ6) (16.85)

6 120
1 n

Θ′(ξ) ' − ξ + ξ3 +O(ξ5) .
3 30

We now have all we need to integrate the Lane-Emden equation numerically: we can
start at, say, ξstart = 10−4 using as initial values the functions in Eq. 16.85 computed
at ξstart. As customary, it should always be checked that the solution does not depend
on the choice of ξstart within some numerical accuracy.

16.2.6 The Chandrasekhar limit
In Sec. 16.2.4 we have shown that if the density in the star is much smaller than the critical
density ρcrit = 0.98 × 106 κ g/cm3, electrons behave as a polytropic gas with γ = 5 and3
n = 3 , while if it is much larger than ρ 4

crit, they behave as a polytropic gas with γ = and2 3

Box 16-E
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n = 3. Moreover, Eq. 16.79 gives

3/2
3

M = BA3/2
−n 3 n

ρ 2n

(
n+ 1 −

c = B K3/2ρ 2n
c . (16.86)

4πG

)
There is an important difference between the non-relativistic and the ultra-relativistic
regimes. In the non-relativistic case (n = 3 ) the exponent of ρ 3 n 1

c in Eq. 16.86 is2 2
− = .n 2

Moreover, using the expressions of K and ρcrit given in Eqs. 16.60 and 16.59, it follows that

3/2 κ−2

K = const , (16.87)
1/2
ρcrit

where the constant depends only on fundamental constants (me, mN , etc.). Therefore,
Eq. 16.86 gives

1/2
ρ

M ∝ κ−2

(
c

ρcrit

)
. (16.88)

Thus, in the non-relativistic regime the mass is an increasing function of the central density.
Conversely, in the ultra-relativistic regime (n = 3) the exponent of the central density

in Eq. 16.86 vanishes, so that the mass does not depend on the central density at all.
An explicit computation (which we leave to the reader as an exercise; all the relevant

fundamental constants are explicitly given in Table A) shows that, in the non-relativistic
regime,

1/2
ρc

M = 2.72 κ−2 M , (16.89)
ρcrit

�

whereas in the ultra-relativistic regime

( )

M = MCh = 5.73 κ−2M . (16.90)�

The quantity MCh is the critical mass above which no equilibrium configuration for a white
dwarf can exist; it is called the Chandrasekhar mass, after Subrahmanyan Chandrasekhar
who derived 8 it in 1931. It should be noted that the information on the internal composition
of the star is contained entirely in the parameter κ. For a white dwarf made of helium, κ = 2
and

MCh = 1.43 M . (16.91)�

The fact that a critical mass should exist can also be understood from the following qual-
itative considerations, which were proposed by Lev Landau in 1932 [74, 73]. A given con-
figuration of matter will be in equilibrium if the gradient of pressure is balanced by the
gravitational attraction per unit of volume. In the non-relativistic case:

5 5

5 M 3 dP M
P ∼ ρ 3 → P ∼

R5
→

dr
∼

3

. (16.92)
R6

In the ultra-relativistic case:
4 4

4 M 3 dP M 3

P ∼ ρ 3 → P ∼
R4

→
dr
∼ . (16.93)

R5

The gravitational force per unit volume scales as

Gm(r)ρ M2

r2
∼ , (16.94)

R5

8The concept of a limiting mass for white dwarfs was first introduced by Chandrasekhar in a paper
published in 1931 [31]. The problem was subsequently investigated in a series of papers, and a complete
account can be found in the book that Chandrasekhar wrote on the subject in 1939 [33].
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and the star is in equilibrium if
dP Gm(r)ρ

=
dr

− . (16.95)
r2

Since in the non-relativistic case the gradient of pressure (Eq. 16.92) and the gravitational
force per unit volume (Eq. 16.94) depend on the radius with a different power, for a given
value of the mass the star can “adjust” the radius until the two forces balance each other.
Conversely, in the ultra-relativistic case (Eq. 16.93) the gradient of pressure and the gravi-
tational force per unit volume have the same dependence on the radius, and therefore the
equilibrium is possible only for one value of the mass, i.e. for the critical mass. If M > MCh

the gravitational attraction exceeds the gradient of pressure and equilibrium configurations
are no longer possible.

An alternative version of this argument is given in Box 16-F.
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Chandrasekhar mass from energy considerations

Let us consider a star of radius R composed of N nucleons, each one of mass mN

1.674× 10−24
'

g (see Box 16-B). From Eq. 16.37, the Fermi energy of the system in the
relativistic limit reads

1/3
3ρ ~ 1/3

c 9πN
EF = cpF = hc

(
8πκmN

)
'
R

(
4κ

)
, (16.96)

where ~ = h/(2π) = 1.055 × 10−27 erg s (see Table A), and in the last step we ap-
proximated ρ/mN with the mean nucleon number density, i.e. ρ/m 3

N ' N/(4πR /3).
Assuming that the star mass is M ∼ NmN , the gravitational energy per nucleon is

GNm 2

EG ' − N
. (16.97)

R

Thus, the star total energy is

1
E ≡ EF + EG =

R

[
~c
( 1

9πN

4κ

) /3

−GNm2
N

]
. (16.98)

A bound configuration requires E < 0 and therefore E = 0 corresponds to the critical
configuration beyond which no equilibrium is possible. The condition E = 0 yields

Nmax '
√

9π ~ 3/2
c

, (16.99)
4κ

(
Gm2

N

)
and therefore the maximum mass is of the order of

1
Mmax = mNNmax '

m2
N

√
9π

4κ

(
~c
G

)3/2

' 3.5M , (16.100)�

where in the last step we assumed κ ' 2. The above maximum mass is only a factor 2
larger than the precise value in Eq. 16.91. Note that, in addition to the proton mass,
the above formula depends on several fundamental constants: the (reduced) Planck
constant, the speed of light, and Newton’s constant, showing that the Chandrasekhar
limit arises from a combination of quantum, relativistic, and gravitational arguments.

Although nowadays the existence of a critical mass for white dwarfs seems an obvious
consequence of the theory, it was not accepted when Chandrasekhar found it. The prejudice
at that time was that white dwarfs were the unique final state of stellar evolution, and that
they could have any mass (neutron stars were discovered much later in 1967). The famous
astronomer Arthur Eddington was the strongest opponent to the new theory, and referred
to it as “a stellar buffonery”. Nobody, at that time, gave to Chandrasekhar any public
support, although a few, as for example Rosenfeld, told him in private that they thought
his result was correct9. However, Chandrasekhar understood that his discovery would have
had important implications, and in 1934 he wrote: “The life history of a star of small mass

9An interesting account of the controversy between Eddington and Chandrasekhar on white dwarfs’
maximum mass can be found in the book “Chandra: a biography of S. Chandrasekhar” [116].

Box 16-F
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must be essentially different from the life history of a star of large mass. For a star of small
mass the natural white-dwarf stage is an initial step towards complete extinction. A star
of large mass cannot pass into the white-dwarf stage and one is left speculating on other
possibilities”.

It should be stressed that the Chandrasekhar mass is a static limit, i.e. it refers to the
equilibrium configuration. However, even if a star is in equilibrium it may be unstable against
small perturbations. In this case the star would be dynamically unstable (see Sec. 16.3.9).

A second point which should be noted is that in the derivation of the critical mass,
General Relativity plays no role. The basic ingredients are special relativity and the Fermi-
Dirac statistics.

Mass-radius diagram for a white dwarf

The mass-radius diagram of white dwarfs can be found by integrating the Newtonian
equations of stellar structure given in Box 16-C, for different values of the central
density and assuming the white dwarf EoS derived in Sec. 16.2.4 (Eq. 16.62). The
result of the numerical integration, assuming κ = 2, is shown in Fig. 16.1. As expected,
there exists a maximum mass, M = MCh

3
' 1.4M , corresponding to a radius R� ∼

10− R ∼ 700 km. The small discrepancies between the theoretical and observed values�
of the mass and radius of Sirius B are due to the assumption of zero temperature in
the computation leading to Eq. 16.62, see Ref. [97] for a discussion. The configurations
on the left of maximum are unstable, as will be explained in Sec. 16.3.9.
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Figure 16.1: Mass-radius diagram of a zero-temperature white dwarf. Each point on the curve
corresponds to a different value of the central density of the star. The marker with error bars
is the mass and radius of Sirius B.

Box 16-G
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16.3 NEUTRON STARS
As discussed in Sec. 16.1, when the mass of the progenitor star is in the range ∼
(8, 20− 30) M , its thermonuclear evolution leads to a supernova explosion whose remnant�
is a neutron star. In this section, after a brief review on the discovery of these extremely
compact objects, we shall discuss their internal composition and derive the general rela-
tivistic equations which allow to determine the internal structure and the gravitational field
of these stars.

16.3.1 The discovery of neutron stars
The first explicit prediction of the existence of neutron stars was made by Walter Baade
and Fritz Zwicky in 1934, two years after the discovery of the neutron [10, 12, 11]. They
suggested that supernovae mark the transition from ordinary stars into neutron stars, and
in [11] they wrote: “Such a star may possess a very small radius and an extremely high
density. As neutrons can be packed much more closely than ordinary nuclei and electrons,
the “gravitational packing” energy in a cold neutron star may become very large and,
under certain circumstances, far exceed the ordinary nuclear packing fractions. A neutron
star would therefore represent the most stable configuration of matter as such.”

As mentioned in Sec. 16.1, neutron stars are often observed as pulsars, and it is inter-
esting to follow the historical path that led to the discovery of pulsars and that allowed to
establish the connection between supernova explosions and neutron stars. In 1942 Baade
identified the Crab Nebula and the star in its center as the remnant of the supernova explo-
sion that occurred in 1054, which was observed by the Chinese astronomer Yang Wei-te [13].
Twenty-five years later, in 1967, Jocelyn Bell, Antony Hewish, and collaborators discovered
the first pulsar [62]. The observed radio pulses were separated by the very short time in-
terval of 1.33 seconds and were extremely regular; it was soon realized that they could not
be of human origin since they came from outside our solar system. In the same year the
Italian astronomer Franco Pacini suggested that a rotating neutron star with a magnetic
field would emit pulsed radiation [88]. However, the correlation between pulsars and super-
novae was firmly established only when a pulsar was discovered in the remnant of the Vela
supernova [76] and a very fast pulsar (with period P = 0.033 s) was discovered in the Crab
Nebula [107]. Thus, more than thirty years later, the prediction of Baade and Zwicky was
finally confirmed.

16.3.2 The internal structure of a neutron star

Current studies on the internal structure of neutron stars show that these stars can be
modeled, as shown in Fig. 16.2, as a sequence of layers of different composition and thickness
surrounding an innermost core. Proceeding from the exterior, we first encounter an outer
crust, about 0.3 km thick, an inner crust, ∼ 0.5 km thick, and a core extending over about
10 km. We shall assume that the temperature of matter in the neutron star interior is
T = 0 K. Indeed, shortly after their birth (∼ a year after) neutron stars reach temperatures

T . 109 3
K; since at the densities typical of neutron stars (ρ̄ ∼ 1014 g/cm ) neutrons have a

Fermi (kinetic) energy EF −mnc
2 ∼ 10−5 erg (see Eq. 16.37), which corresponds to a Fermi

temperature T 2 11
F = (EF −mnc )/k ∼ 10 K, then T � TF , which justifies our assumption

(see the discussion in Sec. 16.2.4). In addition neutron stars are transparent to neutrinos,
because the mean free path of neutrinos in nuclear matter at T . 109 K is much larger than
the typical radius of a neutron star, R ∼ (10− 15) km.

• The outer crust.
The matter density ranges from ∼ 107 g/cm3 to 4× 1011 g/cm3. It is composed of a
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Figure 16.2: Schematic view of a neutron star internal structure (not in scale).

lattice of heavy nuclei immersed in an electron gas. Proceeding from the external to
the internal boundary, as the density increases the inverse β-decay process becomes
more and more efficient and neutrons are produced copiously according to Eq. 16.4

e− + p→ n+ νe . (16.101)

The produced neutrinos only weakly interact with the matter and leave the star. In
the outer crust the pressure is mainly provided by the degenerate electron gas. At
ρ = ρd = 4 × 1011 3

g/cm all bound states available in the nuclei for neutrons are
filled. Neutrons can no longer live bound to the nuclei and start leaking out; this
phenomenon is called neutron drip.

• The inner crust.
In this region the density ranges between ρd and the nuclear density ρ0 = 2.67 ×

1014 3
g/cm , and the dominant contribution to pressure is due to the neutron gas.

Matter is composed of a mixture of two phases: one, with density comparable to ρ0,
is rich of neutrons and is therefore called neutron-rich matter (NRM); the other is a
neutron gas (NG). An electron gas is also present to ensure charge neutrality. In order
to determine the fundamental state of matter in this region, one has to specify the
density of the two phases, ρNRM and ρNG, which determines the fraction of volume
each phase occupies, the proton fraction in the NRM, and the geometrical properties
of the structures that are formed by the two phases; these strongly depend on surface
effects at the interface between different phases. For ρd . ρ . 0.35 ρ0, the minimum
energy configuration is formed by spherical drops of NRM, surrounded by the NG. For
higher densities the separation between spheres decreases up to the touching limit.
Consequently, for 0.35 ρ0 . ρ . 0.5 ρ0 the spheres merge, forming bar-type structures,
called “spaghetti phase”, and for 0.5 ρ0 . ρ . 0.56 ρ0 the bars merge to form slab-
type structures, called “lasagna phase”. For larger densities, the merged nuclei of NRM
become a uniform fluid, with increasingly smaller contributions of “pasta phases” of
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NG. When the density reaches the nuclear density ρ0 the two phases are no longer
separated and form a homogeneous fluid of protons, neutrons, and electrons.

• The core.
For ρ > ρ0, in the so-called outer core of the neutron star, matter is composed of a

homogeneous fluid of p, n, e−, in β-equilibrium, i.e. in equilibrium with respect to
the neutron β-decay

n→ p+ e− + ν̄e , (16.102)

and to the inverse β-decay given in Eq. 16.101. By minimizing the free energy one
finds that matter in the core is stable only if protons are up to about 10% of the total.
It should be stressed that the main contribution to the pressure in the core comes from
neutrons; since they are more massive than electrons, the total energy is also mostly
provided by the neutrons themselves. Neutrons, as electrons, are fermions. However,
the pressure they generate cannot be associated only to Pauli’s exclusion principle,
because at the core densities we can no longer treat neutrons as non-interacting par-
ticles, as we did for the degenerate electron gas in white dwarfs. Indeed, if we assume
that the neutron star is composed of non-interacting neutrons, we find a maximum
mass of 0.7 M , which is much lower than the mass of observed neutron stars [87].�

In addition, several processes may develop at higher density (ρ & 2ρ0), in the inner
core. For instance, as the density increases electrons become more energetic and their
kinetic energy increases. So does the chemical potential which, we remind, is the
energy needed to insert a new particle in the same state in a gas in equilibrium. Thus,
at some density the chemical potential of the electrons becomes larger than the rest
mass of the muon mµ− = 105 MeV. At this point the decay of a neutron through the
reaction

n→ p+ µ− + ν̄µ , (16.103)

which creates the muon, becomes energetically more convenient than the neutron β-
decay given in Eq. 16.102. Neutrinos escape through the surface, whereas n, p, e−, µ−

remain trapped in the core. Furthermore, other particles may form in the core at high
density. For instance in some models heavy baryons may form through the reaction

n+ e− → Σ− + νe ; (16.104)

or, when ρ ∼ 2 − 3 ρ0, π or K mesons may also appear; these particles are bosons
and therefore not subjected to Pauli’s exclusion principle; in this case a Bose-Einstein
condensate may form in the innermost region of the star. Or, even further, since
nucleons are known to be composite objects of size

15
∼ 0.5− 1.0 fm, corresponding to a

density ∼ 10 g/cm3, if the density in the core reaches this value matter undergoes
a transition to a new phase, in which quarks are no longer confined into nucleons or
hadrons 10. Thus, at high densities different particle content would lead to different
equations of state.

There is a quite general consensus on the EoS of matter in the outer and inner crust, and
in the outer part of the core, because at these densities the properties of matter are con-
strained by experimental data on neutron-rich nuclei. Conversely, densities and energies as
those prevailing in the inner part of the core are presently unreachable in a laboratory; con-
sequently, the variety of models of EoS at supranuclear densities proposed in the literature

10This phase transition may lead to the formation of quark stars, which are composed of deconfined
quarks. It has been suggested that a quark star would be a sort of large “nucleus” formed of a mixture of
up, down, and strange quarks, which would be the “ground state of matter”, i.e. the lowest energy phase
of matter in the Universe [23, 120].
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are based on theoretical studies, and are only partially constrained by empirical data. More-
over, since hadronic matter at these densities is described by the non-perturbative regime of
quantum chromo-dynamics, our theoretical understanding of its behaviour is also limited.
Astrophysical and gravitational wave observations of neutron stars will provide information
to constrain these models, and eventually understand the behaviour of matter in the inner
core of these stars (see Box 16-I). A detailed description of the equations of state of neutron
stars is beyond the scope of this textbook; the interested reader can find further information
e.g. in [77, 53, 50].

The typical mass and radius predicted by the EoS proposed in the literature range
roughly within M ∼ [1− 3]M and R ∼ [10 15] km, an stellar compactness� − d the is of the
order of

GM 1

c2R
∼ 10− (16.105)

GM(we remind that 2
� ∼ 1.47 km); therefore, to determine the structure of a neutron starc

General Relativity must be used. In what follows we shall first introduce the tools that
are needed to describe perfect fluids in General Relativity; we shall then derive the equi-
librium equations of a compact star, on the assumption that matter in the interior can be
approximated as a perfect fluid.

In the rest of this chapter we shall use geometrized units G = c = 1 .

16.3.3 Thermodynamics of perfect fluids in General Relativity
Let us consider a perfect fluid – i.e., a non-viscous fluid in which heat flux is absent – with
fixed chemical composition and in thermodynamical equilibrium.

We can describe its (macroscopic) motion in terms of a stream of curves, which are
worldlines of small fluid elements, i.e. in terms of a four-velocity field uα(x) which is tangent
in each point to these worldlines.

As in non-relativistic fluid dynamics and thermodynamics, the fluid elements are such
that their three-volume is much larger than the scale of the microphysical interactions (for
instance, nuclear interactions) 11, but it is small with respect to the macroscopic length-
scales of the system. In particular, we require that the three-volume of the fluid element
is small with respect to the length-scale of the gravitational interaction (i.e., the curvature
radius) so that it can be covered by a single LIF. It is then possible to approximate each
fluid element with a point particle located, for instance, at its center of mass.

Let us consider a fluid element located at the space point Q0 at a time t0. We can
define a LIF centered in the event q0 = (t0, Q0), and such that the fluid element in q0 is at
rest, i.e. the frame is comoving with the fluid element. Thus in this frame the four-velocity
of the fluid in q0 is simply uµ = (1, 0, 0, 0). In the following we shall indicate this frame
as LICF (locally inertial comoving frame). We have assumed that the three-volume of the
fluid element is small enough to be covered by the LICF and thus, for a short enough time
interval, its four-volume is also covered by the LICF (see Fig. 16.3).

It is always possible to define a LICF, because the Equivalence Principle guarantees the
existence of a LIF centered in q0; a Lorentz transformation (which maps a LIF into another
LIF, see Sec. 1.5) can make it comoving with the fluid element in q0. We remark that the
LICF should not be confused with the Fermi frame of the fluid element (see Sec. 3.9): the
Fermi frame is comoving with the fluid element along its entire motion, but it is not locally
inertial (unless the motion of the fluid is geodesic); conversely, the LICF is locally inertial,

11It is also required that the three-volume is large enough to contain a sufficiently large number of particles
to properly define thermodynamical variables.
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Figure 16.3: The LICF around an event q0 = (t0, Q0) in the fluid. For simplicity, we only show
2 + 1 dimensions (two for space, one for time).

but it is only momentarily comoving with the fluid element, i.e. in a short time interval
around t0.

According to the Equivalence Principle, the fluid in the LICF is governed by the laws
of Special Relativity for a fluid at rest. Since the fluid is in thermodynamical equilibrium,
we can define the following thermodynamical quantities measured in the LICF:

• the number of baryons per unit of volume, or baryon number density n;

• the energy density ε, which includes the rest-mass energy and the potential energy of
the interactions;

• the pressure 12 p;

• the temperature T ;

• the entropy per baryon s.

Note that we define the baryon number density, and not the particle number density, because
the number of particles can change when they interact, while the baryon number is conserved
by all interactions. If we assume that the star does not contain antimatter and that the
mesons content is negligible, the baryon number 13 coincides with the actual number of
baryons. Since baryons are much heavier than electrons and neutrinos, the star rest mass

12To hereafter, at variance with Sec. 16.2, we denote the fluid pressure and energy density with a lowercase
p and ε, respectively.

nq nq̄13The baryon number is B =
−

where nq is the number of quarks, and nq̄ is the number of
3

antiquarks, and is a conserved quantum number.
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is due, with a good approximation, to baryons only. We also define the baryon rest-mass
density as ρ = mnn, where mn is the neutron mass.

If we consider a different point Q of the fluid, and a different time t, we can always
construct a LICF around the event q = (t, Q), and define the thermodynamical quantities
n, ε, p, T, s in q.

As discussed in Sec. 16.2.4 (see also Box 16-C), the equation of state of a thermody-
namical system is a relation among its thermodynamical variables. In the case of a perfect
fluid, the EoS gives one of the thermodynamical variables in terms of two of the others, for
instance

ε = ε(p, s) . (16.106)

This reflects a remarkable property of perfect fluids with fixed chemical composition: given
the values of two thermodynamical variables, the values of all the others are uniquely
determined. In other words, the thermodynamical state is completely determined by two
thermodynamical variables. The explicit form of the EoS encodes the information on the
microphysics of the system, and ultimately on the hadronic interactions occurring at high
density.

Baryon number conservation law

The first of the equations describing fluid thermodynamics in General Relativity is the
baryon number conservation law, also called continuity equation:

(nuα);α = 0 . (16.107)

In order to derive Eq. 16.107 let us consider a fluid volume V passing through q0 = (t0, Q0),
small enough to be contained in the domain of the LICF in q0. This volume contains a
number A = nV of baryons, which does not change with time due to the conservation of
baryon number, i.e.

d
(nV ) = 0 (16.108)

dτ

where τ is the proper time of the fluid element at the LICF origin. This equation is not
covariant, but in the following we shall show that it can be rewritten as Eq. 16.107, which
is a tensor equation valid in any reference frame.

Let {xα} = {t, x1, x2, x3} be the coordinates of the LICF, and let us assume for simplicity
that V is a cube of edges ∆x1 = ∆x2 = ∆x3 = L and that the LICF origin, Q0 = (0, 0, 0),
is chosen as in Fig. 16.4. In Q0 the fluid is at rest, but inside the volume it has a small
velocity (relative to Q0)

vi
dxi

= . (16.109)
dt

We expand Eq. 16.108 as follows

d
(nV ) = uα (nV ),α = n,αV u

α + nV,αu
α = 0 . (16.110)

dτ

Let us first evaluate the order of the various terms in Eq. 16.110. In the LICF (and thus
in the small volume V ) gµν = ηµν + O(x2) (see Box 3-A); moreover, since the LICF is a
comoving frame, vi(Q0) = 0 and thus

i ∂vi
v = xj +O(x2) = O(x) . (16.111)

∂xj
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Figure 16.4: The fluid volume V in a LICF at some fixed instant of time.

Therefore,

dτ =
√
−gαβdxαdxβ = dt

√
−g00 + 2g0ivi + gijvivj = dt

√
1 +O(x2) = dt+O(x2) .

(16.112)
Consequently, the components of uα read

u0 dt
= = 1 +O(x2)

dτ

ui
dxi

= = vi 1 +O(x2) = O(x) . (16.113)
dτ

The term V,αu
α in Eq. 16.110 can then be written

[
as

]

V,αu
α = V,0u

0 + V,iu
i = V,0 +O(x) . (16.114)

In order to determine V,0, we shall evaluate how the volume V changes in a time interval
δt. The separation between the two faces orthogonal to the x1 axis (see Fig. 16.4), ∆x1,
change as [

dx1 dx1 ∂v1

δ(∆x1) = ∆(δx1) = δt
dt

]
face 2

−
[

δt
dt

]
= ∆v1δt = ∆x1 δt . (16.115)

face 1 ∂x1

Similarly,

∂v2

δ(∆x2) = ∆x2 δt (16.116)
∂x2

δ(∆x3 ∂v3

) = ∆x3 δt ,
∂x3
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and the volume V = ∆x1∆x2∆x3 changes as

δV = δ(∆x1)∆x2∆x3 + δ(∆x2)∆x3∆x1 + δ(∆x3)∆x1∆x2 (16.117)
3

=
∑ ∂vi

L3 δt
∂xi

i=1

so that (leaving implicit the sum on i = 1, . . . , 3)

∂V ∂vi
= V . (16.118)

∂t ∂xi

Then, Eq. 16.114 becomes

∂vi
Vαu

α = V 0
,0u + V,iu

i = V +O(x) , (16.119)
∂xi

and since ui = vi
[
1 +O(x2)

]
we find

α ∂uα
Vαu = V +O(x) . (16.120)

∂xα

By replacing this term in Eqs. 16.110 and evaluating it in Q0 we finally find

d
(nV ) = n α

,αV u
α + nV uα,α = V (nu ) α

,α = 0
dτ

→ (nu );α = 0 , (16.121)

where we have used the property that ordinary and covariant derivative coincide in a LIF.
We have thus derived Eq. 16.107, which is a tensor equation, satisfied in any reference frame.

The first law of thermodynamics

Let us consider a fluid element (small enough to be covered by a LICF) with energy density
ε and entropy per baryon s; a fluid element of volume V (measured in the LICF), consisting
of a number A = nV of baryons, has energy E = V ε and entropy S = As. The first law of
thermodynamics,

dE = −pdV + TdS , (16.122)

can then be written as

d

(
A
ε

n

)
= −pd

(
A

n

)
+ Td(As) . (16.123)

Multiplying by n/A, we get
ε+ p

dε = dn+ nTds . (16.124)
n

Using an EoS for instance in the form

ε = ε(n, s) , (16.125)

by differentiating with respect to the thermodynamical variables, we find(
∂ε

∂n

)
ε+ p

= and
s n

(
∂ε

(16.126)
s

)
= nT ,

∂ n
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where the subscript in the brackets indicates that the partial derivative is taken keeping the
quantity in the subscript constant. The pressure and the temperature of the fluid can then
be expressed as

p(n, s) = n

(
∂ε

∂n

)
s

− ε (16.127)

1
T (n, s) =

n

(
∂ε

∂s

)
. (16.128)

n

Thus, as anticipated above, given an EoS – namely a relation between one thermody-
namical variable (ε in the previous example) and two others (n and s) – the remaining
thermodynamical variables (p and T in the example) can be determined using the first law
of thermodynamics.

Another important function which describes the fluid is the chemical potential µ, which
is the energy per baryon required to insert a small extra quantity of fluid composed by
δA baryons, in the fluid volume in the same thermodynamical state. The volume variation
due to the introduction of the extra baryons is δV = δA/n (n does not change since the
variation occurs in the same thermodynamical state). The energy needed to insert the δA
baryons is the sum of the energy of the baryons, εδV , and of the energy needed to change
the volume of the fluid by δV , i.e. the work pδV . Consequently

pδV + εδV p+ ε
µ = = , (16.129)

δA n

and, from Eq. 16.126, we get (
∂ε

µ =
∂n

)
. (16.130)

s

Barotropic equation of state

If the EoS does not depend on temperature or entropy, i.e. ε = ε(n), it is named barotropic
(see also Sec. 16.2.4). In this case, using Eq. 16.127 the EoS can also be written as

p = p(ε) or ε = ε(p) (16.131)

i.e., an equation relating the pressure and the energy density. Since ∂ε = 0, from∂s n
Eq. 16.128 it follows that the temperature of a barotropic fluid is zero.

For a barotropic EoS, the first law of thermodynamics becomes

( )

ε+ p
dε = dn . (16.132)

n

By differentiating the definition of the chemical potential, Eq. 16.129, and using Eq. 16.132
we find

ε+ p dε+ dp dp
dµ = − dn+ = ; (16.133)

n2 n n
therefore for a barotropic EoS we also have

dp = ndµ . (16.134)

The polytropic EoS which we have used to model white dwarfs is barotropic. As discussed
in Sec. 16.3.2, a neutron star after about one year from birth reaches temperatures much
smaller than the Fermi temperature of neutrons in the core; therefore they can be treated
as having vanishing temperature and modeled using a barotropic EoS. Main-sequence stars
(like our Sun), or newly born, hot neutron stars, conversely, have a non-barotropic EoS with
non-trivial dependence on temperature and entropy.
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16.3.4 The stress-energy tensor of a perfect fluid
In a perfect fluid, both viscosity and heat flow are absent. As explained in Chapter 5, in a
LIF T 00 is the energy density, T 0i (i = 1, 2, 3) is the energy which flows per unit time across
the unit surface orthogonal to the axis xi, and T ij is the amount of the i-th-component of
momentum which flows per unit time across the unit surface orthogonal to the axis xj . In
the non-relativistic limit, this quantity is the i-th-component of the force per unit surface
orthogonal to the axis xj .

Let us consider a fluid element and the associated LICF. In this frame the fluid is at
rest and the components of the stress-energy tensor are the following

• T 00 = ε, the energy density.

• T 0i = 0, indeed the fluid element does not exchange energy with its surroundings,
because there is no heat flow.

• T ij = pδij , indeed in a perfect fluid no tangential stresses are allowed, which means
that the force exerted on the surface orthogonal to the axis xj must be orthogonal to
the surface, and this force per unit surface is, by definition, the pressure.

Thus, in the LICF the expression of the fluid stress-energy tensor is

Tµν =


ε 0 0 0


 0 p 0 0

0 0 p 0
0 0 0 p



and,

  , (16.135)

since in this frame the four-velocity of the fluid element is uµ = (1, 0, 0, 0), it can also
be written as

Tµν = (ε+ p)uµuν + pηµν . (16.136)

In addition, in a LICF gµν ≡ ηµν , therefore we can also write

Tµν = (ε+ p)uµuν + pgµν . (16.137)

This is a tensorial expression and, by the General Covariance Principle, it must be valid
in any other reference frame. Thus, Eq. 16.137 is the covariant form for the stress-energy
tensor of a perfect fluid in General Relativity. Note that although Eq. 16.137 holds in
any frame, ε and p are defined as the energy density and the pressure of the fluid element
measured by a locally inertial, comoving observer. These quantities are, by definition, scalar
fields on the manifold, and their value in a given point does not depend on the coordinate
frame. Also note that according to Eq. 16.135, which follows from the assumption that
viscosity and heat flow are absent, a comoving observer sees the fluid as isotropic.

Fluid equations from the stress-energy tensor

The stress-energy tensor 16.137 satisfies the divergence-free equation (see Chapter 5)

Tµν;ν = 0 . (16.138)

Its contraction with uµ yields

u Tµν µ
µ ;ν = uµu uν(ε+ p),ν + (ε+ p)(u µ

µu uν;ν + uµu
µ
;νu

ν) + uνp,ν

= −uνε,ν − (ε+ p)uν;ν = 0 , (16.139)
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where we have used the relation

1
uµ(uµ);ν = (uµu

µ);ν = 0 . (16.140)
2

Using the baryon number conservation 16.107, Eq. 16.139 gives

uνε = −(ε+ p)uν
ε+ p

,ν ;ν = uνn,ν , (16.141)
n

i.e.
dε ε+ p dn

= . (16.142)
dτ n dτ

On the other hand, from the first law of thermodynamics (Eq. 16.124),

dε ε+ p dn ds
= + nT , (16.143)

dτ n dτ dτ

and the two equations are compatible only if

ds
= 0 , (16.144)

dτ

which reflects the fact that in a perfect fluid a fluid element does not exchange heat with its
surroundings. Thus, the divergenceless equation of the stress-energy tensor and the baryon
number conservation imply that a perfect fluid is isentropic. Note that we have not assumed
that the EoS is barotropic; this property applies both to cold and warm perfect fluids.

To study the space components of Eq. 16.138 we define the projector onto the subspace
orthogonal to uµ,

Pµν = gµν + uµuν . (16.145)

This is a projector because P 2 = P , and it projects onto the subspace orthogonal to uµ

since P uνµν = 0. By applying Pµν to Eq. 16.138 we find

αβ βPγαT
α

β = Pγα

[
(ε+ p),βu uβ; + (ε+ p)(uβuα;β + uαu ;β) + gαβp,β

= (gγα + uγuα)(ε+ p)uβuα;β + P β
γ p,β

]

= (ε+ p)uβuγ;β + P β
γ p,β = 0 , (16.146)

where we have used Eq. 16.140. This equation gives

P β
γ p,β = −(ε+ p)uβuγ;β , (16.147)

and shows that the pressure gradient projected on the subspace orthogonal to uµ (that is,
the space gradient of the pressure) is equal to the fluid acceleration, uβuγ;β , multiplied by
the sum of the energy density and the pressure; this is the relativistic generalization of one
of Euler’s equations.

16.3.5 The equations of stellar structure in General Relativity
In this section we shall derive the equations describing the structure of a non-rotating star
in static equilibrium in General Relativity. Since the spacetime generated by the star is
static and spherically symmetric, as discussed in Chapter 9 the appropriate form of the
metric is given by Eq. 9.15, i.e.

ds2 = −e2ν(r)dt2 + e2λ(r)dr2 + r2(dθ2 + sin2 θdϕ2) . (16.148)
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We shall assume that the interior of the star is described by a perfect fluid, with stress-energy
tensor given by Eq. 16.137:

Tαβ = (ε+ p)uαuβ + pgαβ , (16.149)

where uα = dxα is the four-velocity of a fluid element, and p and ε are the pressure and thedτ
energy density, as discussed in the previous section. The pressure and energy density are
related by an assigned EoS.

It should be stressed that ε is the relativistic energy density which, in the non-relativistic
limit, reduces to the rest energy density ρc2 (in physical units), where ρ is the mass density.

At this point some considerations about the dimensions of the physical quantities are in
order. Since we are working in G = c = 1 units, Tµν has the same dimensions as Gµν , i.e.

[Tµν ] = (length)−2 . (16.150)

Consistently, both ε and p have (length)−2 dimensions. In physical units,

G G
ε = εphys , and p = pphys , (16.151)

c4 c4

1 2
[εphys] = [pphys] = (mass)(length)

−
(time)

−
.

Since by assumption the fluid is at rest, the only non-vanishing component of the velocity
of the generic fluid element is u0 and the normalization of uµ gives

g uµuν = −1 → ut ν
µν = e− , ut = −eν . (16.152)

Therefore, the non-vanishing covariant and contravariant components of the stress-energy
tensor read

Ttt = ε e2ν Tθθ = r2 p
(16.153)

Tr = 2
r p e λ T = sin2

ϕϕ θ Tθθ ,

and
T tt = ε e−2ν T θθ = p

r2

T rr = p e−2λ Tϕϕ = 1 T θθ
(16.154)

2 .
sin θ

Thus, the field equations are

Gµν = 8πTµν (16.155)

Tµν
1 ∂

= √ µgTµν + Γ T νλ;ν = 0 . (16.156)
−g ∂xν

It

(√
−

)
λν

should be noted that Eqs. 16.155, 16.156 are not independent. Indeed, as discussed in
Chapter 6, the divergence-free equation satisfied by the stress-energy tensor is a consequence
of the Bianchi identities satisfied by the Riemann tensor.

In order to write explicitly Eq. 16.156 we need the expression of Christoffel’s symbols for
the metric 16.148 which has been computed in Box 9-A, and we rewrite here for convenience:

Γttr = ν,r , Γrtt = e2(ν−λ)ν,r , Γrrr = λ,r , (16.157)

Γrθθ = −e−2λr , Γrϕϕ = −e−2λr sin2 θ

Γθrθ = 1 , Γθr ϕϕ = − cos θ sin θ

ϕΓθϕ = cos θ 1
, Γϕrϕ = .sin θ r

In addition √
−g = r2eν+λ sin θ . (16.158)
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The only non-trivial component of Eq. 16.156 is for µ = r and gives

1 ∂√
(√
−gT rν

)
+ Γr T νλ

−g ∂xν λν = 0 , (16.159)

i.e.

1 ∂√
(√
−gT rr

)
+ Γr T tt + +Γr T rr + Γr T θθ + Γr Tϕϕ =

−g ∂r tt rr θθ ϕϕ (16.160)

e−(ν+λ) ( λ
λ p

r2e(ν+ ) e−2

pe−2λ
)

+ e2(ν−λ)ν,rεe
−2ν + e−2λλ,rp− 2 = 0 ,

r2 ,r r

which reduce to
p

ν,r = − ,r
. (16.161)

ε+ p

Einstein’s equations (see Eqs. 9.18,...,9.21) give

1 d
Gtt = 8πTtt → e2ν r 1 e−2λ = 8πε e2ν , (16.162)

r2 dr

[
−

1 2
Grr = 8πT r → − e2λ

r

(
1

(
− e−2λ

)
+

)]
ν,r = 8πp e2λ , (16.163)

r2 r

Gθθ = 8πTθθ → r2 ν,r λ,r
e−2λ

[
ν + ν2
,rr ,r +

r
− ν,rλ,r −

r

]
= 8πr2 p . (16.164)

If we define

1
m(r) ≡ r

(
1− e−2λ(r)

)
→ e−2λ(r) 2m(r)

= 1− , (16.165)
2 r

Eq. 16.162 becomes
dm

= 4πr2 ε , (16.166)
dr

which is the generalization of the Newtonian equation 16.56. Furthermore, Eq. 16.163 can
be rewritten as (

1− e−2λ 2 −
r

− e 2λν,r =
2 r

−8π p , (16.167)

which, using Eq. 16.165, becomes

)

2

r

(
2m 2m

1− ν,r = 8π p , (16.168)
r

)
r3
−

which gives
m+ 4πr3p

ν,r = . (16.169)
r (r − 2m)

In the Newtonian limit the pressure in geometrized units is small compared to the energy
density. For example in the case of the Sun, the pressure-to-density ratio at the center is
∼ 10−6. In addition m(r)� r and Eq. 16.169 reduces to

m(r)
ν,r ' . (16.170)

r2

Recalling that in this limit e2ν → m(r)1+2Φ, where Φ is the Newtonian potential and Φ,r = r2 ,
Eq. 16.170 simply shows the Newtonian result that the gravitational force at r is exerted by
the mass enclosed within a sphere of radius r. Eq. 16.169 shows that in General Relativity
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there is an additional contribution, 4πr3p, which is due to the pressure: this term acts as an
effective mass (note that p and ε have the same dimensions). This means that the gravita-
tional attraction exerted on the mass shell between r and r+dr is due to both contributions,
and the pressure – which should contrast gravity – to some extent enhances its effects.
This phenomenon is called regeneration of the pressure. Finally, Eqs. 16.161 and 16.169
can be combined, and the final set of equations, known as the Tolman-Oppenheimer-
Volkoff (TOV) equations, is dm = 4πr2 ε

dr

 (16.171) dp (ε+ p)[m(r) + 4πr3 p]
= − .

dr r[r − 2m(r)]

The above system is closed if we assign a barotropic EoS of the form p = p(ε) (or ε =
ε(p)). If this assumption is not satisfied, the pressure may depend on other quantities such
as the entropy or the chemical composition; in this case the TOV equations have to be
supplemented by further equations which describe the behaviour of the different quantities.

Boundary conditions of the TOV equations

The system of equations 16.171, supplemented with a barotropic EoS, consists of two first-
order, ordinary differential equations. As such, it requires two boundary conditions at some
point (respectively on m(r) and p(r)), for instance at the center of the star. The first
boundary condition is m(r = 0) = 0. Indeed, if we take a tiny sphere of radius r = x, the
proper circumference is 2πx and the proper radius is∫ x

eλdr
0

' eλx , (16.172)

hence their ratio is 2πe−λ. Since, by the Equivalence Principle, the spacetime is locally flat
the ratio between the circumference of this infinitesimal sphere and the radius must be 2π.
This implies that eλ → 1 as r → 0. Since

e2λ 1
= , (16.173)

1− 2m
r

it follows that m(0) = 0. This result can also be obtained by solving the first of the TOV
equations using a Taylor expansion for m(r) and ε(r) near r ∼ 0, which shows that m(r) ∼
r3.

If the EoS is barotropic, for any assigned EoS in the form p = p(ε), we have a one-
parameter family of solutions identified by the value of the energy density at r = 0, i.e.
ε(r = 0) = εc. Therefore, the second boundary condition is p(r = 0) = p(εc) for a given
EoS.

The functions m(r), p(r), and ε(r) can be determined by numerical integration; the
radius of the star r = R is, by definition, the surface where the pressure vanishes: p(R) = 0.
Once m(r), p(r), ε(r), and R have been found, e2λ(r) follows from Eq. 16.173, whereas ν(r)
can be found by integrating Eq. 16.161, which gives

p
ν(r) −

∫ r
,r′

= dr′ + ν0 . (16.174)
0 (ε+ p)

The constant ν0 = ν(0) can be determined as follows. The solution of Eqs. 16.171, 16.173 and
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16.174 describes the gravitational field and the distribution of pressure and energy density
inside the star. Outside the star (i.e., at r > R) p = ε = 0 and Einstein’s equations reduce
to those for a vacuum, static, spherically symmetric spacetime whose unique asymptotically
flat solution is, by Birkhoff’s theorem, the Schwarzschild metric (see Sec. 9.6). Thus, when
r = R the metric computed in the interior of the star must reduce to the Schwarzschild
metric, and by imposing this condition the constant ν0 in Eq. 16.174 can be found:

−
∫R p,r

2 dre2ν(R) e ν0 2 2m(R) 1
e 0 (ε+p) = 1 e2ν0 =

− 2m(R)

≡ −
R

→ R

2e
∫R
0
− p,r . (16.175)

dr
(ε+p)

The quantity

M ≡ m(R) = 4π

∫ R

r2ε(r) dr (16.176)
0

has the same expression as the mass in terms of the density in Newtonian theory, and is
the total mass-energy inside the radius R. This interpretation will be further clarified in
Chapter 17, where we will show that, using the far-field limit of an isolated object, M can
be obtained( as)an integral, over a large space proper volume, of the conserved quantity
(−g) T 00 + t00 .

We can split M in three contributions

M = Erest + Eint + EB . (16.177)

The first contribution, Erest, is the rest mass-energy of the star, i.e. the integral over the
proper volume element

dV =
√
g(3)drdθdϕ = eλ(r)r2

prop sin θdrdθdϕ (16.178)

of the baryon rest-mass density ρ = m n (g(3)
n is the determinant of the metric induced on

the three-dimensional hypersurface t = const, see Box 7-A). We then get

Erest =

∫
mnn(r) dVprop (16.179)

V

=

∫ R π 2π R 2

eλ(r) 2
nn(r) r dr

∫
mnn(r) r dr

m sin(θ) dθ

∫
dϕ = 4π

0 0 0

∫
.

0 1− 2m(r)
r

The function n(r) in the above equation can be found using the pressure and

√
energy density

profiles, p(r) and ε(r), and the first law of thermodynamics which, in the case of a barotropic
EoS, gives (cf. Eqs. 16.124 and 16.144)

ε+ p dn n dε
dε = dn

n
→ = . (16.180)

dr ε+ p dr

For a given barotropic EoS, p(ε), one can write

dε dε dp 1 dp
= = , (16.181)

dr dp dr v2
s dr

where it can be shown that vs = dp/dε is the speed of sound in the fluid. Substituting the
second of the TOV equations 16.171

√
in the above equation, the explicit equation for n(r) is

dn n m+ 4πr3p
=

dr
− . (16.182)
v2
s r[r − 2m]
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The second term in Eq. 16.177, Eint, is the internal energy (which includes various contri-
butions, e.g. thermal, compressional, etc.), given by

m
Ein =

∫ R [ε nn]r2 dr
t [ε 4π

V

−mnn] dVprop =

∫
−

. (16.183)
0 1− 2m

r

The last contribution to the total mass-energy is the gravitational

√
potential energy, i.e. the

binding energy EB , given by

R R 1
EB = m(R)− Erest − E 2 λ 2

int = 4π

∫
r ε[1− e ] dr = 4π

0

∫
dr r ε

0

1−


√

1− 2m
r

 .
(16.184)

It is easy to see that EB < 0, as required for a bound system.
Finally, we note that r − 2m(r) > 0 throughout the star. This follows from the second

of the TOV equations 16.171,

dp m+ 4πpr3

= −(ε+ p) . (16.185)
dr r(r − 2m)

Indeed, near the center of the star (i.e., at r ' 0) r− 2m ' r− 8πr3 > 0, and thus dp < 0.3 dr
As r increases, the pressure decreases, until it reaches p = 0 at r = R. Therefore, p(r) is a
positive, decreasing function of r. This implies that r > 2m(r) at any point inside the star,
because if at some point r − 2m(r) = 0, the pressure derivative diverges.

Consequently, r > 2m and thus e2λ > 0 in the entire star: at variance with black holes,
a star does not have a horizon (see Chapter 9).

A note on the chemical potential

Let us consider a spherical star with a barotropic EoS p = p(ε); combining Eqs. 16.129 and
16.134 we find

ε+ p
dp = ndµ = dµ . (16.186)

µ

By integrating this equation between two arbitrary radii (say r and r′), and using Eq. 16.174,
we find ∫ µ(r′) ∫ p(r′ ′

dµ ) dp
= = −

∫ ν(r )

dν = ν(r)− ν(r′) . (16.187)
µ(r) µ p(r) ε+ p ν(r)

Since the first integral gives log(µ(r′)/µ(r)), we obtain the relation

′
µ(r)eν(r) = µ(r′)eν(r ) , (16.188)

which holds for any value of r and r′. Thus the chemical potential, corrected by the redshift
factor eν , is a constant at any depth in the star. In particular, for any r < R where R is
stellar radius

1/2

µ(r)eν(r) 2
=

(
M

1−
)

µ(R) . (16.189)
R

16.3.6 The Schwarzschild solution for a homogeneous star
An analytic solution of the equations of stellar structure (Eqs. 16.171) can be obtained by
considering the very simple EoS:

ε = const . (16.190)
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This solution was found by Karl Schwarzschild in 1916, soon after he found the vacuum
solution for a static, spherically symmetric spacetime.

Although homogeneous( ) (i.e. uniform energy density) stars are unrealistic since the speed
1/2

of sound vs = dp diverges in their interior, they can be used as an approximation fordε

the core of very dense stars, and this solution provides a simplified model to study the effects
of gravity in a regime as strong as it can ever become under the condition of hydrostatic
equilibrium. If ε = const

4
m(r) = πr3ε , (16.191)

3

and, from Eq. 16.165, one of the metric functions is immediately found to be

2λ(r)

(
2m(r)

)−1

e = 1− =
r

(
8

1− πεr2

3

)−1

. (16.192)

Therefore, m+ 4πpr3 = 4π (ε+ 3p)r3, and the second of the TOV equations 16.171 reduces3
to

dp 4 (ε+ p)(ε+ 3p)
= − πr , (16.193)

dr 3 1− 8π r2ε3

which gives
2εdp 8π εrdr 1 d

(
1− 8π r2ε

= − = 3

)
. (16.194)

(ε+ p)(ε+ 3p) 3 1− 8π r2ε 2 1 8π r2ε3 − 3

Integrating between r and the radius of the star r = R, where the pressure has to vanish,
we find the pressure as a function of r:

log

( ) 0
ε+ 3p

∣∣ R∣ 1 8π
= log

ε+ p 2
p )

(
1− r2ε (16.195)

(r

)∣∣∣
.

3
r

This yields

∣∣ ∣
ε+ p(r) y (y

∣
1 )

= → p = ε
− y1

, (16.196)
ε+ 3p(r) y(r) (3y1 − y)

where we have defined (remember that M ≡ m(R))

y2 8π
r) = 1− r2 2m(r) 2M

( ε = 1
3

− , and y2
1 = y2(R) = 1

r
− . (16.197)

R

Eq. 16.196 evaluated in r = 0 gives the central pressure

1−
√

√ 1 2

c ≡ p(r = 0) = ε
− M

R
p . (16.198)

3 1− 2M − 1R

Note that while the numerator of this expression is always finite and positive, the denom-
inator can in principle be negative. Since the pressure can not be negative, homogeneous
stars can exist only if the denominator of Eq. 16.198 is positive, i.e. for

3

√
2M M 4

1−
R
− 1 > 0 → < , (16.199)

R 9

or, equivalently,
9

R > M . (16.200)
4
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This constraint sets a lower limit on the radius that a star of a given mass can have, and
an upper limit on its compactness M/R (see Box 11-A), provided ε = const. In the next
section we will show that this result holds for a generic EoS under certain assumptions.

The radius of the star can be found by replacing p(0) = pc and y(0) = 1 in Eq. 16.196:

ε+ pc
= y1 =

ε+ 3pc

√
8π 8π ( 2

1− R2ε
3

→ 2 ε+ p )
R ε = 1

3
− c

(16.201)
(ε+ 3pc)2

from which we find
1/2

3 (ε+ pc)
2

R =

[
1 . (16.202)

8πε

(
−

(ε+ 3pc)2

)]
Thus, for any assigned value of ε and of pc > 0, there exists a configuration of radius R
given by 16.202 and mass M = 4π r3ε.3

To complete the solution we need to find the metric function ν(r), which can be deter-
mined from Eq. 16.174∫ r p p(r)

,r′ dp ε+ p(r)
ν(r) = ν0 − dr′ = ν0

( p(r′))
−
∫

=
pc ε+ p

− log ; (16.203)
0 ε+ ε+ pc

since (see Eq. 16.196)
2y1

ε+ p = ε , (16.204)
(3y1 − y)

Eq. 16.203 gives

2
3y1 − 1 2ν 2ν0

(
3y y

ν = ν0 − 1
log e = e

−
. (16.205)

3y1
→

− y 3y1 − 1

)
At the boundary of the star y(R) = y1 and

e2ν(R) = e2ν0
4y2

1 ; (16.206)
(3y1 − 1)2

by imposing that for r ≥ R the metric reduces to the Schwarzschild metric in vacuum, we
find

e2ν(R) 2M
= 1−

R
≡ y2

1 . (16.207)

The value of the integration constant ν0 is then found by equating Eq. 16.206 and Eq. 16.207

2

e2ν0
(3y1

=
− 1)

, (16.208)
4

and the solution for ν(r) is

e2ν(r) (3y1
=

− y)2

. (16.209)
4

As required by Birkhoff’s theorem, the metric functions 16.192 and 16.209 outside the star
reduce to those of the Schwarzschild metric in vacuum.

16.3.7 Relativistic polytropes
In this section we shall generalize the Lane-Emden equation found in Sec 16.2.5 to General
Relativity. To this purpose we extend the polytropic EoS introduced in Sec. 16.2.4, p = Kργ ,
to the general relativistic expression

p = Kεγ (16.210)
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where ε is the relativistic energy density and γ = const is the polytropic index 14. Following
what we did in Sec. 16.2.5, we shall show how to solve the relativistic equations of stellar
structure (Eqs. 16.171) assuming that the EoS of matter inside the star is given by Eq. 16.210 dm = 4πr2ε dr

dp (ε+ p)[m+ 4πr3 p] = − (16.211) dr r[r − 2m]
p = Kεγ .

The above system can be integrated numerically with standard methods. However, it is
useful to introduce dimensionless quantities as done in Sec. 16.2.5. We shall make the
ansatz:  1

γ = 1 + ,
n

from which it follows that

 (16.212)

ε = εc Θn(r) ,

1+ 1

p = K ε n
c Θ(n+1) 1+ 1

(r) = pc Θ(n+1)(r) , where pc = K ε n
c . (16.213)

With these substitutions Eqs. 16.211 become dm = 4πεcr
2Θn

dr (16.214) dΘ ε m 3
c + pcΘ + 4πr p Θ(n+1)

dr
− c

= ,
pc(n+ 1) r(r − 2m)

which, setting
εc

α0 = , (16.215)
pc

yield  dm = 4πεcr
2Θn

dr (16.216) dΘ α0 + Θ m+ 4πr3 εc Θ(n+1)

=
dr

− α0 .
n+ 1 r(r − 2m)

As explained in Sec. 16.3.5, both ε and p have dimensions (length)−2, therefore the quantity√
εc has dimension (length)−1 and we can use it to rescale the radial coordinate as follows.

We define
ξ = r

√
εc, and M =

√
εc m, (16.217)

and rewrite Eqs. 16.216 in terms of the new variables (note that ξ and M(ξ) are dimen-
sionless quantities)  dM = 4πξ2Θn ,

dξ

 (16.218) 3 1 (n+1) dΘ α0 + Θ Θ
=

M+ 4πξ
− α0 .

dξ (n+ 1) ξ (ξ − 2M)

14Another possible extension of polytropic EoS is p = Kργ where ρ = ε−p/(γ−1) is the baryon rest-mass
density. Both extensions reduce to p = Kργ in the Newtonian limit.
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We may, at this point, multiply the second equation by ξ2, differentiate it with respect to ξ
and – upon substitution of dM into the resulting equation – find a second-order differentialdξ

equation for Θ in a form similar to the Lane-Emden equation (see Eq. 16.70); however, the
equation we would get is much more complicated than Eq. 16.70, and it is much better to
work with the system of equations 16.218.

Another important difference with the Newtonian equations is that, in that case, once we
assign the value of the polytropic index n and integrate the Lane-Emden equation finding
Θ(ξ) up to the stellar radius ξ1, the function Θ(ξ) allows us to construct a family of solutions
by assigning the value of K and of the central density ρc; no further integrations are needed
and, for instance, the radius and the mass of the star can be found from Eqs. 16.75 and
16.76. This is not possible in the relativistic case, because to solve Eqs. 16.218 we need to
assign both n and α0, i.e. the ratio between the energy density and the pressure at ξ = 0.
Therefore solutions with different values of the central density are not related by a simple
rescaling.

Eqs. 16.218 can be integrated numerically with the initial condition M(0) = 0 and
Θ(0) = 1; to avoid the singularity at ξ = 0 we can choose a starting point ξ very close
to the origin, and use the expansion of the functions Θ and M discussed in Box 16-H,
up to the point ξ1 where the function Θ, and consequently the pressure, vanishes. As in
the Newtonian case, this indicates that the boundary of the star has been reached. After
computing Θ(ξ) numerically, from Eqs. 16.212 and 16.213 we get the energy density and
the pressure profiles inside the star; in addition, we can compute the mass profile

ξ

M
′

(ξ) =

∫
4πεcξ

2Θn(ξ′) dξ′ → m(r) =M(ξ)/
√
εc , (16.219)

0

and the rr-component of the metric,

e2λ 1 1
= = . (16.220)

21− 2M(ξ) )1− m(r
ξ r

The value of the stellar radius can be found using Eq. 16.217, and is

R = ξ1/
√
εc . (16.221)

At the boundary of the star, the second of Eqs. 16.218 yields

α0 M(ξ )
Θ′(ξ1) = − 1

, (16.222)
(n+ 1) ξ1(ξ1 − 2M(ξ1))

from which we find the mass of the star 15

(n+ 1)ξ2 )M ξ 1Θ′(ξ1
( 1) = − ξ /

α0
→ M =M( )

√
ε , (16.223)

− ′ 1 c
2ξ1(n+ 1)Θ (ξ1)

where we remind that Θ′(ξ1) is negative. The remaining metric function e2ν can be found
from Eq. 16.174 which now becomes

−
∫ ξ p,ξ′

ν(ξ) = ν0 dξ′ = ν0
0 ε+ p

−

ξ

∫ ξ p n
c(Θ

( +1)),ξ′
dξ′ (16.224)

ε Θn + p Θ(n+1)
0 c

= ν0 − (n+ 1)

∫ c

′ (n+1)
Θ α0 + 1

dξ′ = ν0 + log
0 α0 + Θ

[
α0 + Θ(ξ)

]
.

15Clearly, the mass of the star can also be found from Eq. 16.219 integrated from 0 to ξ1.
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On the surface the metric must reduce to the Schwarzschild metric in vacuum, therefore
(since Θ(ξ1) = 0)

2ν(ξ1) 2ν0

( 2(n+1)
α0 + 1

)
2 1)

e = e = 1
M(ξ− , (16.225)

α0 ξ1

which, using Eq. 16.223, gives

2(n+1)

e2ν0
α0 α0

=

(
α0 + 1

)
. (16.226)

α0 − 2ξ1(n+ 1)Θ′(ξ1)

Thus,

2( +1)
2ν(ξ)

( 2(n+1)
α0

) n
α0 α

e =
α0 α0 − 2ξ1(n+ 1)Θ′(ξ )

[
0 + 1

, (16.227)
+ 1 1 α0 + Θ(ξ)

]
and the solution is finally complete.

The EoS proposed by nuclear physicists are much more complex than the simple poly-
tropic EoS discussed in this section (see Box 16-I). However, these are useful approximations,
which capture several features of the more “realistic” EoS. In addition, any equation of state
can be approximated as a sequence of polytropic EoS, and this method is largely used in
the literature.

A note on the numerical integration of Eqs. 16.218

As explained in Sec. 16.3.5, near the origin the mass goes to zero as m(r) ∼ r3;
by Taylor-expanding both M(ξ) and Θ(ξ) and by substituting these expansions in
Eqs. 16.218, it is easy to check that the coefficients of odd powers of ξ for Θ, and even
powers forM, vanish. Therefore, as in the Newtonian case, the appropriate expansions
are

Θ(ξ) ∼ 1 + Θ2 ξ
2 + Θ4 ξ

4 +O(ξ6) , (16.228)

M(ξ) ∼ m3ξ
3 +m5ξ

5 +O(ξ7) .

By inserting these expansions in Eqs. 16.218 we find

3m3ξ
2 + 5m5ξ

4 = 4πξ2 + 4πn Θ2 ξ
4

2 Θ2 ξ + 4 Θ4 ξ
3 1

= −
{(

4π
m3 +

)
[( 1 + α0)ξ + Θ2 ξ

3]
n+ 1 α0

}
and, by equating the coefficients of the same power of ξ, we get

4π (1 + α0)(3 + α
m3 = , Θ2 =3 − 0)

2π , (16.229)
3α0((n+ 1)

Θ 4
m5 = 4πnΘ2 2 π

, Θ4 = − m3 +5 2(n+ 1) α0

)
. (16.230)

With these values of the coefficients, the expansions 16.228 can be evaluated at any
point ξ near the origin, to start the numerical integration of Eqs. 16.218.

Box 16-H
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The mass-radius diagram for realistic neutron stars

As discussed in Sec. 16.3.2, the behaviour of matter in the core of neutron stars is largely
unknown since the core density is higher than what can be probed in a laboratory. Thus,
different nuclear-physics models provide EoS that agree at relatively small densities (in
the crust region) but can significantly differ in the core. These EoS do not have a simple
analytical polytropic expression, but are provided in tabulated form, i.e. as an ordered
list of {ε, p(ε)} computed using complex nuclear-physics models.
Nonetheless, a tabulated EoS is sufficient to integrate the equations of the stellar struc-
ture using the methods discussed in the main text. Fig. 16.5 shows the mass-radius
diagram for a variety of tabulated EoS. As can be seen, this diagram, as well as the
maximum mass and the minimum radius of a neutron star, depends significantly on
the EoS. Future electromagnetic and gravitational wave observations hold the promise
to provide data that will help measuring the mass and radius of a neutron star with
sufficient accuracy to rule out certain EoS. For example, the observation of neutron
stars with M ' 2M with pulsar timing [41, 8] has ruled out those EoS that give a�
smaller maximum mass. Likewise, as discussed in Sec. 14.2.6, the recent gravitational
wave detection of a binary neutron star coalescence, GW170817, has allowed a first
measurement of the tidal deformability of the stars. The upper limit on the tidal Love
number provided by LIGO and Virgo has ruled out those EoS which are not compatible
with that limit [2]. Future observations will place even stronger constraints.
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Figure 16.5: Mass-radius diagram of non-spinning neutron stars for several representative
EoS [77, 87]. Each curve is computed in the stable branch (for smaller radii the equilibrium
solution is unstable, see Sec. 16.3.9). The three straight lines correspond to R = 2M , R =
9/4M , and R = 3M , i.e. to the Schwarzschild radius, to the Buchdahl limit (Sec. 16.3.8),
and to the light ring (Sec. 10.4). The dotted curves starting from the bottom-left part of the
diagram correspond to quark stars (see Sec. 16.3.2), whereas the dashed curves starting on
the bottom-right part of the diagram are ordinary neutron stars.

Box 16-I
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16.3.8 Buchdahl’s theorem
In Sec. 16.3.6 we showed that the minimum value of the radius of a homogeneous star (i.e.
one with constant energy density) is R = 9

min M . A theorem proved by Hans Buchdahl in4
1959 [26] establishes that this result is much more general. The theorem is based on the
assumptions that the star is static and spherically symmetric, its interior is described by a
perfect fluid 16, with positive energy density and pressure, and that the energy density is a
monotonically decreasing function of the radial coordinate, i.e.

dε
ε ≥ 0 , p ≥ 0 ,

dr
≤ 0 . (16.231)

No assumption is made on the EoS that relates ε and the pressure p. In order to prove
the theorem, we shall use the rr- and θθ-components of Einstein’s equations, Eqs. 16.163,
16.164:

e2λ 2− 1
2

− e−2λ + ν,r = 8πp e2λ (16.232)
r r

r2e−2λ

(
ν + ν2 ν

+

(
,r

)
,rr ,r

− λ,r − ν,rλ,r
)

= 8πr2 p .
r

By multiplying the second equation above by e2λ

r2 and subtracting the first equation we find

ν,r + λ
ν,rr + ν,r(ν,r − λ,r)− ,r e2λ

+ (1− e−2λ) = 0 . (16.233)
r r2

Therefore,

d
[
e−λ deν

]
eν−λ ν,r

=
[
ν,rr + ν,r(ν,r

dr r
− λ,r)

dr r
− (16.234)

r

eν−λ eν+λ

]
d 1

= λ,r
r2

− e−2λ

− (1 −
3

− e 2λ) = eν+λ

r dr

[
2r2

]
and thus

d

dr

[
e−λ deν

r dr

]
= eν+λ d

dr

r

[
m(r)

r3

]
, (16.235)

where, as usual, m(r) = 4π
∫
εr′ 2dr′. For any r we can always define a density ε̄r such that

0

4
m(r) = πε̄rr

3 , (16.236)
3

m(r)and since ε is a monotonically decreasing function of r, ε̄r, and consequently r3 , is also
monotonically decreasing. Hence

d
[
e−λ deν

dr r dr

]
≤ 0 . (16.237)

It should be noted that the minimum value of ε̄r is attained at the boundary, i.e. ε̄min = ε̄R.
Thus

4
M = πε̄ 3

minR . (16.238)
3

16Actually, Buchdahl’s theorem can be generalized to mildly anisotropic (and thus non-perfect) fluids, for
which the radial pressure is always larger than the tangential pressure.
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Inside the star ε̄r ≥ ε̄min, and consequently

4
πε̄ 3
rR

3 4 M≥ πε̄minR , m
3

→ (r)
3

≥ r3 , (16.239)
R3

i.e. m(r) is always bigger than that of a homogeneous star with energy density equal to
ε̄min.

From Eq. 16.237 it follows that

e−λ deν

r dr
≥
[
e−λ d

(eν) . (16.240)
r dr

] ∣∣∣
r=R

When∣ r = R the metric reduces to the Schwarzschild metric in vacuum, therefore e2ν
∣∣∣ =
r=R

e−2λ∣∣ = 1
r=R

− 2M andR [
e−λ deν

r dr

] ∣∣∣ 1 d
= e2ν M

= , (16.241)
r=R 2R dr

∣∣∣
r=R R3

therefore Eq. 16.240 gives

e−λ deν M deν λMr .
dr
≥

3
→ e (16.242)

r R dr
≥

R3

By integrating Eq. 16.242 between 0 and R we find

eν(R) − eν0 M≥
∫ R

reλdr , (16.243)
R3

0

−2λ − 2m(r)and since e = 1 r

eν0 ≤
√

2M M R rdr
1−

R
− . (16.244)
R3

∫
1− 2m(r)0

r

We want to establish an upper bound for eν0 , therefore

√
we need to determine when the

right-hand side of Eq. 16.244 attains its maximum value. From Eq. 16.239 we know that
m(r) ≥ M

R3 r
3, and consequently√

2m(r) dr
1− ≤

√
2M R r R rdr

1− r2,
− 2

≥ .
r R3

→
∫

m(r)0 1 r

∫
(16.245)

0 1− 2M
R3 r2

Thus, Eq. 16.244 gives

√ √

2ν0

√
2M M r M 1

e ≤ 1−
∫ R dr 2−

√√ 3
= 1− − . (16.246)

R R3
0 − 2 21 M 2 R 2

R3 r

In writing the 00-component of the metric as in Eq. 16.148, i.e.

g00 = −e2ν , (16.247)

we have used one of the hypotheses of the theorem, namely the condition that the metric
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is static. Indeed, a static spacetime admits a timelike Killing vector, which must remain
timelike in the interior of the star, i.e.

~ξ · ~ξ = g00(ξ0)2 < 0 . (16.248)

This condition is satisfied by Eq. 16.247 since e2ν is positive. It follows from Eq. 16.246 that

3

2

√
2M 1

1−
R
− > 0 , (16.249)

2

which yields
M 4 9

< R
9

→ > M , (16.250)
R 4

and the theorem is proved.
Thus, the radius of a static, spherically symmetric, perfect-fluid star in hydrostatic

equilibrium must be larger than 9M , and it should be noted that this value is larger than4

the Schwarzschild radius RS = 2M . In other words, the compactness C = M of a static,R
spherically symmetric star (see Box 11-A) can not exceed C ' 0.44. In practice, current
models of the neutron star EoS predict that R & 3M , i.e. C . 0.33 (see Box 16-I).

16.3.9 Stability of a compact star
A solution of the TOV equations 16.171, satisfying the appropriate boundary conditions
discussed in Sec. 16.3.5, describes a stellar configuration in hydrostatic equilibrium. This
equilibrium can, in principle, be either stable or unstable. In this section we will discuss the
conditions for stability under radial perturbations, starting with a qualitative argument.

A qualitative argument for the stability of a compact star

Let us consider a sequence of equilibrium configurations obtained by integrating the TOV
equations with an assigned EoS, for different values of the central energy density εc. The
gravitational mass is thus a function of εc, i.e. M = M(εc).

The typical form of the profile M(εc) obtained by numerical integration is sketched in
Fig. 16.6. Each point of this curve represents an equilibrium configuration, i.e. a solution
of the TOV equations. Given a star in the equilibrium configuration A, if a small radial
perturbation reduces its central energy density to a value, say, εA1 leaving the mass un-
changed, the new (non-equilibrium) configuration will be represented by point A1. This is
above the equilibrium curve, therefore the perturbed star has a mass which is larger than
that corresponding to εA1 in equilibrium. Since the mass is larger than the equilibrium
mass, gravity exceeds the pressure gradient needed for equilibrium, and the star contracts;
its central energy density consequently increases until the star goes back to the equilibrium
configuration A.

In a similar way, if a perturbation increases the central energy density to εA2 leaving the
mass unchanged, the new configuration A2 is a point below the curve shown in Fig. 16.6.
The star in A2 has mass smaller than that of the equilibrium configuration corresponding
to εA2; in this case gravity is weaker than the pressure gradient needed to keep the star
in equilibrium, and the star expands reducing its central energy density to return to the
equilibrium configuration A. Thus, A is a stable equilibrium configuration, and the condition
for stability is

dM
> 0 . (16.251)

dεc
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Figure 16.6: Gravitational mass of equilibrium stellar configurations as a function of the central
energy density, near a relative maximum.

Conversely, a similar discussion about the point B in Fig. 16.6, where

dM
< 0 , (16.252)

dεc

shows that a displacement to B1 brings the star to a configuration where gravity is weaker
than the pressure gradient so that the star expands, further reducing the central energy
density. Similarly, a displacement to B2 brings the star to a configuration where gravity
exceeds the pressure gradient, leading the star to contract and to further increase the
central energy density: the equilibrium in B is unstable.

In Fig. 16.6 the branch of the curve on the left of the maximum C corresponds, in
principle, to stable configurations, whereas that on the right to unstable configurations.
The point C is the configuration of maximum mass.

An example is provided by Newtonian polytropic stars: the function M(εc), given in
Eq. 16.76, which we rewrite here for convenience:[

(n+ 1)K
] 3

2 3

M = 4π ξ2
−n

1 |Θ′(ξ1)| ρ 2n
c , (16.253)

4πG

shows that M is an increasing function of the central density ρc for n < 3, it is maximum
for n = 3, and decreasing for n > 3; therefore our qualitative argument suggests that the
polytropic star is stable only if n < 3.

If we consider the stellar mass as a function of the radius, we find that since

dM dM dR
= , (16.254)

dεc dR dεc

the stability criterion 16.251 is satisfied in two cases

dR/dεc > 0 and dM/dR > 0

dR/dεc < 0 and dM/dR < 0 .
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In most cases the radius of the star decreases as the central density increases, and the stable
branches of the function M(R) are those for which

dM
< 0 . (16.255)

dR

This is the case, for instance, of most of the neutron star curves shown in the M − R
diagram in Fig. 16.5. Conversely, for quark stars, the radius increases as the central density
increases. In this case the stable branches are those for which dM > 0. Indeed, all curvesdR
shown in Fig. 16.5 correspond to stable solutions.

Is the condition dM > 0dεc
sufficient for stability?

We now wish to discuss whether the condition dM > 0 is sufficient for the stability of adεc
static, spherically symmetric star.

The answer is negative, and the reason can be understood by considering the full theory
of radial perturbations of a star. A detailed treatment is outside the scope of this book,
therefore we shall just sketch the main results and give the basic notions needed to under-
stand them (for a more detailed analysis see e.g. [113, 38]). Note that, by Birkhoff’s theorem,
if the perturbed star is spherically symmetric the gravitational field in the exterior is static,
i.e., a radially oscillating star does not emit gravitational waves.

A star in equilibrium has an infinite set of radial, proper oscillation modes, labelled by
an integer, positive index n = 0, 1, 2, . . . ; when the star oscillates in the n-th mode, each
fluid element is displaced from the equilibrium position by a radial displacement

ξn(r, t) = un(r)e−iωnt , (16.256)

where ωn is the mode frequency and un(r) is the mode amplitude. The mode number n
corresponds to the number of nodes that un(r) has inside the star: n = 0 for zero nodes,
n = 1 for one node, etc. The mode frequencies are ordered as

ω2
0 < ω2

1 < ω2
2 < . . . , (16.257)

and the mode corresponding to ω0 is called the fundamental mode. The latter corresponds
to a global oscillation of the star, which is either expanding or contracting; for this reason
it is also called the “breathing mode”.

If ω2
n > 0, the fluid element oscillates about the equilibrium position and the corre-

sponding mode is stable; conversely, if ω2
n < 0 then ωn is purely imaginary, the radial

displacement in Eq. 16.256 grows exponentially for the root with positive imaginary part,
and the mode is unstable. The existence of at least one unstable mode implies that the
equilibrium configuration of the star is unstable.

In the presence of multiple maxima and minima of the curve M(εc), as in Fig. 16.7, the
qualitative discussion about stability presented in the previous section is not applicable. In
this case the theory of radial pulsations shows the following.

Given a sequence of stellar configurations, differing for the value of εc and having the
same EoS, for each value of εc we can compute the mass of the star M(εc) and the frequency
of the various radial modes. If for some value of εc, say εcrit

c , the curve M(εc) has an extremal
point, i.e.

dM

dεc

∣
then for ε = εcrit square

∣
c c the of the frequency

∣∣ = 0 , (16.258)
εcritc

of one of the modes crosses the real axis, i.e.

ω2
i,εcrit = 0 , (16.259)
c
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Figure 16.7: Mass of equilibrium stellar configurations as a function of the central density. Example
of diagram with multiple maxima and minima.

and changes sign. This means the the i-th mode becomes unstable. Given Eq. 16.257, the
n = 0 mode (which is the one with lowest frequency) is the first to become unstable.

Now consider the curve shown in Fig. 16.7 as an example, and suppose that for εc < εA
the fundamental mode has frequency ω2

0 > 0, i.e. it is stable. A is an extremal point,
therefore in A ω2

0 = 0, and all configurations belonging to the branch AB will be unstable
because their fundamental mode has ω2

0 < 0. Increasing the central energy density we reach
the second extremal point B. Here two things may happen:

1. ω2
0 changes sign again becoming positive. In this case the equilibrium configuration

corresponding to B and all configurations of the branch BC would be stable for radial
perturbations.

2. ω2
0 remains negative (i.e. the fundamental mode remains unstable). Then, from

Eq. 16.257, it must happen that the frequency of the n = 1 radial mode changes
sign, and consequently the n = 1 mode also becomes unstable. In this case all config-
urations of the branch BC would be unstable.

This example clearly shows that the condition dM > 0 provides a necessary, but not suffi-dεc
cient condition for stability.

Using linear perturbation theory, it can be shown that also the behavior of dR/dεc is
needed to assess the (in)stability of a specific stellar configuration [113, 38, 105]. Indeed, if
dR/dεc > 0 at the critical point, the lowest radial mode with odd value of n must change
sign, whereas if dR/dεc < 0 the same is true for the lowest mode with even value of n. This
general property – whose proof is beyond the scope of this book – can be used to establish
which branch of solutions between two stationary points of the function M(εc) is stable.

Finally, we remark that we have only considered radial perturbations. If an equilibrium
configuration of the star is stable under these perturbations, it can still be unstable under
non-radial perturbations, the study of which is much more involved, since they are associated
to the emission of gravitational radiation (see e.g. Chapter 15, where they are studied for
black holes).
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The far-field limit of an
isolated, stationary object

In this chapter we shall derive the metric which describes the gravitational field generated
by an isolated, stationary object at large distance from the source. This will be useful to
show how the angular momentum of a rotating body affects the spacetime.

Since the source is isolated, in the exterior the stress-energy tensor vanishes, and it is
reasonable to assume that sufficiently “far away” from the source the gravitational field
vanishes, i.e. that the spacetime is asymptotically flat. A spacetime is said asymptotically
flat if it is possible to define, in an appropriate frame, a coordinate r such that 1

lim gµν = ηµν . (17.1)
r→∞

The coordinate r has to be a space coordinate, i.e. the vector ∂ has to be spacelike (at∂r
least for sufficiently large r).

We call far-field limit the region of spacetime where r � R, given R a length-scale
characteristic of the source. In this region we can expand all quantities in powers of Rr � 1;
for simplicity, we shall denote the terms of n-th order in this expansion as O(1/rn). Since the
metric is asymptotically flat, in the far-field limit (and in an appropriate reference frame)
it can be written as

1
gµν = ηµν +O . (17.2)

r

Since the source is stationary, we assume that the

(
metric

)
is also stationary; therefore it

admits a timelike Killing vector field and, by a suitable choice of coordinates, it can be
made independent of time (see Chapter 8).

We shall show that the metric of a stationary, axisymmetric source in the far-field limit,
up to terms of order higher than 1/r in the expansion 17.2, in geometrized units can be
written as

ds2 = −
(

2M
1−

)
dt2 +

(
2M

1 +

)
dr2 + r2(dθ2 + sin2 θdϕ2) (17.3)

r r

4J− sin2 θdtdϕ + higher-order terms in 1/r ,
r

1The definition 17.1 of asymptotic flatness is adequate for the discussion in this book, but it is not
rigorous enough for other applications. Indeed, it does not allow to define the limit r →∞ in a coordinate-
independent way, and technical problems may arise in computations when exchanging limits and derivatives.
A more precise definition of asymptotic flatness is based on the concept of conformal rescalings, and is beyond
the scope of this book. We refer the interested reader to Chapter 11 of [114] and references therein.
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where M is the total mass-energy of the source mass and J is its angular momentum.
Let us write the expansion 17.2, which holds at large distance from the source, in a

perturbative form
gµν = ηµν + hµν (17.4)

with |hµν | � 1, neglecting O(h2) terms. The perturbation hµν is a solution of the linearized
Einstein equations in vacuum (see Chapter 12, Eq. 12.33)

� ¯
Fhµν = 0 (17.5)

h̄µν,µ = 0 , (17.6)

where we remind that �F is the d’Alembert operator of the flat spacetime

∂ ∂ ∂2

�F = ηαβ =
∂xα ∂xβ

− +
∂t2

∇2 ,

and
1

h̄µν ≡ hµν − η α
µνh

2 α . (17.7)

Since we are assuming that the spacetime is stationary, Eqs. 17.5 and 17.6 reduce to

∇2h̄µν = 0 , (17.8)

h̄iν,i = 0 . (17.9)

We stress that Eqs. 17.8 and 17.9 hold only in the far-field limit r � R.
In the following, we shall first derive Eq. 17.3 in the simple case when the gravitational

field generated by the source is weak everywhere, i.e. inside and outside the source. We shall
then show that the Eq. 17.3 is far more general, since it holds also when the field near the
source is strong. As in Chapters 12 and 13, in this chapter we shall use Latin indices i, j, . . .
for the space components 1, 2, 3, and Greek indices µ, ν, . . . for the spacetime components
0, 1, 2, 3.

17.1 THE WEAK-FIELD CASE
If the gravitational field of the source is weak, the metric can be expressed as a perturba-
tion of flat spacetime (Eq. 17.4) everywhere, not only in the far-field limit. As discussed
in Chapter 13, in this case we can treat the metric perturbation hµν as a (tensor) field
living in Minkowski’s spacetime. Therefore, we raise and lower the indices of hµν by using
Minkowski’s metric (e.g., hiµ = hiµ, h0µ = −h0

µ). Moreover, since the stress-energy tensor
vanishes in the background (Minkowski’s metric is solution of Einstein’s equations in vac-
uum), the source term Tµν is of order O(h) and, neglecting O(h2) term, it satisfies the laws
of Special Relativity such as e.g. the conservation law Tµν,ν = 0.

As shown in Chapter 12, in the weak-field approximation Einstein’s equations for the
¯metric perturbation hµν become

� ¯
Fhµν = −16πTµν (17.10)

h̄µν,µ = 0 ,

whose general solution is Eq. 12.35, which we rewrite for convenience:

T (t x x′ ,x′)¯
∫

µν
hµν(t,x) = 4

− | − |
d3x′ ; (17.11)

V |x− x′|
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Figure 17.1: Metric perturbation h̄µν produced at x by a stationary, isolated source enclosed in
the volume V .

here V is the source three-volume (see Fig. 17.1). On the source boundary ∂V and outside
the source the stress-energy tensor vanishes.

In Chapters 12 and 13 we were interested in the time-dependent part of the solution
17.11, which is associated to gravitational wave emission. Conversely, we here consider a
stationary source, for which Tµν = Tµν(x′) and Eq. 17.11 reduces to

h̄µν(x) = 4

∫
Tµν (x′)

d3x′ . (17.12)
V |x− x′|

17.1.1 The multipolar expansion
We choose a reference frame centered at the center of mass of the source. Let us consider
a generic point of the source, with position three-vector x′, and a point far away from
the source, with position three-vector x, such that |x| � |x′| (see Fig. 17.1). The Taylor
expansion of the quantity 1/|x− x′| around |x′| = 0 is called multipolar expansion:

1 1 xix′i 1
= + +O ,

|x− x′| r r3

(
r3

)
(17.13)

where r ≡ |x|. As mentioned above, since we raise/lower indices with Minkowski’s metric,
e.g. hiµ = hiµ , in the following we shall not distinguish covariant space indices from con-

3 i ′i
travariant ones.

∑( ) In addition, we remind that xix′i = i i x x
i=1 x x

′ . Note that the term 3 isr
of order O 1

2 because xi is of the same order as r.r
Substituting Eq. 17.13 in Eq. 17.12 we find

4 4
h̄µν(x) =

∫
T 3 xi i 3 1
µνd x

′ +
r V r3

∫
Tµνx

′ d x′ +O
V

(
r3

)
. (17.14)

¯We shall now compute the different components of hµν .
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• 00-component.
In the weak-field limit T00 = ρ (see Box 5-C and recall that we are using G = c = 1
units), therefore the first integral in Eq. 17.14 gives∫

T00d
3x′ = M . (17.15)

V

The 00-component of the second integral in Eq. 17.14 gives the position of the source
center of mass x′iCM which, by assumption, coincides with the origin of the coordinate
frame, i.e. ∫

T x′i 3
00 d x′ = Mx′iCM = 0 . (17.16)

V

Therefore
4M 1

h̄00 = +O
r

(
r3

)
. (17.17)

• µi-components (general properties).
The stress-energy tensor satisfies the conservation equation in flat space Tµν,ν = 0
which, in the stationary case, becomes

Tµν µ
,ν = T 0

,0 + Tµi,i = Tµi,i = 0 . (17.18)

Using Eq. 17.18 and the property ∂xi
j = δi findx j , we∂∫ i

Tµid3x′ =

∫ ′
Tµkδikd

3 ∂x
x′ =

V V

∫
Tµk d3x′ (17.19)

V ∂x′k

∂Tµk
= −

∫ ( )
x′id3x′ = 0 ,

V ∂x′k

where we have integrated by parts; note that the surface terms do not contribute,
because on the boundary of V , Tµν = 0. Thus the first integral in the multipolar
expansion 17.14 vanishes: ∫

Tµid3x′ = 0 . (17.20)
V

Using the conservation equation satisfied by Tµν it is easy to show that:∫ ( i j

Tµix′j + Tµjx′i d3x′ =

∫
Tµk

∂

V

(
x′ ′

x′j
∂x

+ x′i
∂x′kV ∂x′k

∂

)
d3x′ (17.21)

=

∫
µkTµk

(
x′ix′

)
j
)
d3x′ = −

∫
x′ix′jT ,kd

3x′ = 0 ,
k

V ∂x′ V

from which it follows this remarkable property:∫
Tµix′jd3x′ = Tµjx′id3x′ , (17.22)

V

−
∫
V

i.e. the second integral in Eq. 17.14 is antisymmetric in the last two indices.

• ij-components.
Eq. 17.20 (with µ = j) implies that

∫
T ijd3x

V
′ = 0. Moreover, the integral∫

T jkx′id3x′ (17.23)
V
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is symmetric in the first two indices, and antisymmetric in the last two, because of
Eq. 17.22; consequently∫

T kix′jd3x′ = −
∫

T kjx′id3x′ = −
∫

T jkx′id3x′ =

∫
T jix′kd3x′

V V V V

=

∫
T ijx′kd3x′ = −

∫
T ikx′jd3x′ =

V V

−
∫

T kix′jd3x′ (17.24)
V

i.e. ∫
T kix′jd3x′ = −

∫
T kix′jd3x′

V V

→
∫

T kix′jd3x′ = 0 . (17.25)
V

Summarizing, from Eqs. 17.14, 17.20, and 17.25 we find

1
h̄ik = O

(
r3

)
. (17.26)

• 0i-components.
Eq. 17.20 (with µ = 0) implies that

∫
T 0id3x′ = 0. Moreover, from Eq. 17.22 it

V
follows that the second integral in Eq. 17.14 is antisymmetric:∫

T 0ix′jd3x′ = T
V

−
∫

0jx′id3x′ . (17.27)
V

The components T 0i are the density of the i-th component of the momentum of the
source (see Box 5-C),

T 0i = Pi . (17.28)

A matter element with volume d3x′ and position x′ has momentum PPP(x′)d3x′. Its
angular momentum is dJ = x′×PPPd3x′, where × indicates the vector product 2. Thus,
the source angular momentum is

J =

∫
x′

V

×PPP d3x′ . (17.29)

The components of J can be written as follows

J i = −ε 0
ijk

∫
T jx′kd3x′, (17.30)

V

where εijk is the three-dimensional Levi-Civita symbol (see Box 8-C) which, in flat
spacetime, coincides with the Levi-Civita tensor. We remind that the Levi-Civita is
completely antisymmetric, and thus its non-vanishing components are only those for
which the three indices are different. Moreover

ε123 = 1 . (17.31)

As shown in Box 17-A, given an antisymmetric three-dimensional tensor Bij =
i

−Bji,
if a vector A is defined as

Ai = εijkB
jk , (17.32)

2Strictly speaking, in Special Relativity this is the angular momentum seen by a static observer (see
Sec. 10.3).
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then Bij can be written in terms of Ai as follows:

Bij
1

= εijkA
k . (17.33)

2

Thus, if we define Bjk = −
∫

T 0jx
V

′kd3x′, from Eqs. 17.30 and 17.33 it follows

−
∫

1
T 0ix′jd3x′ = εijkJ

k , (17.34)
V 2

and the second integral in Eq. 17.14 can be written as

4xj
∫ j

T x′j0ix
′j 4x j

d3 x
x′ = −

∫
2

T 0i d3x′ = ε k
ijkJ . (17.35)

r3 3
V r r3

V

From Eqs. 17.14, 17.20, and 17.35 it follows that the 0i-components of hµν are

2 1
h̄0i = ε j

ijkx Jk +O . (17.36)
r3

(
r3

)
In summary, the multipolar expansion 17.14 gives

4M 1
h̄00 = +O

r

(
r3

)
(17.37)

2 1
h̄0i = εijkx

jJk +O
r3

(
r3

)
h̄ij = O

(
1

r3

)
.

In terms of hµν , since 3

1¯hµν = hµν − ¯ηµνh
α
α (17.38)

2

and hαα = −4M/r2, we find

2M
h00 = +O

r

(
1

r3

)
(17.39)

2 1
h j k

0i = εijkx J +O
r3 r3

2M 1

( )
hij = δij +O

r

(
r3

)
.

This is the solution of the linearized Einstein equations in the weak-field limit. If we consider
the full, non-linear Einstein equations and include terms of order O(h2) in the weak-field
expansion, the solution has corrections ∼ M2/r2 in h00 and hij . We neglect these terms,
which are of order O(1/r2) in the far-field expansion. Therefore, the solution of the fully
non-linear Einstein equations expanded in the far-field limit reads

2M
h00 = +O

r

(
1

r2

2

)
j k

(
1

h0i = εijkx J +O
r3 3

2M

)
hij = δij +O

r

(
1

r2

)r
. (17.40)

3 ¯Eq. 17.38 can be found by replacing hαα = −hαα (Eq. 12.34) in Eq. 17.7.
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Vector representation of a three-dimensional antisymmetric tensor

Let us consider a generic antisymmetric tensor in the three-dimensional Euclidean space
Bij = −Bji, and let

Ak = εklmB
lm . (17.41)

We shall show that

Bij
1

= ε k
ijkA . (17.42)

2

To prove Eq. 17.42 we contract Eq. 17.41 with 1εijk:2

1 1
ε k
ijkA = εijkεklmB

lm . (17.43)
2 2

The following equality is easy to prove:

εijkεklm = δilδjm − δimδjl . (17.44)

Indeed, the non-vanishing components of εijk are those for which the indices are 123
with some ordering. Thus in the contraction εijkεklm, the couples of indices ij and lm
have to be the same, either ij = lm or ij = ml. If ij = lm, then εijkεklm = 1; if
ij = ml, then εijkεklm = −1. Consequently, εijkεklm = δilδjm − δimδjl.
Finally, replacing Eq. 17.44 in Eq. 17.43 we find

1 1
εijkA

k = (δilδjm − δimδ ij
l)B

lm
j = B . (17.45)

2 2

17.1.2 The metric of the far-field limit in polar coordinates
Let us transform the solution 17.40 in polar coordinates

x1 = r sin θ cosϕ (17.46)

x2 = r sin θ sinϕ

x3 = r cos θ .

Using Eqs. 17.40 we find

h dxµdxν
2M

= dt2
4

+ ε xjJk dtdxi
2M

+ j
µν ijk δijdx

idx + higher-order terms in 1/r .
r r3 r

(17.47)
Since δ i j 2 2 2 2 2 2

ijdx dx = dr + r dθ + r sin θdϕ , the last term in Eq. 17.47 is

hijdx
i 2M
dxj =

r

(
dr2 + r2dθ2 + r2 sin2 θdϕ2

)
. (17.48)

Box 17-A
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In order to transform h0idtdx
i, we choose the frame orientation such that the angular

momentum is directed along the z-axis, i.e. J = (0, 0, J). Therefore,

i

(
2

h0idtdx = dt j
3

)
εijkx Jkdxi =

r
−

2J

(
2
dt

)
J(x1dx2

3
− x2dx1) (17.49)

r

= − sin2 θdtdϕ,
r

where the equality x1dx2 − x2dx1 = r2 sin2 θ can easily be proved by differentiating
Eqs. 17.46.

Finally, since ηµνdx
µdxν = −dt2 + dr2 + r2dθ2 + r2 sin2 θdϕ2, the line element is

ds2 = (ηµν + h µ ν 2M 2 2M 2 2 2
µν)dx dx = −

(
1−

)
dt +

(
1 +

)[
dr + r (dθ + sin2 θdϕ2)

r r

−
(

4J
sin2 θ

)
dtdϕ+ higher-order terms in 1/r . (17.50)

]
r

Moreover, if we redefine the radial coordinate as:

r → r −M (17.51)

and neglect contributions of order O(1/r2), the only term which changes in the metric is(
2M

1 +

)
r2(dθ2 + sin2 θdϕ2)→

(
2M

1 +

)
(r −M)2(dθ2 + sin2 θdϕ2)

r r

= r2

(
1

1 +O

(
r

))
(dθ2 + sin2 θdϕ2) . (17.52)

Therefore, with the redefinition 17.51 the metric 17.50 becomes

2 M
= −

(
2

ds 1−
)
dt2 +

(
2M

1 +

)
dr2 + r2(dθ2 + sin2 θdϕ2)

r r

4J− sin2 θdtdϕ + higher-order terms in 1/r ,
r

which coincides with Eq. 17.3.

17.2 THE STRONG-FIELD CASE
In this section we shall consider the general case in which the field near and on the source
can be strong; the weak-field approximation still holds in the far-field limit, but it is no
longer applicable to the source and its surroundings.

As discussed in the introduction of this chapter, in the far-field limit the metric can be
written as a perturbation of Minkowski’s spacetime

gµν = ηµν + hµν , (17.53)

and we neglect terms of order O(h2). In this case Einstein’s equations, linearized in the
perturbation, yield

∇2h̄µν = 0 , (17.54)

h̄iν,i = 0 , (17.55)
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where∇2 is the Laplace operator in the three-dimensional, Euclidean space. Since the metric
perturbation vanishes as r →∞, we look for a solution to Eqs. 17.54, 17.55 of the form

a¯ µν(θ, ϕ) bµν(θ, ϕ) 1
hµν = + +O

r r2

(
r3

)
. (17.56)

Note that the coefficients aµν , bµν depend only on the angular variables θ, ϕ. Laplace’s
operator in spherical coordinates has the form (see Box 3-E)

2 1 ∂ 2 ∂ IL∇ = r + (17.57)
r2 ∂r ∂r r2

where IL is the operator acting on the angular variables defined in Eq. 3.88

∂2 ∂
IL ≡ + cot θ + sin−2 ∂2

θ . (17.58)
∂θ2 ∂θ ∂ϕ2

By substituting Eq. 17.56 in Eq. 17.54, and imposing that each term of the 1/r expansion
vanishes independently, we find

ILaµν(θ, ϕ) = 0 (17.59)

ILbµν(θ, ϕ) = −2bµν(θ, ϕ) . (17.60)

The eigenfunctions of the operator IL are the spherical harmonics Y lm(θ, ϕ), with l =
0, 1, . . . and m = −l,−l + 1, . . . , l − 1, l (see Box 15-A). They are defined by the property

ILY lm = −l(l + 1)Y lm . (17.61)

Eq. 17.59 implies that aµν is proportional to Y 00, which does not depend on θ, ϕ, while
Eq. 17.60 shows that bµν is a linear combination of the spherical harmonics with l = 1,
which are (see Eq. 15.15)

11

√
3 3

Y = − sin θeiϕ , Y 10 =

√
cos θ , Y 1−1 =

√
3

sin θe−iϕ . (17.62)
8π 4π 8π

The l = 1 spherical harmonics are linear combinations of the direction cosines ni = xi/r:

x1
√

8π 1
1 −Y 11 + Y −1

n = = sin θ cosϕ = (17.63)
r 3 2
2

2 x
√

8π
n = = sin θ sinϕ =

−Y 11 − Y 1−1

r 3 2i

3 x3
√

4π
n = = cos θ = Y 10 ;

r 3

therefore the functions bµν(θ, ϕ) are linear combinations of n1, n2, and n3:

bµν(θ, ϕ) = bµνin
i(θ, ϕ) , (17.64)

and the expansion 17.56 can be written as

a b¯ µν µνix
i

hµν = +

(
1

+O

)
, (17.65)

r r3 r3

with aµν , bµνi constant coefficients, symmetric in the indices µ, ν.



380 � General Relativity and its Applications

¯We now impose on Eq. 17.65 the harmonic gauge condition 17.55, hµi,i = 0 which, using
∂j1/r

n = −nxj/rn+2, gives

a j ij 2 i j
¯ − µjx bµji x
hµj,j = +

(
δ r − 3x

)
= 0 . (17.66)

r3 r5

Eq. 17.66 has to be satisfied for all (large) values of r and for all values of ni = xi/r. As
before, this occurs if each coefficient in the 1/r-expansion vanishes, i.e.

( aµj = 0 (17.67)

δij − 3ninj
)
bµij = 0 . (17.68)

Note that these algebraic equations do not involve a00 and b00i, which are free constants of
the general solutions. In order to simplify the notation, we redefine the latter as:

a ≡ a00

bi ≡ b00i . (17.69)

Eq. 17.67 implies that all the constants aµν except a00 vanish. Eq. 17.68 can be rewritten
as:

Hijb0ij = 0 (17.70)

Hijbkij = 0 , (17.71)

where we have defined Hij ≡ δij − 3ninj . The general solution of Eqs. 17.70, 17.71 is

b0ij = bδij + ckεijk (17.72)

bkij = dkδij + diδkj − djδki , (17.73)

where b, ck, dk are constants.
A rigorous proof of 17.72, 17.73 would require the use of the structures of Group The-

ory, which goes beyond the scope of this book. Here we will only provide an intuitive,
non-rigorous proof of the first solution, 17.72. First of all note that Hij depends on the
angles, while b0ij – which are the components of rank-two tensors on the three-dimensional
Euclidean space – are constants. Eq. 17.70 must be satisfied for any value of ni, i.e. for any
value of the angular variables θ, ϕ. This is possible only if the left-hand side of Eq. 17.70
vanishes identically for symmetry reasons: since Hij is symmetric and traceless (Hij = Hji,
δijH

ij = 0), the combination Hij(θ, ϕ)b0ij vanishes for all values of θ, ϕ when b0ij = −b0ji
and when b0ij ∝ δij . There exist only two Euclidean, three-dimensional constant tensors
with these properties: the Levi-Civita tensor, εijk, and the Kronecker delta, δij ; thus b0ij
must be a linear combination of these two tensors, as in Eq. 17.72. The proof that Eq. 17.73
is solution of Eq. 17.71 follows from similar, albeit more involved, arguments.

In summary, by imposing the harmonic gauge condition on the expansion 17.65 we get

a b xi¯ i 1
h00 = + +O (17.74)

r r3

(
r3

bxi xjc

)
k 1

h̄0i = + εijk +O
r3 r3

(
r3

1

)
h̄ij = dix

j + djx
i δijdkx

k 1
+O ;

r3

(
−

) (
r3

)
this solution depends on the constants a, bi, b, ck, dk.
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The constants b, dk can be eliminated with an appropriate infinitesimal coordinate trans-
formation xµ → xµ + εµ (see Sec. 12.2):

εµ
1

=
r
−b, di . (17.75)

Note that this transformation can only be defined

(
in

)
the far-field limit. As a consequence,

the change in the metric neglecting terms of order O(h2) is (see Eq. 12.24)

δhµν = ηµαε
α
,ν + ηναε

α
,µ (17.76)

¯and thus, in terms of the perturbation hµν ,

1¯δhµν = δhµν − ηµνη
αβδhαβ = ηµαε

α
,ν + ηναε

α

2 ,µ − ηµνεα,α . (17.77)

µ k

Since ε ,0 = ε0,i = bxi d xi0, k
r3 , and ε ,i = − r3 , we find

1 dkxk 1¯δh00 = −η k
00ε ,k +O

( )
= − +O (17.78)

r3 r3

(
r3

)
¯δh0i = η00ε

0
,i +O

(
1
)

bxi 1
= O

r
− +

3 r3

(
r3

)
¯ j 1
δhij = εi,j + ε ,i − δijε

k
,k = −

[
dixj + djxj − η k

ijd xk
r3

]
.

Thus, the metric perturbation becomes

˜a bix
i 1

h̄00 = + +O
r r3

(
r3

xjc 1

)
¯ k
h0i = εijk +O

r3

(
r3

)
h̄ij = O

(
1

r3

)
, (17.79)

˜ ˜where we have defined bi ≡ bi − di. Finally we can get rid of bi by performing a translation

˜
xi → xi

bi
+ , (17.80)
a

which produces the following change in the a/r term:

1/2 −1
a [ ] 2 − /2

i−1/2 ˜ ˜
i 2

( i bi
)  [

2

( b x
(x → i 1

= a ) a x + = a r 1 + 2 +O
r a r2a

)] (
r3

)
a
(

˜ ˜b i
ix

=
r

−
r2a

)
b

+

(
1 a ix

i 1
1 O = +O .

r3

)
r
−

r3

(
r3

)
(17.81)

Therefore,

a 1
h̄00 = +O (17.82)

r r3

xjc

( )
¯ k
h0i = εijk +O

r3

(
1

r3

)
h̄ij = O

(
1

r3

)
.
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Eq. 17.82 coincides with Eq. 17.37, derived in Sec. 17.1.1 under the assumption of weak
field on the source, with the identifications

a = 4M ck = 2Jk . (17.83)

¯Thus, repeating the derivation in the last part of Sec. 17.1, i.e. moving from hµν to hµν and
from Cartesian to polar coordinates, and shifting the radial coordinate by M , we find again
the metric of the far-field limit 17.3, i.e.

ds2 = −
(

2M 2
1−

)
M

dt2 +

(
1 +

)
dr2 + r2(dθ2 + sin2 θdϕ2) (17.84)

r r

4J− sin2 θdtdϕ + higher-order terms in 1/r .
r

Thus, the metric 17.84 describes the far-field limit of a stationary, isolated source even when
the gravitational field is strong near the source.

17.3 MASS AND ANGULAR MOMENTUM OF AN ISOLATED OBJECT
As shown in Sec. 17.2, if the gravitational field is weak everywhere, close to and far from the
source, the constants M and J emerge as the mass and angular momentum of the source as
defined in Special Relativity. If the field is not weak on the source and in its neighborhood,
then M and J arise as integration constants of the general solution of the far-field equations.
In this case, we need to assess the physical meaning of these constants.

One possibility is to provide an operational definition of mass and angular momentum for
an isolated, stationary object, based on the following argument. Suppose that a test body is
moving in the spacetime described by the metric 17.84, far away from the source; the study
of its motion does not allow to distinguish whether the gravitational field is weak or strong
near the source, because the metric in the far-field limit is the same in both cases. Thus,
if the source is a strong-gravity one, we can define its mass and angular momentum as the
quantities M and J , related to the integration constants appearing in the far-field metric
by Eq. 17.83. The mass M can be measured from the orbital frequency of the test mass
through Kepler’s third law, and the angular momentum J can be inferred by measuring the
precession of gyroscopes orbiting around the source (see Sec. 17.4 below).

A more rigorous way to assess the physical meaning of M and J for a strong-gravity
source uses the stress-energy pseudo-tensor tµν , which we defined in Chapter 13. We remind
that tµν describes the energy and momentum carried by the gravitational field, and satisfies,
together with the stress-energy tensor of matter and fields Tµν , the conservation law

[(−g)(Tµν + tµν)],ν = 0 . (17.85)

As shown in Sec. 13.6.1, the quantity (−g)(Tµν + tµν) can be defined in terms of the
spacetime metric as follows:

α

(−g)(Tµν
∂ζµν

+ tµν) = (17.86)
∂xα

where

ζµνα
∂λµναβ

= (17.87)
∂xβ

and
1

λµναβ ( g)(gµνgαβ gµαgνβ) . (17.88)≡
16π

[
− −

]
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Since we are considering a stationary spacetime, Eq. 17.86 becomes

∂ζµνk
(−g)(Tµν + tµν) = , k = 1, 2, 3 , (17.89)

∂xk

∂λµναiand ζµνα = ∂xi .
Let us now consider a spherical, three-dimensional volume V centered on the source,

with radius r much larger than the source size (we choose an asymptotically flat coordinate
frame (t, xi)). As discussed in Sec. 13.6.1, the total four-momentum Pµ enclosed in the
volume V is given by

Pµ = d3x(
V

−g)(T 0µ + t0µ) (17.90)

(see Eq. 13.120) and it is contributed

∫
both by the source and by the gravitational field. By

substituting Eq. 17.89 in Eq. 17.90, Pµ can be expressed as

Pµ =

∫ 0

d3 ∂ζ µk

x . (17.91)
k

V ∂x

Using Gauss’ theorem (see Box 5-D) the integral of a three-divergence of a vector over
the volume V can be written as the flux of the vector across the spherical surface ∂V
surrounding the volume

Pµ =

∫
ζ0µkdSk , (17.92)

∂V
i

where dSk = nkdS = nkr2dΩ and nk = x is the unit vector orthogonal to the surfacer
element. In Sec. 17.1 we computed the mass and the angular momentum of a stationary,
isolated source – on the assumption that the gravitational field it generates is weak – by
integrating suitable components of the stress-energy tensor on the volume of the source
(see Eqs. 17.15 and 17.30). We are now considering a stationary, isolated source whose
gravitational field is not weak and, in order to compute the total mass-energy and the total
angular momentum which include the contribution of the gravitational field, we need to
evaluate the integral in Eq. 17.91 over a volume much larger than the source volume. We
have shown that this volume integral reduces to the surface integral 17.92 on the boundary
∂V which is in the far-field region, where the metric is known; thus, ζ0µk can be computed
using Eqs. 17.87 and 17.88. The total mass-energy is

Mtot = P 0 =

∫
ζ00knkr2dΩ . (17.93)

∂V

As discussed in Sec. 17.1, the three-momentum of the volume element d3x located at a
point of coordinates xi is Pid3x, and the angular momentum of the same element is dJ i =
(x× P i

) d3x = −ε j k 3 j 4
ijkP x d x. In the present case P is

Pj ∂
= (−g)(T 0j + t0j) = (−g)(T j0 + tj0) = ζj0l , (17.94)

∂xl

therefore the total angular momentum which generalizes Eq. 17.30 and includes the contri-
bution of the gravitational field is

j l
i

∫
∂(ζ 0

3 ∂ζj0l k 3 xk) j0l ∂x
k

Jtot = −εijk d x x = εijk d x ζ∫V [∂xl −
V ∂xl

−
∂xl

∂(ζj0lxk

∫ [ ]
= −ε 3 )

ijk d x
V ∂xl

− ζj0k
]
, (17.95)

4Note that ζ0jl
,l = ζj0l,l but ζ0jl = ζj0l; we write Eq. 17.94 in terms of ζj0l because in this way the

subsequent computations are simpler.
6
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where the latter equality holds in stationary spacetimes, and V is assumed to be larger than
the source volume. By replacing Eq. 17.87 in Eq. 17.95 we find

J itot = −εijk
∫

d3 ∂
x k

∂xl
(
ζj0lx

V

− λj0kl , (17.96)

and, by Gauss’ theorem, the components of the total angular momen

)
tum of the source are

J i = −ε
∫

ζj0lxk j
tot ijk

∂V

− λ 0kl nlr2dΩ . (17.97)
( )

Summary: total mass-energy and angular momentum of a stationary,
isolated body using the stress-energy pseudo-tensor

The total mass and angular momentum of a stationary, isolated source, which includes
the contribution of the gravitational field it generates, can be written in terms of the
stress-energy pseudo-tensor as follows:

Mtot =

∫
d3x( g)(T 0µ + t0µ) = ζ00inir2dΩ (17.98)

V

−
∫
∂V

J itot = εijk

∫
( g)(T 0k + t0k)xjd3x = ε ζj0lijk xk λj0kl nlr2dΩ , (17.99)

V

− −
∫
∂V

where ζαµν , λµναβ are given in Eqs. 17.87, 17.88, resp

(
−

ectively, and

)
V is much larger

than the source size, so that the surface ∂V is located in the far-field region.

Let us now explicitly compute Eqs. 17.98 and 17.99 assuming that the surface enclosing
the source is located in the far-field region; in this case the metric to be used to evaluate
the surface integrals is gµν = ηµν + hµν , where hµν is given by Eqs. 17.40:

2M
h00 = +O

r

2

(
1

(17.100)
r2

)
h0i = εijkx

jJk +O
r3

(
1

r3

2M 1

)
hij = δij +O

r

(
r2

)
.

We first recall that (see Sec. 6.1)

gµν = ηµν − hµν +O(h2) , (17.101)

where the indices of hµν have been raised with Minkowski’s metric. The determinant of gµν
is

4M 1
g = (−1 + h00)(1 + hii) = −(1 + ) +O

r

(
r2

)
. (17.102)

Note that in this expression we have neglected the term J/r3 with respect to M/r, since
we are in the far-field limit.

Box 17-B
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The quantity ζ00i, which appears in Eq. 17.98, can be evaluated using Eqs. 17.87, 17.88
and the metric 17.100; neglecting terms O 1/r2 , we find

ζ00i i 1 ∂
n = ni

[
(−g)

(
g00 1

gij

( )
− g0ig0j

)]
= ni

∂ [
(−g)g00gij

]
+O(h2)

16π ∂xj

1
= ni

∂

16π ∂xj

1 ∂

[(
4M

1 +
r

4M

)(
2M−1−
r

1

)(16π ∂xj

2M
1−

r

)
1

δij

]
+O

(
r2

)
= − ni δij +O . (17.103)

16π ∂xj r

(
r2

)
Since ∂ 1

∂xj =r −n
j

r2

ζ00ini
1 M

= ni
1

ni
M

= , (17.104)
4π r2 4π r2

and finally

M 0 00i i 2
tot = P = ζ n r dΩ = M . (17.105)

∂V

Thus, the constant M appearing in the metric

∫
of the far-field limit is the total mass-energy

of the source.
Let us now prove that the components of the angular momentum defined in Eq. 17.99

coincide with the constants J i which appear in the metric of far-field limit 17.100. Using
Eq. 17.87, and the relation xk = rnk∫ , Eq. 17.99 becomes

J i = −ε
(
ζj0lxk − λj0kltot ijk

)
dSl (17.106)

= −εijk
∫∂V (

nknlr3 ∂
λj0lm j

x
− nlr2λ 0kl

∂V ∂ m

)
dΩ .

Using Eqs. 17.88, 17.102, and

2
g0j = −h0j = h = ε xr s

0j jrs J +O
r3

(
1

r3

)
, (17.107)

neglecting terms O(h2) we find

1
λj0lm

1
= (h0jδlm − h0mδjl) +O

16π

(
r3

)
(17.108)

1
= (ε δ − ε δ )xr s

jrs lm mrs jl J +O
8πr3

(
1

.
r3

)
Let us compute the first term in Eq. 17.106. Neglecting higher-order terms in 1/r we obtain

ε− k l 3 ∂ j0lm 1 ∂− jrsδlm εmrsδjl
εijkn n r λ = ε k l 3 r s

ijkn n r
m

−
∂ 8π ∂xm

(
x

x r3

)
J ; (17.109)

since δ k l k j
jlεijkn n = εijkn n = 0 and

m ∂
(
xr
)

δ − mnr nrrm 3n
n = nm =

∂xm r3
−2 , (17.110)

r3 r3

using the property εijkεjrs = δkrδis − δksδir (see Eq. 17.44), we find

k l 3 ∂ 0jlm 1 ∂ r

−εijkn n r λ = − εijkεjr J
snk

x
s nmr3 (17.111)

∂xm 8π ∂xm r3

1 1

( )
= ε ε Jsnknr = (δ δ − δ s k r

ijk jrs kr is ksδir)J n n
4π 4π
1

= (J i
4π

− Jknkni) .
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For the second term in Eq. 17.106, using the property εijkδjk = 0, we find

nl
ε nlr2λ0jkl = ε (ε δ − ε δ )nr s
ijk ijk jrs kl lrs jk J (17.112)

8π
1

= ε r
ijkε

k s 1 1
jrsn n J = (δkrδis − δ δ knrks ir)n Js = (J i Jk

8π 8π 8π
− nkni) .

Replacing in Eq. 17.106,

∂
J itot = −εijk

∫ (
nknlr3 λ0jlm − nlr2λj0kl d

V ∂xm∂

)
Ω (17.113)

3 1
=

2 4π

∫
(J i

3 1

∂V

− Jknkni)dΩ = Jk (δik nink)dΩ = J i ,
2 4π

∫
∂V

−

where we have used
∫

dΩnink = (4π/3)δik (see Eq. 13.145).
∂V

We can conclude that the integration constants M and J appearing in the metric of the
far-field limit of a stationary, isolated source given in Eq. 17.3 can be correctly interpreted as
the mass-energy and the angular momentum of the system. For a weakly gravitating source,
the contribution of the gravitational field is negligible; if the gravitational field of the source
is strong, it contributes to these quantities through the stress-energy pseudo-tensor tµν .

17.4 PRECESSION OF A GYROSCOPE IN A GRAVITATIONAL FIELD
A gyroscope is a body with an intrinsic angular momentum which is not subjected to external
torques; this means that non-gravitational forces, if present, act on its center of mass. We
can model a gyroscope in General Relativity as a point particle with four-velocity ~u, and

~with an intrinsic spin four-vector S.
In a LIF the laws of Special Relativity hold and, if the body moves on a geodesic, absence

of external torques implies 5

dSµ
= 0 , (17.114)

dτ

which can be written as uαSµ,α = uαSµ;α = 0. By definition, the intrinsic spin vector in
Special Relativity – like the orbital angular momentum of a moving particle – is orthogonal
to the four-velocity of the body: Sµu

µ = 0 (see Eq. 10.38); this condition is equivalent to
the requirement that the spin vector has vanishing time component in the comoving frame.
Since these are tensor equations, they hold in any coordinate frame:

uαSµ;α = 0 (17.115)

Sµu
µ = 0 . (17.116)

If the gyroscope does not move on a geodesic, i.e. non-gravitational forces act on its center
of mass, it has a non-vanishing four-acceleration aµ = uνuµ;ν . It can be shown that the four-
acceleration induces a rotation of the spin vector in the plane containing the four-velocity
and the four-acceleration:

uαSµ;α = −uµaαSα . (17.117)

This phenomenon, also present in Special Relativity, is called Thomas precession and will
not be discussed in this book.

5In Newtonian physics the angular momentum L satisfies the equation dL/dt = M, where M is the exter-
nal torque; if M = 0 the angular momentum is conserved. Eq. 17.114 is the special relativistic generalization
of the conservation of angular momentum.
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17.4.1 Gyroscopes in the gravitational field of a rotating body: the Lense-Thirring
precession

Let us consider a gyroscope in the gravitational field generated by an isolated, stationary
object with non-vanishing angular momentum J i. Let {xµ} be the coordinate frame in
which gµν,0 = 0 and, in the far-field limit, gµν = ηµν + hµν with hµν given by Eqs. 17.100.
We shall show that, due to the coupling with the angular momentum of the central body,
the spin of the gyroscope precesses. This effect, called Lense-Thirring precession, is a
remarkable prediction of General Relativity.

Let us first consider, for simplicity, a gyroscope which does not move in space, i.e. such
that ui = 0. Therefore, Eq. 17.116 gives S0 = 0, and thus S0 = g0µSµ = −h0iSi = O(h).
The space components of Eq. 17.115 reduce to 6

uµSi;µ = u0Si;0 = u0Si,0 + Γi0jS
j + Γi00S

0 = 0 (17.118)

and therefore, neglecting O(h2) terms,

dSi 1
= u0Si,0 = −Γi0jS

j + Γi00S
0 = − (h j j

0i,j − h0j,i)S =
2

−2BijS (17.119)
dτ

where we have used the fact that Γi00S
0 = O(h2), and we have defined

1
Bij = −Bji = (h0i,j − h0j,i) . (17.120)

4

As shown in Box 17-A, if we define ωk = εkijBij , it follows that Bij = 1εijkω
k. Hence,2

Eq. 17.119 can be written as

dSi d
= −εijkωkSj = εijkω

j S
Sk , i.e. = ω

dτ dτ
× S : (17.121)

the three-vector S = {Si} rotates in space with angular velocity ω = {ωi}, which can be
found using Eq. 17.120,

k 1
ω = εkijh0i,j . (17.122)

2

Since the gyroscope is moving in the far-field region of a stationary, isolated object, h0i is
given by Eqs. 17.100:

2
h0i = εijkx

jJk . (17.123)
r3

The angular velocity of the spin precession is then

l
k 1 ijk ijk

(
x Jm

)
Jm ( j k j k

)(
l 3xlxj

ω = ε h0i,j = ε εilm = δl δm − δmδl δj − , (17.124)
2 r3 r3 r2

,j

)
where we have used the relation rn,i = nxirn−2 and the property 17.44, εijkε i

klm = δlδ
j
m

i j j
−

δmδl . Then, since δl (δ
l
j − 3xlxj/r2) = 0,

k
k Jj j j

ω = −
(

j

δk
3x x−

)
1
(

k

= −Jk J x x
3 j + 3
r r2 r3 r2

)
, (17.125)

6Strictly speaking, a static body in a gravitational field has a non-vanishing acceleration, and thus the
general formula 17.117 should be used: uαSµ;α = −uµaαSα. However, since we are only interested in the
equations for the space components Si and ui = 0, the acceleration term disappears and Eq. 17.118 is
correct.
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i.e.
1 J

ω = ωLT ≡
r3
−J + 3

· x
x . (17.126)

r2

The precession frequency ω

( )
LT defined in Eq. 17.126 is called Lense-Thirring frequency.

The Lense-Thirring precession is an example of dragging of inertial frames (which will
be also discussed in Sec. 18.5): as the central body rotates, it drags the inertial frames in
the surrounding spacetime, because the angular momentum of the central body couples
with the spin of the gyroscope. Thus, although the gyroscope keeps its direction fixed with
respect to the LIF, it rotates with respect to the asymptotically flat frame. In practice,
the gyroscope rotates with respect to the direction of far-away stars (which – neglecting
for simplicity the effects of cosmology – have “fixed” directions in the asymptotically flat
frame).

17.4.2 Moving gyroscopes: geodesic precession
In the previous section we considered a gyroscope at rest, i.e. with ui = 0. If the gyroscope
is in motion, its spin undergoes a further precession (distinct from the Lense-Thirring one)
due to the coupling between the orbital angular momentum of the gyroscope and its spin.
This phenomenon is called geodesic precession or de Sitter precession, and is typically
much larger than the Lense-Thirring precession.

In order to study the gyroscope motion it is convenient to consider the comoving frame,
i.e. the local Fermi frame {x∗µ} adapted to the source (see Sec. 3.9). For simplicity we shall
assume that the gyroscope moves along a geodesic.

We remind that the Fermi frame {~e(
∗
µ)} is an orthonormal basis (~e(

∗
µ) · ~e(

∗
ν) = ηµν) such

that ~e(0)
∗ = ~u is the four-velocity of the body (in this case, the gyroscope), and {~e(

∗
i)} are

three spacelike vectors orthogonal to ~u. With this definition the spatial orientation of the
vectors {~e(

∗
i)} can be arbitrarily chosen; we choose them to have the same space orientation

as the coordinate basis vectors associated to the coordinates (r, θ, ϕ) of the asymptotically
flat metric.

The motion of a gyroscope moving on a general geodesic orbit is quite involved. We shall
here consider the simple case of a circular, equatorial orbit around a spherically symmetric
object (thus neglecting its angular momentum). Obviously, in this case the Lense-Thirring
precession will not be present. As discussed in Chapter 9, the spacetime outside the central
body is described by the Schwarzschild metric,

2M 2M
−1

ds2 = −
(

1−
)
dt2 +

(
1−

)
dr2 + r2(dθ2 + sin2 θdϕ2) , (17.127)

r r

where we remind that M is the mass of the central body in geometrized units. We shall
first determine how the spin of the gyroscope evolves in the frame {xµ} = (t, r, θ, ϕ), and
then derive the corresponding equations in the local Fermi frame.

Since the gyroscope is a (massive) body in circular equatorial motion around the central
object 7, uµ = ut(1, 0, 0, ω) where (see Sec. 10.5)

dϕ uϕ M
ω = = = (17.128)

dt ut

√
r3

is the Keplerian orbital frequency of the body. Moreover, since uµuµ = −1 and θ = π/2,

2M 3M
g µ
µνu uν = (ut)2

[
−
(

1−
)

+ ω2r2

]
= −(ut)2

r

(
1−

r

)
= −1 ,

7We assume that the mass of the gyroscope is much smaller than that of the central body.
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therefore

ut =

(
3M

1−
r

)−1/2

. (17.129)

Eq. 17.116, Sµu
µ = 0, yields

gµνS
µuν = −

(
2M

1−
)
Stut + r2Sϕωut = 0 , (17.130)

r

hence

St = r2

( 1
2M

1−
)−

ωSϕ . (17.131)
r

The evolution equation of the spin vector is given by Eq. 17.115, uαSµ;α = 0, i.e.

dSi
= uαSi,α =

dτ
−Γiαβu

αSβ . (17.132)

The non-vanishing Christoffel symbols of the Schwarzschild metric are given in Box 9-A; on
the equatorial plane they become

Γttr = Γtrt = M
2 1− 12M −1

Γrtt = M 1 2M Γr = M 1 2M −
r r r2 − r rr − r2 − r

Γrθθ = −(r − 2M

(
)

)
Γr =

(
M)

)
−(r − 2 Γϕ ϕ

ϕϕ rϕ = Γϕr =

(
Γθ

)
rθ = Γθθr = 1 .r

(17.133)
Using these expressions, the θ-component of Eq. 17.132 gives

dSθ
= −Γθ θ

αβu
αSβ = −Γθrθ(u

rS + uθSr) = 0 , (17.134)
dτ

since ur = uθ = 0. Thus, Sθ is constant; let us assume for simplicity that Sθ = 0, i.e. that
the spin of the gyroscope lies in the orbital plane.

The r-component of Eq. 17.132 is (using uϕ = ωut and Eq. 17.131)

dSr
= −Γr uαSβ = Γr utSt Γr urSr Γr uθSθ Γr uϕSϕ (17.135)

dτ αβ − tt − rr − θθ − ϕϕ

= −ut
( 1

ΓrttS
t 2M

−

+ ΓrϕϕωS
ϕ
)

= −ωutSϕ
[

Γrttr
2

(
1−

r

)
+ Γrϕϕ

]
(17.136)

= −ωutSϕ [(M − (r − 2M)] = ωut(r − 3M)Sϕ .

The ϕ-component is

dSϕ t

− ϕ α u
= Γ u Sβ = −Γϕϕru

ϕSrαβ = −ω Sr . (17.137)
dτ r

Finally, in terms of the global time coordinate t, we find the system of equations

dSr 1 dSr 3M
= = ωr 1 Sϕ (17.138)

dt ut dτ

(
−

r

dSϕ 1 dSϕ 1

)
= = .

dt ut
−ω Sr

dτ r
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The Fermi frame with spacelike vectors oriented as those of the coordinate basis associated
to (r, θ, ϕ), i.e. {~e(µ)} =

{
∂
µ

}
, in the equatorial plane is∂x

~e(0)
∗ = ~u = ut

(
~e(0) + ω~e(3)

)
(17.139)

~e(1)
∗ =

(
2M

1−
)1/2

~e(1)
r

1
~e(2)
∗ = ~e(2)

r [ ( )−1/2 1/2
2

~e(3) = ut
2M M 1∗ ωr 1− ~e(0) +
r

(
1−

r

)
~e(3)
r

]
.

Note that the spacelike vector ~e(3)
∗ is a linear combination of ~e(3) and ~e(0) (the latter is

needed to have ~e(3)
∗ · ~u = 0), and it is orthogonal to the other space vectors ~e(1) and ~e(2). It

is simple to check, using the property ~e(µ) · ~e(ν) = gµν and Eq. 17.129, that ~e(
∗
µ) · ~e(

∗
ν) = ηµν

(we leave the proof as an exercise).
The spin vector is

~S = Sµ~e(µ) = S∗µ~e(
∗
µ) ; (17.140)

therefore, recalling that ~e(1) ·~e(3)
∗ = 0 and using Eq. 17.131, we find that the components of

the spin of the gyroscope in the Fermi frame are

∗t −~ ~S = S · ~e(0)
∗ = −S · ~u = 0 (17.141)

2
M

−1/
2~S∗r = S · ~e(1)

∗ = Sr~e r
(1) · ~e(1)

∗ =

(
1−

r

)
S

S∗θ ~= S · ~e(2)
∗ = 0

S∗ϕ ~= S · ~e ∗ = (St r
(3) ~e(0) + S ~e(1) + Sϕ[ ~e(3))]· ~e) (3)

∗

= r2

(
2M

−1

1− ωSϕ~e(0) + Sϕ~e(3)
r

/2
t

[ ( 1/2 ( 1
2M

)−
2M 1·u ωr 1− ~e(0) + 1 ~e(3)

r
−

r

)
r

]
1/

t

[
2 2

2 3

( ( 1/
2M

)−
2M

= u −ω r 1− + r 1
r

−
r

) ]
Sϕ

= utr

( 1
2M

1−
)− /2(

2M
1− − ω2r2

)
Sϕ

r r

= r

( 1/2
2M

−1/2
3M

1−
r

) (
1−

r

)
Sϕ .

Then, multiplying Eqs. 17.138 by (1 − 2M/r)−1/2 and r(1 − 3M/r)1/2(1 − 2M/r)−1/2,
respectively, we obtain

dS∗r
( 1/2 1/2

3M
ω

)(
2M

= r 1 1−
)−

Sϕ ω

(
3M− = 1 S

r
− ϕ

dt r

)
∗ (17.142)

r

dS∗ϕ
=

dt
−ω

(
3M

1−
r

)1/2

S∗r .
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Defining

ω′ =

( /
3M

1
r

)1 2

− ω , (17.143)

Eqs. 17.142 become

dS∗r
= ω′S∗ϕ (17.144)

dt
dS∗ϕ

=
dt

−ω′S∗r .

These equations show that the spin vector rotates with frequency ω′ in the comoving frame
{~e(
∗
r), ~e

r
(
∗
ϕ)}. If, for instance, at t = 0 the spin points towards the radial direction, S∗ (0) = S0,

S∗ϕ(0) = 0, then S∗r(t) = S0 cosω′t and S∗ϕ(t) = −S0 sinω′t.
We now determine the spin of the gyroscope with respect to the asymptotically flat

directions, i.e. the directions which, in the far-field limit, correspond to the Cartesian co-
ordinate lines of the Minkowski metric ηµν . These are often called “fixed stars directions”
(neglecting the effect of the cosmological expansion).

To this aim, reminding that we have the freedom to rotate the spatial vectors of the
Fermi frame, we change the basis vectors {~e(

∗
r), ~e(

∗
ϕ)} to {~e(

∗
x), ~e(

∗
y)}, parallel to the Cartesian

coordinate axes in the far-field limit, defined as follows:

~e(
∗
x) = cosϕ~e(

∗
r) − sinϕ~e(

∗
ϕ) (17.145)

~e(
∗
y) = sinϕ~e(

∗
r) + cosϕ~e(

∗
ϕ) .

These expressions can be obtained from the rotation x = r cosϕ, y = r sinϕ, by inverting
Eq. 3.136. We stress that the Cartesian vectors ~e(

∗
x), ~e(

∗
y) are still vectors of the local Fermi

frame of the gyroscope, with a different space orientation.
The spin components along the Cartesian directions are

S∗x ~= S · ~e(
∗
x) = (S∗r~e(

∗ ϕ
r) + S∗ ~e(

∗
ϕ)) · (cosϕ~e(

∗
r) − sinϕ~e(

∗
ϕ)) (17.146)

= cosϕS∗r − sinϕS∗ϕ

S∗y ~= S · ~e ∗ = (S∗r ϕ
(y) ~e(

∗
r) + S∗ ~e(

∗
ϕ))

r ϕ

· (sinϕ~e(
∗
r) + cosϕ~e(

∗
ϕ))

= sinϕS∗ + cosϕS∗ ,

and since S∗r(t) = S0 cosω′t, S∗ϕ = −S0 sinω′t, and and ϕ = ωt along the circular orbit,

S∗x = S0(cosωt cosω′t+ sinωt cosω′t) = S0 cos(ω − ω′)t (17.147)

S∗y = S0(sinωt cosω′t− cosωt sinω′t) = −S0 sin(ω − ω′)r .

In the Newtonian limit ω = ω′ and thus (S∗x, S∗y) are constant: as it is well known,
a moving gyroscope keeps its direction fixed with respect to far-away stars. In General
Relativity, instead, the gyroscope precesses with respect to the “fixed stars directions”,
with the geodesic precession frequancy

ωGP = ω − ω′ =

[
1

3
1−

(
M

1−
) /2

]
3M 3M M

ω ' ω =
r 2r 2r

√
, (17.148)

r3

where we have neglected higher-order terms in 1/r while using Eq. 17.143.
When the central body rotates, both the geodesic precession and the Lense-Thirring

precession are present. It can be shown that (in the weak-field limit) the spin, measured in
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the local frame with the orientation of the asymptotically Cartesian directions, satisfies the
equation

dS ∗
= (ωGP + ωLT)

dt
× S ∗ (17.149)

where ωGP is the geodesic precession frequency (which reduces, in the case of circular equa-
torial motion, to Eq. 17.148) and ωLT is the Lense-Thirring frequency given in Eq. 17.126.

As mentioned above, the geodesic precession frequency is typically much larger than the
Lense-Thirring frequency. Let us consider, for instance, a gyroscope in a spacecraft moving
on a circular, equatorial orbit 600 km above the surface of Earth (i.e. about 7000 km from
the center of Earth). In this case the Earth angular momentum is orthogonal to the position
vector x of the gyroscope, hence Eqs. 17.126, 17.148 give (in physical units, see Box 9-A)

GJ|ωLT| = (17.150)
c2r3

3GM|ωGP| =
2c2r

√
GM

(17.151)
r3

where M = M = 5.9 × 1027 g, r = 7.0 × 108 cm, and, with the rough approximation⊕
of a uniform-density Earth, J ∼ 2M R2 Ω . Since the rotation frequency of the Earth is5 ⊕ ⊕ ⊕
Ω = 2π/86400 = 7.3⊕

3 1 2
× 10−5 s−1, its radius is R = 6.378× 108 cm and G = 6.674 10−8

⊕ ×
cm g− s− , c = 2.998× 1010 cm/s (see Table A), we find J ∼ 7× 1040 g cm2 s−1; hence
|ωLT| ∼ 1.5× 10−14 rad/s ∼ 0.1 arcsec/year, and |ωGP| ∼ 10−12 rad/s ∼ 6 arcsec/year.

The configuration discussed above maximizes the Lense-Thirring effect. If the angular
momentum of the central object is not orthogonal to the orbital plane (as in the case of an
orbit along a meridian circle of the Earth, see Sec. 17.4.3) the Lense-Thirring frequency is
even smaller, as shown by Eq. 17.126, while the geodesic precession frequency is the same.

17.4.3 Measurement of geodesic and Lense-Thirring frequencies: Gravity Probe B
The idea of an experiment to measure the geodesic and Lense-Thirring precessions dates
back to 1960, when Shiff [103] noted that a gyroscope on a spacecraft orbiting around Earth
would undergo geodesic and Lense-Thirring precessions with respect to the directions of
“fixed stars” at infinity (see also [98] for a similar, independent proposal). An estimate
of the order of magnitude of these effects showed that they would be “difficult, but not
impossible, to observe”.

The realization of this experiment – called Gravity Probe B (GPB) – has been extremely
difficult. The satellite was launched in 2004 and the mission ended in 2005; after that, six
more years were needed to analyse the data and understand all sources of error. In 2011 the
final results were published [45]: the geodesic precession was measured with an accuracy of
' 0.3%, and the more elusive Lense-Thirring precession was measured with an accuracy
of ' 20%. The observed values are compatible with the predictions of General Relativity,
and can be considered a further kinematical test of General Relativity, which adds to those
discussed in Chapter 11.

As discussed above the geodesic precession frequency is much larger than the Lense-
Thirring frequency. Thus if ωGP is parallel to ωLT, the Lense-Thirring frequency is “buried”
in the geodesic precession frequency, increasing the difficulty of the measurement. To over-
come this problem the orbit of GPB was chosen to be orthogonal to the equatorial plane
(see Fig. 17.2), and the spin of the gyroscope was oriented orthogonally to both the angular
momenta of the Earth and of the orbit. Thus, in the Cartesian frame (Oxyz) in Fig. 17.2,
the angular momentum of the Earth is J i = (0, 0, J), the orbit lies in the x

i
− z plane, and

the spin of the gyroscope is S = (S, 0, 0). With this configuration, the geodesic precession
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Figure 17.2: Schematic description of the GPB experiment. The spin of the satellite has a geodesic
precession from South to North, and a Lense-Thirring precession from East to West.

frequency – which is always orthogonal to the orbital plane – is parallel to the y-axis, and
determines a precession of the spin in the x−z plane, i.e. in the North-South direction. The
Lense-Thirring frequency 17.126, instead, lies in the orbital plane x− z (because both the
Earth angular momentum J and the radial direction n belong to that plane); since the spin S
is parallel to the x-axis, the Lense-Thirring precession 17.126 – δS ∼ ωLT×S = (0, ωzLTS, 0)
– is parallel to the y-axis, i.e. in the West-East direction. It was thus possible to measure
the two effects independently.

The actual value of the Earth moment of inertia (known from geophysical modelling of
the Earth) is I = 8.0× 1044 g cm2. Eq. 17.151 yields |ωGP| = 6.6 arcsec/year. To compute⊕
the Lense-Thirring frequency 17.126 we note that n = (cos Ω t, 0, sin Ω t) and J = (0, 0, J),⊕ ⊕
therefore

−J + 3(J · n)n = (3J sin Ω t cos Ω t, 0,−J(1− 3 sin2 Ω t)) (17.152)⊕ ⊕ ⊕

hence, averaging the z-component of the Lense-Thirring frequency on an orbit with period
T = 2π/Ω ,⊕

〈ωz 1
LT〉 =

∫ T ∫ 2

J

(
3 sin2 2π π

t− 1

)
J 1

dt =
(
3 sin2 α =

0 T 2π
− 1 dα J , (17.153)

T 0 2

which, in physical units, gives

)

|ωz GIΩ
LT| =

⊕
= 0.04 arcsec/year . (17.154)

2c2r3
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GPB contained four gyroscopes, which were electrostatically suspended, rotating spheres.
Each sphere contained a superconducting loop producing a magnetic dipole moment parallel
to the spin direction. A magnetometer measured the direction of the magnetic moment, and
then of the spin, of each gyroscope. These directions were compared with the direction of the
far-away star IM Pegasi, determined by a telescope on the spacecraft. The results obtained
by combining the observations of the four gyroscopes are shown in Table 17.1, and compared
with the theoretical predictions of General Relativity.

Table 17.1: Precession frequency measured by Gravity Probe B along the North-South
direction (Lense-Thirring frequency) and along the West-East direction (geodesic precession
frequency), compared with the theoretical values predicted by General Relativity.

ωLT (milli-arcsec/year) ωGP (milli-arcsec/year)

General Relativity prediction −39.2 −6606.1

GPB −37.2± 7.2 −6601.8± 18.3

Remarkably, when the results of this experiment were released the geodesic and Lense-
Thirring effect of the Earth had already been measured by analysing the motion of a pair of
satellites, whose position was constantly monitored by sending laser impulses from the Earth
to the satellites. This experiment, called LAGEOS, required the subtraction of the non-
spherical component of the Earth gravitational field, which had previously been determined
by a similar experiment, GRACE. In 2004 the LAGEOS experiment measured the geodesic
precession frequency with an accuracy of ' 0.7%, and the Lense-Thirring frequency with
an accuracy of ' 10%. The accuracy of these measurements has significantly been improved
with a recent analysis of the LAGEOS data [37, 80].

We also note that while the Lense-Thirring effect was firstly observed by the GPB and
LAGEOS experiments, the geodesic precession had been measured decades earlier studying
the motion of binary pulsars such as PSR 1913+16 (see e.g. [118] and references therein).
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The Kerr solution

As shown in Chapter 9, the solution of Einstein’s equations describing the exterior of an
isolated, spherically symmetric, static object is quite simple. Indeed, the Schwarzschild
solution was found in 1916, immediately after the publication of Einstein’s equation. Finding
the solution for the gravitational field of a rotating body (all astrophysical objects do rotate
to some extent) is a much more difficult problem; indeed we do not know any exact solution
describing the exterior of a rotating star, and only some approximate solutions are known.
However, there exists an exact solution of Einstein’s equations in vacuum (Tµν = 0), which
describes a rotating, stationary, axially symmetric black hole. It was derived in 1963 by
Roy Kerr [68], and it is known as the Kerr solution. As for the Schwarzschild solution, it
describes the spacetime generated by a curvature singularity concealed by a horizon.

We stress that while, owing to Birkhoff’s theorem (Sec. 9.6), the Schwarzschild metric
for r > 2M also describes the exterior of any spherically symmetric, static, isolated object
(a star, a planet, etc.), the Kerr metric outside the horizon can only describe the exterior
of a black hole 1.

18.1 OBSERVATIONAL EVIDENCE FOR ROTATING BLACK HOLES
Black holes are solutions of Einstein’s equations in vacuum. Since these equations do not
contain dimensionful parameters (see Sec. 6.2) the mass M , which arises as a dimensionful
integration constant, must be a free parameter. This is at variance with the mass of a stellar
object (e.g., a neutron star), since the microphysical properties of stars determine a maxi-
mum mass (see Chapter 16). Therefore, as mathematical solutions of Einstein’s equations,
black holes can have any mass. However, this does not necessarily imply that black holes
exist with any mass in nature. Indeed, the mass of astrophysical black holes is determined,
and limited, by their formation mechanism and their evolutionary path.

A growing amount of observational evidence suggests that astrophysical black holes exist
(at least) in two categories:

• Stellar-mass black holes. These are either the outcome of the gravitational collapse
of sufficiently massive stars or, as discussed in Chapter 14, of the merger of compact
objects (neutron stars or black holes). The former have masses in the range from a few
to several tens of solar masses, and have been indirectly observed through the X-ray
emission from their accretion disk, whose inner edge can be associated to the ISCO
of the black hole (see Sec. 10.5); the latter can reach masses up to ∼ 102M , and the�
gravitational wave signal emitted when they form has been detected by interferometric

1Actually, a rigorous proof that a stellar model matching with Kerr’s metric at its surface does not exist
is still lacking.
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detectors. The heaviest black hole detected during the first two observational runs of
the LIGO and Virgo interferometers is the remnant of GW170729, with mass M '
80.3+14.6

10.2M (see Table 14.1). At the time of writing, the events detected during the− �
third observational run in 2019 are still being analyzed. Binary black hole mergers have
been detected on a weekly basis and the heaviest one is the remnant of GW190521
with mass M ' 142+28

−16M [5].�

• Supermassive black holes. These are much heavier black holes, whose masses range
approximately from 105M to 1011M . They sit at the center of most galaxies and� �
play a crucial role in galaxy evolution. The center of the Milky Way hosts Sgr A∗, a
supermassive black hole with M ≈ 4×106M . During the cosmic evolution, supermas-�
sive black holes are expected to merge as a result of galaxy mergers, thus producing
heavier black holes. Nonetheless, the origin of the heaviest supermassive black holes
which have been observed at high redshift is still unclear. To date supermassive black
holes have been observed indirectly by monitoring the motions of stars in close or-
bit around them (as in the case of Sgr A∗ [48]), or by measuring the X-ray and
infrared spectrum from accreting supermassive compact objects. In 2019, the Event
Horizon Telescope Collaboration provided the first radio image of the “shadow” (see
Sec. 11.5) of the supermassive black hole in the galaxy M87, also measuring its mass,
M ≈ 6.5×109M [111]. So far the only observational evidence for supermassive black�
holes comes from electromagnetic measurements. Detecting the gravitational waves
emitted during the coalescence of two supermassive black holes is one of the main sci-
ence goals of the Laser Interferometer Space Antenna (LISA), a European/American
space mission expected to be launched in 2034 [7] (see Sec. 14.2.6).

There are observational and theoretical hints that intermediate-mass black holes, with
masses filling the gap between stellar-mass and supermassive black holes, should exist. The
strongest evidence to date comes from the detection of GW190521 [5].

Finally, it has been speculated that primordial black holes – with masses below the solar
mass – might be formed in the early universe (see Sec. 20.4). Although the search for these
objects is very active, to date their existence remains hypothetical.

18.2 THE KERR METRIC IN THE BOYER-LINDQUIST COORDINATES
At variance with the Schwarzschild metric, the derivation of the Kerr solution is a formidable
task which goes beyond the scope of this book. We refer the interested reader to the original
paper by Kerr [68] or to Chandrasekhar’s monograph [34]. Here we simply give the explicit
form of the Kerr metric (we shall use geometrized units G = c = 1, unless otherwise
specified):

ds2 = −dt2 + Σ

(
dr2

+ dθ2

)
2

+ (r2 + a2) sin2 θdϕ2 Mr
+ (a sin2 θdϕ− dt)2 , (18.1)

∆ Σ

where

∆(r) ≡ r2 − 2Mr + a2 , (18.2)

Σ(r, θ) ≡ r2 + a2 cos2 θ ,

and M and a are constants with the dimensions of a length. The coordinates (t, r, θ, ϕ), in
terms of which the metric has the form given by Eq. 18.1, are called the Boyer-Lindquist
coordinates [24].

The Kerr metric depends on two parameters, M and a; comparing Eq. 18.1 with the
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metric of the far-field limit of an isolated object (Eq. 17.3), we see that M is the black hole
mass, and J ≡Ma its angular momentum.

Some properties of the Kerr metric can be directly deduced from the line element in
Eq. 18.1:

• It is axisymmetric, since it does not depend on the azimuthal angle ϕ.

• It is not static, since it is not invariant for time reversal t→ −t.

• It is stationary, since it does not depend on time.

• It is invariant for the simultaneous inversion of t and ϕ,

t→ −t ϕ→ −ϕ . (18.3)

This property can be understood by noting that the time reversal of a rotating object
corresponds to the same object rotating in the opposite direction.

• It is also invariant for the simultaneous inversion of ϕ and a,

a→ −a ϕ→ −ϕ . (18.4)

Note that a → −a corresponds to an object that rotates in the opposite direction.
Using this property, in the following we shall focus on a ≥ 0 without loss of generality.

• In the limit r → ∞, the metric in Eq. 18.1 reduces to Minkowski’s metric in polar
coordinates; therefore, the Kerr spacetime is asymptotically flat.

• In the limit a → 0 (with M = 0), ∆ → r2 − 2Mr, Σ → r2, and Eq. 18.1 reduces to
the Schwarzschild( metric

r

) 1
2

ds2 M→ − 1− dt2 +

(
2M

−

1−
r

)
dr2 + r2(dθ2 + sin2 θdϕ2) . (18.5)

• In the limit M → 0 (with a = 0), Eq. 18.1 reduces to

2 2 2

ds2 = −dt2 r + a cos θ
+ dr2 + (r2 + a2 cos2 θ)dθ2 + (r2 + a2) sin2 θdϕ2 , (18.6)

r2 + a2

which is the metric of flat spacetime in spheroidal coordinates

x =
√
r2 + a2 sin θ cosϕ

y = r2 + a2 sin θ sinϕ

z = r

√ (18.7)

cos θ .

Indeed,

r
dx = √ sin θ cosϕdr +

√
r2 + a2 cos θ cosϕdθ

r2 + a2
−
√
r2 + a2 sin θ sinϕdϕ ,

r
dy = √ sin θ sinϕdr + r2 + a2 cos θ sinϕdθ + r2 + a2 sin θ cosϕdϕ ,

r2 + a2

dz = cos θdr − r sin θdθ ;

√ √
(18.8)

thus
2

ds2 = −dt2 + dx2 + dy2 r
+ dz2 = −dt2 +

(
sin2 θ + cos2 θ

)
dr2 (18.9)

r2 + a2

+
[
(r2 + a2) cos2 θ + r2 sin2 θ dθ2 + (r2 + a2) sin2 θdϕ2

2 2 2

= −dt2 r + a cos θ
+ dr2 +

]
(r2 + a2 cos2 θ)dθ2 + (r2 + a2) sin2 θdϕ2 .

r2 + a2

6

6
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• The metric in Eq. 18.1 is singular when ∆ = 0 and when Σ = 0. Since the curvature
invariant RµναβR

µναβ (see Sec. 9.3) is singular on Σ = 0, this is a true, curvature
singularity of the manifold, the structure of which will be discussed in Sec. 18.7. All
curvature invariants are, instead, regular on ∆ = 0. As we shall show in Sec. 18.4.2, the
roots of ∆ = 0 are two horizons of the Kerr metric, r+ and r . These are coordinate−
singularities, which can be removed through an appropriate coordinate transforma-
tion.

Note that in the Schwarzschild limit (a = 0), Σ = r2 = 0 is the curvature singularity,
while (for r = 0) ∆ = r(r − 2M) = 0 is the coordinate singularity corresponding to
the black hole horizon of the Schwarzschild metric.

The metric has the form 
gtt 0 0 g

gµν =
 tϕ 0 Σ 0 0 ∆ (18.10)

0 0 0


,

Σ
gtϕ 0 0 gϕϕ


with

gtt = −
(

2Mr Σ
1−

)
, grr = , (18.11)

Σ ∆

2Mr
gtϕ = − a sin2 θ , gθθ = Σ ,( Σ

2 2 2Mra2

gϕϕ = r + a + sin2 θ
Σ

)
sin2 θ .

Note also that, using Σ = r2 + a2 cos2 θ,

g = (r2 + a2 2 2Mr
ϕϕ ) sin θ + a2 sin4 θ (18.12)

Σ
r2 + a2 2

= (r2 + a2 − a2 sin2 θ) sin2 Mr
θ + a2 sin4 θ

Σ Σ
1

=
[
(r2 + a2)2 (r2 + a2 2Mr)a2 sin2 θ sin2 θ

Σ
− −

(r2 + a2)2 −∆a2 sin2 θ
= sin2 θ .

]
Σ

To compute the inverse metric gµν , we only need to invert the (t − ϕ) block, while the
inversion of the (r − θ) part, which is diagonal, is trivial. The (t− ϕ) block is(

gtt g
g̃ab = tϕ

gtϕ gϕϕ

)
, (18.13)

and its determinant is

g̃ = gttgϕϕ − g2( tϕ )( (18.14)

2Mr 2 2 2Mra2 M2

= − 1− r + a + sin2 4
θ sin2 r2a2

θ sin
Σ Σ

− 4 θ
Σ2

= −(r2 + a2) sin2 θ + 2Mr sin2 θ =

)
−∆ sin2 θ .

Therefore

g̃ab
1

= −
∆ sin2 θ

(
gϕϕ −gtϕ (18.15)−gtϕ gtt

)

6
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and

gµν =


gtt 0 0 gtϕ 0 ∆ 0 0 Σ
0 0 1 0


, (18.16)

Σ
gtϕ 0 0 gϕϕ


with

gtt
1

= −
(
r2 + a2 2Mra2

+ sin2 θ

)
, (18.17)

∆ Σ

gtϕ
2Mra

= − ,
Σ∆

gϕϕ
∆

=
− a2 sin2 θ

,
Σ∆ sin2 θ

where we have used the following equality

Σ− 2Mr r2 + a2 cos2 θ r ∆
= =2

− 2M
2

− a2 sin2 θ
. (18.18)

Σ∆ sin θ Σ∆ sin θ Σ∆ sin2 θ

18.3 SYMMETRIES
Being stationary and axisymmetric, the Kerr metric admits two Killing vector fields:

∂ ∂~k ≡ , m~
∂t

≡ , (18.19)
∂ϕ

or equivalently, in coordinates (t, r, θ, ϕ),

kµ ≡ (1, 0, 0, 0) mµ ≡ (0, 0, 0, 1) . (18.20)

As a consequence, there are two conserved quantities associated to particles in geodesic
motion:

E ≡ −uµkµ = −ut L ≡ uµmµ = uϕ , (18.21)

where uµ is the particle four-velocity. As discussed in Sec. 10.3 in the case of the
Schwarzschild spacetime, for massive particles the constants E and L are the energy and
azimuthal angular momentum of the particle per unit mass, measured by a static observer.
For massless particles, we can choose the affine parameter such that the four-momentum
coincides with the four-velocity, i.e. pµ = uµ; with this choice, for massless particles E and
L are the energy and angular momentum of the particle as measured by a static observer.

~It can be shown that k, m~ are the only independent Killing vector fields admitted by
the Kerr metric; thus, any Killing vector field is a linear combination of them.

18.4 BLACK HOLE HORIZONS
In this section we will show that the equation ∆ = 0 identifies two black hole horizons of
the Kerr metric, r+ and r , and we shall discuss their structure. Furthermore, we will show−
that the singularities on the surfaces r = r+ and r = r are coordinate singularities, which−
can be removed by an appropriate coordinate transformation.
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18.4.1 Horizon structure
Let us consider the submanifold

∆ = r2 + a2 − 2Mr = 0 , (18.22)

where the Kerr metric, written in the Boyer-Lindquist coordinates, has a coordinate singu-
larity.

When a2 ≤M2, Eq. 18.22 has two roots:

r+ ≡ M +
√
M2 − a2 , (18.23)

r ≡ M −
√
M2 a− − 2 ,

and ∆ can be written as
∆(r) = (r − r+)(r − r ) . (18.24)−

The surfaces where there is a coordinate singularity are then r = r+ and r = r . Note that−
∆ < 0 for r < r < r+, and ∆ > 0 for r < r and r > r .− − +

When a2 > M2, Eq. 18.22 has no real solution, and the Kerr metric does not describe a
black hole, since the horizon is absent; in this case the singularity at Σ = 0 is “naked”, i.e. it
is not concealed by a horizon (see the discussion in Sec. 9.5.4). According to Penrose’s cosmic
censorship conjecture, a naked singularity cannot form in realistic situations. Numerical
simulations of astrophysical processes leading to black hole formation provide strong support
to the hypothesis that the final object cannot have a > M . In addition, theoretical studies
on the mathematical structure of spacetime indicate that when a2 > M2 there are several
pathologies, whose discussion is beyond the scope of this book. Thus, in general the solution
with a > M is considered unphysical, although we remark that this is still an open issue.
To hereafter, we will restrict our analysis to the case

a2 ≤M2 . (18.25)

In the limiting case a2 = M2, the two roots coincide (r+ = r ) and the Kerr solution is−
said to describe an extremal black hole.

In Sec. 9.4 we showed how to establish whether a hypersurface is spacelike, timelike, or
null, by studying the norm of its normal vector. We remind that in the Schwarzschild case
the null hypersurface r = 2M separates regions of spacetime where r = const are timelike
hypersurfaces (which can be crossed in both directions), from regions where r = const are
spacelike hypersurfaces (which can be crossed in one direction only); thus an object crossing
the null hypersurface can never go back, and for this reason r = 2M is called event horizon.

Given the vector nµ normal to the hypersurfaces r = const, i.e. nµ = (0, 1, 0, 0), using
the Kerr metric given in Eq. 18.16 we find

∆
nµn

µ = nµn gµν = grrν = . (18.26)
Σ

Thus, the vector normal to the surfaces r = r+ and r = r , where ∆ = 0, is a null vector,−
and these are null surfaces which, as shown in Sec. 9.4, can be crossed in one direction
only. As in the case of the Schwarzschild spacetime (see Sec. 9.5.4), the surfaces r = r+ and
r = r in the future of the events outside the black hole are crossed inwards by timelike and−
null geodesics, as we will also show in Sec. 18.8.1. Therefore, these surfaces are horizons: any
body or signal crossing one of them cannot come back. Since r < r− +, the surface r = r+

is called outer horizon, and r = r is called inner horizon.−
The two horizons separate the spacetime in three regions:
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I. r > r+. Here the r = const hypersurfaces are timelike, and thus can be crossed both
inwards and outwards. The asymptotic limit r → ∞, where the metric becomes flat,
is in this region, which can be considered as the black hole exterior.

II. r < r < r+. Here the r = const hypersurfaces are spacelike, and thus can be crossed−
in one direction only. An object which falls inside the outer horizon can only continue
falling inwards, until it reaches the inner horizon and passes to region III.

III. r < r . Here the r = const hypersurfaces are timelike and then, as in region I, they−
can be crossed in both directions. This region contains the Σ = 0 singularity, which
will be studied in Sec. 18.7.

In the case of extremal black holes, when a2 = M2, the two horizons coincide, and region
II disappears.

Roughly speaking, the outer horizon r+ can be considered as a sort of “black hole
surface”, although obviously such surface is immaterial. In the non-spinning case a = 0, the
outer horizon coincides with the Schwarzschild one, r+ = 2M , whereas the inner horizon
tends to the curvature singularity of the Schwarzschild metric, r = 0.−

18.4.2 How to remove the singularity at the horizons
In order to show that ∆ = (r − r+)(r − r ) = 0 is a coordinate singularity, we make a−
coordinate transformation that brings the metric into a form which is not singular on that
surface. Following the same procedure used in Chapter 9 for the Schwarzschild spacetime,
we look for a family of null geodesics crossing the ∆ = 0 surface from the exterior, and
choose a coordinate system in which these geodesics are coordinate lines. In the case of
Kerr’s geometry, the spacetime cannot be decomposed in the product of two-dimensional
manifolds, thus the study of null geodesics is more complex than in the Schwarzschild case.
The Kerr metric admits two special families of null geodesics, named principal null geodesics,
with tangent vector

µ
µ dx

(
dt dr dθ dϕ r2 + a2 a

u = = , , , = , 1, 0,
dλ dλ dλ dλ dλ

) (
∆

±
∆

)
, (18.27)

where the plus (minus) sign corresponds to outgoing (ingoing) geodesics. In the
2

Schwarzschild limit these are the usual outgoing and ingoing geodesics, with dt =dr ± r =∆
± r (see Sec. 9.9); in the Kerr case Eq. 18.27 shows that uµ acquires an angular com-r−2M
ponent dϕ/dλ proportional to a and diverging on ∆ = 0.

The proof that these worldlines are geodesics, i.e. that they satisfy the geodesic equation
uνuµ;ν = 0, is shown in Box 18-A. Here we show that uµ is a null vector, i.e.

gµνu
µuν = 0 . (18.28)

We have

dxµ dxν
gµν =

dλ dλ
−
(
dt

dλ

)2

+ Σ

[
1

∆

(
dr

dλ

)2

+

( 2
dθ

dλ

) ]
(18.29)

+(r2 + a2) sin2 θ

(
dϕ
)2 2

2Mr
+

(
a sin2 dϕ dt

θ .
dλ Σ dλ

−
dλ

)
Note that

dt dϕ r2 + a2 − a2 sin2 θ Σ

dλ
− a sin2 θ = = , (18.30)

dλ ∆ ∆
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hence

(r2 + a2)2 Σ a2

gµνu
µuν

2
= − + + (r2 + a2 MrΣ

) sin2 θ +
∆2 ∆ ∆2 ∆2

1
=

[
−(r2 + a2)(r2 + a2) + (r2 + a2 cos2 θ)(r2 + a2 − 2Mr)

∆2

+ sin2 θa2(r2 + a2) + (r2 + a2 cos2 θ)2Mr = 0 . (18.31)

Consequently, the vectors given in Eq. 18.27 (with both signs) are

]
null.

We remark that although these geodesics can in principle describe the motion of a
massless particle, here we introduce them with a different aim, i.e. to find a coordinate
transformation which allows for the extension of the spacetime across the coordinate singu-
larity ∆ = 0. Therefore, the choice of the affine parameter λ in Eq. 18.27 is different from
that of Sec. 18.3 and of Chapter 19: u0 = (r2 +a2)/∆ is not the energy of a massless particle
moving on a principal null geodesic (see Box 19-A).

Let us consider the ingoing geodesics, and indicate their tangent vector as

µ

(
r2 + a2 a

l = ,
∆

−1, 0,
∆

)
; (18.32)

as clearly shown by Eq. 18.32, these geodesics are parametrized by λ = −r. Therefore,

dt r2 + a2 dϕ a
= − = − . (18.33)

dr ∆ dr ∆

We want these geodesics to be coordinate lines of our new system; choosing one of our
coordinates to be r, the other coordinates have to be constant along each geodesic belonging
to the family. One of these, θ, is constant because dθ/dr = 0. The remaining two are given
by

v ≡ t+ T (r) , (18.34)

ϕ̄ ≡ ϕ+ Φ(r) ,

where T (r) and Φ(r) are solutions of 2

dT r2 + a2

= , (18.35)
dr ∆
dΦ a

= ,
dr ∆

so that, along a geodesic of the family,

dv dϕ̄
= 0 , = 0 , (18.36)

dr dr

and the tangent vector of the ingoing principal null geodesics in Eq. 18.32, in the new
coordinates (v, r, θ, ϕ̄), is

lµ = (0,−1, 0, 0) . (18.37)

We can now compute the metric tensor in the new frame. We recall that, in the Boyer-
Lindquist coordinates,

ds2 = −dt2 + Σ

(
dr2

+ dθ2

)
+ (r2 2

+ a2) sin2 θdϕ2 Mr
+ (a sin2 θdϕ

∆ Σ
− dt)2 . (18.38)

2Note that Eqs. 18.36 are first-order differential equations for T (r) and Φ(r). As such, they depend on
a free constant each, and this is related to the choice of the origin of v and ϕ̄.
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From Eqs. 18.34 we have

r2 + a2 r2 + a2

dv = dt+ dr , dt = dv
∆

− dr , (18.39)
∆

a a
dϕ̄ = dϕ+ dr , dϕ = dϕ̄

∆
− dr ,

∆

hence

2

−dt2 (r2 + a2) r2 + a2

= −dv2 − dr2 + 2 dvdr , (18.40)
∆2 ∆

2 2 2 2 2 a2

(r + a ) sin θdϕ = (r + a2) sin2 θdϕ̄2 + (r2 + a2) sin2 θdr2 ,
∆2

−2(r2 + a2 a
) sin2 θdrdϕ̄ .
∆

The quantity Σ dr2 + Σdθ2 does not change (r, θ are also coordinates in the new frame),∆
and the parenthesis in the last term of Eq. 18.38 reduces to

r2 + a2 a2 sin2 θ
dt − a sin2 θ

−− a sin2 θdϕ = dv dϕ̄− dr (18.41)
∆

= dv − a sin2 Σ
θdϕ̄− dr ,

∆

thus

2Mr 2Mr 2Mr
(dt

Σ
− a sin2 θdϕ)2 = dv2 + a2 sin4 θdϕ̄2 (18.42)

Σ Σ
2MrΣ

+ dr2 4Mr

∆2
− a sin2 θdvdϕ̄

Σ

4Mr 4Mra sin2 θ− dvdr + dϕdr¯ .
∆ ∆

Finally, collecting all terms, we find(
2Mr

)
(r2 + a2)2 sin2

ds2 ∆a2

= − 1− dv2 θ
+ 2dvdr + Σdθ2 +

−
sin2 θdϕ̄2

Σ Σ

a−2a sin2 4Mr
θdrdϕ̄− sin2 θdvdϕ̄ . (18.43)

Σ

The coordinates (v, r, θ, ϕ̄) are called the Kerr coordinates. In this frame, the metric is not
singular on ∆ = 0. This means that, while the Boyer-Lindquist coordinates are defined in
∆ = 0 and Σ = 0 3, the Kerr coordinates can be also defined in the submanifold ∆ = 0
(whereas Σ = 0 is a true curvature singularity, see Sec. 18.7). Then, after changing coordi-
nates to the Kerr frame, (v, r, θ, ϕ̄), we can extend the manifold, to include the submanifold
∆ = 0.

3To be precise, one should subtract also the extrema of the domain of angular coordinates, θ = 0, π,
ϕ = 0, 2π, as usual when polar-like coordinates are considered. Anyway, as discussed in footnote 6 of
Chapter 9, the related “pathologies” are much easier to cure by simple coordinate redefinitions; therefore
we will limit our analysis to the “pathologies” on ∆ = 0 and Σ = 0.

6 6
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Principal null geodesics of the Kerr metric

In Boyer-Lindquist coordinates (t, r, θ, ϕ), the principal null geodesics have tangent
vectors given by Eq. 18.27:

lµ =

(
r2 + a2 a

,
∆

−1, 0,
∆

r2 + a2 a

)
(ingoing) (18.44)

nµ =

(
,+1, 0,

∆ ∆

)
(outgoing) . (18.45)

In order to prove that these worldlines are indeed geodesics, we need to show that lµ

and nµ satisfy the geodesic equation: lν lµ;ν = nνnµ;ν = 0.
Let us first consider the ingoing geodesics. The proof is simpler if we use the Kerr frame
(v, r, θ, ϕ̄), in which the metric is (see Eq. 18.43) )

2Mra −
(

2Mr
1− 1 0 − sin2 θ

Σ Σ
1 0 0 a sin2 θ

g


µν =  − 0 0 Σ 0


(18.46)

2Mra 2 (r2
2 + a2)2 ∆− sin θ

− a2 sin2 θ

Σ
−a θ 0 sin2


sin θ


Σ


and, since the ingoing principal null geodesics are coordinate lines in this frame, the
tangent vector lµ has components (see Eq. 18.37)

lµ = (0,−1, 0, 0) . (18.47)

The geodesic equation in this frame reduces to

lν lµ µ
; = µβ
ν lν lαΓµ

1
να = Γrr = g (2gβr,r

2
− grr,β) . (18.48)

Since in the Kerr frame (see Eq. 18.46) grr = 0 and grµ,r = 0, all terms in Eq. 18.48
vanish, therefore lν lµ;ν = 0.
In order to prove that the vector nµ satisfies the geodesic equation, we consider a
coordinate frame in which the outgoing principal null geodesics are coordinate lines.
Along these geodesics

dt r2 + a2 dϕ a
= = (18.49)

dr ∆ dr ∆

and, by defining u = t−T (r) and ϕ̂ = ϕ−Φ(r), with T (r), Φ(r) solutions of Eqs. 18.36,
we find a coordinate frame (u, r, θ, ϕ̂) in which

nµ = (0, 1, 0, 0) . (18.50)

It is simple to show that in the coordinates (u, r, θ, ϕ̂), grr = grθ = 0, gru = −1, and
grϕ̂ = a sin2 θ, therefore nνnµ;ν = nνnαΓµ µ 1 µβ

να = Γrr = g (2gβr,r − grr,β) = 0.2

For later use we note that, since

gvr = 1 g 2
rr = gθr = 0 gϕr¯ = −a sin θ , (18.51)

Box 18-A
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˜ ~the components of the one-form l obtained lowering the index of the vector l are

lµ = (−1, 0, 0, a sin2 θ) . (18.52)

We also note that (see Eq. 18.12)

(r2 + a2)2

gϕ̄ϕ̄ =
−∆a2 sin2 θ 2

sin2 θ = (r2 Mr
+ a2) sin2 θ + a2 sin4 θ = gϕϕ , (18.53)

Σ Σ

i.e. gϕ̄ϕ̄ in Kerr coordinates has the same expression as gϕϕ in the Boyer-Lindquist coordi-
nates. Moreover

2Mr 2 2 2Mr
(dv − a sin θdϕ̄) =

[
dv2 + a2 sin4 θdϕ̄2 sin

Σ
− 2a 2 θdvdϕ̄ , (18.54)

Σ

therefore the metric in Kerr coordinates can also be written in the simpler

]
form

ds2 = −dv2 + 2dvdr + Σdθ2 + (r2 + a2) sin2 θdϕ̄2 − 2a sin2 θdrdϕ̄

2Mr
+ (dv

Σ
− a sin2 θdϕ̄)2 . (18.55)

We can define a coordinate which (outside the horizon, see Sec. 18.4.1) behaves as a sort of
“time” coordinate:

t̄ ≡ v − r , (18.56)

so that Eq. 18.55 becomes

ds2 = −dt̄2 + dr2 + Σdθ2 + (r2 + a2) sin2 θdϕ̄2 − 2a sin2 θdrdϕ̄

2Mr
+ (dt̄+ dr − a sin2 θdϕ̄)2 . (18.57)

Σ

18.5 FRAME DRAGGING
Let us consider an observer, with timelike four-velocity uµ, which falls toward the black
hole from infinity with zero angular momentum: in the Boyer-Lindquist coordinates,

L = uϕ = 0 . (18.58)

An observer with L = 0 is conventionally named ZAMO, which stands for zero angular
momentum observer.

In general, for an observer with four-velocity uµ, the angular velocity is defined as

dϕ
dϕ dτ uϕ

Ω ≡ = = . (18.59)
dt dt ut

dτ

For a ZAMO, Eq. 18.58 implies that, since the metric becomes flat as r →∞, uϕ = ηϕµuµ ∝
uϕ = 0 in this limit. Thus, the angular velocity of a ZAMO vanishes as r → ∞. At finite
values of r, instead,

uϕ = gϕtut = 0 −→ Ω = 0 . (18.60)

In other words, while falling toward the black hole, the observer acquires an angular velocity.
To compute Ω in terms of the metric 18.1, we use the condition 18.58:

uϕ = gϕϕu
ϕ gϕt

+ g ut = 0 → uϕϕt = − ut , (18.61)
gϕϕ

6 6
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from which it follows that
uϕ gϕt

Ω = = − . (18.62)
ut gϕϕ

Thus, since
2Mra

gϕt = − sin2 θ , (18.63)
Σ

and (see Eq. 18.12)
sin2 θ

gϕϕ = (r2 + a2)2 (18.64)
Σ

− a2 sin2 θ∆ ,

the ZAMO angular velocity is

[ ]

2Mar
Ω = . (18.65)

(r2 + a2)2 − a2∆ sin2 θ

As expected, Ω→ 0 as r →∞. Furthermore, since

(r2 + a2)2 > a2 sin2 θ(r2 + a2 − 2Mr) , (18.66)

the denominator in Eq. 18.65 is positive, and therefore Ω/(Ma) > 0 for all values of M
and a; this means that the angular velocity has the same sign of the black hole angular
momentum Ma.

Therefore, an observer which moves toward a Kerr black hole starting at radial infinity
with zero angular momentum (which, at infinity, implies zero angular velocity) is dragged by
the black hole gravitational field, and acquires an angular velocity which forces the ZAMO
to corotate with the black hole. We discussed a similar phenomenon in Sec. 17.4.1.

On the outer horizon, r = r+, ∆ = 0, and the ZAMO angular velocity becomes

2Mar+
Ω =

(r2
+ + a2)2

≡ ΩH , (18.67)

or, since ∆(r+) = 0,
r2
+ + a2 = 2Mr+ , (18.68)

and thus
a a

ΩH = = . (18.69)
2Mr r2

+ + a2
+

As mentioned above, r = r+ can be considered as a sort of “black hole surface”, therefore
ΩH can be considered as the black hole angular velocity. Since ΩH is constant, i.e. it does
not depend on t, θ, and ϕ, we can say that a black hole rotates rigidly.

As we shall discuss in Chapter 19, the frame dragging plays an important role for the
geodesics of the Kerr metric.

18.6 THE ERGOSPHERE
While in Schwarzschild’s spacetime the horizon is also the surface where gtt changes sign,
in Kerr’s spacetime these surfaces do not coincide. Indeed

2Mr 1
gtt = −1 + =

Σ
− r2 (18.70)

Σ
− 2Mr + a2 cos2 θ

1
=

(
− (r − rS+)(r − rS ) = 0 ,

)
Σ

−

with
rS± ≡M ±

√
M2 − a2 cos2 θ . (18.71)
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These surfaces are called infinite redshift surfaces, although this name may be misleading,
as will be discussed in Sec. 19.3.3.

Since the coefficient of r2 in Eq. 18.70 is negative, gtt < 0 outside the interval [rS , r

inside.
√ S− +

],

and g√tt > 0 In addition, given M2 − a2 cos2 θ
√
M2 a2, the horizons r =

M ± M2 2

≥ − ±
− a (see Eq. 18.23) lie inside the interval [rS , rS ], i.e.− +

rS− ≤ r− ≤ r+ ≤ rS+ . (18.72)

At θ = 0 and θ = π, i.e. on the symmetry axis,

ergosphere

r  outer 
horizon

rS+

< 0 > 0 g  tt g  tt

φ

Figure 18.1: Schematic illustration of the ergosphere and of the outer horizon of the Kerr metric.

rS = r and r =− − S+ r+ ; (18.73)

on the equatorial plane
rS+ = 2M and rS = 0 . (18.74)−

Therefore, there is a region outside the outer horizon where gtt > 0 4. This region, i.e.

r+ < r < rS+ (18.75)

is called ergoregion, and its outer boundary, the surface r = rS+, is called ergosphere.
Since the ergoregion is located outside the outer horizon, an object arriving from outside
may cross the ergosphere, enter in the ergoregion, and then cross again the ergosphere
without crossing the horizon, and escape to infinity.

In the ergoregion the Killing vector field kµ = (1, 0, 0, 0) is spacelike:

kµkνgµν = gtt > 0 . (18.76)

4This does not happen in Schwarzschild spacetime, where gtt > 0 only inside the horizon.
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18.6.1 Static and stationary observers
As discussed in Sec. 3.9, an observer in General Relativity is characterized by a timelike
curve. We define as static observer one with tangent vector (i.e. with four-velocity uµ)
proportional to kµ = (1, 0, 0, 0). Thus, on the worldlines of a static observer the coordinates

r, θ, ϕ are constant. Since uµu µ µ ~ ~ µ
µ = −1, we have u = k /|k| (where |k| =

µ
|k kµ|).

Since inside the ergosphere k is spacelike, in that region static observers
In other words, an observer inside the ergosphere cannot stay still, and is

√
cannot exist.

forced to move.
A stationary observer is one who does not see the metric changing while moving. Then,

its tangent vector must be a Killing vector, i.e. it must be a linear combination of the two
~independent Killing vectors of the Kerr metric, k = ∂/∂t and m~ = ∂/∂ϕ,

uµ
kµ + ωmµ

= = (ut, 0, 0, uϕ) = ut(1, 0, 0, ω) , (18.77)
|~k + ωm~ |

where ω is the angular velocity of the observer

dϕ uϕ
ω ≡ = . (18.78)

dt ut

Thus, the worldline of a stationary observer has constant r and θ. (S)he can only move
along circles with angular velocity ω, because on such orbits (s)he does not see the metric
changing, since the spacetime is axially symmetric.

A stationary observer can exist provided

uµuνgµν = (ut)2 gtt + 2ωgtϕ + ω2gϕϕ = −1 , (18.79)

i.e.

[ ]
ω2gϕϕ + 2ωgtϕ + gtt < 0 . (18.80)

To find the regions where Eq. 18.80 is satisfied, let us consider the equation

ω2gϕϕ + 2ωgtϕ + gtt = 0 , (18.81)

with solutions

−gtϕ ±
√
g2
tϕ − gttgϕϕ −gtϕ sin

ω = =
± θ

√
∆
, (18.82)±

gϕϕ gϕϕ

where we have used Eq. 18.14 to compute g2
tϕ − gttgϕϕ. From this equation we see that

stationary observers cannot exist when ∆ ≤ 0, i.e. in the region between the two horizons.
Since (see Eqs. 18.64, 18.66)

sin2 θ
gϕϕ = [(r2 + a2)2 − a2 sin2 θ∆] > 0 , (18.83)

Σ

the coefficient of ω2 in Eq. 18.80 is positive; consequently the inequality 18.80 is satisfied
outside the outer horizon (where r > r+, ∆ > 0 and thus ω < ω− +), for

ω < ω < ω+ . (18.84)−

Therefore, a stationary observer cannot have arbitrary angular velocity, since the constraint
uµuµ = −1 forces ω to be in the range 18.84.

Note that on the outer horizon r = r+, ∆ = 0, and ω = ω− +; therefore Eq. 18.81 has
coincident solutions,

g
ω =± − tϕ(r+)

. (18.85)
gϕϕ(r+)
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This is the angular velocity of the ZAMO at the horizon, i.e. the angular velocity of the
black hole (see Eqs. 18.62, 18.67):

ω = Ω(r+) = ΩH . (18.86)

Thus, while the ZAMO satisfies Eq. 18.81 on the horizon, it does not satisfy the inequal-
ity 18.80: strictly speaking, the ZAMO on the horizon is not an observer, because its four-
velocity is a null vector.

On the ergosphere, gtt = 0 and (being gtϕ < 0)

ω =
−gtϕ −

−

√
g2
tϕ

= 0 . (18.87)
gϕϕ

Outside the ergosphere, i.e. for r ≥ rS+
,

gtt < 0, gϕϕ > 0, therefore ω < 0 and ω− + > 0 . (18.88)

Thus, outside the ergosphere a stationary observer can be either co-rotating or counter-
rotating with the black hole. Conversely, in the ergoregion, where r+ < r < rS+ ,

gtt > 0, gϕϕ > 0, therefore ω > 0 and ω− + > 0 : (18.89)

a stationary observer in the ergosphere does necessarily corotate with the black hole.

18.7 THE SINGULARITY OF THE KERR SPACETIME
The Kerr spacetime has a curvature singularity on the surface

Σ = r2 + a2 cos2 θ = 0 , (18.90)

i.e. for r = 0 and θ = π/2. Remarkably, the spacetime is not singular for r = 0 and
θ = π/2, since in this case Σ = 0 and – as we are going to show – the metric has just
a coordinate singularity. This may come as a surprise: in flat spacetime (or even in the
Euclidean space) when polar coordinates are used, and in the Schwarzschild spacetime,
r = 0 is a single point, regardless of the values of the angular variables. The behaviour of
the Boyer-Lindquist coordinates (r, θ, ϕ) near r = 0 (and of the Kerr coordinates (r, θ, ϕ̄)
as well) is quite different: the properties of the r ∼ 0 region depend on the values of the
angular coordinates.

18.7.1 The Kerr-Schild coordinates
In order to understand the structure of the singularity at (r, θ) = (0, π/2), we need to intro-
duce the so-called Kerr-Schild coordinates. Let us start with the metric in Kerr coordinates
(t,̄ r, θ, ϕ̄), given in Eq. 18.57:

ds2 = −dt̄2 + dr2 + Σdθ2 + (r2 + a2) sin2 θdϕ̄2 − 2a sin2 θdrdϕ̄

2Mr
+ (dt̄+ dr − a sin2 θdϕ̄)2 . (18.91)

Σ

The Kerr-Schild coordinates (t,̄ x, y, z) are defined by

x =
√ a
r2 + a2 sin θ cos ϕ̄+ arctan (18.92)

r
a

y =
√
r2 + a2 sin θ sin

(
(
ϕ̄+ arctan

)
r

z = r cos θ .

)

6 6
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The metric expressed in these coordinates will be derived in the next section; here we use
this frame to describe the Kerr spacetime near the singularity.

In Figs. 18.2 and 18.3 we respectively show the r = const and the θ = const surfaces
in the (t,̄ x, y, z) frame. Here, for the purpose of visualization, (x, y, z) are represented as
Cartesian coordinates in the three-dimensional Euclidean space, and (r, θ) are considered
as functions of (x, y, z). The surfaces shown in these figures are ellipsoids and hyperboloids,
respectively. Indeed, from Eqs. 18.92 we get

x2 + y2 = (r2 + a2) sin2 θ (18.93)

z2 = r2 cos2 θ ,

hence
x2 + y2 z2

+ = 1 ; (18.94)
r2 + a2 r2

therefore, the surfaces with constant r are ellipsoids, shown in Fig. 18.2. Likewise, since

r = 0

y

z

x

Figure 18.2: r = const ellipsoidal surfaces in the Kerr-Schild frame. The shadowed disk is the
r = 0 surface.

x2 + y2 z2

− = 1 , (18.95)
a2 sin2 θ a2 cos2 θ

the surfaces with constant θ are hyperboloids, shown in Fig. 18.3. Strictly speaking, the
θ-constant surfaces are half-hyperboloids. Indeed, since z = r cos θ (see Eq. 18.92), z > 0
for 0 < θ < π/2 and the surfaces θ = const correspond to the upper half-hyperboloids;
conversely, z < 0 for π/2 < θ < π, and the surfaces θ = const correspond to the lower
half-hyperboloids.

It should be noted that for r sufficiently large the r, θ coordinates behave like ordinary
polar coordinates. However, near the black hole they behave differently: for r = 0 and
0 < θ < π Eq. 18.93 describes a disk of radius a in the equatorial plane

x2 + y2 = a2 sin2 θ , z = 0 , (18.96)

thus r = 0 is not a single point, it is a disk. Each value of θ corresponds to the circle
x2 +y2 = a2 sin2 θ < a2, which is the intersection of the r = 0 disk with the half-hyperboloid
corresponding to that value of θ. In particular, the singularity

π
r = 0 θ = (18.97)

2

corresponds to the ring
x2 + y2 = a2 , z = 0 . (18.98)
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y

z

x

𝜗=0

𝜗=p

r=0

𝜗=p/4

𝜗=p/2

𝜗=3/4p

Figure 18.3: θ = const half-hyperboloidal surfaces in the Kerr-Schild frame; the upper (lower)
branch of each hyperboloid corresponds to 0 < θ < π/2 (π/2 < θ < π). The thick ring represents
the r = 0, θ = π/2 singularity, and the disk inside the ring corresponds to r = 0, θ 6= π/2. The
equatorial plane outside the thick ring corresponds to r>0, θ=π/2.

On this ring Σ = 0, and the Kretschmann scalar diverges (see Sec. 9.3). Therefore Σ = 0 is
a true singularity of the Kerr spacetime and it is called ring singularity.

The interior disk r = 0, θ = π/2 is instead a coordinate singularity in the Boyer-
Lindquist and in the Kerr coordinates; indeed, when a timelike or null geodesic crosses the
disk, the coordinate θ has a discontinuity (θ < π/2 on the top, θ > π/2 on the bottom).
This coordinate singularity can be removed in the Kerr-Schild coordinates by extending the
Kerr metric, as will be discussed in Sec. 18.8.1.

18.7.2 The metric in Kerr-Schild’s coordinates
Let us define the quantity α = arctan a/r. Since tan2 α = a2/r2, it follows that r2 sin2 α =
a2 cos2 α. Adding r2 cos2 α and a2 sin2 α to both sides of this expression we get

r =
√
r2 + a2 cosα ,

a =
√
r2 + a2 sinα , (18.99)

respectively. Therefore, rewriting Eq. 18.92 as

x = sin θ
√
r2√ + a2(cos ϕ̄ cosα− sin ϕ̄ sinα) (18.100)

y = sin θ r2 + a2(sin ϕ̄ cosα+ cos ϕ̄ sinα)

z = r cos θ

we find

x = sin θ(r cos ϕ̄− a sin ϕ̄) (18.101)

y = sin θ(r sin ϕ̄+ a cos ϕ̄)

z = r cos θ .

6
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By differentiating these expressions

dx = cos θ(r cos ϕ̄− a sin ϕ̄)dθ + sin θ cosϕdr¯ − sin θ(r sin ϕ̄+ a cos ϕ̄)dϕ̄ (18.102)

dy = cos θ(r sin ϕ̄+ a cos ϕ̄)dθ + sin θ sinϕdr¯ + sin θ(r cos ϕ̄− a sin ϕ̄)dϕ̄

dz = −r sin θdθ + cos θdr ,

then

dx2 + dy2 + dz2 = dr2 +
(
r2 sin2 θ + (r2 + a2) cos2 θ dθ2 (18.103)

+(r2 + a2) sin2 θdϕ̄2 − 2 sin2 θadr

)
dϕ̄

= dr2 + Σdθ2 + (r2 + a2) sin2 θdϕ̄2 − 2a sin2 θdrdϕ̄ .

Thus, the metric in Eq. 18.91 can be written as the Minkowski metric plus the term

2Mr
(dt̄+ dr − a sin2 θdϕ̄)2 . (18.104)

Σ

Since
2 2

Σ = r2 + a2 cos2 a
θ r2 z

= + , (18.105)
r2

the factor 2Mr/Σ is easily expressed in the Kerr-Schild coordinates:

2Mr 2Mr3

= . (18.106)
Σ r4 + a2z2

The one-form dt̄+ dr − a sin2 θdϕ̄ is more complicated to transform. We will prove that

2 r(xdx+ ydy) a(xdy ydx) zdz
dt̄+ dr − a sin θdϕ̄ = dt̄+

− −
+ . (18.107)

r2 + a2 r

First of all, let us express the differentials in Eq. 18.102 as

cos θ
dx = xdθ + sin θ cosϕdr¯

sin θ
− ydϕ̄ (18.108)

cos θ
dy = ydθ + sin θ sinϕdr¯ + xdϕ̄

sin θ
dz = −r sin θdθ + cos θdr .

We have

cos θ
xdx+ ydy = (x2 + y2)dθ + sin θ(x cos ϕ̄+ y sin ϕ̄)dr (18.109)

sin θ

= sin θ cos θ(r2 + a2)dθ + sin2 θrdr ,

ydx− xdy = −(x2 + y2)dϕ̄+ sin θ(y cos ϕ̄− x sin ϕ̄)dr

= −(r2 + a2) sin2 θdϕ̄+ sin2 θadr ,

zdz = −r2 sin θ cos θdθ + r cos2 θdr ,
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then

r a zdz
(xdx+ ydy) + (ydx

r2 + a2
− xdy) + (18.110)( r2 + a2 r

r2

= r sin θ cos θdθ + sin2 θdr
r2 + a2

a

)
+

(
2

−a sin2 θdϕ̄+ sin2 θdr θ
r2 + a

)
+
(
−r sin cos θdθ + cos2 θdr

2

= dr

)
− a sin2 θdϕ̄ ,

which proves Eq. 18.107. The Kerr metric in Kerr-Schild coordinates is then

ds2 = −dt̄2 + dx2 + dy2 + dz2 (18.111)
2

2Mr3 r(xdx+ ydy)

r4

− a(xdy − ydx) zdz
+ dt̄+ + .

+ a2z2

[
r2 + a2 r

]
The above metric depends on a function r(x, y, z), which is defined implicitly by

r4 − (x2 + y2 + z2 − a2)r2 − a2z2 = 0 . (18.112)

Indeed, by combining Eqs. 18.93 we find r2 − (x2 + y2 + z2 − a2) = a2 cos2 θ = z2a2/r2,
which is equivalent to Eq. 18.112.

Note that the metric 18.111 has the form

gµν = ηµν +Hlµlν (18.113)

with
2Mr3

H ≡ (18.114)
r4 + a2z2

and, in Kerr-Schild coordinates,

r
lµdx

µ = −
(

(xdx+ ydy) a(xdy ydx) zdz
dt̄+ + , (18.115)

r2

− −
+ a2 r

)
while in Kerr coordinates

l dxαα = −dt̄− dr + a sin2 θdϕ̄ = −dv + a sin2 θdϕ̄ ; (18.116)

thus lµ is exactly the null vector given in Eq. 18.52, i.e. the generator of the principal null
geodesics which have been used to define the Kerr coordinates.

18.8 THE INTERIOR OF AN ETERNAL KERR BLACK HOLE
While the Kerr metric describes the exterior – i.e., the region outside the outer horizon
r = r+ – of a stationary, astrophysical black hole formed in the gravitational collapse of a
star or in the coalescence of compact bodies, it cannot describe its interior, i.e. the region
r < r+ (see also Sec. 9.5.4). Strictly speaking, the Kerr metric (which includes the external
and the internal regions) describes an eternal Kerr black hole, i.e. one which exists for
t ∈ (−∞,+∞). In this section we shall discuss some peculiar properties of the interior of
an eternal Kerr black hole, in particular of the region close to r = 0. In reality, the interior
of an astrophysical black hole is not empty but contains the matter fields that underwent
the gravitational collapse. This might change the inner structure significantly and resolve
some of the potential pathologies that we are going to discuss 5.

5The curvature singularities that exist in the Schwarzschild and Kerr metric are not a prerogative of these
solutions. Indeed, a remarkable series of results due to Penrose and Hawking – the so-called “singularity
theorems” – show that in General Relativity curvature singularities emerge generically as the outcome of a
gravitational collapse (see [57] for a rigorous discussion).
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18.8.1 Extensions of the Kerr metric
Let us consider the metric in the Kerr-Schild coordinates {t,̄ x, y, z} (Eq. 18.111)

ds2 = −dt̄2 + dx2 + dy2 + dz2 (18.117)

2Mr3 r
+ d

4 2 2

[
(xdx+ ydy)

t̄+
2

− 2
a(xdy − ydx) zdz

+
r + a z r + a2 r

]
.

The function r(x, y, z) is given by Eq. 18.112 which, for each value of x, y, z, has two real
solutions (besides two unphysical complex conjugate solutions), one positive and one neg-
ative. We could be tempted to discard the r < 0 solution as unphysical, but in this way
– although the coordinates {t,̄ x, y, z} are continuous across the disk r = 0, θ = 0 – the
coordinate singularity on the disk would not be removed, as we are going to show.

Let us consider, for simplicity, the x = y = 0 submanifold, where the metric 18.111
reduces to

2

ds2 2Mr3 zdz
= −dt̄2 + dz2 +

r4 + a2z2

[
dt̄+

r

]
, (18.118)

and Eq. 18.112 reduces to r4− (z2− a2)r2− z2a2 = 0, whose solutions are r(z) = ±z. If we
require that the radial coordinate is positive, r = |z| and Eq. 18.118 becomes

2
2M z zdz

ds2 = t + dz2 +
| |−d 2̄

[
dt̄+

]
, (18.119)

z2 + a2 |z|

which is continuous but not differentiable at z = 0. A computation of the Christoffel symbols
shows that Γz ist̄t̄ discontinuous across the disk and thus, for a timelike geodesic with tangent

dxµ 2

vector crossing the disk, d z
dλ dλ2 would also be discontinuous.

These problems arise because we have forced r to be positive, but there is no fundamental
reason for this assumption. If we allow r to have negative values, when an observer crosses
the disk the coordinate r changes sign. For instance, in the x = y = 0 submanifold, we can
choose the solution r = z of Eq. 18.112 along the entire axis. The metric in this submanifold
is then

ds2 = −dt̄2 + dz2 2Mz 2
+ [dt̄+ dz] , (18.120)
z2 + a2

which is regular at z = 0. Note that this choice also “cures” the discontinuity of dr/dλ
across the disk, and the discontinuity of θ(λ) as well, since (given z = r cos θ) θ = 0 along
the entire axis.

In order to extend the spacetime across the r = 0 disk we have to consider a manifold
formed by at least two copies of the spacetime described by Eq. 18.111: one with r > 0, the
other with r < 0. The r < 0 spacetime is also asymptotically flat, but it has no horizons. If
the top of the disk of the r > 0 spacetime is identified with the bottom of the disk with r < 0
spacetime and vice versa (see Fig. 18.4), the worldlines crossing the disk move from one copy
to the other. In this way, the metric is regular across the disk, and the coordinate singularity
is removed 6. Note, however, that there is no reason to assume that two observers in the
r > 0 spacetime, one crossing the disk from the top, the other from the bottom, reach the
same r < 0 spacetime, as in Fig. 18.4. A larger spacetime would consist of different copies
of the same manifold, such that the two observers crossing the disk from different sides end
up in different r < 0 manifolds.

This is not the maximal extension of the Kerr metric. A detailed analysis of geodesic

6This extension is analogous to the extension of the complex plane to Riemann surfaces for the repre-
sentation of multi-valued functions of a complex variable.

6
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Figure 18.4: Two copies of the spacetime, one with r > 0, one with r < 0, are patched together,
identifying the top of the r > 0 disc with the bottom of the r < 0 disk, and vice versa. The r > 0
spacetime contains the r = r± horizons. An observer enters in the disk from the top of the r > 0
space and emerges from the top of the r < 0 space.
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Figure 18.5: Schematic representation of the maximal extension of the Kerr metric, along the
θ = 0 axis. The dashed hyperbolic curves correspond to r = 0. We indicate with I the exterior of
the black hole, with II the regions between the inner and outer horizons, with III the inner regions,
which include the center of the r = 0 disk and the asymptotically flat region with r < 0. The solid
lines represent two timelike observers escaping to different asymptotically flat spaces.
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completeness – which is extremely involved and would go far beyond the scope of this book,
see e.g. [57] – shows that if we require that the spacetime is inextendible, i.e. that all timelike
or null geodesics either hit the ring singularity, or can be extended to arbitrarily large values
of the affine parameter (see Box 9-C and Sec. 9.5.4), we have to patch together an infinite
number of spaces like those in Fig. 18.4. Here we only describe the maximal extension of
the x = y = 0 submanifold, i.e. of the θ = 0 axis. The structure of this spacetime is shown
in Fig. 18.5, where the regions I,II,III correspond to:

I : r+ < r < +∞ (exterior of the black hole, asymptotically flat)

II : r < r < r− + (where the r = const. surfaces are spacelike)

III : −∞ < r < r (contains the asymptotically flat space with r < 0) .−

The dashed hyperbolic curves correspond to r = 0. Note that, as in the Schwarzschild
spacetime (see Sec. 9.5.4), the outer horizon r = r+ in the future of region I is crossed
inwards by timelike and null worldlines, which also cross inwards the inner horizon r = r−
in the future of regions I and II.

Remarkably, in this spacetime an observer can travel through different asymptotically
flat regions. This is different from the maximal extension of the Schwarzschild spacetime
discussed in Sec. 9.5.4, where the observers falling in the black hole necessarily hit the
singularity, and the two asymptotically flat regions (indicated as I and IV in Fig. 9.10) are
causally disconnected. In the maximally extended Kerr spacetime, instead, once an observer
crosses the inner horizon and enters in region III, (s)he can either cross the disk r = 0, and
escape to the asymptotically flat region r < 0 (trajectory 1 in Fig. 18.5), or move outwards 7

and cross the inner horizon again (trajectory 2 in Fig. 18.5). In this case the observer, after
leaving region III, would enter into a different copy of region II, where (s)he can keep moving
to increasing values of r, and finally enter into a different copy of region I.

This fascinating structure, however, is unlikely to be realized in actual astrophysical
objects. As we noted at the beginning of this section, the Kerr metric and its extensions
only describe eternal black holes (similarly to case of the Schwarzschild metric in Kruskal’s
coordinates discussed in Sec. 9.5.4). In an astrophysical black hole formed in a gravitational
collapse or in the coalescence of compact bodies, the region I cannot receive signals from
the region II, because these signals would come from t→ −∞, when the black hole was not
born yet. This prevents the formation of the multiple copies shown in Figs. 18.4 and 18.5.

Moreover, it has been shown that the inner horizon r = r is unstable: a small perturba-−
tion produced by mass accretion would grow up [94], potentially leading to drastic changes
in the structure of the r ≤ r region. However, the nature of this instability is still unclear−
(see e.g. [15] or, more recently, [39]).

18.8.2 Causality violations
Let us consider a curve γ on the equatorial plane, consisting in a ring just outside the
curvature singularity ring, in the spacetime with r < 0:

γ :
{ π
t̄ = const, r = const, θ = , 0 ≤ ϕ̄ ≤ 2π with |r| �M, r < 0 . (18.121)

2

The curve γ belongs to region III of the black hole, and

}
can be reached by an observer from

positive, large values of r who crosses the two horizons, passes through the r = 0 ring, and
turns around it up to the z = 0 plane, just outside the ring (see Fig. 18.6).

7We remind that in region III the r = const surfaces are timelike and can be crossed in both directions.
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The tangent vector to the curve γ is the Killing vector m~ , and its norm is

2

mµmνg = g = (r2 + a2) sin2 2Mr 2 4 2 2 2Ma
µν ϕ̄ϕ̄ θ + a sin θ = r + a + , (18.122)

Σ r

where we used Eq. 18.53 evaluated in θ = π/2. Since r < 0 and |r| � M , the term
2Ma2/r is negative and dominates the others, therefore mµmνgµν < 0. The curve γ is
then a timelike curve, and can be interpreted as the worldline of an observer; however, it
is a closed curve and its existence may violate causality: the observer moving on a closed
timelike curve (CTC) 8 would meet him-/herself in its own past. However, it has recently
been argued that this paradox might be resolved including thermodynamical considerations;
a causality violation would require not only a particle, but a thermodynamical system –
for instance, a clock keeping track of time – meeting itself in its own future (for details see
[101]). There are reasons to believe that in a rotating black hole born in a gravitational

r < 0

r = 0

𝛾

Figure 18.6: Closed timelike curve in Kerr spacetime.

collapse or in a compact binary coalescence, the structure of the ring singularity (and then
the occurrence of CTCs) would be destroyed by the presence of the matter and/or by the
instability of the inner horizon. However, there is no clear proof that this is the case.

A possible point of view to interpret these troublesome features of Kerr’s spacetime is
that causality violations, together with the existence of singularities, are inconsistencies of
the theory of General Relativity, which would disappear once a more fundamental theory
unifying General Relativity with Quantum Mechanics will be discovered (see footnote 8
in Chapter 9). Indeed, quantum gravity effects are expected to be significant near the
singularities.

A different point of view is that these features are not problematic since they can not
be observed, because they are hidden behind horizons. This is a further motivation for the
cosmic censorship conjecture discussed in Sec. 9.5.4.

18.9 GENERAL BLACK HOLE SOLUTIONS
When a black hole forms in the gravitational collapse of a sufficiently massive star or in
the coalescence of compact binaries, the violent oscillations that follow are damped by
gravitational wave emission and by other dissipative processes. We expect that, after some
time related to the damping time of the black hole quasi-normal modes (see Chapter 15),
the newborn black hole settles down to a stationary configuration.

8The occurrence of closed timelike curves was first found by Kurt Gödel in an exact solution of Einstein’s
equations, which is considered to be unphysical.
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In addition to the Schwarzschild and Kerr solutions, there exists a stationary, axisym-
metric solution of the Einstein-Maxwell equations 9 known as the Kerr-Newman solu-
tion [85]; the metric, in the Boyer-Lindquist coordinates, is

ds2 ∆ sin2

= − (dt− a sin2 θ Σ
θdϕ)2 + [adt− (r2 + a2)dϕ]2 + dr2 + Σdθ2 ,

Σ Σ ∆
(18.123)

where

∆(r) ≡ r2 − 2Mr + a2 +Q2 , (18.124)

Σ(r, θ) ≡ r2 + a2 cos2 θ ,

and Q is the black hole electric charge; here we have used units 10 such that 4πε0 = 1 (see
also Box 18-B). It is easy to check that if Q = 0, the solution 18.123 reduces to the Kerr
metric.

In the case of zero spin, a = 0 and the Kerr-Newman solution reduces to the Reissner-
Nordström solution,( 1

2M Q2
) −

ds2 = − 1− + dt2 +

(
2M Q2

1− +

)
dr2 + r2dΩ2 , (18.125)

r r2 r r2

which describes a spherically symmetric, electrically charged black hole in Einstein-Maxwell
theory. However, as discussed in Box 18-B, the charge of astrophysical black holes is expected
to be negligibly small and therefore astrophysical black holes are perfectly described by the
Kerr solution.

There are some remarkable theorems [100] on stationary black holes, derived by S.
Hawking, W. Israel, B. Carter, and others, which prove the following:

• A stationary, asymptotically flat black hole must be axially symmetric (while, as we
know from Birkhoff’s theorem, a static black hole is necessarily spherically symmetric).

• Any stationary, asymptotically flat black hole, with vanishing electric charge, is de-
scribed by the Kerr solution.

• Any stationary, asymptotically flat black hole is described by the Kerr-Newman so-
lution, and it is therefore characterized by only three parameters: the mass M , the
angular momentum aM , and the charge Q.

Besides the mass, angular momentum, and electric charge, all other features that a star
possessed before collapsing, such as a particular structure of the magnetic field, departure
from axisymmetry, matter currents, differential rotation, etc., disappear when the final black
hole forms. This result, which goes under the name of no-hair theorem, has been nicely sum-
marized with the sentence: “A black hole has no hair” 11.

9The equations which couple the electromagnetic field to gravity can be derived from a variational
principle, as shown in Chapter 7, by adding Maxwell’s action to the Einstein-Hilbert action.

10In geometrized (G = 1) and unrationalized Gaussian (4πε0 = 1) units, the ratio Q/M is dimensionless.
11The quote is attributed to John Archibald Wheeler who, in turn, attributed it to Jacob Bekenstein.
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The charge of astrophysical black holes

Astrophysical black holes are considered to be electrically neutral as a consequence of
various physical processes: quantum discharge effects, electron-positron pair produc-
tion, and charge neutralization by astrophysical plasmas. Without entering into the
details, these arguments rely — one way or another — on the huge charge-to-mass
ratio of the electron. The simplest argument is purely kinematical. Let us consider a
black hole with mass M and electric charge Q and a low-energy electron in radial mo-
tion with a small, initial radial velocity. For the electron to be absorbed by the black
hole, the magnitude of the electric (Coulomb) force

Qe
FC = (18.126)

4πε0r2

(here ε0 is the vacuum dielectric constant) must be smaller than the gravitational force
(we use a Newtonian approximation for the sake of simplicity)

GMme
FN = . (18.127)

r2

The condition FC < FN implies

eQ ≤ 4πε0GMme . (18.128)

Note that the quantity
√

4πε0GM has the dimensions of a charge. It is convenient to
use geometrized (G = 1) and unrationalized Gaussian (4πε0 = 1) units, in which the
charge-to-mass ratio is dimensionless. In these units 1 C = 1.16×1013 g and the charge
of the electron is (see Table A) e = 1.602× 10−19 C ∼ 2× 10−6 g ∼ 2× 1021me. Thus,
Eq. (18.128) can be written as

Q m

M
≤ e

5 10−22 . (18.129)
e
∼ ×

Therefore, due to the tiny mass-to-charge ratio of the electron, the dimensionless pa-
rameter Q/M is extremely small.
Similarly to the spin parameter of a Kerr black hole (which is limited by |a|/M

2
≤ 1)

also the charge of a Reissner-Nordström black hole is limited, Q /M2 ≤ 1. For Q = M
the black hole is said to be extremal, whereas for Q > M there is no horizon and
a naked singularity appears. In the Q/M � 1 limit one recovers the Schwarzschild
solution and Eq. 18.129 implies that Q must be negligibly small in units of the black
hole mass.
The above argument does not apply if the initial radial velocity of the electron is very
large. However, more sophisticated arguments (e.g. charge neutralization by surround-
ing plasma) show that – even when the electrons have large velocities – the charge of
astrophysical black holes is always incredibly small and can be neglected.

Box 18-B
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C H A P T E R

Geodesic motion in Kerr’s
spacetime

19

In this chapter we shall study the geodesic motion of massive and massless particles in Kerr’s
spacetime. We shall only consider the motion outside the outer horizon (r ≥ r+ in Boyer-
Lindquist coordinates), because this is the region relevant for astrophysical observations.

We shall look for a set of four algebraic equations for the components of the particle
four-velocity, i.e. of the tangent vector to the geodesic

uµ
dxµ

=
dλ
≡ ẋµ , (19.1)

where λ is the affine parameter. These equations can be integrated to find the worldlines
xµ(λ) of massive and massless particles in a closed form, in terms of integrals of functions
of the coordinates.

~As discussed in Sec 18.3, the Kerr metric admits only two Killing vector fields k =
∂ ,m~ = ∂ ; we shall show that, as in the Schwarzschild case, two algebraic equations for ṫ∂t ∂ϕ
and ϕ̇ can be found by exploiting these spacetime symmetries and the associated constants
of motion E and L. In addition, an algebraic equation for ṙ can be obtained from

gµνu
µuν = κ , (19.2)

with κ = −1 or κ = 0 for timelike and null geodesics, respectively.
In the Schwarzschild case, a fourth equation was provided by the planarity of the orbit:

˙ ˙in Sec. 10.2, assuming that θ(λ = 0) = π and that θ(λ = 0) = 0, we showed that θ = 0 along2
the entire particle trajectory, i.e. the orbit is planar; due to the spherical symmetry, this
property is generic, since we can always rotate the spatial frame and make an arbitrarily
oriented initial velocity coincident with the initial conditions mentioned above, leaving the
metric unchanged.

Since the Kerr spacetime is axisymmetric the orbits are generically non-planar; the only
orbits which are planar are those along the rotational axis with initial velocity parallel to

˙it, and those which start in the equatorial plane with θ(λ = 0) = 0. In this case a rotation
of the spatial frame would not leave the metric unchanged; therefore, at variance with the
Schwarzschild case, these orbits are not generic and are restricted to the equatorial plane.

However, there exists an additional constant of motion, the Carter constant, which, as we
˙shall show, is crucial to find algebraic equations for ṙ and θ. The existence of this constant,

which is not associated to Killing vectors, is a highly nontrivial property featured by the
Kerr metric.

We shall derive the geodesic equations in the general case using the Hamilton-Jacobi

421
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approach, and show how the Carter constant emerges in this framework. The resulting
equations are quite complicated and need to be solved numerically. Since the equations on
the equatorial plane are much simpler, we shall discuss them in detail, in particular for null
geodesics. A more detailed discussion of the non-equatorial geodesics of the Kerr metric can
be found in Chandrasekhar’s monograph [34].

In the following we shall use Boyer-Lindquist’s coordinates and write the Kerr metric
as (see Sec. 18.2)

ds2 = −dt2 + Σ

(
dr2

+ dθ2

)
) 2 r

+ (r2 + a2 sin θdϕ2 2M
+ (a sin2 θdϕ 2

Σ
− dt) , (19.3)

∆

where we remind that ∆ = r2 − 2Mr + a2 and Σ = r2 + a2 cos2 θ.

19.1 THE EQUATIONS FOR ṫ AND ϕ̇

In Sec. 18.3 we showed that, since the spacetime is stationary and axisymmetric, geodesic
motion is characterized by two constants

E ≡ −uµk = −u L ≡ uµµ t mµ = uϕ , (19.4)

~where k and m~ are the two Killing vector fields. From these, using Eqs. 18.11, we find

2Mr 2Mr
E = −g uµ =

(
1−

)
ṫ+ a sin2

tµ θ ϕ̇ , (19.5)
Σ Σ

r
L g uµ

2M 2

= = − a sin2 θ ṫ+

(
r2 2 2Mra

+ a + sin2
ϕµ θ

Σ Σ

)
sin2 θ ϕ̇ .

These equations can easily be solved for ṫ and ϕ̇; let us define

2Mr
A ≡ −gtt = 1− , (19.6)

Σ
2Mra

B ≡ −g = sin2
tϕ θ ,

Σ

C ≡ gϕϕ =

(
2

r2 2Mra
+ a2 + sin2 θ

Σ

)
sin2 θ ,

and write Eqs. 19.5 as

E = Aṫ+Bϕ̇ , (19.7)

L = −Bṫ+ Cϕ̇ . (19.8)

Furthermore,
AC +B2 = −gttgϕϕ + g2

tϕ = ∆ sin2 θ (19.9)

as shown in Eq. 18.14. Therefore,

1
ṫ = (CE

∆ sin2 θ
−BL) (19.10)

1
[(

ra2
2 2 2M 2

)
2Mra

= r + a + sin θ E
∆ Σ

− L
Σ

]
,

1 1 2Mr L 2Mra
ϕ̇ = (AL+BE) =

θ ∆

[(
1

∆ sin2 −
Σ

)
+ E .

sin2 θ Σ

]
These are algebraic expressions for ṫ and ϕ̇ in terms of the two constants of motion, E and
L, and of the coordinates.
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19.2 THE EQUATIONS FOR ṙ AND θ̇

˙We now look for algebraic expressions for the components ṙ and θ of the particle four-
velocity. To this aim, it is convenient to use the Hamilton-Jacobi approach which we shall
briefly review.

Given the Lagrangian of the particle (see Sec. 10.1)

L(xµ, ẋµ
1

) = g ẋµẋνµν (19.11)
2

and given the conjugate momenta 1

∂
pµ =

L
= gµν ẋ

ν , (19.12)
∂ẋµ

which coincide with the covariant components of the four-velocity uµ = ẋµ, i.e.

uµ = gµνpν , (19.13)

we can define the Hamiltonian of the particle

1
H(xµ, pν) = pµ ẋ

µ(pν)− L (xµ, ẋµ(pν)) = gµνpµpν . (19.14)
2

Since, as shown in Sec. 10.1, the geodesic equations are equivalent to the Euler-Lagrange
equations for the Lagrangian 19.11, they are also equivalent to the Hamilton equations

∂H
ẋµ = , (19.15)

∂pµ
∂H

ṗµ = − .
∂xµ

Solving Eqs. 19.15 presents the same difficulties as solving Euler-Lagrange’s equations.
However, in the Hamilton-Jacobi approach the existence of a further constant of motion
emerges quite naturally, as we shall now show.

We look for a function of the coordinates and of the parameter λ on the curve,

S = S(xµ, λ) (19.16)

which is the solution to the Hamilton-Jacobi equation(
µ ∂S

)
∂S

H x , + = 0. (19.17)
∂xµ ∂λ

If the solution S depends on four independent constants of motion, it is called a complete
integral. It can be shown that, if S is a complete integral, then

∂S
= pµ . (19.18)

∂xµ

Therefore, once Eq. 19.17 is solved, the expressions of the conjugate momenta (and of
ẋµ) follow in terms of the four constants, and allow to write the solutions of the geodesic
equations in closed form, in terms of simple integrals.

1Not to be confused with the four-momentum of the particle.
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In order to find the complete integral of Eq. 19.17, we can exploit the three constants
of motion we already know, i.e.

1 1
H = gµνpµpν = κ = const (19.19)

2 2
pt = −E = const

pϕ = L = const .

It is convenient to write S as

1
S = − κλ− Et+ Lϕ+ S(rθ)(r, θ) , (19.20)

2

where S(rθ) is a function of r and θ to be determined. Indeed, in this way Eq. 19.18 is
automatically satisfied for µ = t, ϕ, and

∂S 1
=

∂λ
− κ (19.21)

2

which is consistent with Eq. 19.17, with H = κ/2.
We look for a separable solution, S(rθ)(r, θ) = S(r)(r) + S(θ)(θ), therefore 2

1
S = − κλ− Et+ Lϕ+ S(r)(r) + S(θ)(θ) . (19.22)

2

By substituting Eq. 19.22 into Eq. 19.17, and using the expression 18.16 for the inverse
metric, we find

−κ+ gµν
∂S

)2 2
∂S ∆ 1 dS θ)

= −κ+

(
dS(r) (

+
Σ

(
(19.23)

∂xµ ∂xν dr Σ dθ

1 2

)
2 2

− r2 + a2 2Mra
+ sin2 θ E2 4Mra ∆

+ EL
− a sin θ

+ L2 = 0 .
∆

[
Σ

]
Σ∆ Σ∆ sin2 θ

Using the relation 18.64 which we rewrite for convenience

(r2 2Mra2 1
+ a2) + sin2 θ = (r2 + a2)2

Σ Σ
− a2 sin2 θ∆ , (19.24)

and multiplying by Σ = r2 + a2 cos2 θ, we get

[ ]

(r)

−κ(r2 + a2 2 dS
cos θ) + ∆

(
dr

(r2 + a2)2

)2 )2

+

(
dS(θ)

(19.25)

−
[ dθ

4 2

− a2 sin2 Mra 1 a
θ

]
E2 + EL+

∆ ∆

(
sin2 θ

−
∆

)
L2 = 0 ,

i.e. (
dS(r)

)2

2 (r2 + a2)2 2

∆ − κr − E2 4Mra a
+ EL− L2 (19.26)

dr ∆ ∆ ∆

= −
(
dS(θ)

)2
1

+ κa2 cos2 θ − a2 sin2 θE2

dθ
− L2 .

sin2 θ

2This assumption will be verified a posteriori, once we show that a solution in this form satisfies the
Hamilton-Jacobi equation.
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Eq. 19.26 can be rearranged by adding to both sides the constant quantity a2E2 + L2:(
dS(r)

)2

2 (r2 + a2)2
2 4Mra a2

∆ κr E + EL L2 + a2E2 + L2 (19.27)
dr

− −
∆ ∆

−
∆

2
dS(θ) cos2 θ

= −
( )

+ κa2 cos2 θ + a2 cos2 θE2

dθ
− L2 .

sin2 θ

In Eq. 19.27, the left-hand side depends only on r, whereas the right-hand side depends
only on θ; this equation is satisfied only if the right- and the left-hand sides are equal to
the same constant C, named the Carter constant after its discoverer Brandon Carter [30].
Therefore we get(

dS(θ)
)2

1− cos2 θ

[
(κ+ E2)a2 − L2

]
= (19.28)

dθ sin2 θ
C(

dS(r)
)2

(r2 + a2)2 M 2
2 4

∆ − κr − E2 ra a
+ EL L

dr ∆ ∆
− 2 + E2a2 + L2

∆( )2
dS(r)

= ∆ − κr2 + (L− aE)2 1−
[ 2
E(r2 + a2)

dr
− La =

∆
−C .

Note that in rearranging the terms in the last two lines, we have used

]
the relation

r2 + a2 4aMr−2aLE + 2aLE =
∆

− LE . (19.29)
∆

If we define the functions R(r) and Θ(θ) as

Θ(θ) ≡ C + cos2 θ

[
1

(κ+ E2)a2 − L2

sin2 θ

]
, (19.30)

2
R(r) ≡ ∆

[
κr2 − (L− aE)2 − C

]
+
[
E(r2 + a2)− La

]
, (19.31)

then ( )2
dS(θ)

= Θ , (19.32)
dθ(
dS(r)

)2
R

= ,
dr ∆2

and the solution of the Hamilton-Jacobi equation takes the form

1
√
R

S = − κλ
√

2
− Et+ Lϕ+

∫
dr +

∆

∫
Θdθ . (19.33)

Thus, the Carter constant C emerges as a separation constant and, together with E, L,
and κ, allows to solve completely the geodesic problem in Kerr’s spacetime. We stress that,
unlike E and L, this constant is not associated to a spacetime isometry 3.

Given the solution of the Hamilton-Jacobi equations depending on the four constants

3The existence of the Carter constant for the Kerr metric is associated with the so-called Killing-Yano
tensor, from which other geometrical properties of the spacetime can be derived. The existence of this tensor
is sometimes called a “hidden symmetry” of the Kerr metric.
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˙(κ,E, L, C), it is possible to find algebraic expressions for the components ṙ, θ of the four-
velocity. Indeed, from Eqs. 19.12, 19.18 the conjugate momenta squared are

p2 ˙
θ = ((Σθ)2)= Θ(θ) , (19.34)

2
2 Σ R(r)
pr = ṙ = ,

∆ ∆2

therefore

1
θ̇ =

√
± Θ , (19.35)

Σ
1

ṙ =
√

± R , (19.36)
Σ

where the two choices ± depend on the sign of the velocity along the angular and radial
direction, respectively. These equations, together with Eqs. 19.10, are four algebraic equa-
tions for the components of the four-velocity ~u, and give the particle trajectory in terms of
simple integrals.

˜To integrate Eqs. 19.35, 19.36 it is convenient to define a new variable λ to parametrize
the geodesic, the so-called “Mino time” [84]:

˜ ˜dλ = Σdλ = (r2 + a2 cos2 θ)dλ . (19.37)

˜ ˜In terms of this parameter the equations for r(λ) and θ(λ) are

dr
=

˜dλ
±
√
R(r) . (19.38)

dθ
= ±

√
Θ(θ) .

˜dλ

˜These equations, unlike Eqs. 19.35, 19.36, are decoupled: the equation for r(λ) depends only
˜on r, while the equation for θ(λ) depends only on θ. An important consequence of this

property is that for bound orbits, which satisfy R(r) > 0 in the interval r ∈ [r1, r2] where
˜r1 and r2 are the turning points, and Θ(θ) > 0 in an interval θ ∈ [θ1, θ2], the functions r(λ)

˜and θ(λ) are periodic:

˜ ˜r(λ) = r(λ+ nΛr) (19.39)
˜ ˜θ(λ) = θ(λ+ kΛθ)

with n, k integer numbers and periods

Λr = 2

∫ r2 dr

r1

√ , Λθ = 2
R

∫ θ2 dθ

θ1

√ . (19.40)
Θ

The orbits, still, are very complicated, since the periods in r and θ are different, and ϕ is
not periodic at all: a generic bound orbit is very different from an ellipse. An example of
these trajectories is shown in Fig. 19.1 for the values of the constants E = 0.969, L = 2.539,
C = 6.470.

19.3 EQUATORIAL GEODESICS
In this section we shall study the geodesic motion of a particle on the equatorial plane of
the Kerr metric in Boyer-Lindquist coordinates. Replacing θ = π in Eq. 19.30 we find2

Θ
(π

2

)
= C ; (19.41)
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Figure 19.1: Example of a trajectory in Kerr’s geometry with a = 0.9M , in Cartesian coordinates
obtained from the Boyer-Lindquist coordinates (r, θ, ϕ). The constants of motion are E = 0.969,
L = 2.539, C = 6.470.
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consequently, recalling that on the equatorial plane Σ = r2, Eq. 19.35 gives

1
θ̇ =

√
±
r2
C . (19.42)

Thus, among all geodesics starting on the equatorial plane, only those with C = 0 have
zero initial derivative along the θ direction and remain on that plane at later times. As
discussed above, in the Schwarzschild spacetime, due to the spherical symmetry, it is pos-
sible to generalize the result to any orbit, and to prove that all geodesics are planar. This
generalization is not possible for the Kerr metric which is axially symmetric: in this case
only the equatorial geodesics with C = 0 are planar.

Let us now derive the equations for t,̇ ϕ,˙ ṙ for a geodesic on the equatorial plane.
Eqs. 19.10 evaluated at θ = π give2

1
[(

2 2 2Ma2

ṫ = r + a +

)
2Ma

E − L

]
, (19.43)

∆ r r

1
ϕ̇ =

∆

[(
2M

1−
r

)
2Ma

L+ E
r

]
.

It may be noted that the quantities A,B and C, defined in Eqs. 19.5, for θ = π reduce to2

2M
A ≡ −gtt = 1− , (19.44)

r
2Ma

B ≡ −gtϕ = ,
r

C ≡ gϕϕ = r2 + a2 2Ma2

+ ,
r

and Eq. 19.9 reduces to AC +B2 = ∆. Moreover, replacing θ = π/2 in Eq. 18.12 we find

(r2 + a2)2

C =
− a2∆

. (19.45)
r2

The equation for ṙ can be found by evaluating Eqs. 19.31 and 19.36 for θ = π and = 02 C

ṙ2 R(r) 1 2
= =

(
∆κr2 −∆(L− aE)2 +

[
E(r2 + a2) La

r4 r4
−

] )
(19.46)

1
=

r2

(
CE2 κ∆− 2BLE −AL2

This equation can also be derived from gµνu
µ

)
+ .

r2

uν = κ (Eq. 19.2), using Eqs. 19.43, 19.44,

grr = r2 ˙/∆ and θ = 0.
The polynomial P (E) ≡ CE2 − 2BLE −AL2 has two roots

BL
√
B2L2 +ACL2 L

V =
±

= B
√

±
C C

± ∆ ; (19.47)

consequently, Eq. 19.46 can be written as

( )

∆
˙2

C κ
r = (E

r2
− V+)(E − V ) + . (19.48)−

r2

By defining

C κ∆
Vr(r) = (E − V+)(E

r2
− V ) + (19.49)−

r2

(r2 + a2)2 a2∆
=

− κ∆
(E − V+)(E − V ) +

r4 −
r2
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(where we have used Eq. 19.45), we get

ṙ2 = Vr(r) . (19.50)

Moreover, we can write Eq. 19.47 as

2Mar
V =

± r2
√

∆
L . (19.51)±

(r2 + a2)2 − a2∆

In the Schwarzschild limit a→ 0 and

L2∆
V+ + V ∝ a→ 0 , V+V → ; (19.52)− −

r4

therefore, if we define V ≡ −V+V , Eqs. 19.50 and 19.51 reduce to the equations discussed−
in Sec. 10.2:

2 2

ṙ2 κ∆ L ∆ 2M L
= E2 − V (r), where V (r) = − + =

(
1−

)(
−κ+

)
, (19.53)

r2 r4 r r2

where we recall that κ = −1 for timelike geodesics and κ = 0 for null geodesics.

19.3.1 Potentials for equatorial geodesics
In principle, when studying the potential of the radial equation given in Eq. 19.49 we have
four possibilities, corresponding to L positive and negative and a positive and negative. In
practice, the cases obtained by a simultaneous exchange of the signs of a and L,

a→ −a , L→ −L , (19.54)

are equivalent; indeed the physical processes of interest are those with La > 0 or with
La < 0, in which the test particle is, respectively, corotating and counter-rotating with
the black hole. Note, however, that by changing the signs of a and L the potentials V±
interchange (V+ becomes V and vice versa); to avoid this ambiguity, it is better to redefine−
the potentials as follows

2MLar r
=

± L 2
√

∆
V . (19.55)±

(r2 + a2)2

| |
− a2∆

With this definition the potentials V+ and V are also invariant under the symmetry 19.54.−
Moreover, the following inequality is always true:

V+ ≥ V . (19.56)−

In the following we shall assume a > 0. The case a < 0 can be obtained by changing the
sign of L, and using the symmetry 19.54.

In general, the following properties apply:

• V vanish in the limit r± →∞.

• V+ and V coincide for ∆ = 0, i.e. at the horizon−

r = r+ = M +
√
M2 − a2 , (19.57)

and
2Mr+La

V+(r+) = V (r− +) = , (19.58)
(r2 2 2

+ + a )

which is positive if La > 0 and negative if La < 0. Note that since the angular velocity
of the black hole is Ω = 2Mar /(r2 2

H + + + a )2 (Eq. 18.67), then

V+(r+) = V (r− +) = ΩHL . (19.59)
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• If La > 0 (corotating orbits), the potential V+ is positive definite; V is positive at−
r+, and vanishes when

r
√

∆ = 2Ma → r2(r2 − 2Mr + a2) = 4M2a2 , (19.60)

which gives

r4 − 2Mr3 + a2r2 − 4M2a2 = (r − 2M)(r3 + a2r + 2Ma2) = 0 ; (19.61)

thus V vanishes at r = 2M , which is the location of the ergosphere on the equatorial−
plane.

• If La < 0 (counter-rotating orbits), the potential V is negative definite and V+, which−
is negative at r+, vanishes at r = 2M .

• The study of the derivatives of V shows that both potentials, V± + and V , have only−
one stationary point, which is a local maximum for V+ and a local minimum for V .−

In summary, V+(r) and V (r) have the shapes shown in Fig. 19.2, where the upper and−
lower panels refer to the La > 0 and La < 0 cases, respectively.

19.3.2 Null geodesics
Let us consider a massless particle, say a photon, moving on a null geodesic on the equatorial
plane. In this case κ = 0 and the radial equation 19.48 becomes

(r2 + a2)2 a2∆
ṙ2 = Vr =

−
(E − V+)(E V

r4
− ) . (19.62)−

Since ṙ2 must be positive, and given (r2 + a2)2 − a2∆ > 0 (Eq. 18.66), massless particles
can only move on those geodesics with constant of motion E which satisfies the following
inequalities

E < V or E > V− + . (19.63)

Thus, the region V < E < V+, corresponding to the shadowed region in the two panels of−
Fig. 19.2, is forbidden.

In order to study the equatorial orbits allowed to massless particles, it is useful to
compute the radial acceleration. By differentiating Eq. 19.62 with respect to the affine
parameter λ, we find

2ṙr̈ = Vr
′ṙ (19.64)

where the prime indicates differentiation with respect to r; using Eq. 19.49,

1 1 C
r = Vr

′ =

( )′
C

¨ (E − V+)(E − V )−
[
V+
′ (E − V ) + V ′ (E V ) . (19.65)

2 2 r2 −
2r2 − − − +

Let us evaluate r̈ in a point where the radial velocity ṙ is zero, i.e. when E = V

]
+ or E = V :−

C
r̈ = = − V+

′ (V+ − V ) if E = V− + , (19.66)
2r2

C
r̈ = = − V ′ (V V+) if E = V . (19.67)

2r2 − − − −

Since
2

V+ V =
|L|r2

√
∆ 2

=
2 2 2 2

|L
√
| ∆− , (19.68)−

(r + a ) − a ∆ C
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Figure 19.2: The potentials V+(r) and V−(r), for corotating (aL > 0, top panel) and counter-
rotating (aL < 0, bottom panel) equatorial orbits around a Kerr black hole with spin parameter
a = 0.9M . The shadowed region is not accessible to the motion of massless particles. rS+ is the
radius of the ergosphere on the equator, θ = π/2.
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the radial acceleration at these points is

r̈ =
|L
√
| ∆− V ′ if E = V . (19.69)
r2 ± ±

We can now classify null, equatorial geodesics depending on the value of the constant of
motion E. Here we only consider the cases with E > V+. The cases with E < V (see−
Eq. 19.63) will be discussed in Sec. 19.3.3. Moreover, we do not consider here the geodesics
with L = aE, which have special properties and will be discussed in Box 19-A.

Unstable circular orbits

For circular orbits r = rmax, ṙ = r̈ = 0 and, since ṙ2 = Vr, r̈ = 1V2 r
′,

Vr = 0 Vr
′ = 0 . (19.70)

The first condition imposes E = V+. By differentiating the right-hand side of Eq. 19.62
with respect to r, a lengthy but conceptually simple computation yields

2(L− aE)(L(r − 3M) + aE(r + 3M)
Vr
′ = = 0 . (19.71)

r4

Excluding the special root L = aE discussed in Box 19-A, the solution of the above equation
is

L r + 3M
= −a , (19.72)

E r − 3M

so that orbits with r < 3M are corotating (aL > 0) whereas orbits with r > 3M are
counter-rotating (aL < 0). After some algebra, Eq. 19.72, together with E = V+, can be
cast in the following form

r(r − 3M)2 − 4Ma2 = 0 . (19.73)

This is a cubic equation and therefore it has three roots. One root is always smaller than the
outer horizon and therefore can be discarded. We dub the two physical roots as r = riLR, with
i = 1, 2, since they correspond to the light ring of the Kerr metric. Indeed, since at r = riLR

both the radial velocity and the radial acceleration vanish, these are circular null orbits.
However, as can easily be verified by studying the second derivative of Vr, all null circular
orbits are unstable, exactly as for the light ring at r = 3M in the Schwarzschild case (see
Sec. 10.4). The two roots of Eq. 19.73 can be most easily found by defining a = cos(φ/2)M ,
where φ ∈ [0, π].

(1)
rLR/M = 2− cos(φ/3) +

√
3 sin(φ/3) , (19.74)

(2)
rLR/M = 4 cos(φ/6)2 .

(1) (1)
Note that rLR is a decreasing function of a such that 1 ≤ rLR/M ≤ 3. Hence, from Eq. 19.72,
it corresponds to (unstable) null circular orbits corotating with the black hole. Conversely,

(2) (2)
rLR is an increasing function of a such that 3 ≤ rLR/M ≤ 4 and it therefore corresponds

(i)
to counter-rotating orbits. The dependence of rLR on the spin of the black hole is shown in
Fig. 19.3. In particular,

(1,2)
rLR = 3M for a = 0 , (19.75)

(1)
rLR = M for a = M ,

(2)
rLR = 4M for a = M .
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Figure 19.3: Location of the light ring of a Kerr black hole in Boyer-Lindquist’s coordinates as a
function of the spin. Continuous (dashed) curves refer to corotating (counter-rotating) orbits. We
also show the location of the outer horizon r+ and the boundary of the ergoregion on the equator
(r = 2M). Note that at high spin some corotating circular orbits are within the ergoregion and
that rLR = r+ = M when a = M .

Therefore, while for a Schwarzschild black hole the unstable circular orbit of a photon (i.e.,
the light ring) is at r = 3M , for a Kerr black hole it can be much closer to the horizon; in
particular, at high spin it can be inside the ergosphere and, in the extremal case a = M ,
for corotating orbits rmax = M coincides with the outer horizon, rLR = r+ = M .

Particle capture

A photon falling from infinity with constant of motion E > V+(rmax) and ṙ(∞) < 0 will
move towards the black hole with decreasing radial velocity up to rmax, and then with
increasing radial velocity, until it crosses the horizon (see Fig. 19.2); the number of turns it
makes around the black hole will depend on the value of L 4.

Particle deflection

If the massless particle starts it motion with ṙ(∞) < 0 and 0 < E < V+(rmax), it reaches
the turning point where E = V+(r) and ṙ = 0. Since at the turning point V+

′ < 0, according
to Eq. 19.69 r̈ > 0, i.e. the radial acceleration is positive. Therefore the particle reverses its
motion and escapes at infinity.

4Photons with E < V+(rmax) can also be captured, as long as they are created near the black hole.
Assuming E > 0, a corotating photon (aL > 0) can be created in the region r+ < r < rmax if V+(r+) <
E < V+(rmax), while a counter-rotating photon (aL < 0) can be created in the region rS+ < r < rmax if
0 < E < V+(rmax).
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Principal null geodesics in the equatorial plane

We shall discuss here the null equatorial geodesics with L = aE. By replacing L = aE
in Eqs. 19.43 we find

dt r2 + a2 dϕ a
ṫ = = E , ϕ̇ = = E , (19.76)

dλ ∆ dλ ∆

whereas Eq. 19.46 gives

ṙ2 = E2 dr→ ṙ = =
dλ

±E . (19.77)

These geodesics coincide with the principal null geodesics discussed in Sec. 18.4.2 and in
Box 18-A, restricted to the equatorial plane, using, however, a different parametrization.

ˆIndeed, rescaling the affine parameter as λ = λ/E, we find

dxα r2 + a2 a
= ,

dλ

(
∆

±1, 0,
ˆ ∆

)
, (19.78)

which coincides with the tangent vector given in Eq. 18.27.
The angular momentum of the massless particle is L = aE while the angular momentum
of the black hole is J = aM , therefore

L J
= . (19.79)

E M

Thus, these geodesics have a special feature: the angular momentum per unit energy of
the particle and that per unit mass of the black hole coincide. Using Eqs. 19.76, 19.77
we find

dt r2 + a2

=
dr

± , (19.80)
∆

the solution of which is
t = ±r + const , (19.81)∗

where r is the tortoise coordinate of the Kerr metric, defined by∗

dr r2 + a2
∗

= . (19.82)
dr ∆

The explicit expression of r (r) is∗(
M2

) (
r − r+

) (
M2

) (
r r

r = r + M + √ log + M
−

∗
M2 a 2M

√ log
− 2

− .
M2 − a2

−
2M

(19.83)

)
We refer the interested reader to [34] for further details on principal null geodesics.

19.3.3 Energy of a particle in Kerr’s spacetime
So far we have assumed that the constant of motion E associated to the timelike Killing
vector is positive. In the following we shall discuss whether this quantity can take negative

Box 19-A
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values. This will turn out to be useful to study the cases E < V , which are formally allowed−
by the condition 19.63.

In order to establish whether the constant of motion E can assume negative values, we
need to remind whether, and when, it can be related to the energy of the particle, following
the discussion in Sec. 10.3.

The energy of a particle is an observer-dependent quantity, and in General Relativity it
is defined by Eq. 10.32, which we rewrite here for convenience:

E(U) = −g Uµpν µ
µν = −U pµ , (19.84)

~where p~ is the particle four-momentum, and U is the four-velocity of the observer. As
discussed in Sec. 10.3, the energy E(U) ~measured by any observer U , which is also the

~energy measured in a LIF comoving with the observer U , must be positive. On the other
hand, the constant of motion E is given by Eq. 19.4 and reads E = −ut, where ~u is the
particle four-velocity.

µLet us now consider a static observer in Kerr’s spacetime, with Ust = (1, 0, 0, 0), located
outside the ergosphere, where such observer can exist. According to the definition 19.84, the
energy measured by this observer is E(Ust) = −pt. If the particle is massless we can always
parametrize the geodesic in such a way that pt ≡ ut. Thus:

E(Ust) = −pt = E . (19.85)

We conclude that for a particle which happens to be outside the ergoregion during its motion,
the constant E can be interpreted as the particle energy measured by a static observer located
outside the ergosphere 5. For such particles, orbits with negative values of E are not allowed
(see Sec. 10.3). Thus, referring to Fig. 19.2, corotating or counter-rotating orbits with E <
V impinging from radial infinity are forbidden, even though for such orbits ṙ2 > 0 (see−
Eq. 19.62).

Let us now consider a massless particle which starts its motion within the ergoregion,
i.e. between r+ and rS+, and never crosses the ergosphere. In this region static observers
cannot exist; therefore we need to consider a different observer, for instance the ZAMO
introduced in Sec. 18.5, i.e. a stationary observer with L = uϕ = 0 and angular velocity on
the equatorial plane given by (see Eq. 18.65)

2Mar
Ω = . (19.86)

(r2 + a2)2 − a2∆

Since the ZAMO is a stationary observer, as explained in Sec. 18.6.1, its four-velocity is

µUZ = const (1, 0, 0,Ω) . (19.87)

µThe constant can be found by imposing gµνUZU
ν
Z = −1. Note that this constant must be

positive, otherwise the observer would move backwards in time (see discussion in Sec. 10.3).
The particle energy measured by the ZAMO is

EZ = − µpµUZ = const (E − ΩL) , (19.88)

where we remind that pµ = (−E, pr, 0, L). Thus, the requirement EZ > 0 is equivalent to

E > ΩL . (19.89)

5Similarly, for massive particles E is the energy per unit mass as measured by a static observer outside
the ergosphere, i.e. E(Ust) = −pt = mpE, where mp is the particle mass.
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By comparing Eq. 19.86 with the expression of the potentials V given by Eq. 19.55, we±
find that

V− ≤ ΩL ≤ V+ , (19.90)

where the equal sign holds for ∆ = 0, i.e. at the horizon. This implies that the null geodesics
with

E > V+ (19.91)

satisfy the positive energy condition 19.89 and are allowed, whereas those with E < V are−
forbidden.

Thus, referring to Fig. 19.2:

• a corotating particle (La > 0) can move within the ergoregion only if the constant of
motion E is positive and is in the range

V+(r+) < E < V+(rmax) . (19.92)

If E > V+(rmax) the particle can cross the ergosphere and escape at infinity.

• For counter-rotating particles (La < 0), since in the ergoregion V+ is negative the
requirement E > V+ (necessary and sufficient to ensure that E > 0) allows for negative
values of the constant of motion E, provided

V+(r+) = V (r− +) < E < 0 . (19.93)

The consequences of this possibility will be discussed in Sec. 19.4.

It should be stressed that the fact that E is negative is not in contradiction with the
requirement that the particle energy must be positive. Indeed these two quantities
coincide only when the particle energy is measured by a static observer, but these ob-
servers cannot exist inside the ergosphere; the geodesics with E < 0 we are considering
never escape from the ergoregion.

19.3.4 Timelike geodesics
The study of equatorial, timelike geodesics is much more involved than the study of null
geodesics. Indeed, when κ = −1, Eq. 19.46 can be written as

2 1
ṙ = Vr ≡ E(r2 + a2)

r4
− 2
aL −∆ r2 + (L− aE)2 , (19.94)

and it does not allow for a simple

([
qualitative stu

]
dy as

[
in the null case.

]
Therefore,

)
here we

only report some results of a detailed study of the geodesic equations in this general case.
We refer the interested reader to [17, 34] for further information.

On a circular orbit
Vr = 0 Vr

′ = 0 . (19.95)

These two equations can be solved for E and L and give [17]

(r3/2

E =
− 2Mr1/2 ± aM1/2

, (19.96)
13/4 r3/2 − 3M 1/2 ± /2

r r aM1/2

L = ±M1/2 r2 ∓ 2aM1/2r1/2 +

)
a2( . (19.97)

1/2
r3/2 − 3Mr1/2 ± aM1/2

As discussed in Sec. 18.2 we can choose a ≥ 0 without loss of

)
generality, so that L > 0
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Figure 19.4: Location of the ISCO and of the light ring in the equatorial plane of a Kerr black
hole in Boyer-Lindquist coordinates as a function of the spin. Continuous (dashed) curves refer to
corotating (counter-rotating) orbits. We also show the horizon location and the boundary of the
ergoregion on the equatorial plane (r = 2M). Note that at high spin some corotating stable circular
orbits are within the ergoregion.

((L < 0) corresponds to corotating (counter-rotating) orbits. It is easy to see that the term
r2 ∓ 2aM1/2r1/2 + a2

)
in the numerator of Eq. 19.97 is always positive when r ≥ r+ =

M +
√
M2 − a2. 6 Therefore, the upper (lower) sign in Eq. 19.97 (and in the following

equations) corresponds to L > 0 (L < 0).
Furthermore, from Eqs. 19.96, 19.97 we see that circular orbits exist only if the denom-

inators in the expressions of E and L are real, i.e. if

r3/2 − 3Mr1/2 ± aM1/2 ≥ 0 , (19.98)

where the limiting case corresponds to infinite energy per unit mass, i.e. to a photon circular
orbit.

2

If we further require that the circular orbit is stable, we need to impose that d Vr

dr2 ≤ 0,
and this gives the following equivalent conditions

1− E2 2≥ M , (19.99)
3r

r2 − 6Mr ± 8aM1/2r1/2 − 3a2 ≥ 0 ,

or
r ≥ rISCO , (19.100)

where rISCO is the radius of the innermost (marginally) stable circular orbit, whose analyt-
ical expression reads [17] (

∓ − 1/2
rISCO = M 3 + Z2 [(3 Z1) (3 + Z1 + 2Z2)]

6

)
, (19.101)

Indeed, the square of the inequality r M
√
M2 a2 implies r2 + a2 2Mr, and thus r2

2aM1/2r1/2 2
− ≥ − ≥ −

+ a ≥ 2Mr − 2aM1/2r1/2 = 2
√
Mr(
√
Mr − a), which is always positive because r ≥M ≥ a.
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where ( )1/3
a2

Z1 ≡ 1 + 1−
M2

[( a
1 +

M

)1/3

+

1/2
a2

( a 1/3

1−
]
, (19.102)

M

)
Z2 ≡

(
3 + Z1
M2

)
.

For a = 0, the two solutions corresponding to corotating and counter-rotating orbits coincide
and give rISCO = 6M , as expected (see Sec. 10.5); by increasing a, the ISCO moves closer to
the black hole for corotating orbits, and farther for counter-rotating orbits. In the extremal
case (a = M), the corotating ISCO coincides with the outer horizon, rISCO = r+ = M ,
whereas the counter-rotating ISCO is at r = 9M . This behaviour is similar to that we have
already seen in the case of unstable circular orbits for null geodesics.

In Fig. 19.4 we show the locations of the innermost stable circular orbits for timelike
geodesics, together with the unstable circular orbits for null geodesics discussed in the pre-
vious section.
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The shadow of a Kerr black hole

Earlier in Fig. 11.9 we showed the first direct radio image of a black hole, taken
by the Event Horizon Telescope Collaboration at the center of galaxy M87 [111].
Although spin measurements for this supermassive (M ' 6.5× 109M ) black hole�
are not yet accurate enough, it is likely that this black hole is rotating, i.e. it is a
Kerr black hole. In this case, its shadow and radio image are more involved than
what was discussed in Sec. 11.5.
First of all, we remind that the shadow is the “silhouette” of the black hole, which
can be obtained by ray-tracing the photons emitted by a light source at infinity
and deflected by the black hole. On the other hand, Fig. 11.9 mostly shows the
radiation emitted by the accretion disk around the black hole. As discussed in
Sec. 11.5.1, a thin, equatorial accretion disk typically extends up to the ISCO,
whose location depends on the spin. As shown in Fig. 19.4, for highly-spinning
black holes the ISCO is closer to the horizon and therefore the radiation comes
from regions where the gravitational field is stronger and is more redshifted than
in the Schwarzschild case.
Furthermore, the spin breaks the spherical symmetry of the system. This implies
that the contour of the shadow is not spherical as in the Schwarzschild case. In
that case the profile of the shadow is a sphere of radius 3

√
3M , which coincides

with the critical impact parameter of photons coming from a source at infinity. In
the Kerr case the shadow contour depends on the spin of the black hole and on
the inclination angle of the observer relative to the black hole rotation axis [122].
In particular, due to the frame-dragging effect, the shadow is mostly distorted in
the plane orthogonal to the rotation axis.
Besides deforming the shadow, the frame dragging is responsible for a distortion
of the image of the accretion disk which also depends on the viewing angle. The
image shown in Fig. 11.9 is brighter in the south part. This effect is mostly due
to Doppler beaming of material that is rotating in the same direction of the black
hole, i.e. clockwise with respect to the celestial plane of the observer. Indeed, the
velocity of corotating material is higher due to the frame dragging, and therefore
the relativistic beaming of the emitted radiation is stronger in one direction relative
to the opposite one.
It is worthwhile to note that – owing to the opposite contributions of the frame
dragging and of the non-zero quadrupole moment of the Kerr metric – the shape
of the shadow depends much more mildly on the spin as compared to, e.g., the
ISCO. It is therefore quite challenging to measure the black hole spin through the
observation of its silhouette, whereas such measurement might be possible through
an accurate modelling of the accretion flow. Quantitative studies are based on so-
phisticated general-relativistic, magneto-hydrodynamical simulations and accurate
astrophysical modeling; the interested reader can find more details in [111] and in
the references therein.

19.3.5 Emission of light from the ergosphere
In Sec. 18.6 we mentioned that the ergosphere is sometimes called infinite redshift surface
because by definition gtt = 0 when r = rS+. This might suggest that a signal is infinitely

Box 19-B
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redshifted when emitted from the ergosphere despite the fact that the ergosphere is outside
the horizon of the Kerr metric. However, the name “infinite redshift surface” is misleading
because the signals emitted on the ergosphere are not infinitely redshifted (otherwise no
signal from the ergosphere could reach an observer at infinity and this surface would be an
event horizon!). Indeed, the argument presented in Sec. 11.1 for the gravitational redshift
assumes that the source and the observer are at fixed positions, but we now know that this
assumption cannot be fulfilled by a source in the ergoregion, since it is forced to corotate
with the black hole.

To understand the properties of a light signal emitted at the ergosphere, let us extend
the discussion of Sec. 10.6 – about a spaceship emitting an SOS signal while falling radially
towards a Schwarzschild black hole – to the case of a spaceship falling into a Kerr black
hole. For simplicity, we focus on equatorial orbits with L = aE for both the spaceship and
the SOS signals. Note that this implies that the signals travel along equatorial principal
null geodesics, as those considered in Box 19-A.

For the spaceship orbit, replacing L = aE in Eq. 19.43 gives

dt r2 + a2

= E , (19.103)
dτ ∆

and Eqs. 19.31, 19.36 give (since C = 0 and κ = −1)

R(r) = −∆r2 + E2r4 (19.104)

and
dr 1

=
√

−
√

∆
R = − E2 .

dτ r2
− (19.105)
r2

Assuming that the spaceship starts its motion at rest at infinity, E = 1 and the geodesic
equations are

dt r2 + a2

= , (19.106)
dτ ∆

dr
=

dτ
−
√

2M a2

r
− . (19.107)
r2

As expected, when a = 0 these equations reduce to Eqs. 10.69 and 10.70 for the
Schwarzschild metric.

As in Sec. 11.1 the spaceship, while falling towards the Kerr black hole horizon, sends an
SOS in the form of a sequence of equally spaced electromagnetic pulses, and these signals
are received by a static observer at radial infinity. Since we assumed that the signal travels
along an equatorial null geodesic with L = aE then, as shown in Box 19-A,

t = ±r + const , (19.108)∗

where r is the tortoise coordinate of the Kerr metric given in Eq. 19.83, satisfying∗

dr r2 + a2
∗

= . (19.109)
dr ∆

Following the same steps that lead to Eq. 10.85, we consider two pulses emitted from the
spaceship at t = t1 and t = t2, and received from an observer at infinity at tobs = tobs1 and
tobs = tobs2 . Since for each pulse t− r is constant along the null geodesic,∗

tobs2 − tobs obs obs obs obs
1 = (t2 − r )− (t1 − r ) = (t r∗ ∗ 2 − ∗ 2)− (t1 − r∗ 1) . (19.110)
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If the two pulses are emitted at a very short time interval, dtobs = dt− dr , and∗

dtobs dt dr dt dr dr r2 + a2 2M a2

= − ∗
=

∗

dτ dτ dτ
− =

∆

(
1 +

dτ dr dτ

√
r
−
r2

)
, (19.111)

where we have used Eqs. 19.106, 19.107, and 19.109.
The above equation shows that the time interval between pulses as detected by the static

observer at infinity diverges as the spaceship approaches the horizon (∆ = 0). However, the
same quantity is finite on the ergosphere. Indeed, on the equatorial plane rS+ = 2M and
Eq. 19.111 reduces to

dtobs
∣∣∣ a2 + 4M2 a2

= 1 .
dτ ∣ + 1 (19.112)

r=r a2 4M2
S+

( √
−

)

19.3.6 Generalization of Kepler’s third law in Kerr’s spacetime
As shown in Sec. 10.5, Kepler’s third law is satisfied not only in Newtonian gravity, but also
in General Relativity for circular, timelike geodesics around a Schwarzschild black holes. We
want to generalize this law to the case of a particle moving on a circular, timelike geodesic
in the equatorial plane of a Kerr black hole. Given grµ = 0 if µ = r, the r-component of the
Euler-Lagrange equation,

d ∂L ∂
=
L

(19.113)
dλ ∂ṙ ∂r

with L = 1gµν ẋ
µẋν , gives2

d 1
(grr ṙ) = gµν,rẋ

µẋν . (19.114)
dλ 2

On circular orbits ṙ = r̈ = 0, and this equation reduces to

g ˙tt,rt
2 + 2g ˙ ˙

tϕ,rtφ+ g 2
ϕϕ,rϕ̇ = 0 . (19.115)

The angular velocity of the particle is ω = ϕ/˙ ṫ, thus

gϕϕ,rω
2 + 2gtϕ,rω + gtt,r = 0 . (19.116)

We remind that on the equatorial plane

2M
gtt = −

(
1−

r

)
, (19.117)

2Ma
gtϕ = − ,

r

gϕϕ = r2 + a2 2Ma2

+ ,
r

therefore Eq. 19.116 becomes

(r3 −Ma2)ω2 + 2Maω −M = 0 . (19.118)

The solution for ω is

a
√

−M ± Mr3 √ r3/2 ∓ a
√
M

ω = =±
r3 −M 2

± M
a r3 −Ma2

√
=

√ r3/2

M
3/2

∓ a M±
(r + a

√
M)(r3/2 a

√
− M)

√
M

= ± (19.119)
3/2 ± a

√ ,
r M

6
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where again the ± signs refer to corotating and counter-rotating orbits. Eq. 19.119 is the
generalization of Kepler’s third law in Kerr’s spacetime. For a = 0, the above expression
reduces to the standard Keplerian frequency

ω =± ±
√
M

. (19.120)
r3

19.4 ENERGY EXTRACTION FROM BLACK HOLES
In this section we shall show that, in principle, it is possible to extract energy from a rotating
black hole. There are two phenomena in which this can occur: Penrose’s process, involving
particles, and superradiant scattering, involving waves. As we are going to show, these are
different realizations of the same physical process.

19.4.1 The Penrose process
In the following we will use a slightly different notation for the constants of motion E, L,
which have been defined in Sec. 18.3 to be the energy and angular momentum per unit
mass, for massive particles, and the energy and angular momentum for massless particles,
as measured by a static observer outside the ergoregion, i.e. E = −kµuµ, L = mµuµ
(Eqs. 18.21). Here we define E and L to be the energy and angular momentum at infinity,
both for massive and massless particles, i.e.

E = −kµpµ , L = mµpµ (19.121)

where p~ is the particle four-momentum. In other words, in the case of massive particles, E
and L are redefined by multiplying them by the particle mass. Again we shall assume a > 0
without loss of generality.

Since particles with negative E can exist in the ergoregion, as discussed in Sec. 19.3.3,
we can imagine a process through which it may be possible to extract rotational energy
from a Kerr black hole; this is named Penrose’s process [91], and it works as follows.

Suppose that we shoot a massive particle with energy E and angular momentum L
from infinity, so that it falls towards the black hole on the equatorial plane. The covariant
components of the particle four-momentum initially read

pµ(λ = 0) = (−E, p0
r, 0, L) ; (19.122)

p0
r = pr(λ = 0), λ is the affine parameter of the geodesic. During the particle motion its four-

momentum changes, but the covariant components pt = kµpµ = −E and pϕ = mµpµ = L
remain constant, i.e.,

pµ(λ) = (−E, pr(λ), 0, L) . (19.123)

Let us suppose that when the particle enters the ergoregion it decays in two photons (see
Fig. 19.5), with momenta

p1µ = (−E1, p1r, 0, L1) p2µ = (−E2, p2r, 0, L2) . (19.124)

Since the four-momentum is conserved in this decay, we have

pµ = p1µ + p2µ , (19.125)

from which it follows that

E = E1 + E2 , L = L1 + L2 . (19.126)
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Figure 19.5: Schematic representation of Penrose’s process. A massive particle moving on the

equatorial plane enters in the ergoregion of a Kerr black hole and decays in two massless particles,

one falling into the horizon, the other escaping back to infinity.

Let us assume that ṙ1 < 0, so that photon 1 falls into the black hole, and that it has negative
constants of motion, i.e. E1 < 0 and L1 < 0, with (see Eq. 19.93)

V+(r+) = V (r− +) < E1 < 0 .

We further assume that ṙ2 > 0, i.e. photon 2 goes back to infinity. Note that, as explained
in Sec. 19.3.3, this is possible only if

E2 > V+(rmax) .

Its energy and angular momentum are

E2 = E − E1 > E

L2 = L− L1 > L , (19.127)

thus, at the end of the process the particle at infinity is more energetic than the one initially
sent to the black hole!

Since E1 < 0, L1 < 0, the capture of photon 1 by the black hole reduces the black hole
mass-energy M and the angular momentum J = Ma; indeed their values Mfin, Jfin after
absorbing photon 1 are, respectively,

Mfin = M + E1 < M (19.128)

Jfin = J + L1 < J . (19.129)

To prove the relation 19.128 we note that, as shown in Chapter 17, the total mass-energy
of the system is

P 0
tot =

∫
d3x(

V

−g)(T 00 + t00) , (19.130)
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where V is the volume of a t = const three-surface. If we neglect the gravitational field
generated by the particle, t00 is due to the black hole gravitational field only, thus (see
Eq. 17.93) ∫

d3x(
V

−g)t00 = M , (19.131)

and

P 0
tot =

∫
d3x(−g)T 00

particle +M . (19.132)
V

Let us compute the integral when the process starts, i.e. at a time when the massive particle
is shot with energy E into the black hole; the spacetime near the particle is flat and the
00-component of the stress-energy tensor, in Minkowskian coordinates, is

T 00
particle = Eδ3(x− x(t)) . (19.133)

Thus Eq. 19.132 gives
P 0

tot in = E +Min . (19.134)

Repeating the computation at the end of the process, namely when the photon 2 reaches
infinity, we find

P 0
tot fin = E2 +Mfin . (19.135)

If we neglect the outgoing gravitational flux generated by the particle, P 0
tot is a conserved

quantity; therefore by equating the initial and final momenta we find

P 0
tot in = P 0

tot fin → Mfin = Min + (E −E2) → Mfin = Min +E1 < Min . (19.136)

This proves the relation 19.128. The corresponding relation for the angular momentum,
Eq. 19.129, can be proved in a similar way.

In conclusion, by this process one can extract rotational energy from the black hole. Note
that this phenomenon is possible due to the presence of an ergoregion: it is not possible to
extract energy from a static black hole at the classical level. This is not anymore true when
quantum effects are taken into account, as discussed in the next chapter.

19.4.2 Superradiant scattering
Penrose’s process involves particle decays; however, there exists an analog process, which
involves waves scattered off a rotating black hole. The corresponding energy extraction
process is called superradiance (for a detailed analysis we refer the interested reader to the
monograph [25]). Superradiance can occur in several physical systems; in the context of
black hole physics it was discovered by Zeldovich in 1971 [123] and studied in detail by
Press and Teukolsky later on [95, 110]. It can occur for any bosonic wave, i.e., for scalar,
electromagnetic, or even gravitational waves.

Studying the superradiant scattering off a rotating black hole requires the study of
the perturbations of the Kerr metric, which goes beyond the scope of this book (for a
comprehensive treatment, we refer the reader to Chandrasekhar’s book [34]). Nonetheless,
superradiance can be proved on very generic grounds. It can be shown that the dynamics
of perturbations of the Kerr metric with a time dependence ∼ e−iωt can be described in
terms of a Schrödinger-like equation as in the Schwarzschild case (see Box 15-D)

d2ψ
+ Veffψ = 0 , (19.137)

dr2
∗

where ψ is some function that describes the radial behavior of the perturbations, the tortoise
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coordinate r , defined in Eq. 19.83, maps the region r ∈ [r+,∞) to the entire real axis, and∗
the potential Veff depends also on the frequency ω. Its precise form might be complicated
but, for our purposes, it is sufficient to know that the effective potential is real 7 and that
it has the following asymptotic behavior:{

kH ≡ ω −mΩ r
Veff → H ∗ → −∞

, (19.138)
ω r∗ → +∞

where m is the azimuthal number of the perturbation (see Box 15-D).
Let us consider the scattering of a monochromatic wave with frequency ω and azimuthal

number m, incident from infinity with amplitude I. Since Veff is constant at the boundaries
(see Eq. 19.138), the solution to Eq. 19.137 near the boundaries is a superposition of plane
waves, namely

ψ ∼
{
T e−ikHr∗ as r∗ → −∞ ,
Reiωr (19.139)∗ + Ie−iωr∗ as r∗ → +∞ ,

where T andR are the transmission and reflection coefficients, respectively. Indeed, owing to
the time dependence ∼ e−iωt of the wave, terms like eiωr∗ (with ω > 0) describe outgoing
waves, and vice versa for e−iωr∗ (see Chapter 15). Note that the presence of a horizon
imposes that waves at r∗ → −∞ (i.e., r ∼ r+) are purely ingoing.

Since the effective potential is real, ψ∗ (the complex conjugate of ψ) is still a solution of
Eq. 19.137 which satisfies the complex conjugate boundary conditions, namely{

T ∗eikHr∗ as r ,
ψ∗

∗ → −∞∼ (19.140)R∗e−iωr∗ + I∗eiωr∗ as r∗ → +∞ .

Furthermore, since the background is stationary, the field equations are invariant under
the transformations t → −t, a → −a, and ω → −ω, which map the conjugate boundary
conditions 19.140 into a form analog to Eq. 19.139. Therefore, the solutions ψ and ψ∗ satisfy
the same differential equation with the same form of boundary conditions and, in addition,
are linearly independent. The standard theory of ordinary differential equations tells us that
their Wronskian,

dψ dψ∗
W = ψ∗

dr
− ψ , (19.141)
dr∗ ∗

is independent of r . By evaluating the Wronskian near the horizon and near infinity using∗
Eq. 19.139 we obtain

W =

{
−2ikH |T |2 as r∗ → −∞
2iω(|R|2 , (19.142)− |I|2) as r∗ → +∞

respectively. Since W is constant, the two expressions above must be equal to each other;
therefore

|R|2 = |I|2 k− H |T |2 = |I|2 ω −mΩ− H |T |2 , (19.143)
ω ω

independently of the details of the potential in the wave equation. Thus, for waves satisfying
the superradiant condition

ω(ω −mΩH) < 0 , (19.144)

we obtain |R|2 > |I|2, i.e. the scattered wave is amplified since the reflected energy is larger
than the incident one. The energy excess comes from the rotational energy of the black hole,
which slows down, just like in Penrose’s process.

7In general, the effective potential for perturbations of the Kerr metric is complex. However, it can be
shown that a redefinition of the perturbation fields satisfies an equation like Eq. 19.137 with Veff real [42].



https://taylorandfrancis.com


C H A P T E R 20

Black hole thermodynamics

The study of the mathematical properties of black holes has revealed the existence of an
unexpected link between black hole mechanics and thermodynamics. This result, due to
Bekenstein, Hawking, Bardeen, Carter, Christodoulou, and others, was totally unexpected,
since black holes – as discussed in previous chapters – are extremely simple objects, only
characterized by their mass and angular momentum, while thermodynamics involves, by its
own nature, systems with a very large number of degrees of freedom.

In this chapter we shall present a brief introduction to black hole thermodynamics.
We shall see that it is possible to associate an entropy to a black hole, and that – when
quantum mechanics is taken into account – a black hole is not totally black, but rather
emits radiation as a black body. The interested reader can find an exhaustive discussion of
these issues in [114, 115, 40, 89] and references therein.

20.1 IRREDUCIBLE MASS AND BLACK HOLE AREA THEOREM
Let us consider a stationary black hole which, owing to the no-hair theorems discussed in
Sec. 18.9, is uniquely described by the Kerr metric with massM and angular momentum J =
Ma. To hereafter we shall assume a ≥ 0 without loss of generality. If the black hole interacts
with matter and energy outside the horizon it becomes non-stationary, unless the process is
slow enough that it can be considered as a sequence of infinitesimal interaction processes.
In this case – within a good approximation – the black hole goes through a sequence of
stationary states (similarly to a fluid which undergoes a quasi-static transformation through
a sequence of equilibrium configurations). Each of these processes can be thought as the
absorption of a (massive or massless) particle with energy E

1
�M and angular momentum

L� J .
As shown in Sec. 19.4.1, when the particle crosses the black hole horizon the change

in the black hole mass is equal to the energy of the particle, δM = E (see Eq. 19.136).
Similarly, it can be shown that the change in the black hole angular momentum is equal to
the angular momentum of the particle, δJ = L. Note that in Sec. 19.4.1 we considered a
Penrose process in which the particle crossing the horizon has negative energy and angular
momentum, but in fact the result δM = E (and δJ = L) applies in general, also to particles
with positive energy and/or positive angular momentum.

Let us reconsider the Penrose process: a massive particle with energy E and angular
momentum L falls from infinity into the black hole on the equatorial plane; in the ergoregion

1For the constants of geodesic motion we follow the same notation used in Sec. 19.4.1, i.e. E = −kµpµ,
L = mµpµ, where pµ is the particle four-momentum.

447
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it decays in two (massless) particles, with

E = E1 + E2

L = L1 + L2 (20.1)

and
V+(r) < E1 < 0 L1 < 0 , (20.2)

where V+ is defined in Eq. 19.55. The particle 2 goes back to infinity, while the particle 1
falls into the black hole. Thus, the mass and the angular momentum of the black hole change
by

δM = E1 = E − E2 < 0 (20.3)

δJ = L1 = L− L2 < 0 ,

that is, the black hole mass and angular momentum decrease.
We shall now show that the energy which can be extracted in a Penrose process, |δM | =

|E1|, is limited by the extracted angular momentum, |δJ | = |L1|. Indeed, since the particle 1
is massless and moves in the ergoregion towards the black hole (see the lower panel of
Fig. 19.2), we have

E1 ≥ V+(r) ≥ V+(r+) , (20.4)

where r is the radial coordinate at which the particle is created. Moreover (see Eq. 19.59)

V+(r+) = ΩHL1 = ΩHδJ , (20.5)

where
2Mar+ a

ΩH = = (20.6)
(r2

+ + a2)2 r2 2
+ + a

is the black hole angular velocity defined in Eq. 18.67 (see also Eq. 18.68). Summarizing,
E1 ≥ V+(r+) implies that

δM ≥ ΩHδJ . (20.7)

Since in the Penrose process δM < 0 and δJ < 0, we can write this inequality as

|δM | ≤ ΩH |δJ | , (20.8)

which shows that the extracted energy is always smaller than, or equal to, the extracted
angular momentum multiplied by the black hole angular velocity.

The inequality 20.7 becomes an equality if and only if the two inequalities in Eq. 20.4 are
saturated, i.e. if and only if E1 = V+(r) and r = r+. Note that the condition E1 = V+(r) is
equivalent to ṙ = 0 because ṙ2 ∝ E1−V+(r) (see Eq. 19.62). We conclude that δM = ΩHδJ
if and only if

ṙ = 0 and r = r+ , (20.9)

i.e. if the particle is emitted at r = r+ with vanishing radial velocity. Conversely, if the
conditions 20.9 are not satisfied, then |δM | < ΩH |δJ | and the energy extracted is lower
than the extracted angular momentum multiplied by ΩH .

The condition 20.7 is also satisfied when the angular momentum and/or the energy of
the particle swallowed by the black hole are positive. Indeed, as discussed in Sec. 19.3.3,
the energy E of a massless particle on an equatorial orbit around a Kerr black hole always
satisfies the inequality E > V+(r). Moreover, looking at both panels of Fig. 19.2 it is
clear that if the particle has been created at the radial coordinate r inside the ergosphere,
V+(r) > V+(r+); if, instead, the particle 1 originates from outside the ergosphere and reaches
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the horizon, E1 > Vmax > V+(r+). The limiting case E1 = V+(r+) = ΩHL1 is possible only
when the particle is created in the ergosphere, and the two conditions 20.9 are satisfied.
This can occur either with L1 < 0 and E1 < 0, as in Penrose’s process (lower panel of
Fig. 19.2), or with L1 > 0 and E1 > 0 (upper panel of Fig. 19.2).

It can be shown that the inequality 20.7 also applies to massive particles, and to particles
in non-equatorial orbits. In other words, when a Kerr black hole captures a particle, the
change in its mass and angular momentum always satisfies the inequality δM ≥ ΩHδJ . It
can also be shown that this inequality is always saturated under the conditions 20.9, i.e.
when the particle is released from the horizon with ṙ = 0. These statements (whose proofs
in the general case are quite involved and beyond the scope of this book) have far-reaching
consequences, which we now discuss.

Given J = Ma, Eq. 20.7 yields

JδJ
MδM ≥ , (20.10)

r2
+ + a2

which implies (see Box 20-B) (
J2

δ M2 − 0 . (20.11)
r2 + a2
+

)
≥

Therefore in any process in which a particle is swallowed by a Kerr black hole, the quantity
M2 − J2/(r2

+ + a2) never decreases. This quantity can be expressed in a simpler way, by
using Eq. 18.68, r2

+ + a2 = 2Mr+:

J2 a2 M2 r2 + a2
2 r2

M2 − = M 1 = + = + ; (20.12)
r2
+ + a2

(
−
r2 + a2

)
r2
+ + a2

+ 4

therefore, as noted by Christodoulou [36], if we define the irreducible mass

1
Mirr ≡

√
r2 2
+ + a , (20.13)

2

from Eq. 20.11 it follows that
δMirr ≥ 0 , (20.14)

i.e., when a Kerr black hole captures a particle, its irreducible mass never decreases. As
discussed above, any infinitesimal interaction process can be modeled as the capture of a
particle with |δM | �M and |δJ | � J ; thus in these processes the irreducible mass cannot
decrease.

For later use, we provide here some other useful relations:

Mr M2 +
√
M4 − J2

+
M2

irr = = , (20.15)
2 2

and

M2 J2

= M2
irr − . (20.16)

4M2
irr

The latter follows from Eq. 20.12. Note also that if J = 0, Mirr = M .
The mere existence of a quantity – the irreducible mass – which cannot decrease leads to

the notion of reversible and irreversible processes. Indeed, let us consider a process in which
a particle with energy E1 and angular momentum L1 is sent into a black hole with mass M
and angular momentum J , leading to a black hole with mass M+E1 and angular momentum
M + L1. If the irreducible mass is constant, this process is called reversible, because it is
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possible to perform a process in which a particle with energy −E1 and angular momentum
−L1 is sent into the black hole under the same conditions, bringing back the black hole to
mass M and angular momentum J . If instead the irreducible mass increases, δMirr > 0,
the process is irreversible: the “reverse” cannot occur, because it would have δMirr < 0,
violating the condition 20.14. Note that a similar argument holds in thermodynamics, where
the existence of a quantity which cannot decrease (in isolated systems), the entropy, leads
to the notion of irreversible processes and thus to the second law of thermodynamics.

We remark that the condition for reversible processes, δMirr = 0, is equivalent to say
that δM = ΩHδJ . We have shown that in a Penrose process with a given δJ , the extracted
energy |δM | ≤ ΩH |δJ | is maximum when this inequality is saturated, i.e. when the process
is reversible. Therefore, if we want to extract the maximum amount of energy from a black
hole with mass M and angular momentum J , we must perform a sequence of reversible
Penrose processes, until all angular momentum has been extracted and we end up with
a Schwarzschild black hole. The mass of the final, non-rotating black hole is equal to its
irreducible mass, which has not changed:

M2 Mr+
fin = M2

irr = , (20.17)
2

where r+ is the horizon radius of the initial black hole. The relative change in the mass
therefore is

∆M M
=

−Mfin r
= 1

M M
− +

. (20.18)
2M

If the processes are not reversible, M

√
irr increases, Mfin = Mirr is larger than Mr+/2, and

the extracted energy is smaller than in the reversible case. Since r+ is a decreasing function
of a, the extracted energy increases with the initial black hole angular momentum. If a = 0
(i.e. the initial black hole is Schwarzschild), r+ = 2M and ∆M/M = 0; conversely, if a = M
(i.e. the initial black hole is extremal), r+ = M and

∆M 1
= 1

M
− √ = 0.29 . (20.19)

2

This equation shows that the Penrose process can be extremely efficient, extracting up to
29% of the mass-energy of a rotating black hole. This efficiency is by far larger than that
of any known astrophysical process in the Universe.

We can gain further insight into the meaning of the irreducible mass by determining
the black hole area, i.e. the area of the two-surface corresponding to the horizon evaluated
at a constant “time”. Note that the Boyer-Lindquist coordinates are not well defined at

¯r = r+; to properly describe the horizon we use the Kerr coordinates (v, r, θ, φ) defined in
Sec. 18.4.2, and consider the two-surface v = const and r = r+. The Kerr metric 18.43,
restricted to this surface, is

dσ2 (r2 + a2)2 sin2 θ ¯= (r2
+ + a2 cos2 θ)dθ2 + + dφ2 , (20.20)

r2 + a2 cos2
+ θ

and has determinant (r2
+ + a2)2 sin2 θ. Therefore, the black hole area is

A =

∫
(r2

+ + a2 ¯) sin θdθdφ = 4π(r2
+ + a2) = 16πM2

irr . (20.21)

Thus, the square of the irreducible mass is a measure of the black hole area.
We can conclude that, when a particle falls into a Kerr black hole, the area of the latter

can only increase or, if the process is reversible, remain constant; namely,

δA ≥ 0 . (20.22)
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Summary: reversible and irreversible processes

Let us consider a particle, either massive or massless, falling into a Kerr black
hole. The black hole is stationary both before and after the capture. The process
is reversible, if

δM = ΩHδJ ; (20.23)

in this case, the particle is released from the outer horizon with

ṙ = 0 and r = r+ , (20.24)

and
δMirr = 0 i.e. δA = 0 . (20.25)

The process is irreversible if

δM > ΩHδJ ; (20.26)

in this case, the particle does not satisfy either one of the conditions 20.24 or both,
and

δMirr > 0 i.e. δA > 0 . (20.27)

The result δA ≥ 0 holds not only for infinitesimal interactions of stationary black holes,
as those discussed above and summarized in Box 20-A, but also for any process – not
necessarily stationary – involving one or more black holes. Indeed, the black hole area
theorem, proved by Hawking (see e.g. [57] and references therein), states that in any
spacetime with black holes, the total area of the black holes’ surface can only increase (or
remain constant in reversible processes).

This theorem is extremely powerful; for instance, it implies that in the coalescence of
two black holes such as those discussed in Chapter 14, the area of the final black hole is
always larger than the sum of the areas of the initial black holes.

Box 20-A
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Proof of the inequality in Eq. 20.11

Here we show that Eq. 20.10,

JδJ
MδM ≥ , (20.28)

r2 + a2
+

implies Eq. 20.11,

δ

(
M2 J2

− .
r2 + a2

)
≥ 0 (20.29)

+

Indeed, since r2
+ + a2 = 2Mr+,

δ

(
M2 J2 JδJ 2J2

−
)

= 2 MδM + δ(Mr+) , (20.30)
r2
+ + a2

(
−
r2 + a2

)
(2Mr+)2

+

and

2
√ 2M3δM JδJ

δ(Mr+) = δ(M + M4 − J2) = 2MδM +
−√ (20.31)

M4 − J2

2M2δM − JδJ/M 2Mr+δM − JδJ/M
= 2MδM + =

r+ −M r+ −M
2r+ JδJ

= MδM
r+

− ;
−M

(
2Mr+

)
it follows

δ

(
M2 J2

−
)

+

)(
JδJ

=

(
4J2r

2 + MδM
r2
+ + a2 (r − )(2Mr+)2

+ M
−
r2
+ + a2

)
≥ 0 . (20.32)

20.2 THE LAWS OF BLACK HOLE THERMODYNAMICS
As remarked in Sec. 20.1 the notion of reversible and irreversible processes, which naturally
arises in the study of black hole dynamics, has been introduced in analogy with thermo-
dynamical processes. Going further along these lines, it is possible to draw an analogy
– which, at this stage of the discussion, is just a formal correspondence – between Eq. 20.22
and the second law of thermodynamics. This analogy can be further extended to other laws
of thermodynamics, as we are going to discuss.

In thermodynamics, a fluid in equilibrium is described by a set of state variables, such
as the internal energy U , the volume V , the temperature T , the entropy S, the pressure p,
etc. As discussed in Chapter 16, a state of a perfect fluid is fully identified by the values
of two of these variables; the equation of state provides the remaining variables in terms of
these two. Similarly, a stationary black hole is characterized by two “state variables”: the
mass M and the angular momentum J . A further state function is the area A which – like
the entropy S of an isolated fluid – cannot decrease.

Each of these quantities can be expressed in terms of the other two. The black hole

Box 20-B
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analog of the equation of state of a fluid is then the expression of the black hole area in
terms of its mass and angular momentum, A = A(M,J) = 16πM2

irr = (M2 +
√
M4 − J2)/2,

or, equivalently, the inverse function M = M(A, J) which follows from Eq. 20.16:

M2 J2 A 4πJ2

= M2
irr + = + . (20.33)

4M2
irr 16π A

The first law of thermodynamics establishes how the internal energy of a fluid changes in
an infinitesimal transformation between equilibrium states 2:

δU = −pδV + TδS . (20.34)

The term −pδV describes the work done on the fluid (the work done by the fluid has
the opposite sign), while TδS is the heat received by the fluid. We remark that other
contributions to the work term have to be included if, for instance, the fluid is in global
motion. In particular, if the fluid is rigidly rotating with angular velocity Ω and angular
momentum J , the work term associated to a change in the angular momentum, δJ , is ΩδJ .

Let us now consider an infinitesimal transformation of a black hole between stationary
configurations. The mass change can be found by differentiating Eq. 20.33 (see Box 20-C):

κ
δM = ΩHδJ + δA (20.35)

8π

where √
M2

κ =
− a2

(20.36)
r2
+ + a2

is called surface gravity of the black hole (see Box 20-D).
Eq. 20.35 is similar to the first law of thermodynamics: δU corresponds to δM , ΩHδJ

can be interpreted as the work done on the black hole to change its angular momentum by
δJ , and corresponds to −pδV ; the term κδA/(8π) corresponds to the heat received by the
fluid, TδS. Moreover, the area law δA ≥ 0 (Eq. 20.22), which shows that the black hole
area always increases, is similar to the second law of thermodynamics, δS ≥ 0.

This analogy suggests that the black hole area can be considered as a sort of black hole
entropy: we define

SBH ≡ αA , (20.37)

where, choosing units in which the Boltzmann constant kB is unity, the entropy is dimen-
sionless and α is a constant with the dimension of an inverse square length. If we also define
the temperature of the black hole as

κ
TBH ≡ , (20.38)

8πα

the change of mass between two neighbouring stationary configurations of the black hole
can be written as

δM = ΩHδJ + TBHδSBH . (20.39)

This is the first law of black hole thermodynamics, while

δSBH ≥ 0 (20.40)

is the second law of black hole thermodynamics.

2To adopt a uniform notation, we describe the small changes of a thermodynamical variable “X” as the
variation δX between two neighbouring states, rather than as the differential dX.
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Thus, for instance, a process in which the black hole angular momentum J decreases
corresponds to the expansion of a fluid; if J is reduced through a reversible process (in which
SBH is constant), this corresponds to an adiabatic expansion of a fluid, which determines a
reduction of the internal energy – and indeed the black hole mass decreases, too. If, instead,
J is reduced through a non-reversible process, SBH increases, and the thermodynamical
analogous process is the expansion of a fluid receiving heat; in this case the reduction of
internal energy (like the reduction of the black hole mass) is smaller than in the reversible
case. Another relevant example is the process in which two (initially stationary) black holes
coalesce to a single stationary black hole with a larger area: it corresponds to the process
in which two thermodynamical systems merge, increasing their total entropy.

We mention that this analogy has been shown to extend to the third law of thermody-
namics, too: it is impossible to reach TBH = 0 by any sequence of physical processes, i.e. by
accreting matter or energy onto the black hole. Thus, since TBH ∝ κ and the surface gravity
κ vanishes for extremal Kerr black holes (see Eq. 20.36), we can conclude that astrophys-
ical black holes cannot be spun up to extremality by accretion or, more generally, by any
interaction with matter and energy surrounding the black hole.

Proof of Eq. 20.35

To prove Eq. 20.35 we differentiate Eq. 20.33,

M2 =
A

16π
+

4πJ2

A
. (20.41)

We have
∂M

∂J
=

1

2M

∂M2

∂J
=

J

M

4π

A
=

a

r2
+ + a2

= ΩH (20.42)

and

∂M

∂A
=

1

2M

∂M2

∂A
=

1

2M

(
1

16π
− 4πJ2

A2

)
=

1

32πM

(
1− 4M2a2

(r2
+ + a2)2

)
=

1

32πM

(
1− a2

r2
+

)
=

1

32πM

(
2−

r2
+ + a2

r2
+

)
(20.43)

=
1

32πM

(
2− 2M

r+

)
=

1

8π

r+ −M
2Mr+

=
1

8π

√
M2 − a2

r2
+ + a2

=
κ

8π
.

Therefore,

δM =
∂M

∂J
δJ +

∂M

∂A
δA = ΩHδJ +

κ

8π
δA . (20.44)

Box 20-C
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The surface gravity

As discussed in Sec. 18.6.1, in Kerr spacetime stationary observers with four-velocity

uµ = u0(1, 0, 0, ω) , (20.45)

and ω constant, only exist for r > r+. On the horizon, the vector uµ cannot be timelike:
if ω = −gtφ/gφφ, it is a null vector, otherwise it is spacelike. Indeed, using Eqs. 18.14
and 18.79, it is easy to show that the time component of the four-velocity, u0, diverges
when r → r+ as u0 → (∆ sin2 θ/gφφ)−1/2. In the same limit the norm of the four-
acceleration of the observer aµ = uνuµ;ν diverges as well. This has a clear physical inter-
pretation: the acceleration needed to keep a particle in stationary motion diverges as the
particle orbit approaches the horizon.
It turns out that the ratio between the norm of the four-acceleration of a stationary
observer and the time component of the four-velocity of the same observer is finite on
the horizon. This quantity, √

~a
κ ≡ lim

· ~a
, (20.46)

r→ 0r+ u

is called surface gravity of the black hole.
Let us firstly compute the surface gravity of a Schwarzschild black hole. Consider a
static observer, whose four-velocity is uµ = (u0, 0, 0, 0), where u0 = (−g00)−1/2; its four-
acceleration is

aα = uµuα = u0uν 2
; = 0
µ ;0 (u ) Γα00 . (20.47)

Since Γα00 = − 1gαβg00,β , the metric is diagonal and g00 only depends on r, it follows that
2

a0 = a2 = a3 = 0, and

1
1 1 2M

−
2M 2M

a1 = − (u0)2g11g00,r =
2

−
2

(
1−

r

) (
1−

r

)(
−
r2

)
M

= . (20.48)
r2

The norm of the acceleration is
√
gµνaµaν( ) = 1− 12M −

(a1)2. When divided by u0 =
r

1− 2M −1/2
and evaluated at the horizon,

√
RS

(
= 2M ,

)
it gives the surface gravity of a

r

Schwarzschild black hole
√
g aµaνµν M M 1

κ = lim = lim = = . (20.49)
r→ u0 → 2RS r RS r R2

S 4M

It is worth noting that a spherical star with radius R is also described, in the exterior,
by the Schwarzschild metric, and its surface gravity is κ = limr→RM/r2 = M/R2, which
coincides with the well-known surface gravity in Newtonian physics (in physical units,
GM/R2).
In the case of a Kerr black hole, a long but conceptually simple computation gives

√
g aµaνµν

√
M2 a2

κ = lim = ,
0

−
(20.50)

r→r+ u r2
+ + a2

which coincides with Eq. 20.36. The surface gravity is a decreasing function of a. In-
deed r+ = M +

√
M2 − a2 decreases with a, and since κ can be written as κ =

(r+ −M)/(2Mr+) = 1/(2M) − 1/(2r+), it also decreases as a increases. For extremal
black holes (a2 = M2), Eq. 20.50 yields κ = 0.

Box 20-D
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20.3 THE GENERALIZED SECOND LAW OF THERMODYNAMICS
When it was first proposed by Bardeen, Carter, and Hawking [16], the correspondence
between the quantities SBH, TBH and the thermodynamical entropy and temperature seemed
to be just a formal analogy. Then, Bekenstein conjectured [18, 19] that this correspondence
is based on real physical motivations.

The starting point of Bekenstein’s argument is the following. The entropy of a thermo-
dynamical system in equilibrium measures the fact that – in our macroscopic description in
terms of state variables – we cannot distinguish between different microstates corresponding
to the same macroscopic state. This can be rephrased by saying that, in our thermodynam-
ical description, we do not know part of the information on the physical state of the system,
and the entropy (which is proportional to the logarithm of the number of microstates cor-
responding to a given macroscopic state) is a measure of this “ignorance”. Similarly, due to
the no-hair theorems discussed in Sec. 18.9, it is impossible to distinguish between station-
ary black holes formed in different astrophysical processes (e.g., from the collapse of stars
with different composition), as long as they have the same masses and angular momenta.
Bekenstein argued that the entropy SBH of a stationary black hole measures the inacces-
sibility of the information on the particular configuration corresponding to the black hole
mass and angular momentum.

In order to make this statement quantitative, let us consider a stationary black hole
with mass M and angular momentum J , and an “object” (a fluid, particles, radiation, i.e.
anything accreting onto the black hole) with energy E � M , angular momentum L � J ,
and thermodynamical entropy S, falling into it.

The entropy of the object disappears when it crosses the horizon, because the information
on its structure becomes inaccessible; since the final black hole is characterized by mass and
angular momentum only, the total entropy of the universe would then decrease, violating the
second law of thermodynamics. However, when the object is swallowed by the black hole,
as discussed in Sec. 20.2 the black hole entropy, SBH = αA, increases. Thus, the second law
of thermodynamics can be recovered in an extended form if we include this contribution:

δS + δSBH ≥ 0 . (20.51)

This is the generalized second law of thermodynamics. Hence, the entropy SBH can
be considered as a measure of the information stored inside the black hole which cannot be
seen from outside. This conjecture does not tell us which is the value of the constant α,
but some further reasoning suggests at least its order of magnitude.

Let us consider, for instance, a massive particle which falls into a Kerr black hole. As
shown in Sec. 20.1, in this process δA ≥ 0, which implies δSBH ≥ 0. Furthermore, δSBH = 0
(i.e. δA = 0) if and only if the particle is released from the horizon with zero radial velocity
(see Box 20-A). However, due to Heisenberg’s principle we cannot locate a particle with
ṙ = 0 exactly at r = r+: there is an uncertainty in the position, with associated proper
length 3 of the order of the Compton wavelength

~
λ = , (20.52)

mp

where mp is the mass of the particle 4. Therefore, the conditions ṙ = 0 and r = r+ cannot be

3Strictly speaking, the Compton wavelength λ is the coordinate separation between two events at the
same time, as measured in the LIF comoving with the particle when the latter is emitted. As discussed in
Box 3-A, the spacetime coordinate separation in a LIF coincides with the proper length, at leading order
in the coordinate separation (see Eq. 3.19). Therefore, for two simultaneous events their space coordinate
separation measured in a LIF and the proper length, to leading order, coincide.

4Note that although the particle has ṙ = 0, it moves along the azimuthal direction with angular velocity
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simultaneously satisfied, since the uncertainty on the particle position implies that r > r+;
consequently the process can not be reversible, the area increases by an amount δA, and
so does the entropy δSBH = αδA. If we identify the minimum amount of entropy increase
δSmin = αδAmin

BH with the minimum entropy of the particle itself, which is of the order
of ln 2 (i.e. a bit of information 5), and impose the condition δSBH ≥ δSmin

BH , we find that
α ∼ ln 2/δAmin. Therefore, in order to estimate the value of α we need to estimate δAmin.
To this purpose, we assume that a particle with mass mp is released with ṙ = 0 from a
point at r+ + δr, such that the proper distance between this point and the horizon is of the
order of the Compton wavelength λ given in Eq. 20.52. To begin with, we shall estimate
the proper distance ∫ r++δr

d =
√
grrdr . (20.53)

r+

For simplicity, we assume that the particle moves with L = 0 in the equatorial plane, where

Σ r2

grr = = . (20.54)
∆ (r − r+)(r − r )−

Defining r = r+ + x (with x� r+),

g +
r =

(
r2

r

)
1

+ . . . (20.55)
r+ − r x−

thus
r+

d =
√

√
∫ δr dx r√ · · · +

+ = 2 δr (20.56)
+ − r x− 0

√ + . . .
r r+ − r−

and
1 r+ r

δr =
− −

d2 +O(d3) . (20.57)
4 r2

+

Since L = 0, V = 0 (see Eq. 19.51) and the condition ṙ = 0 gives (see Eq. 19.48) 6
±

2

ṙ2 C E ∆
= = 0 , (20.58)
r2

(
m r2

p

)
−

where C = r2 + a2 + 2Ma2/r. Therefore, the mass of the black hole increases by√
∆

δM = E = mp . (20.59)
C

By replacing r = r+ + δr and Eq. 20.57 in ∆ and C we find(
−

)2

∆ = (r − r )(r − r ) = (r − r )δr +O(δr2 r+ r
+ − + ) =

−
d2 +O(d3) (20.60)−

2r+

ΩH . This determines a Lorentz contraction of the Compton wavelength in the ϕ-direction, but it does not
affect the Compton wavelength in the radial direction, which is the quantity relevant for this argument.

5We can add a bit of information to a system by merging it with another system having two possible
configurations, e.g. spin up and spin down. The number N of possible states of the final system is doubled,
and the logarithm of N is increased by ln 2.

6Note that in Eq. 20.58, differently from Eq. 19.48, E is divided by the particle mass mp. This is due to
the different normalization conventions: here E is the particle energy, while in Sec. 19.3 E was the energy
per unit of mass.
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and

2

C = r2 + 2 2Ma 2 2

a + = r2 Ma
+ + a2 + +O(d2) (20.61)

r r+

2Ma2 2
= 2Mr 2 M 2 2 2 2 2

+ + +O(d ) = (r + a ) +O(d ) = 4M +O(d )
r+ r +

+

where we used the relation 18.68, r2
+ + a2 = 2Mr+. Thus,

r
δM ' + r 1 r+ r

√
M2 a2

mp
− −

d =
− −

mpd = mpd = κmpd . (20.62)
4Mr 2 r2 + a2 r2

−
2

+ + + + a

Finally, by requiring that the proper distance between the horizon and the point in which
the particle is released equates the Compton wavelength 20.52, we find

~
d = λ =

mp
→ δM ' κ~ . (20.63)

From Eq. 20.35, since L = 0 and then δJ = 0, we find

δAmin 8π
= δM (20.64)

κ

which, using Eq. 20.63, yields
δAmin ' 8π~ , (20.65)

and consequently
ln 2 ln 2 1

α ∼
δAmin

'
8π~

∼ . (20.66)
~

Note that in the units c = G = 1, the Planck constant has dimension 7 [~] = (length)2. Since,
as discussed above, the constant α has dimensions (length)−2, and the only fundamental
dimensionful constant in the theory is ~, it is not surprising that α ∼ ~−1.

In terms of the Planck length (see Box 9-A and Table A)

l
P

=
√
~ = 1.6× 10−33 cm (20.67)

we have α ∼ 1/l2
P
. If we introduce the dimensionless constant

α̂ = ~α , (20.68)

the black hole entropy can be written as

A A
SBH = α̂ = α̂ . (20.69)

~ l2
P

The estimate in Eq. 20.66 thus implies that the (still undetermined) constant α̂ is of the
order of unity.

Finally, the black hole temperature can be written in terms of α̂ as

~κ
TBH ≡ . (20.70)

8πα̂

7It should be stressed that different choices of units are possible. An alternative choice consists in setting
~ = c = 1; in this case G has dimensions (length)2. The units with G = c = 1, used in this book, are
common in the context of gravitational physics, while the units with ~ = c = 1 are often used in the context
of particle physics.
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Note that Bekenstein’s conjecture provides a thermodynamical interpretation for SBH, but
not for the temperature TBH: how is it possible to assign a temperature to an object
which, by definition, has no emission? Indeed, the generalized second law of thermodynam-
ics presents a problem. If a black hole with mass M and temperature TBH is surrounded by
radiation with energy U and temperature T , and some radiation enters into the black hole
with zero angular momentum, the fluid internal energy and the black hole mass change,
respectively, by

δU = TδS , δM = TBHδSBH , (20.71)

with δU = −δM . The generalized second law of thermodynamics (Eq. 20.51) states that

δM δU
δSBH + δS = + =

TBH T

(
1 1

TBH
−
T

)
δM ≥ 0 . (20.72)

Thus, if the black hole is “colder” than the surrounding radiation, TBH < T and δM ≥ 0, as
expected. If, instead, the black hole is “warmer” than the surrounding radiation, TBH > T
and δM ≤ 0, i.e. the black hole should emit energy. In other words, the generalized second
law of thermodynamics implies that black holes must satisfy a fundamental property of
thermodynamical systems: any black hole with finite temperature which is warmer than the
surrounding has to radiate. But how can a black hole radiate energy?

20.4 THE HAWKING RADIATION
A decisive proof of Bekenstein’s conjecture, together with a precise determination of the
constant α̂, came from the discovery, due to Hawking [55], that if quantum mechanics is
taken into account 8 a black hole emits the so-called Hawking radiation, whose distribu-
tion function (see Sec. 16.2.2) is

1
f = , (20.73)

e2πω/κ − 1

where ω is the frequency of the emitted radiation and κ is the surface gravity given in
Eq. 20.36. The above equation has the same form as the black-body distribution function

1
f = (20.74)

e~ω/T − 1

with temperature
~κ

T = TBH ≡ (20.75)
2π

(we remind that we have set Boltzmann’s constant to 1). This result provides a convinc-
ing interpretation of the black hole temperature, and determines the precise value of the
constant α̂, which, as supposed by Bekenstein, is of the order of unity:

1
α̂ = . (20.76)

4

Consequently, the black hole entropy SBH = αA = α̂A/~ (see Eqs. 20.37 and 20.68) is

1 A
SBH = . (20.77)

4 ~
8It should be stressed that in the derivation of Hawking’s radiation, the radiation is treated as a quan-

tum field while the gravitational field is treated classically. This approximation is accurate as long as the
black hole radius is much larger than the Planck length lP . Presently there is no way to overcome this
approximation: the quantum description of gravity is still an open problem in physics (see footnote 8 in
Chapter 9).
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Summarizing, if quantum mechanics is taken into account, black holes radiate with a black-
body spectrum at temperature TBH. When matter and energy enter into a black hole, their
entropy becomes inaccessible from the exterior, but it shows up as an increase of the black
hole area, according to Eq. 20.77, and the generalized second law of thermodynamics holds:

δSBH + δS ≥ 0 . (20.78)

We shall now estimate the temperature of astrophysical black holes. To this aim, we convert
Eq. 20.75 in physical units:

~κ
TBH = (20.79)

2πck
B

where (see Table A) ~ = 1.055×10−27 erg s, c = 2.998×108 m/s, k 16
B

= 1.381×10− erg/K
is Boltzmann’s constant, and the surface gravity has the dimensions of an acceleration. The
surface gravity of a Kerr black hole is of the same order as that of a Schwarzschild black
hole (Eq. 20.49), unless the black hole is close to extremality. In physical units, it is

GM GM c4
κ ' = = , (20.80)

R2 22
S (2GM/c ) 4GM

where G = 6.674× 10−8 cm3/(g s2). Replacing in Eq. 20.79 we have

~c3 1
TBH ' . (20.81)

8πGk
B
M

Remarkably, the formula for black hole temperature contains the fundamental constants
~, G, k

B
. This is why it is often seen as an important bridge between quantum theory

(governed by ~), gravity (governed by G), relativity (governed by c), and thermodynamics
(governed by k

B
).

By multiplying and dividing the above equation for the mass of the Sun, M = 1.989� ×
1033 g, we get

~c3 M
TBH ' �

10−7M' �
K. (20.82)

8πGk
B
M M M�

Since the present universe is filled with the cosmic microwave background at temperature
TCMB ∼ 3 K, we can conclude that astrophysical black holes are colder than their environ-
ment and do not emit Hawking radiation. Only extremely small black holes (with masses
M . 3× 10−8M ) could have T� BH > TCMB.

Although astrophysical black holes are too heavy to emit, it has been conjectured that
primordial black holes small enough to be warmer than the surrounding radiation could
have been formed in the aftermath of the big bang. In this case, the Hawking emission
would determine a decrease of their mass, and thus of their area. This would not violate
the generalized second law of thermodynamics 20.78 because the total entropy – including
that of the emitted radiation – would increase. The black hole would then become hotter
and hotter, until complete evaporation. The final outocome of the Hawking evaporation is
unknown. In the stages immediately before evaporating completely, the black hole would
be extremely small and hot and its curvature at the horizon would be enormous. In these
conditions quantum gravity effects become important and only a quantum theory of gravity
can explain the final state.

It should be mentioned that the possibility – even as a matter of principle – that black
holes evaporate leads to a serious conceptual problem also known as Hawking’s informa-
tion loss paradox: the quantum information of anything crossing the black hole horizon
would disappear once the black hole evaporates completely, but this “information loss”
would be in conflict with the unitarity of the evolution in quantum mechanics, which is a
fundamental principle, necessary for the very consistency of any quantum theory. Whether
black hole evaporation leads to information loss is still a matter of debate.
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Jean-Philippe Uzan. MICROSCOPE Mission: First Constraints on the Violation
of the Weak Equivalence Principle by a Light Scalar Dilaton. Phys. Rev. Lett.,
120(14):141101, 2018.

[21] Emanuele Berti et al. Testing General Relativity with Present and Future Astrophys-
ical Observations. Class. Quant. Grav., 32:243001, 2015.

[22] B. Bertotti, L. Iess, and P. Tortora. A test of general relativity using radio links with
the Cassini spacecraft. Nature, 425:374–376, 2003.

[23] A.R. Bodmer. Collapsed nuclei. Phys. Rev. D, 4:1601–1606, 1971.

[24] Robert H. Boyer and Richard W. Lindquist. Maximal analytic extension of the Kerr
metric. J. Math. Phys., 8:265, 1967.

[25] Richard Brito, Vitor Cardoso, and Paolo Pani. Superradiance. Lect. Notes Phys.,
906:pp.1–237, 2015.

[26] Hans A. Buchdahl. General Relativistic Fluid Spheres. Phys. Rev., 116:1027, 1959.

[27] M. Burgay, N. D’Amico, A. Possenti, R. N. Manchester, A. G. Lyne, B. C. Joshi,
M. A. McLaughlin, M. Kramer, J. M. Sarkissian, F. Camilo, V. Kalogera, C. Kim,
and D. R. Lorimer. An increased estimate of the merger rate of double neutron stars
from observations of a highly relativistic system. Nature, 426:531–533, December
2003.

[28] Manuela Campanelli, C. O. Lousto, P. Marronetti, and Y. Zlochower. Accurate evo-
lutions of orbiting black-hole binaries without excision. Phys. Rev. Lett., 96:111101,
2006.

[29] Sean Carrol. Spacetime and Geometry. Addison-Wesley, 2003.

[30] Brandon Carter. Hamilton-Jacobi and Schrödinger Separable Solutions of Einstein’s
Equations. Communications in Mathematical Physics, 10(4):280–310, Dec 1968.

[31] S. Chandrasekhar. The Maximum Mass of Ideal White Dwarfs. The Astrophysical
Journal, 74:81, July 1931.

[32] S. Chandrasekhar. The highly collapsed configurations of a stellar mass (Second
paper). Mon.Not.Roy.Astron.Soc., 95:207–225, 1935.

[33] S. Chandrasekhar. An introduction to the study of stellar structure. Chicago, Ill., The
University of Chicago Press, 1939.

[34] Subrahmanyan Chandrasekhar. The mathematical theory of black holes. Oxford Uni-
versity Press, 1983.



Bibliography � 463

[35] Subrahmanyan Chandrasekhar and V. Ferrari. On the non-radial oscillations of a
star. Proc. Roy. Soc. Lond., A432:247–279, 1991.

[36] D. Christodoulou. Reversible and irreversible transformations in black hole physics.
Phys. Rev. Lett., 25:1596–1597, 1970.

[37] Ignazio Ciufolini, Antonio Paolozzi, Erricos C. Pavlis, Giampiero Sindoni, John Ries,
Richard Matzner, Rolf Koenig, Claudio Paris, Vahe Gurzadyan, and Roger Penrose.
An Improved Test of the General Relativistic Effect of Frame-Dragging Using the
LARES and LAGEOS Satellites. Eur. Phys. J., C79(10):872, 2019.

[38] John P. Cox. Theory of Stellar Pulsation, volume 2. Princeton University Press, 2017.

[39] Mihalis Dafermos and Jonathan Luk. The interior of dynamical vacuum black holes I:
The C0-stability of the Kerr Cauchy horizon. arXiv e-prints, page 1710.01722, 2017.

[40] Thibault Damour. The entropy of black holes: A primer. Prog. in Math. Phys., 38:227,
2004.

[41] Paul Demorest, Tim Pennucci, Scott Ransom, Mallory Roberts, and Jason Hessels.
Shapiro Delay Measurement of A Two Solar Mass Neutron Star. Nature, 467:1081–
1083, 2010.

[42] S. Detweiler. On resonant oscillations of a rapidly rotating black hole. Proceedings of
the Royal Society of London Series A, 352:381–395, July 1977.

[43] A.S. Eddington. The internal constitution of the stars. The Observatory, 43:341–358,
1920.

¨[44] A. Einstein. Uber Gravitationswellen. Sitzungsberichte der Königlich Preußischen
Akademie der Wissenschaften (Berlin), Seite 154-167., 1918. English translation:
“The Collected Papers of Albert Einstein - Volume 6: The Berlin Years: Writings,
1914-1917”, translated by Alfred Engel.

[45] C. W. F. Everitt et al. Gravity Probe B: Final Results of a Space Experiment to Test
General Relativity. Phys. Rev. Lett., 106:221101, 2011.

[46] U.H. Gerlach and U.K. Sengupta. Gauge invariant perturbations on most general
spherically symmetric space-times. Phys. Rev. D, 19:2268–2272, 1979.

[47] R. Geroch. Singularities. In M. Carmeli et al., editor, Relativity, pages 259–291.
Springer, 1970.

[48] A. M. Ghez et al. Measuring Distance and Properties of the Milky Way’s Central
Supermassive Black Hole with Stellar Orbits. Astrophys. J., 689:1044–1062, 2008.

[49] G. W. Gibbons and S. W. Hawking. Action integrals and partition functions in
quantum gravity. Phys. Rev. D, 15:2752–2756, May 1977.

[50] Norman K. Glendenning. Compact stars: Nuclear physics, particle physics and general
relativity. Springer Science & Business Media, 2012.

[51] E. Gourgoulhon and S. Bonazzola. Gravitational waves from isolated neutron stars.
In International Conference on Gravitational Waves: Sources and Detectors, pages
51–60, 3 1996.



464 � Bibliography

[52] J. B. Griffiths. Colliding Plane Waves in General Relativity. Oxford Mathematical
Monographs, 1991.

[53] P. Haensel, A. Y. Potekhin, and D. G. Yakovlev. Neutron stars 1: Equation of state
and structure. Astrophys. Space Sci. Libr., 326:pp.1–619, 2007.

[54] T. Hamada and E. E. Salpeter. Models for Zero-Temperature Stars. The Astrophysical
Journal, 134:683, November 1961.

[55] S. W. Hawking. Particle Creation by Black Holes. Commun. Math. Phys., 43:199–220,
1975.

[56] Stephen Hawking. Singularities and the geometry of spacetime. European Physical
Journal H, 39(4):413–503, Nov 2014.

[57] S.W. Hawking and G.F.R. Ellis. The Large Scale Structure of Space-Time. Cambridge
Monographs on Mathematical Physics, 1975.

[58] Alexander Heger, C. L. Fryer, S. E. Woosley, N. Langer, and D. H. Hartmann. How
massive single stars end their life. Astrophys. J., 591:288–300, 2003.

[59] Friedrich W. Hehl, J. Dermott McCrea, Eckehard W. Mielke, and Yuval Ne’eman.
Metric affine gauge theory of gravity: Field equations, Noether identities, world
spinors, and breaking of dilation invariance. Phys. Rept., 258:1–171, 1995.
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